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Preface to the Third Edition

This book is a revised and expanded version of the second edition of Space
Physics. The first part introduces basic concepts and formalisms which are
used in almost all branches of space physics. The second part is concerned
with the application of these concepts to plasmas in space and in the helio-
sphere. More specialized concepts, such as collisionless shocks and particle
acceleration, are also introduced. The third part deals with methodological
considerations. It consists of an expanded chapter on space measurement
methods and a new chapter on general methodological problems. This last
chapter is relevant in that it points out the differences between laboratory
physics and physics in a complex natural environment, in particular the prob-
lems of limited knowledge — or as Pollack [415] puts it, “Uncertain Science
... Uncertain World”. In Part II, in most chapters a section “What I Did Not
Tell You” has been added — it should help the reader to understand some
crucial assumptions underlying the basic ideas introduced in the text and
might help you to appreciate the limitations of our knowledge and our mod-
els. These sections also give illustrative examples that help to understand the
last chapter.

This edition has also been expanded by numerous examples, in particu-
lar in Part 1. They illustrate basic concepts and aid the reader in the ap-
plication of these concepts to real problems. In addition, new results from
recent space missions, such as ACE, TRACE, and Wind, have been added.
In the appendix, a list of Internet resources has been added. This list can
also be found (in a “clickable” version) at www.physik.uni-osnabrueck.
de/sotere/spacebook/intro.html. On that page, supplementary material
to this course can be found, too.

The idea of the book is an introduction to many aspects of space plasmas.
Obviously, this approach has the disadvantage that a specialist in any of the
subfields will be disappointed that his or her field is dealt with in only a brief
and very elementary way. That is, without doubt, true. My idea, however,
is to introduce the basic concepts to the novice not already specialized in
any field and to help the specialist to easily grasp some ideas in other fields.
Therefore the focus is on concepts rather than on detailed mathematical
analysis. References should help both the novice who is looking for a deeper



Vi Preface

formal treatment and the specialist who wants to find reviews giving more
details.

There are also a few good books on plasma physics and/or space physics
which can be recommended to the reader. A very accessible, unmatched in its
style and consciencious approach, book on plasma physics is Plasma Physics
and Controlled Fusion by F.F. Chen [97]; a well-written and up-to-date ac-
count of the phenomena in space plasmas is given in Introduction to Space
Physics, edited by M.G. Kivelson and C.T. Russell [290]. These two books
cannot be matched by the present one and can serve as valuable supplements.
More formal introductions to plasma physics are Plasma Dynamics by R.O.
Dendy [128] and Plasma Physics by R.J. Goldston and P.H. Rutherford [192].
Very good introductions to plasma physics of the kind required by a space sci-
entist are given in Physics of Space Plasmas by G.K. Parks [397], Physics of
Solar System Plasmas by T.E. Cravens [113], and Basic Space Plasma Physics
by W. Baumjohann and R.A. Treumann [36] and its sequel Advanced Space
Plasma Physics [520]. A useful collection of plasma formulas can be found at
wwwppd.nrl.navy.mil/nrlformulary/nrlformulary.html.

As in the earlier editions, symbols in the margin help to guide you through
the text. The symbols are

e This section contains an example from space plasmas to illustrate a physical
concept. Such a section might be skipped by a reader who is interested
primarily in the concepts and less in space science.

5 ® This section is more formal, but is not vital for an understanding of basic

observations and ideas. It might be skipped by a reader who is mainly
interested in an introduction to space physics.

e An apparently confused reader, “Whatnow”, marks supplementary sec-
tions: although the ideas presented here are important in space physics, the
theoretical background is complicated and only briefly sketched. In partic-
ular, the beginner in space physics should feel free to skip these sections
on first reading and return to them later after becoming more acquainted
with the topic.

e This text points to hotly debated topics and fundamental open problems.

I am grateful to the following persons, who all contributed to the devel-
opment of this book: Andre Balogh, R.A. Cairns, Stanley H. Cowley, Ulrich
Fischer, Roman Hatzky, Bernd Heber, Eberhard Moebius, Reinhold Miiller-
Mellin, Constantinos Paizes, Wilfried Schroder, Gunter Virkus, C.L. Waters,
Gerd Wibberenz, and even an anonymous reader who sent hints about errors
without being traceable. I am grateful to the helpful team at Springer, in
particular Claus Ascheron, Adelheid Duhm, Gertrud Dimler, Tan Mulvany,
and Frank Holzwarth. And — last but not least — a big thank-you to Klaus
Betzler.

Osnabriick, December 2003 May-Britt Kallenrode
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Part 1

Plasmas: The Basics



1 Introduction

We shall not cease from exploration.
And the end of all our exploring

will be to arrive where we started
and know the place for the first time.
T.S. Eliot, Little Gidding

1.1 Neutral Gases and Plasmas

Matter, in our daily experience, can be divided into solids, liquids, and gases.
Manipulation of matter has shaped our scientific world view as well as our
intuitive understanding of its different states and their behavior. But mov-
ing upwards from the surface of the Earth, our environment changes and
no longer fits into this picture: starting at a height of about 80 km, the
atmosphere contains an ionized particle component, the ionosphere. With in-
creasing height, the relative importance of the neutral component decreases
and ionized matter becomes dominant. Farther out in the magnetosphere and
in interplanetary space almost all gas is ionized: the hard electromagnetic ra-
diation from the Sun immediately ionizes almost all matter. Space therefore
is dominated by a plasma, the “fourth state of matter”.

A plasma differs from a neutral gas in so far as it (also) contains charged
particles. The number of charged particles is large enough to allow for elec-
tromagnetic interactions. In addition, the number of positive and negative
charges is nearly equal, a property which is called quasi-neutrality: viewed
from the outside the plasma appears to be electrically neutral. The reason for
this quasi-neutrality can be understood from the electrostatic forces between
charged particles. For instance, in a gas discharge a typical length scale is
L =0.01 m and a typical number density number density of the electron gas
is ne = 10%2° m~3. The electric field on the surface of a sphere with » = L
containing only the electron gas but no ions is then £ =~ 10'° V/m. Such
a strong field will immediately cause a rearrangement of charges and quasi-
neutrality will be restored. In the rarefied plasmas in space, number densities
are smaller by many orders of magnitude (see Fig. 1.1); however, since the
spatial scales are measured in kilometers or even thousands of kilometers,

M.-B. Kallenrode, Space Physics
© Springer-Verlag Berlin Heidelberg 2004



4 1 Introduction

the same argument can be applied: on the relevant spatial scales the plasma
is quasi-neutral even in the rarefied plasmas in space, although this is not
necessarily the case on the centimeter scale.

Because a plasma (partly) consists of free charges, it is a conductor. Mov-
ing electric charges are currents. These currents induce magnetic fields which
in turn influence the motion of the very particles forming the field-generating
currents. Thus the particle motion in a plasma is not only controlled by ex-
ternal electric and magnetic fields, but also creates fields which add to the
external ones and modify the motion of the particles: a plasma can interact
with itself. Consequently, dynamics in a plasma are more complex than in a
neutral gas. This is most obvious in the large number of different types of
plasma waves (Chap. 4).

In apparently simple situations, a plasma can behave counter-intuitively.
Pouring milk into our coffee, we expect the milk to heat up and mix with the
coffee. A sunspot is a sharply bordered volume of cool gas embedded in the
hot solar photosphere; but it stays stable for several months prevented by
strong magnetic fields from warming or mixing with its environment. A cold
and dense volume of gas or liquid in a hot environment sinks. A solar filament
is cold and dense compared with the ambient corona but it is held in position
against gravity by strong magnetic fields. Such discrepancies between our
daily experience and the behavior of ionized gases clearly show that plasmas
do not form a significant part of our environment. Why then do we study
such exotic phenomena? Are there applications for plasmas?

First, plasmas are not exotic but quite common. The interplanetary and
interstellar medium and the stars are made of ionized gases. Thus about
99% of matter in the universe is plasma. Nearest regions dominated by plas-
mas are the magnetosphere with its radiation belts, the ionosphere, lightning
bolts in the atmosphere, and, in a wider sense, the Earth’s core; thus even
in the system Earth plasmas are not uncommon. Plasma physics, therefore,
contributes to the understanding of our environment. In turn, the natural
plasma laboratories, i.e. the ionosphere, the magnetosphere, and interplane-
tary space, help to test the concepts of plasma physics on spatial scales and
at densities unattainable in a laboratory.

Even some everyday materials can be described as plasmas because they
show similarities to the free-electron plasma described above: the conduction
electrons in metals and electron-hole pairs in semiconductors are charges
which can move quasi-freely and lead to a behavior of the matter which can
be described in the same way as for a plasma. The free-electron gas in metals
is therefore also included as example of a plasma in Fig. 1.1.

Second, plasmas can be used for quite worldly applications. One of the
most ambitious projects is nuclear fusion: to merge hydrogen atoms to helium,
imitating the processes inside the Sun (Sect. 6.1) and the stars, in order to
create a clean and long-lasting power source. The main aspects of this project
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are the production of a plasma with suitable properties (density, temperature,
losses) and its confinement inside a magnetic field.

There are also less spectacular applications of plasma physics. Chemistry
utilizes the different chemical reactions in plasmas and neutral gases: for
instance, cyan gas can be synthesized by burning coal dust in a nitrogen
electric arc plasma. Plasma beams are used for ion implantation in microchip
production. Plasma burners and pistols are used to cut, weld, or clean metals.
Other technical applications of plasmas are as diverse as lasers, capacitors,
oscillators, and particle accelerators [323].

1.2 Characterization of a Plasma

The main characteristics of a plasma are its electron temperature T, and the
electron number density n.. The first gives a measure of the thermal energy or
more correctly the average kinetic energy of the particles (see Sect. 5.1): Eyp, =
muw/2 = 3kgTe/2, where kg is Boltzmann’s constant. The temperature is
often given in the units of particle energy, electronvolts (¢V), where T,[eV] =
3En/3[eV]. The temperature and number density are given for the electron
component: whereas ions, owing to their larger mass, are rather immobile
and on many occasions can be regarded as a fixed background of positive
charges, the electrons are the mobile part of a plasma.

The second parameter, the electron number density n., is an indicator of
the particle motion. In a low density plasma, particle motion is determined
by the electric and magnetic fields only, while for high densities the inter-
actions between the particles dominate. Thus the two parameters T, and n.
combined classify a plasma with respect to (a) interactions between plasma
constituents, (b) the relative importance of electromagnetic fields for the par-
ticle motion, and (c) the range over which particles can propagate freely.

Figure 1.1 shows such an ne/T. diagram. Some typical plasmas are in-
dicated. Note that both parameters extend over many orders of magnitude.
Astrophysical plasmas can be found anywhere in this diagram: the rarefied
ionospheric plasma has a rather low temperature, while the rarefied plasmas
in the magnetosphere and in the solar wind have much higher temperatures.
All three have densities far below those in terrestrial plasmas such as gas
discharges and lightning. Other astrophysical objects, such as the interior of
the Sun, have higher densities and temperatures. The only terrestrial plasmas
with comparable or higher temperatures are fusion plasmas.

The dotted and dashed lines in Fig. 1.1 indicate two additional plasma pa-
rameters: the Debye length Ap and the number Np of particles inside a sphere
of radius Ap. The Debye length gives the spatial scale over which particles
in a plasma exert electrostatic forces on each other (Sect. 3.7). Ap increases
with decreasing density because in a dense plasma charges of opposite sign
screen each other, and it increases with increasing temperature because, ow-
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Fig. 1.1. Characteristics of a plasma. (Top) Electron temperature T, electron
number density n., Debye length Ap, and number Np of particles inside a sphere
of radius Ap, for different plasmas. (Bottom) Definition of different plasmas using
the characteristic energies

ing to the increased thermal motion of the particles, quasi-neutrality can be
violated on a larger spatial scale.

An n. /T, diagram can also be used for a general classification of plasmas
as shown in the lower panel of Fig. 1.1. Five characteristic energies provide the
reference frame for classification: the thermal energy FEiy,, the non-relativistic
Fermi energy E, the electrostatic energy E, the energy of the ground state
Epp, and the relativistic electron energy E.. Since these energies depend
on the particle species under study, we shall not discuss the characteristic
energies in general but shall do so only for the example of hydrogen (Z = 1).
This is also the most common element in space plasmas.

The first characteristic energy is given by a thermal energy equal to that
of the ground state, that is, the ionization energy: Ei, = Fgg. This charac-
teristic energy is marked by the lower horizontal line in the lower panel of
Fig. 1.1: above this line the plasma is (fully) ionized, below it is (almost)
neutral. This characteristic energy therefore divides neutral gases from ideal
plasmas. Note that this is a very simple description for two reasons. (a) Cer-
tainly, there will be no sharp boundary between neutral and fully ionized, and
even for a given temperature there will be stochastic variations in the degree
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of ionization. (b) The ionization also depends on the density, as described by
the Saha equation:

X2 _ (27rme)3/2 (kBT)5/2 EB()
where Y is the degree of ionization, m, is the electron mass, pgas is the total
gas pressure, and h is Planck’s constant. A high degree of ionization might be
obtained even if the temperature was only 1/10 of the ionization temperature.
Nonetheless, since we are mainly concerned with rarefied plasmas at rather
high temperatures, the above distinction is sufficient for the purpose of this
book.

If we increase the temperature further, we obtain a characteristic energy
where the thermal energy equals the electron’s relativistic energy: Eip, = Ee.
This is indicated by the upper horizontal line in Fig. 1.1. The plasma above
this line is said to be relativistic. Here the scattering of photons from electrons
has to be described as Compton scattering, and the equilibrium radiation field
has enough energy to allow pair production.

With increasing density, the plasma degenerates: the energy distribution
is no longer Maxwellian but is described by a distribution in which all phase
space cells up to the Fermi energy Fp are filled, while at higher energies the
population density decreases rapidly. This characteristic energy is indicated
by a solid inclined line and separates degenerate and non-degenerate plasmas.

The last characteristic energy relates the thermal energy to the electro-
static energy: Ey, = FEe. Plasmas to the left of the corresponding charac-
teristic line are ideal: here the kinetic energy of a particle is larger than its
potential energy. In the non-ideal plasmas to the right of the characteristic
line the electrostatic interaction is predominant.

(1.1)

1.3 Plasmas in Space

This book focuses on natural plasmas in space. Depending on their location,
these plasmas exhibit different properties as characterized by the plasma
parameters (see Fig. 1.1); all space plasmas, except for stellar interiors, can be
characterized as ideal plasmas. Stellar interiors consist of hot and extremely
dense plasmas with the highest densities inside white dwarfs; these plasmas
are ideal but degenerate. Plasma density and temperature decrease in the
stellar coronae which are still hot enough to be blown away as stellar winds.
The combined action of the stellar wind and the magnetic field slows down
the star’s rotation and winds up the magnetic field lines. This “starsphere”
is a void in space, filled by plasma and magnetic flux from the star. The
interstellar medium, which fills the space between the starspheres, is most
likely an even more attenuated plasma than stellar winds are.

The spatially closest example for such a starsphere is the heliosphere
(Chap. 6), see Fig. 1.2: a void in the interstellar medium structured by the
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solar wind and the frozen-in solar magnetic field. It is separated from the
interstellar medium by the heliopause. The heliosphere has an extent of at
least about 100 AU!. Voids in the heliosphere exist too: the interaction be-
tween the solar wind and a planetary magnetic field forms a magnetosphere:
a cavity in the solar wind, dominated by the planet’s magnetic field.

The topology of the magnetosphere (Chap. 8), is even more complex;
however, the physical processes, although on smaller spatial scales, are the
same. A magnetosphere is defined as a spatial region where the motion of
particles is governed by the planet’s magnetic field.? This brief definition
contains a lot of information. We learn the obvious: the very existence of the
magnetosphere requires a magnetic field. Particles in the magnetosphere are
at least partly charged: the motion of neutrals would not be influenced by the
magnetic field. Their density is low: in a dense medium, collisions between the
particles would determine their motion, and the influence of the magnetic field
would be negligible. In addition, the energy density of the charged particles
is small compared with the energy density of the field: otherwise the particle
motion would distort the field instead of the field guiding the particles.

The inner boundary of the magnetosphere is determined by the density:
getting closer to the planet, the density increases. Brownian motion becomes
dominant and the magnetic field no longer guides the particles. In the Earth’s
magnetosphere this transition happens at a height of a few hundred kilome-
ters. The upper ionosphere, extending to a height of about 1000 km, lies
well inside the magnetosphere. The outer boundary of the magnetosphere is
the magnetopause. It separates the planetary and the interplanetary mag-

! AU is short for astronomical unit which is the average distance between the Sun
and the Earth: 1 AU = 149.6 - 10° km.

2 With substituting “planet’s” by “Sun’s” or “star’s” we could use this statement
as a definition for the heliosphere or a starsphere, too.
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netic fields and prevents most of the solar wind plasma from entering the
Earth’s magnetosphere and atmosphere. Moving towards the Sun, we would
detect this boundary at a distance of about 10 Earth’s radii. In the opposite
direction, the magnetosphere extends far beyond the orbit of the moon.

Three different height regimes are summarized in Fig. 1.3. Regimes can
be distinguished according to charge or “mixedness”. Below about 80 km,
the atmosphere is completely neutral. In the ionosphere, the relative number
of ionized particles increases with height. Below 100 km, in the homosphere,
particles collide frequently. Thus the different atmospheric constituents are
mixed thoroughly. In the heterosphere, above 100 km, particle motion is still
dominated by collisions but different constituents start to separate, the degree
of ionization increases, and neutrals are atomic rather than molecular. Above
500 km, in the magnetosphere, collisions are infrequent, particles are charged,
and particle motion is determined by the magnetic field.

The main components of a magnetosphere are summarized in Fig. 1.4.
The magnetosphere is formed by the interaction between the solar wind and
the geomagnetic field. A boundary sheet, the magnetopause, forms where
the pressure of the solar wind equals the magnetic field pressure. The solar
wind streams around the magnetopause but it does not penetrate into the
magnetosphere. Where the supersonic solar wind is slowed down to subsonic
speed, the bow shock develops. At high latitudes, polar cusps form, separat-
ing closed magnetic field lines in front of the magnetosphere from open field
lines pulled away to the magnetotail by the solar wind. At these cusps, par-
ticles and plasmas can penetrate into the magnetosphere and subsequently
precipitate down into the atmosphere.

The basic ingredient of the magnetosphere, the geomagnetic field, origi-
nates in a magnetohydrodynamic (MHD) dynamo in the ionized fluid inside
the Earth’s core. A similar process can be found inside other planets; solar
and stellar magnetic fields originate in dynamo processes too. In the solar
system all planets except for our two neighbors, Mars and Venus, house a
sufficiently strong MHD dynamo to build a planetary magnetic field and to
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Fig. 1.4. Structure
of the Earth’s mag-
netosphere. Reprinted
from H. Rosenbauer
et al., [447], J. Geo-
phys. Res. 80, Copy-
right 1975, American
Geophysical Union

form a magnetosphere. But even planets without magnetospheres and comets
are shielded against the solar wind: when the supersonic solar wind hits their
atmospheres, it is slowed down and deflected around the obstacle, forming a
bow shock in front of it.

Magnetospheres are not stationary but change as the basic ingredients, the
planetary magnetic field and the solar wind, vary in time. Disturbances in the
solar wind, caused either by temporal and spatial variations or by transient
phenomena, shake the magnetosphere and lead to geomagnetic storms and
aurorae. When the terrestrial magnetic field varies in strength, the spatial
extent of the magnetosphere changes too. And when the dipole axis drifts,
the structure of the magnetosphere is modified. All these different modes of
magnetospheres can be observed in the solar system (Chap. 9).

Space physics is not only concerned with plasmas and fields but also with
energetic particles (Chap. 7). Their energy by far exceeds the kinetic energy
of plasma particles although, owing to its larger density, the energy den-
sity of the plasma exceeds that of the energetic particles. An understanding
of the acceleration and propagation of these particles also is an important
topic. For instance, fluctuations in plasma motions on the Sun, interactions
of different plasma streams, and plasma clouds ejected from the Sun excite
different kinds of waves. Some of these waves steepen during their propa-
gation, forming shock waves. Energetic particles of solar and galactic origin
interact with these waves: this results in spatial scattering as well as scat-
tering in momentum space. These wave—particle interactions are of foremost
interest in understanding space plasmas; however, they are also formally dif-
ficult because they delve deeply into non-linear processes.
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Plasmas and particles also influence the terrestrial environment. For
instance, geomagnetic disturbances related to the arrival of large plasma
clouds ejected from the Sun (coronal mass ejections) disrupt power and com-
puter lines; energetic particles from a solar flare can ionize the atmosphere
and reduce the ozone concentration. Such questions are addressed in solar—
terrestrial relationships (Chap. 10), also called “space weather” for short.

1.4 A Brief History of Space Research

In situ observations of plasmas and particles in the magnetosphere and in in-
terplanetary space became possible with the advance of satellite technology
in the late 1950s and early 1960s. Many of these observations are discussed
within the broad topic of solar—terrestrial relationships. Solar—terrestrial re-
lationships is an old field of science; it dates back to the first correlations
between sunspots and aurora in ancient China a few thousand years ago.
Aurorae are the prime example of solar-terrestrial relationships: they can
be detected easily, even with the naked eye; they are closely correlated with
solar activity; and they also have an aesthetic and even mythological quality.
Nonetheless, the big steps in understanding solar—terrestrial relationships re-
quired observations made on board rockets and satellites: measurements of
plasmas and particles in the ionosphere, the magnetosphere, and interplan-
etary space, and the measurement of the Sun’s electromagnetic radiation in
frequency ranges not observable from the ground.

The solar wind and the magnetosphere act as coupling devices in solar—
terrestrial relationships. Both have been studied, though only indirectly, long
before the space age. Magnetism was detected more than 2000 years ago
when the ancient Greeks found stones that attracted iron. The first reliable
description of a compass dates back to the eleventh century when Shon-Kau
(1030-1093) wrote in a Chinese encyclopedia: “fortune-tellers rub the point of
a needle with the stone of the magnet in order to make it properly indicate
the south”. The first written account of a compass in Europe dates back
to Alexander Neekam (1157-1217), a monk at St. Albans. He describes the
compass and its application in navigation as common. Neekam’s compass is a
second generation instrument and quite similar to the ones used today: while
in the first compass a small piece of magnetic stone floated in water on a
piece of wood or cork, in Neekam’s compass a needle is placed on a pivot,
allowing it to rotate freely and align itself along the north-south direction. In
the fourteenth century the compass was common on ships. The declination,
the difference between magnetic and geographic north, was well known by
the early fifteenth century [94]; its temporal variation was reported in 1634
by Henry Gellibrand (1597-1636). Magnetic inclination was discovered in
the second half of the sixteenth century independently by Georg Hartmann
(1489-1564) and Robert Norman.
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The reason for the north-south-directivity of the compass needle was less
well understood. Philosophers of the early thirteenth century suggested some
connection by virtue between the loadstone used to rub the compass needle
and the polar star — the latter being a special star since, unlike other stars,
it is fixed. Later that century, the idea of polar loadstone mountains was
proposed. Again, the polar star was believed to give his virtue to the loadstone
mountains which in turn imparted it to the compass needle leading it to point
towards the polar star. This idea was questioned by Petrus Peregrinus (Peter
the Wayfarer, ca. 1240-7): loadstone deposits can be found in many parts of
the world. Why should the polar ones be the only ones that attract a compass
needle? Peregrinus attacked this question in a manner which can be termed
scientific by present day standards: he performed experiments with loadstone,
reported in his Epistola de Magnete. In particular, he introduced the concept
of polarity, discovered magnetic meridians, and described different methods
to determine the positions of the poles of a spherical loadstone.

But only in 1600, the basic ingredient of the magnetosphere, the geomag-
netic field, was detected: in his treatise De Magnete [185], William Gilbert
(1544-1604) suggested that the north-south alignment of the compass results
from the magnetic field of the Earth. In the middle of the nineteenth century,
scientists began to understand the terrestrial magnetic field. A global net-
work of observatories started continuous registrations of the magnetic field
and its fluctuations. From these data, Carl Friedrich Gauss (1777-1855) pro-
posed that the Earth’s magnetic field consists of two components, one from
its interior and a second one generated in the atmosphere [182]. To first order,
the internal geomagnetic field can be described as that of a homogeneously
magnetized sphere. Hans Christian @rsteed (1777-1851) and Andre Ampére
(1775-1836) suggested ring currents inside the Earth as source of the internal
field. This dipole-field approach survived up to the early 1960s when satellite
and rocket observations in the upper atmosphere gave a more detailed picture
of the true field and suggested modifications to the model.

Gauss and Wilhelm Eduard Weber (1804-1891) initiated very precise
measurements of the Earth’s magnetic field with relative accuracies of at
least 1075 [553,554]. Small fluctuations could be detected, showing systematic
variations in time and location as well as superimposed stochastic changes.
These latter strongly indicated that the Earth is not an isolated object in
space but that strong forces from outside act on spaceship Earth.

In its heyday in the second half of the nineteenth century, solar—terrestrial
relationships were an illustrative example of the development of science from
correlations and apparently uncorrelated, sometimes even seemingly contra-
dictory observations into a consistent picture of a complex environment. The
converging developments included, for example, the discovery of the 11-year
sunspot cycle by Heinrich Samuel Schwabe (1789-1875) in 1844 [470, 471]
and the correlation between sunspot numbers and the frequency of geomag-
netic disturbances by Edward Sabine (1788-1883) in 1852. In the same year,
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Rudolf Wolf (1816-1893) found a correlation between sunspots and geomag-
netic disturbances. A relationship between individual aurorae and accompa-
nying geomagnetic disturbances had already been noticed by Anders Celsius
(1701-1744) and Olof Peter Hiorter (1696-1750) in 1747 [88,223] and by
Alexander von Humboldt (1769-1859) in 1806 [243]. The spatial distribution
of aurorae suggested an involvement of the geomagnetic field, too. Aurorae
always were known as a high-latitude phenomenon. But in the 1840s the ill-
fated Arctic explorer John Franklin (1786-1847) noticed that the frequency
of aurorae does not increase all the way towards the pole [169]. In 1860, Elias
Loomis (1811-1889) showed that the highest incidence of aurora is seen inside
an oval of 20°-25° around the magnetic pole [328]. In 1881 Hermann Fritz
(1830-1883) [173] published similar results with his famous map of isochasms
(see Fig. 8.43).

During some ten years, out of these observations and statistical correla-
tions a closed picture of solar—terrestrial relationships emerged with the Sun
as a source of geomagnetic activity as well as aurorae. In the late 1870s, Henri
Becquerel (1852-1908) offered the first physical explanation: the sunspots are
assumed to be a source of fast protons [45]. On hitting the Earth’s magnetic
field, these particles are guided towards the auroral oval by the magnetic
field. Despite its simplicity, the model contains a revolutionary aspect: the
Sun is not only a source of electromagnetic radiation but its blemishes, the
sunspots, are also a source of energetic particles which could affect the terres-
trial environment. In the early twentieth century, a similar idea led Kristian
Birkeland (1867-1917) to build the terrella, a model of the Earth which allows
simulations of the aurora in the laboratory: a cathode-ray tube substitutes
for the Sun as a source of energetic particles and a magnetic dipole inside a
sphere covered by a fluorescent material simulates the Earth’s magnetic field
surrounded by its atmosphere. With these ingredients, Birkeland showed that
the geomagnetic field was responsible for the formation of the aurora ovals.
From the correlation between aurorae and the number of active regions on
the Sun, Birkeland suggested that sunspots might be the source of a con-
tinuous stream of particles [50]. This idea was an early introduction of the
concept of a plasma flow from the Sun, which later evolved into the concept
of the solar wind.

In the 1930s, Sydney Chapman and Victor Ferraro developed an idea
about solar—terrestrial relationships which comes closer to our current under-
standing: sunspots are indicators of solar activity [95]. Solar activity manifests
itself in violent eruptions, called solar flares. Chapman and Ferraro suggested
that flares not only emit electromagnetic radiation but also fling out clouds
of ionized matter which in size dwarf the Earth. After a travel time of 1
to 3 days, such a cloud might hit the magnetosphere and compress it, lead-
ing to geomagnetic disturbances. Some of the cloud matter might penetrate
the magnetosphere close to the poles, causing the aurora. The existence of
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these proposed clouds, today called coronal mass ejections (CMEs), was first
confirmed in the early 1970s by Skylab.

While their basic idea is accepted even today, Chapman and Ferraro’s
ansatz still assumes that the geomagnetic field is a dipole. Only the first in
situ measurements in the magnetosphere and in interplanetary space revealed
the complexity of the magnetic field surrounding the Earth. But again, in-
direct evidence had been found long before. In the 1920s, the existence of
a region of charged particles in the atmosphere, the ionosphere, had been
discovered because of its effect on radio waves: they propagate far beyond
the horizon due to reflection off the conducting ionosphere. Motions and
variations in charge density also can be used to explain the atmospheric con-
tribution to the Earth’s magnetic field which had been proposed 70 years
earlier by Gauss. Thus, early researchers in magnetospheric physics knew of
a conductive layer at a height of some tens of kilometers. In the early 1950s,
in Arctica and Antarctica, van Allen and colleagues launched rockets to a
height of about 110 km. Their instruments confirmed the existence of en-
ergetic electrons in this region, either directly or by observing the electron
bremsstrahlung: the existence of the ionosphere had been confirmed by in
situ measurements. In 1958, a Geiger counter on board the first US satellite,
Explorer 1, detected the Earth’s radiation belts, later named van Allen belts
to honor their discoverer. In the same year, the Soviet lunar probe made the
first measurements in interplanetary space, confirming the existence of the
long-proposed solar wind. The first detailed studies of the solar wind were
made by Mariner 2 in 1962. The boundary between interplanetary space and
the Earth system, the magnetopause, was first studied by Explorer 10 in
1961; the bow shock in front of it was detected by Explorer 12 in 1962 and
studied in detail by OGO (Orbiting Geophysical Observatory) in 1964. These
and subsequent observations led to the identification of the main components
of the magnetosphere, as discussed above.

Exercises and Problems

1.1. Define a plasma. Discuss the importance of the density. Is there a limit
for the relative or the absolute size of the neutral component?

1.2. What parameters are used to characterize a plasma? Briefly discuss their
physical meaning.

1.3. What energies/temperatures can be used to classify a plasma?

1.4. What do you need to explain a magnetosphere? What determines its
spatial extent?

1.5. Describe the basic features of a magnetosphere. How do these properties
change if the axis of the magnetic field changes with respect to the solar wind
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direction; if the terrestrial magnetic field decreases; if solar wind pressure and
speed increase?

1.6. Why is space dominated by plasmas?

1.7. Where in the near-Earth environment do plasmas exist? Would we miss
them if they were neutral matter instead?
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I’ve gotten a rock, I’ve gotten a reel,
T’ve gotten a wee bit spinning-wheel,
An’ by the whirling rim I've found
how the weary, weary warl goes round.
S. Blamire, I've gotten a rock

In space physics the motion of charged particles in electric and magnetic
fields often is described by a test particle approach: the particles are guided
by the field but their motion does not affect the field. This approach is valid
if the energy density of the magnetic field exceeds that of the particles. In
the test particle approach the motion can be separated into two parts: the
motion of a guiding center of the particle orbit and a gyration around it.
The guiding center motion can be interpreted as the effective motion of the
particle, averaged over many gyrations. This concept is applied to drifts in
stationary electromagnetic fields. The adiabatic invariants allow simple esti-
mates of the particle motion in slowly varying fields; they are applied to the
motion of particles in the Earth’s radiation belts. This chapter starts with a
brief recapitulation of the basics of electromagnetic field theory.

2.1 Electromagnetic Fields

Particle densities in interplanetary space and in the magnetosphere are low.
Thus a description of the electromagnetic field in a vacuum is sufficient. Then
the permeability u and the permittivity & both equal 1: the medium can be
neither magnetized nor polarized. In principle, we can assign a permittivity
to a plasma, but this is just another description of the existence of charged
particles. A plasma can also be magnetized: for instance, an axial-symmetric
ring current of charged particles in a dipole field leads to a reduction of the
magnetic moment, which is a diamagnetic effect. An equivalent description
is the magnetic induction B in a vacuum, consisting of both the dipole field
and the field disturbance, and the current arising from the particle motion.

M.-B. Kallenrode, Space Physics
© Springer-Verlag Berlin Heidelberg 2004
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2.1.1 Maxwell’s Equations in Vacuum

In 1873 Maxwell (1831-1879) introduced a unified theory of the electromag-
netic field giving for the first time the set of four partial differential equations
that today bear his name [338]. The sources of the electric and magnetic fields
are charges, magnetized bodies, and currents, which can be either discrete or
continuous and either stationary or time-dependent.

The electric field E generated by a charge density g. is described by

Poisson’s equation:!
V'EZQC/(-:(). (21)

Since the electric field is non-rotational, it can be expressed by the gradient of
the scalar Coulomb potential ¢: E = —V. Integrating (2.1) over a volume
V and using Gauss’s theorem (A.33), Poisson’s equation can be rewritten as
Gauss’s law for the electric field:

f E-ds:/&d%. (2.2)
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Gauss’s law states: the electric flux through a surface S enclosing a volume
V is determined by the total charge inside V. If there are no net charges
enclosed in V, the flux through S is zero. But V is not necessarily field-free,
e.g. if V is placed inside a dipole field either enclosing none of the charges or
both of them. Using a spherical test volume V with radius r, Coulomb’s law
can be derived from Gauss’s law.

Gauss’s law for a magnetic field is formally analogous, V - B = 0, or

ny-dszo. 23)
o)

It states that there are no magnetic monopoles.
Faraday’s law describes the electric field (or electro-motoric force EMF)
generated by a changing magnetic field:

0B

The magnetic flux @ through a surface S in the magnetic field is defined as

! Equations are given in SI units throughout. However, since the cgs system still is
widely used in geophysics and space physics, equations which are frequently used
to determine parameters also are given in cgs units in App. A.2. The cgs system is
advantageous in so far as the absolute permittivity and the absolute permeability
both equal 1 compared with g9 = (47 -9-10°)"! F/m = 8.854-107'2 F/m and
po = 4m - 1077 H/m = 1.256 - 107 H/m in the SI system. In the cgs system,
on the other hand, occasionally a factor ¢ = 1//Zofio appears. If quantities in
SI units are inserted into equations given in the cgs system, or vice versa, the
analysis of units automatically leads to the correct consideration of g9 and po.
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Graphically, the magnetic flux can be interpreted as the number of field lines
going through S. Using this definition and Stokes’s theorem (A.39), Faraday’s
law can be rewritten as

%E-dlz—g B-dS =
ot
(o] o

It states that a change in the magnetic flux through a surface creates an
EMF in its circumference. The minus sign indicates that a current generated
by the EMF causes a magnetic field anti-parallel to the original one (Lenz’s
rule). Faraday’s law has two consequences: a stationary magnetic field does
not produce an electric field. And if the electric field is zero, the magnetic
field is stationary.

Ampére’s law describes magnetic field generated by a time-dependent
electric field E and a current density j:

_92 (2.6)
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The last term on the right-hand side is the displacement current. It is related
to the equation of continuity: by taking the divergence of (2.7) we get

. OF 0
V‘(VXB):,LLOV-ij,uOEOV-E :uOV-(gcv)+u050t3.
Since the divergence of a rotational field (left-hand side) vanishes (A.25), this
gives the equation of continuity for charges (see Sect. 3.1.3):

(2.8)

doc _ doc _
5t +V-(ov)=0 or i +0oV-v=0. (2.9)
Using Stokes’ theorem, (2.7) can be written as
%B-dlzuo/j-ds—kposo/%ﬂtz-ds. (2.10)
c

Ampére’s law states that a changing electric field and/or a current creates a
rotational magnetic field.

Maxwell’s equations for the electric and magnetic field are symmetric,
except for the fact that there are neither magnetic charges (there are no
magnetic monopoles) nor magnetic currents.

2.1.2 Transformation of Field Equations

In space physics, fields and plasmas move with respect to the observer: the
solar wind is swept across a spacecraft in interplanetary space, another space-
craft crosses through the radiation belts of a planet. The fields E, B and
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E’/ B’ in two reference frames C' and C’, with C’ moving with velocity v
with respect to C, are related by the relativistic transformations

1
E=- [E—i—%(v-E)(l—fy)-{-va] and

v
1 1

with 7y = 4/1 — v2/c?. In the non-relativistic case, all terms in v?/c? can be
ignored (y — 1), reducing the equations to

1
E=E+vxB and B=B-—-vxE. 2.12
p5)

Equation (2.12) implies that field components parallel to the direction of
motion remain unchanged.

Within the framework of this book, the second set of transformations will
be sufficient, considering effects of order v/c (e.g. the Doppler effect) but
ignoring effects of order v%/c? (e.g. the Lorentz contraction).

We shall frequently encounter one consequence of the field transformations
for space plasmas, namely the v x B electric induction field (the second
term on the right-hand side of the first equation in (2.12)): the convection
of a magnetic field B with a plasma moving at speed v leads to an electric
induction field v x B. Applications include the electric field in the front of
non-parallel shocks (Sect. 7.5.1) and the electric field in interplanetary space
leading to the corotation of energetic particles (Sect. 6.3).

2.1.3 Generalized Ohm’s Law

Ohm’s law connects the current density j and the electric field E by a con-
stant, the conductivity o:
j=oE. (2.13)

Note that often, e.g. in the ionosphere, the conductivity is anisotropic and
should be described by a tensor rather than a scalar (Sect. 8.3.2).

Equation (2.13) is valid in the plasma rest frame only. If an observer is
moving with velocity v with respect to the plasma frame, a generalized form
of Ohm’s law is required. It can be obtained by applying (2.12). The plasma
has a high conductivity, that is all electric fields except induction fields vanish
immediately, and thus the current on the left-hand side of (2.13) transforms
under consideration of (2.7) as § = j'. The generalized form of Ohm’s law

then reads
j=o0(E+vxB). (2.14)

The second term on the right-hand side describes the electric induction field
which gives rise to the Hall current.
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2.1.4 Energy Equation of the Electromagnetic Field

From Faraday’s law we can derive an energy equation for the electromagnetic
field. Multiplication of Faraday’s law (2.4) by B and integration over a volume
V gives

/B~aa—?d3r:—/B-(VxE)d3r. (2.15)
v 14

The divergence of a vector product can be written as (see (A.29))
V- (ExB)=B-(VxXxE)—E-(VxB). (2.16)

The second term on the right-hand side can be rewritten using Ampére’s law
(2.7). Solving for the first term on the right-hand side we get

B.(V><E):v-(ExB)+u0E.j+cl2E-%§. 2.17)
Inserting into (2.15) gives the the energy equation
/B-%gd%:—/V-(ExB)dBT—/uoE-jd3r
% v 1%
—%/E %gd%. (2.18)

v

With Gauss’s theorem (A.33), the volume integral in the first term on the
right-hand side can be changed into a surface integral. The first term on the
left-hand side and the last terms on the right-hand side contain the product
of a vector and its temporal derivative. This is equal to half the temporal
derivative of the squared vector as can be seen by differentiating the middle
term in
da _10(a-a) 10a?

ot T2 o 20t

The energy equation then reads

a .B2 60E2 3 (E X B) - 13

— — d°r = — ——2.dS- [ E-jd’r. (220

ot / (2H0 M ) " ]{ Lo / jdor. (220
\4

v o)

(2.19)

Here B?/2uo and 9F?/2 are the energy densities of the magnetic and the
electric fields. Equation (2.20) can be interpreted as an equation for the
continuity of the electromagnetic field: the change in the energy density of the
electromagnetic field inside a volume V is given by the energy flux (Poynting

vector Sp), BB
Sp =222 (2.21)
Ho
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through the surface of the volume and ohmic losses E - j inside V'; positive
values of E - j indicate losses, while negative ones describe a generator.

If we consider electromagnetic fields in matter, the field exerts a force on
the particles, described by the j X B term in the equation of motion (3.28).
Thus, the energy equation has to be supplemented by a term describing the
work done by the field:

8 [(B® eFE? ExB .

g 2 ddr = — dS—/E- d?

6t/<2p0+ 2) " f o Jer
Vv

v o)

—/u-(j x B)d®r . (2.22)
|4

A comparison of the energy densities of the field and the plasma shows
whether the particle motion will be governed by the electromagnetic fields or
by the gas laws: if the plasma’s energy density is high and the conductivity is
infinite, the field is frozen-in (Sect. 3.4.1) and carried away by the plasma (e.g.
the interplanetary magnetic field frozen-into the solar wind). If the energy
density of the field is high, the field determines the motion of the particles
(e.g. energetic particles in interplanetary space or in the radiation belts). This
latter case is discussed in this chapter.

2.2 Particle Motion in Electromagnetic Fields

Let us now turn to the motion of individual charged particles in a prescribed
electromagnetic field. Particle densities are assumed to be small: there are no
collisions between particles, the particle motion is determined by the fields
only. The energy density of the particles is small too; thus their motion does
not modify the external field.

Although these limitations are strong, the resulting motion and their for-
mal description are basic and instructive. Table 2.1 places them into the
general framework of particle motion in electromagnetic fields. Fields can ei-
ther be smooth or turbulent. For smooth fields, two cases of particle motion
can be distinguished: (a) The field varies only weakly on the temporal and
spatial scales of the gyration and the particle motion can be described by the
concepts of guiding center motion and adiabatic invariants (Sect. 2.4). These
concepts can be applied to particles in the radiation belts (Sect. 8.7.1). (b)
The field changes significantly during one gyration of the particle. The above
concepts are no longer valid and the equation of motion has to be integrated.
One example are the Stgrmer orbits of galactic cosmic rays in the magneto-
sphere (Sect. 8.7.2). Turbulent fields require an entirely different approach.
The particle motion is determined not only by the average magnetic field
but also by scattering at field fluctuations, a stochastic process. Formally, we
have to consider particle ensembles instead of single particles and transport
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Table 2.1. Particle motion in different types of magnetic fields. The characteristic
length scale L for changes in the magnetic field is defined as 1/L = (1/|B|) B/0x

Field
smooth field turbulent, irregular
analytical description possible fast fluctuations
Scales small variations in large variations weak turbulence
space and time bg|<B>|
rL L L B =< B> +b, strong turbulence:
r, > L bz |<B>|
Formalism adiabatic invariants; integration of the transport equations
guiding center equation of motion pitch-angle scattering
motion; drifts resonance interaction
Occurrence periodic motion in  Stgrmer orbits particle propagation
radiation belts, in interplanetary
magnetic mirrors space

and bottles

equations instead of equations of motion. Propagation then can be under-
stood as a diffusive process (Chap. 7.3); applications are the interplanetary
transport (Sect. 7.4) or particle scattering into the loss cone in the radiation

belts (Sect. 8.7.1).

2.2.1 Lorentz Force and Gyration

The general equation of motion is Newton’s second law F = dp/dt. The
net force on a particle can consist of different components, e.g. gravitation,
electromagnetic forces, and a pressure gradient. In a pure electromagnetic
field only the Lorentz force acts on a particle
dv

FL:m—&?zq(E—l-va). (2.23)
First Integral of Motion. In a pure magnetic field the electric field is zero.
According to Faraday’s law (2.4), the field then is stationary. The equation
of motion reduces to

m— =quxB. (2.24)
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Multiplication by the particle speed v and consideration of (2.19) gives the
first integral of motion:
dein

= =qu-(vxB)=0 (2.25)

@
dt dt

1

-m

2
because the cross-product v x B is perpendicular to v and thus its scalar
product with v vanishes. The first integral of motion (2.25) states that in a
pure magnetic field the kinetic energy Wiy, of a particle is constant. Wy, is

given in electronvolts (eV) where 1 eV = 1.602-1071° J is the energy gained
by an electron after traversing a potential difference of 1 V.

Gyration. Let us now assume a homogeneous magnetic field along the z
axis: B = Be,. The equation of motion for the components then reads

mi, = qBvy, miy=-qBv;, and mv,=0. (2.26)

Integration of the last equation gives v = v, = const: the particle moves
parallel to the field line with constant speed v,. The other two equations
are coupled ordinary differential equations (ODEs) of first order. They can
be combined into two separate ODEs of second order by first differentiating
them with respect to ¢t and then inserting the other ODE:

2 2
. ¢B . qB . qB . gB
Uy = P Uy = — (7{) v, and U, = Y Vg = — (‘E Uy . (2.:27)

These second order ODEs can be solved with an ansatz v; = vo; et They
describe a harmonic oscillator with a cyclotron frequency w,

_ ldB
-

C

(2.28)

The solution of the equation of motion is a circular orbit around the magnetic
field lines in the zy plane. The components of the trajectory are

z(t) = rusinwt  and  y(t) = rpcoswet (2.29)
and the components of the particle velocity are
vz(t) = rLwecoswet  and vy (t) = —rLwesinwet . (2.30)

The particle speed v, perpendicular to the magnetic field then is

v =02+ ’Uz =riw?, (2.31)

and the radius of the particle orbit, the Larmor radius 7, is

(A% _ muvy
We lq| B ‘

rL = (2.32)
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The direction of motion depends on the particle’s charge and has to obey
Lenz’s rule: the ring current associated with the particle motion creates a
magnetic field opposite to the external one. An electron obeys the right-hand
rule (see Table 2.2): if the thumb is directed along the magnetic field line,
the tips of the curved fingers give the direction of the electron motion. If the
initial velocity has a component parallel to the magnetic field, the particle
follows a helical path around the line of force.

Example 1. A hot plasma with T = 1 keV is confined in a homogeneous
magnetic field B = 1 T. The thermal speeds are given by v = /2Wy,/m.
Thus we obtain v, = 18.7x10° km/s for the electrons and v, = 4.37x10° m/s
for the protons. The Gyro-radii then are determined from (2.32) to be 7, =
0.1 mm and 7, = 4.6 mm. From (2.28), we get obtain w.e = 1.8 x 10! 57!
and wcp = 108 s7! for the cyclotron frequencies. Note that both w. and
7y, scale with B; thus in a much weaker field, such as the interplanetary
medium, which is of the order of a few nT, the gyro radii would increase by
many orders of magnitude while the cyclotron frequencies would decrease by
orders of magnitude. O

2.2.2 Useful Definitions

The magnetic rigidity P [V] describes the resistance of a particle to change
its direction of motion under the influence of a magnetic field. It is defined
as the ratio of the momentum p, perpendicular to B and the charge g¢:

p=2 (2.33)
q
The Larmor radius (2.32) then is the ratio between the magnetic rigidity and
the magnetic field strength r, = P/B.

The gyration of the particle is determined by its speed v perpendicular
to the magnetic field while the particle itself is characterized by its energy or
velocity. The relative sizes of the velocity components parallel and perpen-
dicular to the magnetic field can be described by the pitch angle o with

tana = -= . (2.34)
il

The velocity components perpendicular and parallel to the field therefore are
vy = v sina and v = v cosa.

A particle with charge ¢ moving in a circular orbit with radius ri, and
gyration time T gives rise to a ring current I = ¢/T. = qw./(27). The
magnetic moment y is defined as the product of the ring current and the

enclosed area A = ri:

2
va N VVkmL

p=14==g B

(2.35)
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The orientation of the magnetic moment is determined by the direction of
the ring current:

1
B=3qrLX v =-——=pr = WkinL—B—Z—- B (2.36)

mvf_ B B Wkinl
———L tp

where tg = B/B is the tangential unit vector to the magnetic field. The
magnetic moment does not depend on the charge of the particle; its direction
is opposite to that of the external field. A plasma, therefore, is diamagnetic.

In a highly conductive plasma, no electric field exists and the particle en-
ergy is conserved (see (2.25)). Then v is constant. Therefore v is constant,
too. If the magnetic field is constant, the magnetic moment will also be con-
stant. Even in the case of a slowly (adiabatically) varying field p is constant.
It is therefore called an adiabatic invariant (Sect. 2.4.1).

Excursion 1. Relativistic Quantities. The highly energetic particles acceler-
ated in solar flares or coming from the galactic cosmic radiation have speeds
close to the speed of light. Thus these particles have to be described in terms
of relativistic quantities. The mass of a particle with rest mass mg increases
with increasing speed v, as described by the relativistic mass equation

Y]

m(v) = ——— = ymg . (2.37)
g
The relativistic energy is then
E =mc?, (2.38)
the relativistic momentum is
W2
p=m)v=ymgv, and p°>=—K _mec?. (2.39)

c2

Consequently, the relativistic force can be written as

F= % (ymov) - (2.40)

The cyclotron frequency of a relativistic particle then is simply

B B
We,rel = Iql = —Iql y (241)
Myel Yo
and the Larmor radius is
(A yan
TL,rel = = 2.42
We,rel |QI B ( )
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Example 2. So far, the highest proton energies observed in the galactic cosmic

M

radiation are 10%° eV. These protons gyrate in an interstellar magnetic field of ‘Z};’i—?

about B = 3x 10719 T. Since for such high energies the kinetic energy Wiy, is
approximately equal to the total energy Ej.a1, the second term on the right-
hand side of the second equation in (2.39) can be ignored and the particle
momentum is p = Wiy, /c. With (2.42), we obtain a maximum Larmor radius

of -
_ P _ Wkin _ ja2:1
L = cB ceB 10" m. (243)
This is approximately the size of the Milky Way. O

Excursion 2. Local Gyration Radius. The example above points to a general

problem, already mentioned in connection with Table 2.2: for a particle with °

pitch angle a = 90°, a closed gyro-orbit with a constant rp, results only if the
magnetic field is homogeneous across the particle orbit. This is certainly not
true for the Milky Way, and it is also not true for the path of cosmic rays in
the magnetosphere. In these cases, a different approach is required. Again,
the particle motion is decomposed into motions parallel and perpendicular
to the field, and the equation of motion is separated into two parts,

%:0 and %:%(mxB). (2.44)
We assume a stationary magnetic field, dB/dt = 0; the direction parallel
to the field lines is given by the tangential vector tg = B/B. Instead of a
gyration radius for the entire orbit, we now can determine a “local gyration
radius” which gives the local curvature of the particle path; see Fig. 2.1.
The equation of motion gives us a closed gyro-orbit for B = const over the
entire orbit. For B = B(r,t) it gives us the local Lorentz-force from which
we obtain the local gyro-radius. Locally, its magnitude is the same as for a
constant field with the local value of B. We can derive this also graphically:
During a time interval dt the radius of curvature r. changes in accordance

SVPe,p

Fig. 2.1. Particle orbit in a stationary but non-
homogeneous magnetic field

=\
=
=
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with dr. = v, dt, while the perpendicular speed changes in accordance with
dvi = (¢/m) (vy x B) 6t. Since the triangles in Fig. 2.1 are similar, we
obtain dr./r. = dv) /v, . Solving for r. gives the curvature radius or local

Larmor radius
muv

~ |g|B

or, in vector form, where t, = v/v is the tangent vector to the velocity,

TIL (245)

muv
=L x tg) . 2.4
TIL lqlB (t X B) ( 6)

The equation gives essentially the same result as (2.32). The only difference
is that now r);, depends on position: 7, = r1.(r) because B = B(r). Thus
riL, and 7, both vary along the particle orbit, while in (2.32) ry, is constant
along the particle path. (]

2.3 Drifts of Particles in Electromagnetic Fields

Particle drifts in electromagnetic fields result from changes in the Larmor
radius during one gyration, either due to changes in particle speed (as in
E x B and in the gravitational drift) or in the magnetic field (as in the gra-
dient drift). For particles with pitch angle 0° the drifts vanish, except for the
curvature drift, because the latter arises from the field-parallel motion.

2.3.1 The Concept of the Guiding Center

The concept of the guiding center, introduced in the 1940s by H. Alfven,
separates the motion v of a particle into motions v parallel and v perpen-
dicular to the field. The latter can consist of a drift vp and a gyration w:

V=0 +VL =V +UDp+ W= Vg +we (2.47)

with vg. being the motion of the guiding center. Thus the motions vg of the
guiding center and the gyration w. around the magnetic field are decoupled.
If we follow the particle for a long time, the gyration is of minor importance.
In some sense it is averaged out, and the particle motion is described by the
motion v, of the guiding center, consisting of a field-parallel motion and a
drift. The particle always is within a gyro-radius of this position.

2.3.2 Crossed Magnetic and Electric Fields: E x B Drift

Assume an electric field E perpendicular to the magnetic field B, both ho-
mogeneous and constant in time. The magnetic field forces the particle into
a gyration around the field line. During half of its orbit, the particle motion
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Table 2.2. Drift in various types of fields

B upward Charge eq.
through the paper positive negative

s
p Qg Q0"

—

B homogeneous

E homogeneous

<2 -
Gravitation
|9 7

Inhomogeneous B

a4 ) Qg Qe
B 2

has a component parallel to the electric field, during the other half it is anti-
parallel. Therefore the particle alternately is accelerated and decelerated.
Let us now look at this motion in detail. The second row of Table 2.2
gives the motion of particles in a magnetic field pointing upwards through the
paper and an electric field pointing downwards. An electron (right column)
starts in the upper right corner and is forced into a downward motion by the
magnetic field. Since this motion is parallel to the electric field, the electron
decelerates and its gyro-radius decreases. At the lowest point of its orbit
the electron therefore is shifted towards the left with respect to its starting
point. In the upward part of its gyro-orbit the electron moves anti-parallel
to the field. Thus it is accelerated and its Larmor radius increases, shifting
the electron farther to the left. This E x B drift results from a continuous
change of the particle’s gyro-radius and is perpendicular to both the electric
and magnetic fields. Therefore, in spite of the presence of an electric field
the particle does not gain energy. For a particle with positive charge, the
direction of the drift is the same: its gyro-motion is opposite to that of an
electron, as are the parts of its orbit with the smallest and largest gyro-radii.
Since electrons and protons drift into the same direction, no current results.
To derive a quantitative description of the E x B-drift we substitute

ExB
BQ

v=w+ (2.48)
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This corresponds to the transformation into a frame of reference moving with
velocity E x B/B2. Tt is © = w because both the electric and magnetic fields
are constant. The equation of motion therefore reads

mw:mi):qE+qwa+—]§—2(ExB)xB. (2.49)

Because F is perpendicular to B, the double cross-product in the last term
can be written as —EB? (A.20). Therefore, the first and last terms on the
right-hand side cancel and the equation of motion reduces to

mw =qw X B. (2.50)

Now w fulfills (2.24). In the new reference system the particle motion there-
fore is a gyration and the motion of this system gives the drift velocity:

Ex B

— (2.51)

VExB =
The direction and size of the drift depend on the fields alone: particle prop-
erties such as mass, charge or velocity do not enter into the drift.
We can also derive a general equation for the drift velocity in the presence
of a general force F' perpendicular to the magnetic field by substituting the
electric field E by the general force F/q in (2.48) and (2.49):

FxB 1(F B\ F
’UFI—L—=——(EX—B—)= X tg . (2.52)

qB? We Wemm
In the above example F = ¢F has been used.

Ezample 3. Wien filter. A magnetic field B = 5 x 10~* T is perpendicular to
an electric field F = 1000 V/m. This configuration provides a simple example
of E x B drift. Since the two fields are perpendicular, we obtain from (2.51)
a drift velocity vgxp = (EB)/B? = E/B = 2 x 10° m/s. The drift velocity
is perpendicular to both the electric and the magnetic field. An electron
approaches perpendicular to both fields. On hitting the field combination,
the electron will start to gyrate around the magnetic field and drift along
its original direction of motion. The size of the gyro-orbit depends on the
electron speed ve. For ve = vgxp the electron moves along a straight line.
This can be understood as follows: if the electron moves along a straight line
at constant speed, no force acts on the electron. Thus the forces exerted by
the electric and the magnetic field must be equal: eE = eveB or ve = E/B,
which is the drift velocity derived above. O

2.3.3 Magnetic and Gravitational Fields

Now consider a gravitational field perpendicular to a homogeneous magnetic
field (third row in Table 2.2). As in the previous case, the Larmor radius
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changes continuously. But here the external force does not depend on the
charge sign, and the points of the largest and smallest gyro-radii are the
same for both positive and negative particles. Because particles with different
charge signs have opposite directions of gyration, they drift into opposite
directions. The direction of drift therefore depends on the charge g, and its
size depends on the particle mass m, because the external force F = mg
depends on the particle mass. Equation (2.52) yields for the drift velocity

_mgxB

vy = . B (2.53)

A gravitational field perpendicular to a magnetic field therefore allows the
separation of particles with positive and negative charges. This drift leads to
a current. In addition, the magnetic field prevents the particles from “falling
down”. There is no net acceleration along g and the potential and kinetic
energies averaged over a gyration both are constant.

Ezample 4. A proton with a kinetic energy of 1 keV (and also a 10 keV
electron) gyrates in the equatorial plane of the terrestrial magnetic field at a
radial distance of five Earth radii from the center of the Earth. All its kinetic
energy is in the gyration. The equatorial magnetic field at the surface of the
Earth is 3.11 x 107° T; it falls off with radial distance as r—3. Thus the
local field at the proton orbit is B = 2.5 x 10~7 T. The proton speed is Up =
V/2Wiin/m = 4.4x 10° m/s (and the electron speed is vo = 5.9 x 107 m/s); its
gyro-radius according to (2.32) is rr, , = 1.8 x 10* m (rp, . = 1.4 x 103 m/s),
which is still small compared with the scales of the system; for instance,
the drift path around the Earth has a length of lgs = 27r = 50mrg =
2 x 10® m. The gravitational acceleration scales with r2, and thus at the
particles position it is only ¢g/25, ¢ being the gravitational acceleration at the
surface of Earth. Since at and above the equator the magnetic field is parallel
to the surface, the gravitational field is perpendicular to the magnetic field.
The drift speed from (2.53) is then vy, = 1.6 cm/s perpendicular to both
fields: the particle drifts along a circle in the equatorial plane. Since the
geomagnetic field has its south pole close to the geographic north, the field
in the equatorial plane is directed northward. Thus a proton drifts to the
west while an electron drifts eastward. The g x B drift thus would give the
particle such a small speed that it would take 1.25 x 10'° s or about 400 years
to drift around the entire Earth. Note that the drift speed depends only on
the particle mass. Thus all protons drift with the same speed, independent
of their energy. To be more precise, almost all protons: if the energy becomes
too large, the gyration radius of the particle may become so large that it
either hits the atmosphere and is absorbed during an interaction or suddenly
finds itself in interplanetary space and escapes. The same argument holds
also for all other particle species; only their drift speeds must be scaled by
the ratio of their mass to the proton mass. The drift speed of an electron is
therefore smaller by a factor of 1836 than that of the proton. O
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2.3.4 Inhomogeneous Magnetic Fields

In an inhomogeneous magnetic field (bottom row in Table 2.2) particles with
positive and negative charges also drift in opposite directions. In contrast
to the previous example, here the particle speed stays constant during the
gyration but the gyro-radius increases/decreases with decreasing/increasing
field strength. This change in gyro-radius is independent of the charge sign,
leading to drifts of electrons and protons in opposite directions. The resulting
gradient drift is

vyp = = qB BxVB=+30BxVB; (2.54)
the + sign reflects the charge dependence of the drift direction. In contrast
to the gravitational drift discussed above, here the drift speed depends on
the particles kinetic energy and thus on both speed and mass.

A very efficient drift develops in the configuration of two opposing mag-
netic fields. Imagine the guiding center of the particle orbit on the neutral
line between the fields. The particle starts its gyration in the upper half of the
field, but after crossing the neutral line, the direction of gyration is reversed.
Therefore, instead of a closed circular orbit two semicircles result, leading to
displacement by 4 Larmor radii during one gyration (see Fig. 2.2). In inter-
planetary space such a drift takes place along the heliospheric current sheet
and contributes to the modulation of galactic cosmic rays (Sect. 7.7).

In the magnetosphere this drift leads to the ring current and the motion
of particles trapped in the radiation belts (Sect. 8.7.1).

Ezample 5. Let us briefly return to example 4, where we saw that the g x B
drift is extremely slow. Since the magnetic field decreases as 73, during
its gyration the particle scans regions of different magnetic field strength,
and thus a gradient drift results. The gradient of the magnetic field has the
same direction as the gravitational acceleration, and thus the gradient drift
is in the same direction as the g x B drift. Although the magnetic field is
roughly a dipole field, in this special case it can be treated as spherically
symmetric since the particle gyrates in the equatorial plane and therefore
is not influenced by the latitudinal variation of B. From (A.43) we obtain
the gradient of the magnetic field B(r) = By (ro/r)® as VB = (—B/r,0,0).
The cross product in (2.54) then gives |B x VB| = B%/r and the drift speed

- Tp(e”) —~vp(pt)
6 o o e o o o o o B,

m ?/\ Fig. 2.2. An efficient gra-
dient drift occurs in adja-

JX % X\L}/X % x& f:ent ﬁe}ds of opposite polar-

ity, for instance along the he-
X x x x x X X X Bg=-Bi Jjospheric current sheet
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becomes vp = v, /(2r) = 220 km/s for the proton. For the 10 keV electron
we get a drift speed of 259 km/s. Thus drift frequencies are of the order of
mHz (see also Fig. 8.47). a

2.3.5 Curvature Drift

Imagine a homogeneous magnetic field with the lines of force are curved with
a radius .. In a vacuum such a field would obey Maxwell’s equations only
if combined with a magnetic field gradient. The net drift therefore would be
the sum of the curvature drift and the gradient drift. To derive the curvature
drift alone, let us start from a simplified configuration without a magnetic
field gradient. The drift arises from the centrifugal force F.; and thus is
determined by v| and not by v, as in the previous examples. Inserting the
centrifugal force Fef = mvfe,/rc = mujirc/r? into (2.52) yields

2
myvj r. x B
VR = —F555
qB*> r?

(2.55)

The curvature drift depends on the charge, mass, and speed of the particle.

In a real field, a field gradient exists in addition to the curvature. Ampére’s
law (2.7) in a vacuum without electric current gives V x B = 0. In cylindrical
coordinates (see Sect. A.3.2 and Fig. 2.3), B has only one component in 6,
VB only one in r, and V x B only one in z, given as

_l_a(T‘Bg)
r  Or

(V x B), = =0. (2.56)

This is zero because By is proportional to 1/r. Then |B| is proportional to
1/rc and it is V|B|/|B| = —r./r2. The gradient drift (2.54) then reads

m o ro X B

’UVBZZ—q’UJ_—T?ET . (257)
Combined with (2.55), the drift in a curved magnetic field is
2 1,2
mrex B (5 1, v t3vl VB
'UR+’UVB:EW— (’U”'f'-iUJ_) _TeBxl_BT' (258)
7 Fot
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Fig. 2.3. Curved magnetic field and coordinate system
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This equation has an important implication: if particles are trapped inside a
magnetic field torus, the best and finest adjustments in temperature and
field cannot prevent the particles from drifting across the field lines and
out of the torus sooner or later. This is one of the fundamental problems
in fusion research. Instead of a simple torus, extremely complex field con-
figurations are required, as for instance in the stellerator Wendelstein 7-X
(see e.g. www.ipp-garching.mpg.de/eng/pr/publikationen/broschuere.
engl.pdf or www.ipp-garching.mpg.de/eng/pr/exptypen/stellarator/
pr_exp_ste.html).

Ezample 6. A proton plasma with a temperature of 10 MeV (corresponding
to a speed of v = 1/2Wyin/m = 4.3 x 107 m/s) is confined by a homogeneous
magnetic field inside a torus of diameter 1 m. The dimensions of the torus also
give the diameter of the gyro-orbit. Thus a magnetic field B = mv, /(qry) =
0.9 T is required to keep the proton inside the torus. According to (2.55),
the curvature drift is then v, = mv?ry,/(¢B) = 0.24 m/s tangential to the
particle path. a

2.3.6 Drifts Combined with Changes in Particle Energy

The drifts discussed so far have been associated with acceleration in the
sense of a change in the direction of motion but not in average speed. Cer-
tain combinations of fields, however, can lead to changes in average speed
and therefore also in particle energy. Figure 2.4 shows the drift of a particle
in a crossed electric (pointing upward in the drawing plane) and magnetic
(pointing upward out of the drawing plane) field with a gradient perpendic-
ular to both the magnetic and electric fields. The motion under the influence
of two combined fields has been discussed above and is indicated by thin
lines: for a particle with positive charge the E x B drift leads to a horizontal
motion towards the right while the grad B drift leads to an upward motion. A
combination of both motions gives the Egrad B drift oblique to the fields and
to the magnetic field gradient. Owing to this drift, the particle moves from
one potential to another, gaining energy. Note that the use of a gravitational
field instead of the electric field would yield similar results.
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2.3.7 Drift Currents in Plasmas

Some of the drifts discussed above lead to the separation of positive and
negative charges, giving rise to a drift current. In a plasma, instead of single
particles we have to consider & different particle species with number densities
ny and masses my. With the general equation for the drift velocity (2.52) we
can derive a drift current:

_ 2w F

X B= > nkqupg - (2.59)

k

Jo
The drift current due to the gradient drift, for instance, is given as

2

: ngv

jove =) —EkBk—gf (BxVB) . (2.60)
k

This current results from the inhomogeneity of the field and leads to a charge
separation. An example of a natural drift current is the ring current in the
magnetosphere (Sect. 8.3.3).

Example 7. In example 5, we calculated the drift speeds of 1 keV protons

and 10 keV electrons. In the radiation belts, both have a number density -

n = 107 m~3. With the drift speeds from example 5, we can determine the
ring current densities by using (2.60) and j = 7.7 x 10~7 A/m?. a

2.4 Adiabatic Invariants

So far we have only considered static and homogeneous fields. In weakly and
slowly varying fields, the concept of adiabatic invariants provides a powerful
tool to describe the periodic motions of particles. A simple analogy is the
mathematical pendulum: if its length increases only weakly during one swing,
the ratio of the pendulum’s energy and frequency is a constant of the motion,
called an adiabatic invariant. For charged particles in a magnetic field, three
types of motion can be identified:

1. The field changes only slowly during one gyration:

1 OB We
E —8? < 5-7; . (261)

2. The field varies only weakly on a scale comparable with the distance trav-
eled along the field by the particle during one gyration (bounce motion,
longitudinal oscillation):

VB“ We
—_ << —_—

. 2.62
B 27y ( )



36 2 Charged Particles in Electromagnetic Fields

3. The field varies only weakly in the area encircled by the particle during
the gyration or drift motion:
VB 1 We VB 1 We

. 2.63
B <<27rvl or B <<27er ( )

If the particle motion is described by a pair of variables (p;, g;) which are
generalized momentums and coordinates, for each periodic coordinate g; the
action integral

Ji= fpid%' , (2.64)

integrated over a complete cycle of motion, is approximately an invariant
or constant of the motion, provided changes in the variables occur slowly
compared with the relevant periods of the system and the rate of change is
almost constant (for a proof of this statement, see, for example, [192,303,307,
382,508]). Thus a system can change from one state of motion into another
and still have the same action integral.

2.4.1 First Adiabatic Invariant: The Magnetic Moment

The first adiabatic invariant states that in a slowly varying magnetic field
the magnetic moment u = W, /B is almost constant. It finds applications in
magnetic mirrors and bottles. We can derive it by inserting the generalized
momentum p = mv, and the generalized coordinate ¢ = ri 9 (with 9 being
the azimuthal angle along the gyro-orbit) into the action integral (2.64)

J1= }4?1 dq; = ?{mvlrL dy = 2mmrLv, . (2.65)

With (2.32) and (2.35) this yields

Ji = 4#%;1 = const (2.66)
under the tacit assumption that w/w. < 1 with w characterizing the change
in B. Thus (2.66) states: as long as m/|q| is constant, the magnetic moment
is constant, too.

A less formal but more illustrative proof, without using the action in-
tegral, starts from the motion of a particle in a magnetic field that varies
slowly in space or time. Let us choose the latter attempt, i.e. 0B/t # 0.
Then, according to Faraday’s law (2.4), a rotational electric field arises with
a component parallel to the orbit of a gyrating particle (or completely par-
allel to the motion of a gyrating particle if the latter has pitch angle zero).
If we further assume vj to be zero, the particle speed is v = v, = dl/d¢
with dl being a small element of the particle path. Multiplying the equation
of motion (2.23) by the particle speed v, we derive the temporal change in
kinetic energy:
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d [(mv? di
—|— ) =qF -v= - 2.
dt(2) Bv=ab- g (267)
Integration over a gyro-orbit gives the energy change during a gyration
27w
dl
OWiin = qFE T dt. (2.68)

0

According to our assumptions, the field changes only weakly during one gy-
ration. Therefore, the particle orbit still is nearly circular and the integration
in time can be substituted by a line integral along the particle path:

Wiin = ]{ qE-dl. (2.69)

With Stokes’ theorem (A.39) and Faraday’s law (2.4) we obtain

oB
5Wkin=q/(VxE)-dS:—q B;-dS, (2.70)
s s
with S being the surface enclosed by the Larmor orbit, its direction given by
the right-hand rule. The integral is positive for negatively charged particles

and negative for positively charged ones. It then can be written as
0B
Wiin = too- nre (2.71)

With the Larmor radius expressed in terms of the cyclotron frequency this is

dBv2 m _ Wi 2m0B/0t

o IB- B o 2.72)

The first part of the right-hand side gives the magnetic moment, the second
part the variation § B of the magnetic field during one gyration: §Wy;, = uéB.
Inserting the definition of the magnetic moment (2.35) into the left-hand side,
we get §(uB) = pdB + Béu = udB, which implies

Bép=0. (2.73)

Because B # 0, this equation gives the first adiabatic invariant: in a slowly
varying magnetic field the magnetic moment is constant.

Changes in the magnetic field result in variations in the Larmor radius.
Thus the question arises: does the magnetic flux through a Larmor orbit
change in a slowly varying field? With the definition of the magnetic flux
(2.5) and the area S enclosed by the gyro-orbit we can write

2
&= [ B -do=rBL . (2.74)
wg
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Inserting (2.28) yields
2mm
q
Thus as long as p is an invariant of the motion, the magnetic flux @ through
a gyro-orbit is constant.

2.4.2 Magnetic Mirrors and Bottles

Magnetic mirrors and bottles are applications of the first adiabatic invariant.
In its top left panel Fig. 2.5 shows the configuration of a magnetic mirror
together with the path of a particle. The panel below shows the dependence
of v, v1, and « on the particle’s location. The panel on the right illustrates
the restoring force at the mirror point.

Let us start with a particle on the left-hand border of the graph with
initial speeds v),; and v, ; parallel and perpendicular to the magnetic field
and initial pitch angle o;. The particle gyrates around the field line, and its
guiding center moves to the right. Since the electric field is zero, the particle’s
kinetic energy is constant:

%mv2 = %m(vﬁ +v%) = const . (2.76)
The kinetic energy perpendicular to the magnetic field can be expressed by
the magnetic moment p (2.35):

s’ = 3mof + uB . (2.77)

Fig. 2.5. Magnetic mirror: configuration (top left), variations in particle speed
parallel and perpendicular to the magnetic field and pitch angle o with position
(bottom left), and restoring force at the mirror point (right)
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The first term on the right-hand side can be interpreted as the drift energy
or the kinetic energy of the guiding center, while the second term uB is the
gyration energy. Since p is invariant, an increase in B has to be compensated
for by a decrease in the drift energy until v becomes zero. At this mirror
point the energy conservation yields

tBmp = gmo? = tmad . (2.78)

Thus, at the mirror point the drift energy entirely is transformed into gyration
energy, which therefore is the particle’s total kinetic energy. The guiding
center has come to a standstill and eventually will be reflected back towards
the diverging field. The right panel in Fig. 2.5 illustrates the origin of the
restoring force: at the mirror point the magnetic field is inhomogeneous. Thus,
the plane of gyration is not perpendicular to the field and B has a component
B in this plane, leading to the restoring force

F.=quxB=qu,B e, . (2.79)

The particle is pushed back into regions of decreasing field strength and its
pitch angle decreases as gyration energy is transferred back into drift energy.
Note that (2.79) also can be written as F' = p1- VB which describes the force
an inhomogeneous magnetic field exerts on a dipole magnetic moment.

The location of the mirror point By, depends on the initial pitch angle
ay of the particle. If o is zero, the magnetic moment is zero too, and the
particle’s total kinetic energy is drift energy. An increase in the magnetic
field strength does not transform drift energy into gyration energy and the
particle traverses the magnetic mirror. If, on the other hand, «; is 90°, all the
particle’s energy is contained in the gyration and the guiding center already is
at a standstill. For values of a; in between these two extremes either reflection
occurs at a point Tmp(a1) or the particle is transmitted if the increase in the
magnetic field strength is not sufficient to convert all the drift energy into
gyration energy. Let us now determine whether a particle will be reflected or
transmitted. The constancy of the magnetic moment implies that the ratio
of the energy of gyration and the magnetic field strength is constant. Thus
for any two points in the magnetic field we have

_mwt, _ mul,

- - 2.
=B, ~ 2B, (2.80)

or, taking the pitch angle into consideration,

v?sin® oy v} sin? ay (2.81)
Bi By ‘
The kinetic energy is constant; thus it is v; = vy and the quantity
2u sin? oy _ sin? g (2.82)

mu? B1 Bz
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becomes an invariant of the motion. At the mirror point, the particle’s pitch
angle aumyp, is 90°. Thus reflection at the position By, requires an initial pitch
angle at By of

2 r 1 r . 1 .
sin” g = = =0 or Q7 = arcsin \ [ ——— == arcsin ’ [ — . (2.83
1 Bmp Rmp 1 Bmp Rmp ( )

Here Rpp is the mirror ratio. Particles with an initial pitch angle of are
reflected exactly at Brnp; particles with larger «; are reflected earlier and
particles with smaller a7 pass through the mirror point. Thus (2.83) defines
the boundary of a region in velocity space in the shape of a cone, called the
loss cone (see Fig. 2.6): particles inside this cone are not confined by the
magnetic mirror. This loss cone is an important concept to describe the dy-
namics of radiation belt particle populations. Note that the loss cone depends
on pitch angle only, and does not depend on other particle parameters, such
as mass, speed or charge.

W\, Ezample 8. Assume an isotropic distribution (that is, the pitch angles are
2;;;’\-—.< distributed uniformly) of 10 keV electrons injected on a field line at the
equator, and Ly = 5 Earth radii from the Earth’s center. The magnetic field

varies as
_ Bg V1+3sin®®

L} cosb®
where @ is the geomagnetic latitude and Bg = 3.11 x 10~° T is the equato-
rial magnetic field strength at the surface. The equation of the magnetic
field line is L = Lgcos?®. From the conservation of the magnetic mo-
ment, we can determine the number of particles reflected at geomagnetic
latitudes of 30° and 60°. We need only the ratio between the magnetic field
strengths at the injection site and at the reflection point. From (2.84) we
obtain Breg/Beq = V1+ sin? @,en / cos® @,.q, which gives a magnetic field
ratio of 2.65 for & = 30° and 84.7 for & = 60°. From (2.83) we then find
that all particles with a pitch angle larger than 38° and 6.3° are deflected at
geomagnetic latitudes below 30° and 60°, respectively (that is, 48% and 83%,
respectively, of the initial population). From the equation of the field line,
we find that it intersects the surface of the Earth (L = 1) at a geomagnetic
latitude of 63°. O

B(Lo, ?) (2.84)

Ezample 9. Magnetic pumping is a process in which an adiabatic invariant
is used to accelerate particles. To illustrate the idea, let us start from an

il il

loss cone loss cone

Fig. 2.6. Definition of the loss cone
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isotropic plasma gyrating in a homogeneous magnetic field. The plasma tem-
peratures and thus the particle energies parallel and perpendicular to the field
are the same: Wyin ||.0 = Wkin, 1,0 = Wo. Let us now increase the magnetic
field slowly by a factor of two, such that the concept of adiabatic invariants
can be applied but fast enough to prevent an exchange between parallel and
perpendicular energy. The energy parallel to the field remains unchanged, but
since the magnetic moment is conserved, the perpendicular kinetic energy in-
creases as B increases: Wiin, | ~ B. If we wait for a sufficiently long time to
allow temperature exchange between the parallel and perpendicular motions,
we again have an isotropic plasma, now with Wi, |1 = Wiin,1,1 = 1.5 W
and thus Wy, |1 = 1.5Wiin,|,0 and Wiin, 1,1 = 1.5Wkin, 1 0. We can now allow
the magnetic field to relax to its original value with the same speed as before.
Again, the parallel kinetic energy remains constant while that of the motion
perpendicular to the field is reduced by a factor of two: Wi 1 = 0.76Wiiy 0
and Wiin,1 1 = 1.5Wiin, 1 0. The total energy is then W = 1.25Wj, that is
the plasma has gained energy during this process, which can be repeated for
further energy gain. O

2.4.3 Second Adiabatic Invariant: Longitudinal Invariant

Two magnetic mirrors combined give a magnetic bottle (see Fig. 2.7): par-
ticles are confined due to repeated reflection between the mirrors. This is a
simple configuration in so far as the field is stationary, rotation-free and has
a rotational symmetry around the field line. The second adiabatic invariant
is related to the drift motion inside the bottle and the distance between the
mirrors. The longitudinal invariant can be derived from (2.64) with the mo-
mentum pp = mv| and the distance s along the field as the spatial coordinate:

S2
Jo = /mv” ds = const . (2.85)

S1

With (2.77) this can be written as

S2
Jo = /m\/v2 - 2—lfds . (2.86)
m
S1
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The second adiabatic invariant leads to an efficient mechanism for particle
acceleration: for the acceleration of galactic cosmic rays, Fermi proposed a
configuration of two converging magnetic mirrors (first-order Fermi effect
[150,151)). In terms of energy, the reflection of a particle at a fixed magnetic
mirror is equivalent to a ball bouncing off a wall. Thus in a magnetic bottle
with two fixed mirrors the particle oscillates between these mirrors without
changes in total energy. The interaction with a moving magnetic mirror,
however, is equivalent to the reflection off a moving wall. Depending on the
relative speeds between particle and mirror, an energy gain or loss results:
head-on collisions lead to an energy gain; if the particle and mirror move in
the same direction, an energy loss results. According to (2.85) in each pair of
collisions the total energy gain is determined by the shortening of the distance
between the mirrors, independent of whether the particle meets both mirrors
head-on or only one of them. A familiar equivalent is the warming of a gas
during compression, e.g. inside a tire pump.

The application of the second adiabatic invariant in the Earth’s magne-
tosphere is not concerned with acceleration but with the asymmetry of the
field. The dipole field in the inner magnetosphere forms magnetic bottles:
particles moving from the equatorial regions towards the poles “see” a con-
verging magnetic field, they move into a magnetic mirror (see Sect. 8.7.1). If
their pitch angle is sufficiently large to prevent them from entering the loss
cone, they eventually are reflected back, cross the equator and travel towards
the other pole. This bouncing motion, however, is not exactly the same as in
Fig. 2.7: the field lines are curved to follow the Earth’s dipole field and the
particle therefore faces a stronger magnetic field during that part of the Lar-
mor orbit closest to Earth than in the other half of the orbit. The resulting
gradient drift leads to a guiding center motion around the Earth: electrons
drift from west to east, protons from east to west, forming a ring current.

In a symmetric magnetic field, the particles should return to a certain
field line after each drift period. But, as we shall see in Chap. 8, the Earth’s
magnetosphere is neither symmetric nor constant in time. Why then should
a particle return to a certain field line after one drift period? The particle’s
energy is conserved during the motion. The first adiabatic invariant then re-
quires that at the mirror point |B| is constant. If a particle has drifted back
to a certain longitude, in principle it can be on a field line in an altitude
different from its initial one. This is ruled out by the second adiabatic invari-
ant, which determines the length of the field line between the mirror points.
Combination of both invariants requires finding field lines with the same |B)|
at the reflection point and the same length. But at a fixed longitude this is
fulfilled by one field line only. Thus even in an asymmetric field the particle
returns to its original field line after each drift period.
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2.4.4 Third Adiabatic Invariant: Flux Invariant

The third adiabatic invariant, the flux invariant, is also related to the guiding
center drift. It states that the magnetic flux enclosed by the drift orbit is
constant. The particle moves on a surface which adjusts itself to variations
in B so that the flux enclosed by this surface stays constant. Formally, the
third adiabatic invariant can be derived from the action integral (2.64) by
using the drift motion to define the generalized momentum p = mwvp and ¥
as the azimuthal angle of the particles orbit with radius r:

Jz = fmvprdw ) (2.87)
Similar to (2.65) we then obtain
4mm
Jz = Tl M = const , (2.88)
q

with M being the magnetic moment of the axisymmetric field.
The third adiabatic invariant is also used in the Tokamak geometry of a
fusion reactor [262,558,559]

2.5 Summary

This chapter has introduced the motion of individual charged particles in
electromagnetic fields. The particles are considered as test particles: they
do not interact with other particles and their motion does not influence the
fields. The main results are: (i) The elementary motion of a charged particle
in a homogeneous magnetic field is the gyration around the field line, char-
acterized by the Larmor radius (2.32) and the cyclotron frequency (2.28).
If the particle has a velocity component parallel to the field, a helical orbit
results. (ii}) The pitch angle o describes the relation between the particle’s
motion parallel and perpendicular to the field. (iii) The motion of a charged
particle can be separated into the motion of its guiding center and the gy-
ration around the guiding center. The guiding center motion can consist of
a field parallel motion and drifts. (iv) In slowly and weakly varying fields,
three adiabatic invariants can be defined, each associated with a typical mode
of motion: the first adiabatic invariant (constancy of the magnetic moment)
is associated with the gyration, the second (longitudinal invariant) with the
field parallel motion of the guiding center, and the third (flux invariant) with
the drift of the guiding center. The adiabatic invariants can be applied to the
motion of particles in the radiation belts.
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Exercises and Problems

2.1. Describe the concept of the guiding center. What is the reason for drifts?
2.2. What is an adiabatic invariant? Describe some examples.
2.3. Derive (2.52) and discuss the conditions under which it can be applied.

2.4. Derive an expression for the gyro-radius and frequency of a relativistic
particle. The relativistic momentum is p = ymgv, where v = /1 — v?/c? and
mg is the rest mass. What is the expression for the magnetic moment of a
relativistic particle? Show that the relativistic magnetic moment is conserved.

2.5. How is the magnetic moment defined? Give examples of magnetic mo-
ments. Why is the magnetic moment an important physical quantity?

2.6. Show that j' = j in the derivation of Ohm’s generalized law (2.14).
2.7. Derive Coulomb’s law from (2.2).

2.8. Why does (2.43) give a maximum Larmor radius?

2.9. Solve the equation of motion (2.27).

2.10. Develop a simple (numerical) model for the depletion of the radiation
belt. Start with the information from examples 5 and 8, and assume losses
to occur at a height of 1.05 Earth radii from the center of the Earth (about
300 km height in the atmosphere) and that during each bounce period an
amount 7, with n being 50% of the number of particles lost, of the remaining
particles are scattered into the loss cone.

2.11. Determine the gyro-radii and frequencies for electrons and protons
moving with thermal speeds (see Sect. 5.1.2) in the following fields: (a) the
Earth’s magnetosphere, with n, = n, = 10* cm™3, T, = T, = 10® K,
B = 1072 G; (b) the core of the Sun with ne = np, = 10% cm™3,
T. = T, = 10? K, B = 10°® G; (c) the solar corona with ne = n, = 10® cm™3,
T. =T, = 10° K, B =1 G; (d) the solar wind with n, = n, = 10 cm™3,
T,=T,=10°K, B=10"5 G,

2.12. A particle gyrates in a homogeneous magnetic field. (a) Determine the
size of a volume V which contains an amount of magnetic energy equal to
the particle’s kinetic energy. (b) Determine the height of a cylinder with this
volume and a base given by the Larmor orbit. (¢) Discuss this result.

2.13. In the equatorial plane, the Earth’s magnetic field can be described as
B = By(Rg/r)? with By = 0.3 G, Rg being the Earth’s radius, and = being
the geocentric distance. Determine the time a particle with pitch angle 90°
needs to drift around the Earth in the equatorial plane. What is the meaning
of this time? Determine the period for electrons and protons with an energy
of 1 keV drifting in a height of 5rg above the center of the Earth. Compare
with the drift due to the gravitational field and the period of an uncharged
particle (e.g. a satellite) in the same orbit.
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2.14. A proton of cosmic radiation is trapped between two magnetic mirrors
with R,, = 5. Initially, it has an energy of 1 keV and v, = v|| in the merid-
ional plane between the two mirrors. Each mirror moves with vy, = 10 kmm/s
towards the other. Draw a sketch of the configuration. Determine the acceler-
ation of the proton. (a) Does the acceleration continue until the mirrors are in
contact with each other or does the particle escape? Determine the maximum
energy acquired by the particle. Determine the maximum energy for other
pitch angles, too. (b) How long does the particle need to acquire maximum
energy? (Hint: assume the mirrors to be planes moving with speed vy, and
show that the energy gain in each interaction is 2v,,. How many interactions
are required for the particle to acquire maximum speed?)

2.15. The magnetic field of a magnetic mirror varies as B, = By(1 + az?)
along the axis. (a) At z = 0 an electron has a speed of v* = 3v{ = 1.50%.
Where does reflection occur? (b) Determine the motion of the guiding cen-
ter. (c) Show that the motion is sinusoidal. Determine the frequency. (d)
Determine the longitudinal invariant belonging to this motion.

2.16. A particle of mass m and charge g is at rest in a uniform magnetic field
B. At time t = 0, a uniform electric field perpendicular to B is switched on.
Show that the maximum energy gain is 2m(E/B)?.

2.17. A solar proton with energy 1 MeV starts with an initial pitch angle
of 85° at 2.5 solar radii. The interplanetary magnetic field decreases as r=2.
Determine the proton’s pitch angle at the Earth’s orbit (213 solar radii) from

the conservation of the magnetic moment.

2.18. A 10 keV a-particle is trapped inside the radiation belt at a height of
108 km above the surface of the Earth in a magnetic field of about 1076 T.
Determine the drift speeds for the curvature and the gradient drift. Compare
these speeds with the drift caused by the gravitational field.

2.19. One model for particle acceleration in solar flares uses the second adi-
abatic invariant. A shock propagates outward through a magnetic field loop
of sinusoidal form. Particles gyrate on this loop and bounce back and forth
from the shock front. Develop a model for particle acceleration.



3 Magnetohydrodynamics

‘Glorious stirring sight!” murmured Toad, never offering
to move. ‘The poetry of motion! The real way to travel!
The only way to travel!

Here today-in next week tomorrow! Villages skipped,
towns and cities jumped — always somebody else’s
horizon! O bliss! O poop-poop! Oh my! Oh my!

K. Grahame, The Wind in the Willows

In the previous chapter we have discussed the motion of individual charged
particles in prescribed E- and B-fields. Magnetohydrodynamics is different
for two reasons: (a) it considers an ensemble of particles instead of just a single
particle and (b) the E- and B-fields are not prescribed but determined by
the positions and motions of these particles. Thus the field equations and the
equation of motion have to be solved simultaneously and self-consistently: we
are looking for a set of particle trajectories and field patterns such that the
particles generate the field patterns as they move along their orbits and the
field patterns force the particles to move in exactly these orbits. And all this
has to be done in a time-varying situation.

While magnetohydrodynamics describes many useful and important con-
cepts, it is only a simplistic approach to plasma physics: it describes the
plasma as a fluid with all particles having the same speed, the bulk speed.
The thermal motion of particles is neglected. Kinetic theory (Chap. 5) also
considers the velocity distribution of the particles.

This chapter consists of four parts. It starts with a brief recapitulation
of hydrodynamics and an introduction to the basic equations. Subsequently,
magnetohydrostatics will be concerned with the energetics of the field and
the particles without allowing for the collective motion of a plasma. Concepts
such as magnetic pressure and magnetic tension are introduced. In magne-
tohydrokinematics we shall discuss the reaction of the field to a fluid with a
given velocity field. Basic concepts such as frozen-in fields and the dissipa-
tion of fields are introduced. An application of these concepts is the merging
of magnetic field lines, also called reconnection. In magnetohydrodynamics
fields and particles can interact freely. In this chapter, the magnetohydrody-
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namic dynamo will be discussed; magnetohydrodynamic waves will be treated
in the next chapter together with other types of plasma waves.

3.1 From Hydrodynamics to Magnetohydrodynamics

In a gas or fluid, the motion of each individual particle is described by an
equation of motion. If only electromagnetic forces act on a single particle, the
equation of motion is given by (2.23). In a plasma, the equation of motion
might be even more complex because the interaction between the particles
has to be considered: there are not only external forces acting on the particle
ensemble but also internal ones. In a plasma we would have to solve the
equations of motion simultaneously for all particles, which might be billions
inside a volume as small as 1 mm?®. Such a task is impossible to complete.
Instead, we can treat the plasma as a fluid: we are no longer interested in
the motion of individual particles but only in the motion of a fluid element
or the fluid as a whole. So, to understand magnetohydrodynamics, a sound
knowledge of hydrodynamics is helpful.

This section recapitulates the basics of hydrodynamics: partial and con-
vective derivatives, the pressure-gradient force, and the momentum balance
in different forms, such as Euler’s equation or the Navier-Stokes equation.
The equations of continuity and state are also recapitulated.

3.1.1 Partial and Convective Derivatives

The equation of motion for a particle, F' = dp/dt, contains a total derivative
of the momentum and the external forces acting on the particle. In a fluid, in
principle, we can use the same approach: single out a volume element, follow
its path, and calculate the local forces acting on the moving volume. This
corresponds to Lagrange’s description of particle motion. Here we simply
would have to multiply the transport equation by the number density n of
the particles and obtain

d
nmd—’l: =ng(E+uxB), (3.1)

with u = (v) being the bulk velocity or average velocity of the particles.

! The bulk velocity gives the velocity with which the fluid element moves. If the
thermal motion is ignored, all particles move with the bulk velocity. If the thermal
motion is considered, each individual particle moves with the sum of its thermal
velocity vin and the bulk velocity w: vy = v¢n + u. Averaged over all particles in
the fluid element, the individual particle velocities give the bulk velocity (vp) = u
because (vtn) = 0.
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For practical purposes, we normally consider a volume fixed in space and
measure the properties of the fluid streaming through the volume. A prop-
erty £ of the fluid then is given as € = &(z,y, z,t) with the spatial coor-
dinates and the time being independent variables. This corresponds to Eu-
ler’s description of a fluid. In contrast, in Lagrange’s description, the spa-
tial coordinate depends on time too, and a property & of the fluid is given
as € = e(z(t),y(t), 2(t),t). In the atmosphere, Euler’s description could be
applied to a stationary thermometer while Lagrange’s description could be
applied to a thermometer on a radio-sonde carried by the prevailing winds.

If we are interested in changes in €, we have to calculate its derivative.
In Euler’s description, the total derivative de/d¢ and the partial derivative
Oe/0t are equal because all temporal derivatives of the spatial coordinates
vanish. In Lagrange’s description, the chain rule has to be applied:

de dxde dyde dzo0e Oe Oe
E—E%-Faa—yﬁhaaﬁha—(lkv%ﬁ"a. (3.2)
The change of a property £ in a moving fluid element therefore consists of
two parts: (a) a change in £ at a fixed position in space (second term on the
right-hand side); and (b) the relative motion between the observer and the
medium (first term). Or, more formally: the total temporal derivative consists
of a local temporal derivative and advection; it is also called the convective
derivative. Note that the product (uw - V) is a scalar differential operator.
Occasionally, the total derivative is written as D/Dt instead of d/d¢.

To understand the difference between a convective and a local temporal
derivative let us take a look at the property of water as, for example, salinity
or temperature. Let us first consider a closed volume, e.g. a fish-pond. The
temperature then might change due to absorbed solar radiation, and the
salinity might change due to evaporation. These changes are local temporal
changes. Now think of this volume of water as a segment of a river. The local
changes are still the same but there are also changes due to the advection
of water from other sites: warmer water might be advected into the volume
from a power station upstream or the salinity might increase as the incoming
tide carries water with higher salinity into the volume.

3.1.2 Equation of Motion or Momentum Balance

The motion of a fluid element in hydrodynamics can be described by Eu-
ler’s equation or the Navier-Stokes equation. All these different equations of
motion have one basic ingredient, the pressure-gradient force. In single-body
motions, only external forces act on the body. In a fluid, on the other hand,
regions of different pressure, for instance related to temperature differences,
can exist, exerting forces on fluid elements. Thus, before inserting the ex-
ternal forces into the equation of motion, let us have a look at this internal
force, the pressure-gradient force.
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Pz
7;: Txz,
Az
A B
Ay
Az Fig. 3.1. Normal forces p and shear stresses T acting
Zo on a cubic volume

Pressure-Gradient Force. Regions of different pressure in a gas exert
forces: particles move from the high pressure towards the low one. This force is
proportional to the pressure gradient —Vp and is called the pressure-gradient
force. Here we give its derivation, closely following Chen [97].

Pressure is related to the thermal motion of particles. The pressure-
gradient force leads to a transport in momentum resulting from the motion
of particles in and out of a fluid element V|, = AzAyAz at position zq (see
Fig. 3.1). If the random thermal motion is limited to the z-axis, particles en-
ter and leave the volume through surfaces A and B only. The fluid particles
are characterized by their mass m, their speed v and their number density
n. During a time interval

An = An, v, AyAz (3.3)

particles with speed v, pass through surface A with area A = AyAz into the
positive z-direction. Here

Any, =Avw//f(vw,vy,vz)dvy dv, (3.4)

is the number density of particles with speed v, with f being the distribution
function (Chap. 5).

Each particle carries a momentum muv,. The total momentum PX trans-
ported through A into the positive z-direction then is

P = z An,mviAyAz = AyAz [%m(vg)n]IO_Ax . (3.5)

Here the sum over An, is expressed by the average (v2) of the distribution
times the particle number density. The factor 1/2 indicates that only half
of the particles in the adjacent volume element V|, _a, at o — Az have a
speed in the positive z-direction and transport momentum through A into
Vs, But particles inside V|,, also have a momentum in the positive z-
direction which is carried out of the volume through the surface B. Their

number is given as ’
Pt = AyAz [%m(vi)n]zo : (3.6)
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Therefore, the net gain of the positive z-momentum in V|, is

In(v2)
P -pPf = AyAz%m(—Ax)—ég—vm— . (3.7)
Particles moving into the negative z-direction double the momentum gain
in (3.7) because the negative z-momentum is transported into the negative

z-direction:

%(nmvz)AxAyAz = —m—(%(n(vi))AwAyAz . (3.8)
The particle speed v, = uy + v, consists of two parts, the bulk speed u,
of the fluid element with u, = (v,;) and the superimposed thermal speed
VUzy, With (vz,, ) = 0. The latter is described by a one-dimensional Maxwell
distribution (Sect. 5.1.2). The relationship between average thermal speed
and temperature is:

sm(v2 ) = 1kgT . (3.9)
With (3.8) we obtain
ﬁ(nmu ) = —m—a— [n((ul) + 2(uzvay,) + ©2. )] (3.10)
ot ’ oz e e Fenlod e )

The last term on the right-hand side can be substituted by (3.9). The term
in the middle is zero because u; is constant and thus (ugvg,, ) = uz(vg,,) =0
(see Sect. 4.1.3):

gi(nmum) =—me- (num + — ) . (3.11)
The partial differentiation on the right-hand side with nu2 = nu, u; gives
Ouy on O0(nuz) Oug,  O(nkT)
mn 5 + mum—a—t = —mu, By s T (3.12)

The second term on the left-hand side and the first term on the right-hand
side cancel (see the equation of continuity (3.34)). With the pressure p defined
as p = nkgT rearrangement leads to

Oug Oug duy Op
e | =mn=2 = - 2L | 1
mn( ot +u ax) mn— p (3.13)
Generalization to three dimensions gives the pressure-gradient force density
du du
hud . =mn— = -Vp. 3.14
mn(at +u(V u)) mn- Vp (3.14)

Since n is a number density (unit m~3), the product nm gives the density
¢ and we can write alternatively for the acceleration due to the pressure

gradient force
du 1
— =—-Vp. 3.15
TR (3.15)
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Equation of Motion: Euler and Navier—Stokes. The simplest equation
of motion for a fluid considers the acceleration due to the pressure-gradient

force and gravitation
du 1
—=—-V . 3.16
- VPt (3.16)

This equation is known as Euler’s equation and often is used for simple es-
timates in atmospheric or oceanic motion. Euler’s equation can be applied
to ideal fluids only. In a real fluid, viscous forces have to be considered too.
Here the Navier—Stokes equation is useful:

du 1

— =—-Vp+vV? 3.17
o . p+vViu (3.17)
with v being the kinematic viscosity. Often, other forces, depending on the
situation under study, are added to this equation. Some of these forces will be
discussed below where we also shall have a closer look at the viscous forces.

Stress Tensor and Viscosity. In the generalization of (3.13) we tacitly
assumed that z;-momentum is transported in z;-direction only and that the
fluid is isotropic. This is true in an ideal gas or fluid but not in a viscous one,
where momentum can be transported in directions perpendicular to the par-
ticle motion, and momentum transport is not necessarily isotropic. Then the
scalar property p has to be replaced by a tensor P, and the pressure-gradient
force Vp has to be replaced by VP. P not only considers the pressure, which is
orthogonal to the surface of a volume element, but also shear stresses, which
are forces parallel to the element’s surface (see Fig. 3.1). The stress tensor P
has the dimensions of a pressure or an energy density. It is symmetric with
six independent components P;; for each point: P;; = mnv;v;; ¢ being the
direction of the momentum transport and j the component of the momentum
involved. A more compact method to write the stress tensor is

P= mn(vth’uth> . (318)

Here vy vy is not a shorthand for a scalar product but the tensor product
(dyad) of two vectors: such tensor products ab of two vectors are tensors T,
where

Qg b, azby azb, agb,
T=ab=| a, by | = | aybz ayb, ayb, | . (3.19)
a, b, aby aby a.b,

In the simplest case, the particle distribution is an isotropic Maxwellian
and the stress tensor P can be written as

p 0 0

P={0 p 0] =pE, (3.20)
0 0 p
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where E is the unit tensor. Here VP equals Vp. In the presence of a magnetic
field, a plasma can have two different temperatures T} and 7, parallel and
perpendicular to the magnetic field, leading to different pressures p| = nkgT),
and p; = nkgT, . In a coordinate system oriented with its z-axis parallel to
B, the stress tensor can be written as

pr 0 O
P=|0 p. 0]. (3.21)
0 0 p||

This tensor is diagonal and it is isotropic in a plane perpendicular to B.
The off-diagonal elements of the stress tensor in an ordinary fluid are as-
sociated with viscosity. Viscosity results from collisions between particles and
tends to make the flow more uniform. Quantitatively, the effect of viscosity
is described by a kinematic viscosity coefficient v = vy, A where vy, is the
thermal speed and A the mean free path between collisions. Alternatively, a
viscosity coefficient 77 = vp can be used. In a fluid, friction is described by

1
Firict = NV7u + SMV(V xu). (3.22)
In an incompressible fluid, the second term on the right-hand side vanishes:
Frict = nV?u = voVu . (3.23)

This can be interpreted as the collisional part of VP — Vp. Note that the
inclusion of viscosity into the momentum balance has two consequences: (a)
in agreement with the irreversible character of the transport process, the
transport equation is no longer time-reversible: if u(r,t) is a solution of the
transport equation, then u(r, —t) is not. (b) Viscosity increases the order of
the partial differential equation. Therefore, to determine solutions we need
more boundary conditions than in the case of a non-viscous fluid.

In a plasma, off-diagonal elements can arise without collisions: gyration
brings particles into different parts of the plasma, a process which tends to
equalize the fluid speeds. The scale of this “collisionless viscosity” is given by
the Larmor radius rather than by the particle mean free path.

Fictitious Forces in Rotating Systems. The forces discussed so far are
sufficient to give the equation of motion for a plasma in the laboratory setting.
In large-scale natural plasmas, such as the ionosphere or stellar atmospheres,
additional forces act: the Coriolis force and the centrifugal force.

Consider two frames of reference C and C’', with C rotating with an an-
gular velocity §2 with respect to C’. A vector 7 fixed in C, in C’ moves with
a speed §2 x r. The temporal derivative of r in C’ s

<%>Cl:<i—:>c+ﬂxr or vV=v+2xr. (3.24)
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The temporal derivative gives the acceleration in the rotating frame:

do’ dv  dv dv
== =—=—+N2xv' = —+20 2x(92 . (3.25
a (dt)c, % 3 Txv = 22Xt x(2xr). (3.25)

Thus the density of the fictitious forces in a rotating frame of reference is
frotz_QQva—QnX(nXT) (326)

with the first term on the right-hand side describing the Coriolis force and
the second term the centrifugal force.

In the near-Earth environment the Coriolis force has to be considered in
the atmospheric motion and in the ionospheric and magnetospheric current
systems; it is of vital importance in the dynamo process inside the Sun and
the planets. The influence of the Coriolis force can be illustrated by its effect
on the atmospheric motion. In the northern hemisphere, wind is deflected
towards the right. On a global scale, this deflection leads to the break-up
of the Hadley cell driven by the temperature gradient between the equator
and the pole into three separate cells, which determine the global atmospheric
circulation and govern the energy transport from equator to pole. The Coriolis
force, and therefore the size of the deflection, depends on the wind speed:
with increasing speed, the distance travelled by a volume of air during a
time interval increases. A longer trajectory also means a larger displacement.
The Coriolis force becomes effective only if the scales of the system are large
enough. Contrary to popular belief, the eddy at the outflow of a bath-tub is
not due to the Coriolis force: its direction depends on residual motions in the
water or the motion induced by pulling the plug.

Electromagnetic Forces. A charged particle in an electromagnetic field
experiences the Lorentz force (2.23). With n being the number density, the
force on a volume element can then be written as

d 0
mnd—?zmn[a—?ﬁ-(u-V)u]:qn(E—l—uxB). (3.27)

The dimension of n is m™3, thus (3.27) can also be written as a force density

du Ju .
felmag—QE—Q[E'i‘(u'V)’u] =o.E+jxB, (3.28)

with ¢ = mn being the density, o. = gn the charge density, and j = nqu the
current density. Equation (3.28) gives the force density of the electromagnetic
field. For infinite conductivity, the charges immediately rearrange and cancel
out the electric field. The force density then reduces to

.felmag - .7 x B. (329)
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Putting it all Together. Adding these forces gives the equation of motion
or momentum balance:

du ou
o5 —9(§+(U'V)U>

=—-VP+oE+jxB+9g—202 xu—p82x(2xr).(3.30)

If we neglect the electric field and the fictitious forces and split the stress
tensor into the pressure-gradient force and friction, (3.30) can be written as

Q%ZQ[%%-F(U-V)U} =-Vp+ovViu+3jxB+og. (3.31)
This equation is the Navier-Stokes equation used in hydrodynamics comple-
mented by the forces exerted by the electromagnetic field.

The momentum balance (3.30) still is relatively simple: (a) it does not
consider sources and sinks, e.g. due to ionization or recombination, which
might involve a net gain or loss of momentum; (b) it does not consider mo-
mentum transport due to Coulomb collisions between charged particles; and
(c) it does not consider momentum transport arising from the forces exerted
by a particle component of opposite charge inside the plasma. The latter will
be discussed briefly in the two-fluid description of a plasma (see Sect. 3.2.1).

3.1.3 Equation of Continuity

An equation of continuity is concerned with the conservation of a property ¢,
such as mass or charge. A change in ¢ inside a volume V' can result from the
convergence of a flux C(g) into or out of the volume or sources and sinks S(e)
inside the volume. The general form of an equation of continuity therefore is

0
a_i +VC(e) = S(e) . (3.32)
The most common application is the conservation of mass:
do
—_ = - =-Vj 3.3
2 = —V(ou) = -Vj, (333)

where g is the density and j = pu is the mass current density. Using (3.2)
the conservation of mass can be rewritten as

do _ de

—=—+4+uVo=—pVu. 3.34

il 0=-0 (3.34)
It states that a change of mass inside a volume is a consequence of the flow of
matter into or out of the volume. Local sources and sinks are not considered
because, except for elementary particle physics, there are none. With Gauss’s
theorem (A.33) the integral form of the equation of continuity is
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0 .
E/gdv—— f j-do. (3.35)
1% o)

The equation of continuity for the electric charge is formally analogous, with
o. replacing g in (3.33):

0oc
ot

+V(uge) =0. (3.36)

3.1.4 Equation of State

Finally, we need a relationship connecting the scalar pressure p and the den-
sity 0: p = p(p,T). The equation of state describes how the temperature
changes during the motion or compression of a gas. In case of an isothermal
ideal gas, the equation of state can be written as

p=C(T)o, (3.37)

where C is a constant proportional to temperature. If the compression is
slow compared with thermal conduction (isothermal compression), the pres-
sure increase results from the density increase but not from the temperature
increase. In a plasma particles can freely flow along B. Thus conduction
parallel to B provides the possibility for a plasma to remain isothermal,
especially if the compression is periodic or wave-like along B.

A fast moving gas might not be able to exchange energy with its environ-
ment. The equation of state for such an adiabatic compression is

p=Cg™, (3.38)

where v, = ¢p/cy is the specific heat ratio or adiabatic exponent. For an ideal
gas, 7, equals (N + 2)/N, with N being the number of degrees of freedom.
For a three-dimensional ideal gas consisting of atoms, v, is 5/3. Both cases,
isothermal as well as adiabatic compression, are of importance in different
types of plasma waves.

A third important case arises if adiabatic compression is fast compared
with heat conduction and also is anisotropic. Now the degrees of freedom
parallel and perpendicular to the field are separated, and T)) (N = 1,7, = 3)
can be heated more efficiently than T, (N = 2,7, = 2). The adiabatic
invariants can be used to derive generalizations of this relationship.

The perpendicular pressure p; can be expressed by the average magnetic
moment u: p; = %g(vi) = n{u)B. If the compression is fast compared
with the heat conduction but slow compared with the gyration period, the
magnetic moment is conserved, leading to the adiabatic relation
% (%) = const . (3.39)
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Pure perpendicular compression in general is equivalent to an increase in the
magnetic field strength. For each area A, the conservation of particles implies
nA = const while conservation of the magnetic flux yields BA = const. Thus
n/B is constant, too, and (3.39) reduces to p = Cp" with 7, being 2 as
expected for two-dimensional adiabatic compression.

The pressure p| = Q(Uﬁ} parallel to the magnetic field is related to the
second adiabatic invariant Js ~ v L = const, with L being the scale length
along the magnetic field. If the compression is slow compared with the par-
ticle’s oscillation along the field line, then Js is conserved. Now length L,
area A and volume V = AL change. The conservation of particles and the
magnetic flux yield nV = const and BA = const. Thus L can be expressed
as L =V/A ~ B/n and we finally get

d [/pB?
< <__|7113 ) ~0. (3.40)

Pure parallel compression with B = const then leads to p = Cp"* with v, = 3
as expected for one-dimensional compression.

The two adiabatic relations (3.39) and (3.40) are called the “double adi-
abatic” equations of state.

3.2 Basic Equations of MHD

We shall start with the one-fluid description of a plasma, i.e. the fluid consists
of one particle species only. This is entirely sufficient to introduce the basic
concepts (see Sects. 3.3-4.2). In a real plasma, quasi-neutrality suggests the
existence of two fluids with positive and negative charges, respectively. For
certain phenomena, such as ion waves, a description in the framework of a
two-fluid theory will be required, and this is briefly sketched in Sect. 3.2.1.

In magnetohydrodynamics some assumptions about the properties of the
system are made: (a) The medium can be neither polarized nor magnetized:
e = pu = 0. (b) Flow speeds and speeds of changes in field properties are small
compared with the speed of light: u/c <« 1 and vpn/c < 1. As a consequence,
electromagnetic waves cannot be treated in the framework of MHD theory.
(c) Conductivity is high, thus strong electric fields are immediately cancelled
out: E/B < 1. As a consequence, the displacement current F /0t can be
ignored compared with the induction current. MHD is a theory linear in u/c,
vpn/c, and E/B and ignores all terms of higher order in these quantities.
MHD considers the conservation laws of fluid mechanics which are concerned
with mass, momentum, energy, and magnetic flux. The formal description is
then based on the following set of equations:

e Maxwell’s equations (Sect. 2.1.1):

V-E=g/eo, (3.41)
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V-B=0, (3.42)
0B
Sl 4
VxE 5 (3.43)
V x B = jioj ; (3.44)
e Ohm’s law (Sect. 2.1.3)
j=0(E+uxB); (3.45)

e equation of continuity (Sect. 3.1.3)

0o
ot

+V(ug) =0; (3.46)

e equation of motion (momentum balance, Sect. 3.1.2)

0 .
931;— +o(u-V)u=-Vp+jx B+ g+ ovViu; (3.47)

equation of state (Sect. 3.1.4)

% (%) =0. (3.48)

This set of partial non-linear differential equations can be solved for given
boundary conditions. For certain applications only a part of the equations is
required, or some equations can be used in a simplified form: in magnetohy-
drostatics (Sect. 3.3) the left-hand side of the momentum balance vanishes
while in magnetohydrokinematics (Sect. 3.4) an external velocity field is pre-
scribed and therefore the momentum balance can be ignored completely.

The momentum balance gives us hints on the kind of motion: in certain
slow motions the inertial term gé can be ignored while in weak magnetic
fields the Lorentz force can be ignored. The relative strength of these two
forces is determined by the ratio

_ B?/2u9 _ magnetic field energy density

= 3.49
ou?/2 kinetic energy density (349)

For S > 1 the magnetic field determines the motion of the particles and the
single-particle approach can be used. For S <« 1, the magnetic field is swept
away by the plasma motion, in accordance with the concept of the frozen-
in field described in Sect. 3.4.1. S is another expression for the plasma-/3,
giving the ratio between the gas dynamic pressure and the magnetic pressure:
B = 2uop/B2.

It should be noted that these two definitions are useful only for an isotropic
plasma. If the plasma is anisotropic, frequently a parallel and a perpendicular
plasma-{ are defined as
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2p0p|
B2

and (3, = 2p0p 1 . (3.50)

B = B2

In a low-8 plasma (8 < 1), the energy density in the thermal motion is

much larger that in the magnetic field, while in a high-# plasma (8 > 1) the
opposite is true.

3.2.1 Two-Fluid Description

So far, we have treated the plasma as a fluid consisting of one kind of =

charged particles only. A real plasma, however, contains electrons, ions, and °

possibly also neutral particles. Each particle component has its own speed,
temperature, and partial pressure.

Since a plasma, is expected to be quasi-neutral, the number of positive and
negative charges has to be equal. The charge density is g = nigi + nege =
0i + 0e With n; and n,. being the number densities of ions and electrons with
charges ¢; and g.. The current density is J = nigiu; + NeGeUe = Ji + Je. If
we limit ourselves to a two-fluid plasma, we have to deal with an electron
and an ion component; the neutral component is ignored. In addition to the
assumptions made in the one-fluid description we assume: (a) the fluid is in
thermal equilibrium (7; = T¢), and (b) the plasma is quasi-neutral (g; = ge).
The basic equations in two-fluid MHD are

e Maxwell’s equations

V-E=(oi+ee)/eo, (3.51)
V-B=0, (3.52)
0B
VX E=_--"= 3.5
X o (3:53)
. OFE
V x B = po(gi + Je) + Eolo 5 ; (3.54)
e Ohm’s law
me 0F _ JxB Vp. j .
e2n 0t E+tuxB en + en o (3.55)
e equation of continuity
O

ot

e momentum balance (equation of motion)

du; .
mjnjd_tj =gqn; (E4+uj x B)—Vp; + B(u; —u.), j=i,e; (3.57)

equation of state
pj =pi(e;,Tj), J=ie. (3.58)

=
j=
.
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Compared with the equations in one-fluid MHD we find the following differ-
ences: (a) The equations of state, motion and continuity are given for each
component separately. (b) The equation of motion contains an additional
term coupling the two components to consider momentum transfer arising
from Coulomb collisions. The force between the two components depends on
their relative speed, therefore fi = —fo = B(u; —ue). (¢) Gauss’s law for the
electric field contains both charge densities as Ampére’s law contains both
current densities. (d) Ohm’s law has become unrecognizable. A derivation
of Ohm’s law from the equation of motion can be found in [285]; here only
the terms will be explained. The left-hand side gives the current accelera-
tion. The first, second and last terms on the right-hand side are expressions
already known from Ohm’s law in one-fluid MHD. The j x B term is called
the Hall term and describes the Hall effect: in a magnetic field the current
created by the moving charges is deflected by the Lorentz force, resulting
in an additional electric field perpendicular to both j and B. The fourth
term on the right-hand side gives the pressure diffusion: in the presence of
a pressure gradient, both particle species diffuse with respect to each other,
creating a current along Vp.

3.3 Magnetohydrostatics

Magnetohydrostatics deals with the energetics of particles and fields. It does
not require the entire set of MHD equations; instead, the field equations and
the equation of motion (with vanishing inertial term) are sufficient. Important
concepts are magnetic pressure and magnetic tension.

3.3.1 Magnetic Pressure

Let us now take a closer look at a magnetic field such as shown in Fig. 3.2.
The lines of force are parallel to the z-axis with the field strength varying
along the z-axis: B = (0,0, B(x)). The force density exerted by the field is
f =j x B. With j expressed by Ampére’s law (3.44) we obtain:

ZA By

> >
Lt Lt

T T

Fig. 3.2. Magnetic pressure: field gradient perpendicular to the field (left) and the
resulting spatial distribution of the field strength (right), with arrows indicating
the direction of the magnetic pressure
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f=3xB=(VxB)xB/ug. (3.59)

For a general derivation of the magnetic pressure and tension, we can use
(A.20) and {(2.19) and obtain

1
jxB=--Bx(VxB)=-~ V(BB)+~ B(V-B)
llio ) Ho o
=—-- V(BB)+-—VB*. 3.60
Ko ( ) 2p0 ( )

The first term on the right-hand side gives the force density arising from the
magnetic stress tensor BB which describes magnetic tension and torsion. The
second term is formally equivalent to the pressure-gradient force, but instead
of gas pressure p a magnetic pressure B2/(2u0) is used. Both the magnetic
pressure and the magnetic tension can also be derived more graphically from
(3.59) if we use simplified geometries.

For the field defined above, (3.59) yields

1 OB
f= o (—B%,O, 0) : (3.61)

Thus, the force density only has a component along the z-axis (or, more
generally, perpendicular to B and parallel to the field gradient):

1 0B 9 B?

=——B— = — 3.62
fe to Oz 0z 2pg (3.62)
Therefore, an inhomogeneity in the magnetic field gives rise to a force den-
sity pushing field lines back from regions of high density into low density
areas. Such behavior is well known from an isothermal gas where a restoring
force f ~ Vp tries to cancel out pressure gradients. Therefore, (3.62) can be

interpreted as the magnetic pressure:
B2
2p0
Graphically, this magnetic pressure can be described as the tendency of
neighboring field lines to repulse each other. Note that, in contrast to the
gas-dynamic pressure, the magnetic pressure is not isotropic but is always
perpendicular to the field.

The analogy with gas-dynamic pressure can be pushed even further if
we invoke the concept of frozen-in magnetic fields (Sect. 3.4.1). Imagine a
magnetic field frozen-into a plasma: each plasma parcel contains a certain
amount of magnetic flux which is tied to this plasma element and follows its
path as the plasma parcels are shuffled around. Thus a field gradient always
has to be combined with a gradient in gas-dynamic pressure. As the plasma
attempts to reduce the pressure gradient, the field will be homogenized, too.

Formally, the magnetic pressure also could be inferred from Maxwell’s
stress tensor, as is shown in [36].

M (3.63)
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Po pi
B, =0 B
8B,/8z =0
Fig. 3.3. Model of a sunspot: the gas-dynamic
! pressure from the outside is balanced by the mag-
z netic pressure inside the sunspot

Ezample 10. A homogeneous magnetic field of 5 T, according to (3.63), exerts
a magnetic pressure p = B?/2u¢ = 9.95 x 10° N/m? = 995 hPa x 100, which
is a hundred times the atmospheric pressure at sea level. |

Ezample 11. Sunspots are a prime example of the apparently paradoxical
behavior of plasmas as well as a good illustration of the concept of magnetic
pressure. Sunspots (Sect. 6.6, Fig. 6.26) are cool and dark patches on the
visible solar disk. Temperatures in sunspots are 1000 K to 2000 K below the
temperature of the ambient photosphere (5700 K). Despite this temperature
gradient, the sunspot does not mix with the ambient plasma. Instead, it is
very stable and can survive for many solar rotations. This longevity results
from the magnetic pressure: inside the sunspot the magnetic field is about
3000 gauss compared to a few gauss at the outside. The boundaries of a
sunspot are sharp in both magnetic field strength and temperature.

Figure 3.3 shows a simple model of a sunspot. The indices “i” and “o” refer
to plasma and field properties inside and outside of the sunspot, respectively.
To prevent hot photospheric material from streaming into the sunspot, the
gas-dynamic pressure p, of the photospheric plasma has to be balanced by the
combined magnetic and gas-dynamic pressure inside the spot: p;+B2/(2p0) =
po. Here we have assumed that the magnetic field pressure outside the sunspot
is negligible and that 0B/0z is zero, as is suggested by observations. The
variation of pressure with height is described by the hydrostatic equation:
Op/0z = 0gsun- Since B is independent of height, this yields dp;/0z = Op, /0%
and g; = po. On the other hand, the universal gas law yields for the pressure
p = pkgT/m. Because the densities inside and outside the sunspot are equal,
the gas law requires T; to be smaller than T, to fulfill p; < po. Thus, in
agreement with the observations, we find: for longevity, the higher magnetic
field inside the sunspot has to be combined with a lower temperature and,
consequently, less electromagnetic emission. a
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3.3.2 Magnetic Tension

Let us now have a closer look at a simple interpretation of the first term in
(3.60) which is concerned with magnetic tension. The upper panel of Fig. 3.4
shows a homogeneous magnetic field parallel to the z-axis: By = (By, 0,0, ).
The field is assumed to be frozen-into a plasma. The plasma motion u =
(0,0,u,(z)) (middle panel) leads to the deformation of the field shown in the
lower panel. The distorted field can be described as the superposition of the
undisturbed field By and a disturbance 6B (see (3.94) in Sect. 3.4.2):
0B

B:Bo-f—ﬁdt:BowLVx(uxB)dt. (3.64)
With (3.59) and the field described above we find a force density parallel to
the disturbing velocity field

1 82u,
fZ = b}
po Oz

B2dt . (3.65)

The force, called the magnetic tension, always is a restoring force: if the field
lines have a convex curvature into the upward direction, 8%u, /0z? is less than
zero, leading to a force directed downwards. If the curvature is opposite, the
force also is in the opposite direction. The magnetic tension can also be
interpreted graphically: magnetic field lines have a tendency to shorten.

Ezample 12. Again, consider a 5 T magnetic field. It is disturbed by a si-
nusoidal velocity field v = v sinkz, where v9 = 1 m/s and kK = 5 m~!,
acting for 4t = 1 ps. To determine the force density, we need the second
derivative of the velocity: v” = —vok? sinkz. With (3.65), we then obtain
f = 20 N/m? sin((5/m) z) and thus for z = 0 m, f = 0 m, because here
the magnetic field is not displaced from its original position and no restoring
force acts on it; for z = 2.5 m we obtain 14 N/m?, and for z = 5 m (maximum

displacement), f = 20 N/m?. O
z
B,
z
'Uzu
P z Fig. 3.4. Magnetic tension: the lines of

force in a homogeneous magnetic field (upper
panel) are distorted by a velocity field (mid-
. dle panel), giving rise to a restoring force in-
dicated by the arrows (lower panel)

& Y
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M, Ezample 13. Solar Filaments: Another example of the unusual behavior of a

/;;;’\.—,f plasma are solar filaments or protuberances which are cold and dense mat-
ter suspended from magnetic arcades high above the photosphere. Such a
structure is called a filament as long as it is seen as a dark (because cold)
stripe in front of the photosphere. As the Sun rotates, this structure becomes
visible as a bright (because dense) arc extending high above the photosphere:
a protuberance. The spatial structure clearly becomes visible: the filament
extends vertically above the photosphere, covering angular distances of some
10 degrees. Filaments are stable and can last for a few solar rotations. Un-
der certain conditions they become unstable and are blown out violently as
coronal mass ejections (Sect. 6.6). Typical temperatures are about 7000 K
(ambient corona: 10 K). The density is about 100 times larger than the am-
bient density; the typical vertical extension is up to 30 Mm, that is about
100 times the scale height in the corona.

The first theoretical description of a filament goes back to Kippenhahn
and Schliiter [286]. Here we shall limit ourselves to a much shorter, more
general discussion. Filaments are roughly aligned along the neutral line be-
tween regions of opposing magnetic fields (Sect. 6.7). Thus the magnetic field
seems to play an important role in the existence as well as stability of the
filament. Figure 3.5 sketches the situation: the filament (thick vertical line)
is supported by magnetic arcades connecting opposite polarities in the pho-
tosphere. The magnetic field lines do not form perfect arcades, instead they
are ditched-in at the position of the filament: gravity pulls down the filament
which in turn pulls down the frozen-in magnetic field. The deformation of the
magnetic field causes magnetic tension in the opposite direction. Thus the
filament is held at a certain height by an equilibrium between gravity and
magnetic tension.

= We can obtain a more quantitative statement from the basic MHD equa-

tions. Here we need the equation of motion in the stationary case,

sz;j—(VxB)xB—l—gg, (3.66)
0
and the equation of state p = nkgT, with T being spatially constant.
Following [285] let us define a coordinate system with the zy-plane tan-
gential to the surface of the photosphere and the y-direction extending along
the filament into the drawing plane. The z-direction points upward; thus
Fig. 3.5 is a cut through the filament in the zz-plane. All quantities are as-
sumed to be independent of y, thus 8/3y is zero. The magnetic field is given
as B = (B;,0, By) and g is (0,0,-g). The double cross product in the equation
of motion then can be written as

0B, B 0B,
0z Or

(VxB)xB= < ) (B,,0,B,) . (3.67)

Combination of the equation of motion and the equation of state gives
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on 1 0B, 0B,
kT 5z = o B2 (W " o ) (3.68)
and 0 1 0B OB
mn T z

Differentiation of (3.68) to z and of (3.69) to z and subtraction of these

equations yields
0= + —
0z ox 0z ox

8’B, 0’B, Op
B, | —— —g- 3.
+ (Bzax 0z? ) +Ho oz’ (3.70)
Gauss’s law for a magnetic field in the two-dimensional case gives
0°B, 0B, 0°B, °’B,
- _ d =" .71
010z Ox? an 0x0z 022 (8.71)

With H, = kT/mg being the scale height in the barometric height formula,
p = poexp{— [ dz/H,} and substitution of On/dx according to (3.68), (3.70)
can be written as

B.V’B, - B,V?B, + Hisz (66% ~ 86%) =0. (3.72)
From this equation the details of the magnetic field as well as the density
inside the filament can be determined and compared with observations. These
results confirm the sharp bend in the magnetic field: inside the filament the
lines of force are bent according to tanh. Thus there is still a steady field and
not a discontinuity. In addition, the model predicts a decrease in density with
increasing height, as is evident from the observations. This decrease leads to
a flattening of the ditch in the field lines with increasing height, which also
is indicated in Fig. 3.5.
Formally, the fine structure inside the filament, which is also a crucial
factor for its stability, can be derived by simplifying (3.72). Since we are

Fig. 3.5. Model of a solar filament
(thick wvertical line) suspended from
Photosphere magnetic arcades
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interested only in the details inside the filament, we are concerned with a
height range small compared with the total extension of the structure. In
this case we can assume 9/9z = 0. From Gauss’s law, V - B = 0 for the
magnetic field, we obtain B, = const and B, = B,(z). In this case, (3.72)
gives

9’B. B, 0B, _ 0

-B, 22 2Tz 73
® 0z H, Oz (3.73)
or, with a = 1/(Hp,B;) = const,
0’B OB
z B,—Z%=0. 3.74
Ox? ta Oz 0 (3:74)
Integration gives
9B. 2 B2 _ conet (3.75)
or 2% ' ’
A solution of this differential equation is
BOQ
B, = B tanh{, where &= ZHZBE z (3.76)

and Bg° = const is the value of B, for z — oco. Inside the filament, the field
lines therefore do not exhibit a sharp kink but the smooth evolution of a tanh
function. O

3.4 Magnetohydrokinematics

Magnetohydrokinematics deals with the reaction of the electromagnetic field
to a prescribed velocity field such that the electromagnetic field does not
influence the velocity field. Thus, we do not have to solve the equation of
motion. Such a situation corresponds to a large plasma-g or a small value of
S in (3.49). The basic equations to derive concepts such as frozen-in fields
and the dissipation of fields are Maxwell’s equations and Ohm’s law.

3.4.1 Frozen-in Magnetic Fields

What happens to an electromagnetic field embedded in a moving medium
with high conductivity? Let us assume a magnetic field B(r,tg) at a time tg
and a prescribed velocity field u(r,t). The magnetic flux through a surface
S enclosed by a curve C then is & = [ BdS. Let us follow the motion of C
(see Fig. 3.6): as C' moves, the magnetic flux through S changes because (a)
the magnetic field varies in time and (b) the field lines move into or out of
S. As C moves, it creates a cylinder with a mantle surface M. All changes
in flux through S due to the field lines entering or leaving C is associated
with a flux of the very same magnetic field lines through M. Thus the total
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Fig. 3.6. Moving fluid line C to derive the concept of
the frozen-in magnetic field

@

change in magnetic flux through S can be described by

dd = &, — &, = dt/—dSl+/BdSM. (3.77)

A surface element Sy, on M is given as dSp = u x dl dt with dl being the
path along C' and uwdt being the path along the direction of motion of C.
Equation (3.77) therefore yields

d® (0B

da ) ot
S1

With Stokes’ theorem the last term can be written as

/B-uxdl1:—/uxB-dllz—/Vx(uxB)dsl. (3.79)
51

Inserting into (3.78) gives

%:/[%—f-vX(uxB)] ds; . (3.80)

The u x B term can be expressed by Ohm’s law (3.45) while the 0B /0t term
can be expressed by Faraday’s law (3.43), and we obtain

.1 1.
—/ng;dSl——/ ;]dll . (381)
S1 C1

The change in magnetic flux through a moving surface therefore is pro-
portional to 1/o. If ¢ converges towards infinity, d®$/dt converges towards
zero: in a medium with infinite conductivity o, the magnetic field is frozen-
into the plasma and carried away by the matter as if glued to it (left side in
Fig. 3.7). A prime example of the application of this concept is the interplan-
etary magnetic field frozen-into the solar wind (Sect. 6.3). A reversal of the
concept, the frozen-out field, exists too. In the right panel of Fig. 3.7 a field-
free plasma bubble moves towards a region filled with a magnetic field and
pushes the field away until its kinetic energy is transferred to additional field
energy as evidenced by an increase in magnetic pressure as well as magnetic
tension. The field cannot enter into the bubble because then the magnetic
flux inside the bubble would change. An example is the solar wind frozen-out
of the Earth’s magnetic field (Sect. 8.2).
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Fig. 3.7. Frozen-in (left)
and frozen-out (right)
magnetic fields

3.4.2 Deformation and Dissipation of Fields

Frozen-in magnetic fields always are connected with an infinite conductivity.
But what happens to a magnetic field embedded in a flow with finite conduc-
tivity? For simplicity let us assume o to be spatially and temporally constant.
The combination of Faraday’s law (3.43) and Ohm’s law (3.45) yields

%—?——Vx(uxB):—%ij. (3.82)
The current density can be expressed by Ampére’s law (3.44), leading to
B 1 B 1
9B G uxB) =-2vxYXB__ 1y, wxB . @383

ot o o Uoo
The double cross product can be simplified with (A.26):

oB 1

—_— B)= —V’B. 84
5 V x (u x B) ,UOUV (3.84)
This equation allows us to determine how a given velocity field u deforms a
magnetic field B.

Deformation of the Field in a Plasma Flow. If we assume both magnetic
field and plasma flow to be independent of time, a stationary solution exists
with 1
-V x (ux B)=—V’B. (3.85)
koo
With a characteristic time scale 7 and a characteristic length scale L, the
flow speed u, perpendicular to the field can be estimated:
L 1

~

T pooL

Uy ~

(3.86)



3.4 Magnetohydrokinematics 69

The physical interpretation is simple: if a plasma flows perpendicular to the
magnetic field, it deforms the lines of force until their characteristic scale
length is small enough to fulfill (3.86). Then the plasma starts to flow across
the lines of force.

Excursion 3. Dimensionless Variables and Dimensional Stability. To deter- [z
mine the deformation of a line of force quantitatively, we shall use the tech-

nique of dimensionless variables. This technique is quite common in fluid
dynamics (see e.g. [149]). It is helpful to determine not only one solution of
the differential equation but an entire manifold of solutions which can be
scaled to the situation under study. This is particularly helpful in hydrody-
namics when the solution for a certain size of syringe or nozzle is known and
we are looking for a dynamically similar flow on a different scale.

The idea is quite simple: all equations representing scientific laws can be
expressed such that both sides are dimensionless. In its simplest case, just
divide one side of the equation by the other: the result, one, is dimensionless.
To take advantage of dimensionless variables, first identify the physical vari-
ables relevant to the problem and combine them into dimensionless groups
A, B, C.... These groups have to be independent of one another. If the groups
are dimensionless, combinations of groups such as AB or A/B? are dimen-
sionless, too. But they are not independent of either A or B, though any one
of them might be included instead of A or B if this seems advantageous. If
the groups are chosen in such a way that the quantity of interest occurs in
only one of them, it can be expressed by the function 4 = f(B,C,...). The
nature of this unknown function can be determined analytically (as demon-
strated below) or by computational methods. In an analytical solution, the
advantage of the use of dimensionless variables is small; it only shows which
parameters are important in scaling. If the solution has to be obtained by
numerical simulations, the advantage of this method is more obvious: the
procedure to determine a solution for one particular set of parameters can
be quite time consuming. Each other set of parameters would require a new
run. If dimensionless variables are used instead, the nature of the solution
becomes obvious and it can be scaled to suit different sets of parameters. 0O

Let us now follow this principle and introduce new variables as suggested
in [285]:

- - L
B=bB, r=ri, t=7f, u=Ui, U=~=. (3.87)
T
The quantities with a tilde are dimensionless. With the abbreviation
1
=—, (3.88)
Moo
which can be interpreted as a magnetic viscosity, (3.84) yields
b OB - - booo o
9B _Ub  (axB)="928 . (3.89)

T L L2
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Here a tilde above the differential operator indicates that the operator refers
to a dimensionless variable.

In ordinary hydrodynamics, the Reynolds number is a measure of the
ratio between inertial and viscous forces. If the Reynolds number exceeds
a critical value, the flow becomes turbulent. In its definition, the Reynolds
number contains typical scales which have to be adjusted to the problem
under study. Here we shall use a magnetic Reynolds number:

Ry = % = puooUL . (3.90)

It differs from the ordinary Reynolds number in so far as the viscous forces
described by 7 do not depend on forces between particles but on the conduc-
tivity of the medium (see (3.88)). The magnetic Reynolds number can also
be interpreted as the ratio of the time scale of ohmic diffusion

AnL?

iff = 3.91
Tain = 5 (3.91)

to the advective time scale I
adv — — 92
Tadv = — (3.92)

equal to

Rug = Taift _ dmvl. 4w V x (v x B) (3.93)

Tadv c2n ~ 2n Vx(VxB)’
The latter is the ratio of the induction term to the dissipation term of the
induction equation (3.84).
Now we can rewrite (3.89) as
OB - . = 1 2y~
5 Vx(uxB)—RMVB. (3.94)
This dimensionless form has an advantage: it shows directly that a three-fold
set of solutions exits. What does this mean? Assume we know a solution
B(#,1) in dimensionless variables for a fixed Reynolds number Ry and a
velocity field @. In this case, bB(L#, 1) also is a solution of the same Reynolds
number and the velocity field U as long as the conditions UL/n = Ry and
L/7 =U are fulfilled. For instance, a free choice of U and L for a given Ry
determines the values 7 and 7 of the solution. But we still have a free choice
for . Thus one solution of (3.94) contains a three-fold infinite manifold of
solutions, characterized, for instance, by U, 7, and b.
Let us now determine the solution of (3.94) for a stationary parallel flow
perpendicular to a homogeneous magnetic field. Since the flow is stationary,
(3.94) reduces to

1 =9
—V°B. .
RMV (3.95)
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Let us orientate the z-axis of a Cartesian coordinate system along the flow:
@ = (@z(2),0,0). The magnetic field B = (B,(z),0, B,(z)) has one com-
ponent parallel and another perpendicular to the flow. Note that the flow
varies along the perpendicular component. From V x B = 0 we find that B,
is constant. Equation (3.95) is a second-order linear inhomogeneous partial
differential equation for B, as a function of z:

d%B, - Oy
52 —B.Rm 5% (3.96)
Integrating twice we get
B, = —B,Rum (/ iy dz + C% + D) , (3.97)

with C and D to be determined to fulfill the boundary conditions. Let us
now assume the flow to have a cosine profile around z = 0, that is i, = cos z
for |Z| < /2 and @y = 0 for |Z| > 7/2. Equation (3.97) then reads

B, = —B,Ry(sinz + Cz + D) . (3.98)

The tangential component of B should be steady at the boundary of the
flow to avoid currents; thus one boundary condition is B,(Z = 7/2) = 0. In
addition, the flow is assumed to be symmetric around Z = 0; thus the second
boundary condition is B;(0) = 0. The integration constants therefore are
D =0and C = —7/2 and (3.98) can be written as

. ~ 1
B, =—B,Ry (sini - —z> . (3.99)

W _ 4 -
e = —B: and = =B.. (3.100)

Then V) x VB is zero and lines with 1) = const are the field lines. Integration
of the second part of (3.100) combined with (3.99) gives the line of force as

~ ~2 ~
¥ = B,Ry (cosz? + Z-) - B,i. (3.101)

Y

Let us now determine the maximum displacement of a line of force (see
Fig. 3.8). Because ¥ is constant along a field line, it is (A%, 0) = ¥(0, 7/2).
Therefore the maximal displacement is given as

AF (1 - —) Ru . (3.102)
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/2

Az

Fig. 3.8. Deformation of a magnetic field line by
a plasma flow. The maximal displacement Az is
—7/2  determined by the Reynolds number Ry

Thus the deformation of the magnetic field line increases with increasing
Reynolds number. This is not surprising because the Reynolds number de-
pends linearly on the conductivity (see (3.90)): if the conductivity and there-
fore the Reynolds number is infinite, the magnetic field is frozen into the fluid
and deformation of the field lines becomes maximal.

Note that, in contrast to the frozen-in case, for finite conductivity matter
starts to flow across the field after it is curved according to (3.101). The
flow across the field is largest for small dimensions because on small scales
the condition for frozen-in fields can be violated more easily. Thus we can
confirm the suggestion made in connection with (3.86): at each point the flow
curves the field such that the radius of curvature becomes small enough to
allow for a flow of matter across the field. The physical reason is a reduction
of the dissipation time with decreasing spatial scales as will be described
below.

Dissipation of Fields. Let us now have a look at a vanishing external
velocity field. Then the second term on the left-hand side of (3.84) vanishes
and we get

oB 1
— =—V’B. 103
ot oo (3.103)
Formally, this equation is equivalent to the heat conduction equation
oT
— =x VT 3.104
where y is the thermal conductivity, and to the vorticity equation
0
8—‘: =vViw, (3.105)

where w = V X w is vorticity that describes the rotational state of the fluid.
Note that the coefficients (poo)™!, &, and v all have the same dimensions
(m?/s).

While Parks [397] gives a formal description of the consequences of
(3.103), we shall use a more graphical approach. Let us align the z-axis
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of our coordinate system parallel to the magnetic field direction: B =
(Bz(y,1),0,0). Equation (3.103) then can be simplified to

8B, 1 B,

= 106

ot oo Oy (3.106)

Formally, this is equivalent to the one-dimensional heat conduction equation
oT o*T

Dl e 107

where T(y) is the one-dimensional distribution of temperature and y is the
thermal conductivity. Equation (3.107) gives the temporal change in tem-
perature as the heat is transported away by conduction. Therefore, (3.106)
gives the temporal change in magnetic field strength as the magnetic field is
transported by a process which depends on conductivity: the field dissolves.
Assume that B is particularly strong at a certain position, say y = 0. This is
analogous to a very hot spot on a metal rod; here we would expect the hot
spot to cool down while the other parts of the rod warm up as heat is trans-
ported towards them. The same thing happens with the magnetic field: it
dissolves to larger values of |y|. Note that, while the magnetic flux inside the
yz-plane stays constant during this process, the magnetic energy decreases
because the field-generating currents are associated with ohmic losses.

If 7 is a characteristic time scale for magnetic field changes (e.g. the
dissipation time during which the field strength decreases to 1/e) and L is
the characteristic scale length, the change in B can be estimated from (3.106):

B 1 B

. 3.108
T peo L2 ( )

Thus the dissipation time is
T~ wol? = L?/Dy (3.109)

where Dy = 1/pp0 = 1 can be interpreted as a magnetic diffusion coefficient.
7 depends on the square of the characteristic scale length of the field: smaller
fields dissipate faster than larger ones. That is the reason why with reduced
spatial scales plasma starts to flow across the field. In addition, the dissipa-
tion time increases with increasing conductivity: for infinite conductivity, the
dissipation time becomes infinite too, leading to the frozen-in field.

The Sun, for instance, has a linear dimension of about 7 x 108 m and
an average conductivity of 2.6 A/Vm. This gives a dissipation time of about
1.2 x 100 years, nearly three times the age of the Sun. Thus if during its
creation the Sun had received a magnetic field, this still would be present
today as first suggested in [302]. On the other hand, the solar magnetic field
is highly variable on time scales of months to years (Sect. 6.6), making the
presence of a fossil field very unlikely. Instead, a MHD dynamo (Sect. 3.6)
seems to be responsible for the solar magnetic field.
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] LI (3]
W Fig. 3.9. The dissipation time of the
A magnetic field decreases as the spatial
- e scales decrease

According to (3.109) the dissipation time depends on the scale of the
field. Thus, if the field on the left-hand side of Fig. 3.9 is divided into smaller
patches of length L/n instead of L, it dissipates n? times faster than the
original field. Such a redistribution of field lines smearing out the boundaries
between regions of opposite polarity and leading to structures on smaller
scales can result from turbulent plasma motions. For instance, the stochastic
motions in the photospheric and chromospheric network on the Sun might
contribute to the dissipation of magnetic fields, in particular in the declining
phase of the solar cycle.

Ezample 14. A sunspot with a radius of about 20 000 km has, from (3.109),
with the conductivity given above, a lifetime of about 1000 years. If we look
more closely at the sunspot, in particular the granules around the spot, we
find a spatial scale of about 1000 km, that is, 1/20 of the scale of the sunspot.
Since the dissipation time depends on the square of the length scale, in the
granules it is only 1/400 of the value for the whole sunspot, that is 2.5 years
— which comes closer to the observed lifetime of a sunspot. a

A vortex in the plasma flow might even create a field-free region inside
an otherwise relatively undisturbed field [556].

3.5 Reconnection

The dissipation of magnetic field lines is important, e.g. in reconnection,
which is assumed to take place in many locations in the solar system, such as
solar flares, the tails of magnetospheres, and in the exchange of solar wind and
magnetospheric plasma at the day-side magnetopause (flux-transfer events).
Reconnection not only plays an important role in the rearrangement of mag-
netic fields but also in the formation of shock waves and the acceleration of
energetic particles.

The concept of reconnection goes back to Petschek [405]. It is widely used
in magnetospheric and solar physics, although the physics behind the process
still is under debate; sometimes it is even questioned whether reconnection re-
ally exists. The basics of reconnection are outlined in Fig. 3.10. Reconnection
requires a topology where two magnetic flux tubes of opposite polarity meet
(a). According to Ampére’s law, in the neutral line between these flux tubes
a current flows perpendicular to the drawing plane with a current density

1 AB

= — 3.110
I= (3.110)
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a) ¥ % lu - c) lu

Fig. 3.10. Reconnection: merging of magnetic field lines leads to a rearrangement
of fields. In addition, magnetic field energy is released, heating the plasma, creating
a shock wave, and accelerating particles

The flux tubes are frozen into a plasma with infinite conductivity. As a plasma
flow u pushes the flux tubes towards the neutral line, an X-point configuration
arises where anti-parallel field lines meet (b). As the distance between the
flux tubes decreases, the current density (3.110) increases and may surpass
the current density the plasma can carry. Then the current becomes unstable,
leading to a finite conductivity. Now the frozen-in approximation breaks down
and magnetic field diffusion starts. At the X-point, magnetic field lines merge.
Magnetic tension leads to a shortening of the merged field lines, pulling them
away from the former X-point (c). The energy of the terminated neutral line
current is converted to high-speed tangential flows, indicated by vs. The
speed of this plasma flow might exceed the local Alfvén speed, forming two
shock waves propagating away from the reconnection site. The shocks, in
turn, might lead to particle acceleration (Sect. 7.5).

The properties of the current sheet are determined by (3.84). For an in-
finitesimally thin current sheet and a uniform resistivity, a self-similar solu-
tion for the magnetic field component B perpendicular to the current sheet
and parallel to the flow can be determined [14,110,113]:

Hoo

By =Byerf(§), with £=,/==1L, (3.111)

where [ is the spatial coordinate along B; and erf the error function

£
erf = \/i% /e€2 d¢ . (3.112)
0

Since the parameter £ depends also on the time ¢, there is a temporal variation
in the width d of the current sheet. The latter can be determined by setting

E=1
i= ]2 (3.113)
koo

The current density associated with this magnetic field profile is a Gaussian
centered around the middle of the current sheet and spreading with time t.
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According to [113], the magnetic field energy available for a slice of the
current sheet is Wg = [wgdl, = [ B?/(2p0) dl1; the rate of energy conver-
sion can be determined from (3.84) and Ampére’s law (3.44) as

-(?—g-/t-}iz—/E'jle.- (3.114)

If the onset of reconnection does not modify the general field and plasma
configuration, stationary reconnection results, as an equilibrium between in-
flowing mass and magnetic flux, magnetic diffusion, and out-flowing mass
and magnetic flux. This is also called steady-state reconnection. In Sweet—
Parker reconnection [392,513], a diffusion region of width d and length L is
assumed with L > d, similar to the configuration in Fig. 3.10. The rate of
reconnection and the properties of the outflow can be determined from the
conservation of mass, momentum, energy, and magnetic flux.

Solving Ohm’s law (3.45) for the electric field and expressing the current
density § by Ampére’s law (3.44), we obtain the following for the electric field
sheet:

_VxB

koo

E:l——uxB —u x B =1wug x By = const . (3.115)
o

Since we assume steady-state conditions, Faraday’s law (3.43) gives E =
const = Eg. Outside the current sheet the conductivity is high and the mag-
netic field is frozen into the plasma flow. Here all electric fields vanish im-
mediately, except for the electric induction field u x B. Therefore we have
Ey = u x B = ug x By outside the current sheet. Inside the current sheet
the situation is different: here the conductivity is finite, the frozen-in condi-
tion breaks down, and the plasma speed vanishes. Thus the induction field
vanishes too, and according to (3.115) the electric field is

VxB
poo

E = (3.116)

The diffusion region is characterized by Ry < 1. Taking the width (3.113) of
the diffusion layer as the characteristic length scale and assuming Ry — 1,
we obtain the width of the layer as

1

d~ . (3.117)
HoOUg

For a current sheet of infinite length L, as indicated in the left-hand panel
in Fig. 3.11, the converging plasma streams would lead to a pileup of plasma
density and magnetic field inside the current sheet. This is incompatible with
the assumption of a steady state. Instead, an outflow of mass and magnetic
field out of the diffusion region is required, as sketched earlier in the right-
hand panel in Fig. 3.10. This outflow is possible only for a finite extent of
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Fig. 3.11. Fields and currents in reconnection for a current sheet of infinitesimal
length (left), and a current sheet of finite length L larger than the width d (right)

the diffusion region, as already mentioned above. The right-hand panel of
Fig. 3.11 allows a closer look into the diffusion region. To reach a steady
state, the outflow of plasma and magnetic field must equal its inflow, i.e.

uX B=wup x By =ug X By, (3.118)
or in scalar form (because all velocities are perpendicular to the fields),
uB = upBa = uyBy , (3.119)
and from the equation of continuity,
uad = uoL . (3.120)
With (3.117), we therefore obtain

L
wo = 2% _ 2 - YA (3.121)

U )
L A 0’“0“0 \ R?\/}lt

where R = opoualL is the magnetic Reynold’s number in the outflow
region. The magnetic field in the outflow region can be determined from
(3.119) as

Ug d
By =By— =B —. 3.122
a=Bo 2l =B (3122
Since we start from d < L, we also obtain By < By and ug < ua. The
outflow speed can be determined from the energy balance: the inflow of kinetic

and magnetic energy must be balanced by its outflow or, formally,

- — ) =2 — — . A2
2Lug <2gu0 + 2N0> dua <29uA + 200 (3.123)

With (3.120), this gives
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B B
ou? + 22— pu} + A (3.124)
Ho Ho
Solving for ua gives
2
wd = ud+ 02 (1 - “—3) , (3.125)
Up

where va = Bo/ /0@ is the Alfvén speed (4.38) of the incoming flow. The
equation has two solutions, ua = up (for d = L) and ups = va. The outflow
speed of the plasma is equal to the Alfvén speed v4 in in the incoming plasma
flow, and the rate of reconnection Rgp equals the Mach number of the incident

flow:
1
=4/—. 126
fs \/ Lowa,inpo (8.126)

Thus the reconnection process depends on the conductivity. For space plas-
mas, where the conductivity is high, a low rate of reconnection results. The
Sweet—Parker reconnection therefore is a slow process in which about half
of the incoming magnetic energy is converted into kinetic energy of the out-
flowing plasma. This acceleration leads to the two high-speed plasma flows
indicated in panel (c) in Fig. 3.10.

Petschek reconnection occurs in more localized regions; the process is
faster because the length scale L is smaller; or more correctly: the length
scale of the diffusion region equals the length scale of the system. In Petschek
reconnection about three-fifth of the inflowing magnetic energy are converted
into kinetic energy behind the shock waves, the remaining two-fifths is used
to heat the plasma. The reconnection rate Rp is given as

1
1 e — 3.127
" (V Lova intto ) ( )

Petschek reconnection varies less with conductivity and therefore is much
more efficient in mixing plasmas and fields. And, with a more efficient recon-
nection, the resulting acceleration becomes more violent, too.

Sweet—Parker reconnection appears to play an important role at the mag-
netopause where the high-speed flows streaming away from the reconnection
side can be detected in situ. Petschek reconnection probably does not play a
role in magnetospheric plasmas but might be important in solar flares. Note
that the geometries sketched in Figs. 3.10 and 3.11 probably best are realized
in the current sheet of the magnetotail. Geometries in flares and on the day
side of the magnetosphere are less symmetric.

Magnetic reconnection is not only a theoretical concept applied to various
space plasmas; see e.g. [463]. There exist also some laboratory experiments,
as summarized in [61].

Rp =

00| 3
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3.6 The Magnetohydrodynamic Dynamo

Magnetic fields can be found almost everywhere in space. The magnetosphere v,
could not exist without the magnetic field of the Earth, interplanetary space 7;;;’\;{
is structured by the solar magnetic field frozen-into the solar wind, and the
Sun itself would be a boring star were it not for the magnetic field. But these
fields are not permanent: the Sun reverses polarity in an 11-year cycle and
polarity reversals of the Earth’s magnetic field are known too. Thus these
fields cannot be remnants of a fossil field left from the time of the big bang.
Instead, a mechanism is required that generates these fields and also allows
for the (quasi-cyclic) variations. In such a magnetohydrodynamic (MHD)
dynamo a residual seed field is amplified. The energy required for this process
is drawn from the rotational energy of the star or the planet. Thus the motion
of the plasma drives a dynamo, which amplifies a seed field and preserves it
against losses. If we use the solar radius as the scale length and a conductivity
of 2.6 A/V m in (3.86), a velocity of the order of 1072 m/s results: thus very
small flow speeds are sufficient to compensate for the dissipation of magnetic
energy. Our current understanding of MHD dynamos is summarized in [425].

3.6.1 The Idea

In principle, a dynamo consists of a permanent magnet and a rotating circuit
loop in which the current is induced. In the hot interior of the Sun and the
planets, permanent magnets cannot exist. Thus the static magnetic field must
be created by a current, too. Part of the current induced into the circuit loop
than is fed back into the system to support the static field. Without such a
feedback, the MHD dynamo would not work.

In the core of the Sun or the planets such well-defined parts as coils
or rotating wires do not exist. Instead, we find a homogeneous and highly
conductive fluid, rotating with the star or planet. Thus the dynamo also is
called a homogeneous dynamo. Since the matter inside the core is liquid, the
question of how to create a magnetic field can be reduced to a simpler form:
What is the nature of the plasma flow that allows to support the required
currents?

Since we want to apply the dynamo to planets and stars, the model has
to explain the most important features of their magnetic fields, such as: (a)
the magnetic flux density increases with increasing rotation speed, (b) to
first-order, the field is dipole like, (c) the dipole axis and the axis of ro-
tation are nearly parallel, (d) the dynamo should allow for fluctuations in
the magnetic field direction and flux density, and (e) polarity reversals with
quasi-periodic but nonetheless stochastic character should be allowed. This
latter point means that the reversal period can be identified (for instance
11 years for the Sun and about 500 000 years for the Earth), but that the
individual cycle lengths are distributed stochastically around this average.
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Since the fields are axial-symmetric, a configuration as the uni-polar in-
ductor in tempting. There a metal cylinder rotates parallel to a homoge-
neous magnetic field, leading to a potential difference between the center
and the mantle of the cylinder. But in the uni-polar inductor the field can-
not be amplified. For astrophysical plasmas this is expressed by Cowling’s
theorem [111], dating back to 1934: there is no finite velocity field that can
maintain a stationary axial-symmetric magnetic field. The proof of this the-
orem is based on the induction equation (3.84) which, under the conditions
cited in Cowling’s theorem, would allow for decaying magnetic fields only.

3.6.2 The Statistical Dynamo

The situation is different in a statistical magnetic field: on the Sun, for in-
stance, the turbulent motion in the convection zone modifies the field. The
average field By = (B) still is axial-symmetric but it is modified by fluc-
tuations B; with (B;) = 0. Thus the magnetic field is B = By + B; and
the velocity field is w = wug + u1.? The cross product of the speed and the
magnetic field reads

(u X B) =1ug X BO + (u1 X Bl> . (3128)

The products (u; X Bg) and (ug X B;) vanish because the quantities with
index ‘o’ are constant and the average of the other quantity equals zero.
The product (u; X Bj), which is the correlation function, does not vanish
because the fluctuations are not independent: because the matter has a high
conductivity, the magnetic field is frozen-into the plasma, and a change in
the velocity field leads to a corresponding change in the magnetic field. To
first order, the correlation function can be approximated as

(u1 X B]) = aBO — ,BV X Bg . (3.129)

» Excursion 4. As suggested by Parker [390], (3.129) can be derived as follows.

The magnetic field equations (3.41)—(3.44) are linear in E, B, g, and j. The
quantities can be split into average and fluctuating quantities and we have
two formally identical sets of equations, one for the average field and one for
the fluctuating field (see Sect. 4.1.4). Ohm’s law (3.45) has to be handled
differently because it contains a product of fluctuating quantities u x B.
Splitting Ohm’s law into an average current jo and a fluctuating current j,
yields

J=Jo+J
:O'(E0+E1+’LL0XB0+U0><Bl+U1XBo+U1XBl) (3130)

2 A brief introduction to the mathematical basics of instantaneous quantities, av-
erages, and fluctuations is given in Sect. 4.1.3.
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Taking the average gives
jo=0’(E0+u0XBo+ul XBl) . (3131)

Thus Ohm’s law for the average quantities contains an additional term, the
correlation function between the fluctuating velocity field and the fluctuating
magnetic field. The expression (3.129) for this term is derived under the
assumption that the average velocity wg vanishes and that the fluctuating
velocity field is homogeneous and isotropic: neither are there points in space
with extremely high or low levels of fluctuations nor are the fluctuations
preferentially in one direction.

The induction equation (3.84) for the instantaneous quantities can be
written

1, 9B,
— VB B,) - =2
/,L()O'V o+ V x (u1 X 0) )
=~ V2B, - B+ —1 . 132
Moov 1=V x (w1 x By) + — (3.132)

This equation still holds if By and B are multiplied by the same factor: the
fluctuating part B; thus depends linearly and homogeneously on the average
field Bg. This is also true for (u; x B;), since averaging does not change the
dependence:

(’U,l X Bl> ~ OZBO . (3133)

Let us now assume that, to first order, B; and thus also (u; x B;) at a
certain position P depend only on By and w; in a small neighborhood. Then
(u; x B1)|p depends only on By|p and (0Bo/0z;)|p- Thus (u; x B;) must
be proportional to V x By:

<U1 X Bl> ~ BV X B() . (3134)
Thus, in sum, we obtain (3.129). |

Both a and 8 are determined by the properties of the turbulent veloc-
ity field. The (-term describes the increase in magnetic diffusion due to the
turbulent motion, leading to a faster dissipation of the field. For a mirror-
symmetric velocity field, & would vanish, but not in a rotating system, where
the velocity field is not symmetric. Taking the average of the induction equa-
tion (3.132) and considering the magnetic viscosity (3.88), we get

oB

B—to — V x (ug X Bg + aBg) = —(n+ 8)V x (V x By) . (3.135)
While 8 modifies the viscosity, the a-term contains the basic difference com-
pared with (3.84): it allows for an electro-motoric force parallel to the average
magnetic field; Cowling’s theorem does not apply to this equation.
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3.6.3 The af?2 Dynamo

The basic idea of the MHD dynamo can be applied to different geometries
and to stationary as well as periodically varying magnetic fields. Because
we are interested in axially symmetric fields, it is reasonable to describe the
magnetic field as consisting of a toroidal and a poloidal part:

(B) = (Byor) + (Bpol) = Beg + V x Aeg (3.136)

where e is the unit vector in the toroidal direction. Thus two scalar quan-
tities, A and B, determine the three field components. With this ansatz, the
induction equation gives two equations: one describing the ohmic dissipation
of B and the generation of B out of A due to the a-effect and the differential
rotation V{2, the other describing the ohmic dissipation of A combined with
the generation of A out of B.

Differential rotation can occur for various reasons. The Sun, for instance,
has a higher angular speed at the equator than at higher latitudes, and thus
the rotation depends on latitude. The differential rotation inside the Earth
is due to the differences in angular speed between the faster inner and the
slower outer core. In both cases, because the field is frozen into the plasma,
a deformation of the field line arises from the differential rotation.

The a-effect, on the other hand, is associated with the turbulent motion
of the plasma, in particular the upward and downward motions associated
with convection. Although this motion is stochastic, its combination with the
Coriolis force leads to a turbulent motion which introduces a systematic twist
into an originally toroidal field, as shown in Fig. 3.12. The resulting magnetic
field coil allows a current parallel to the undisturbed toroidal field.

Inserting (3.129) into (3.131), we obtain

jo = O'{Eo + (’u.o X Bo) + OéBo - ﬂ(V X Bo)} . (3137)

The third term on the right-hand side gives, depending on the sign of «,
a current parallel or antiparallel to the average magnetic field By. With
Faraday’s law (3.44), we can rewrite the last term on the right, and obtain

Turbulent mass motion

N\

Fig. 3.12. A combination of the stochastic

L motion and the Coriolis force leads to tur-

bulent motion (short twisted arrows) of the

’< plasma which twists an originally toroidal

field (lower line) into a coiled field which

allows for a current parallel to the original
Toroidal Field field

Coiled Field




3.6 The Magnetohydrodynamic Dynamo 83

Q Q Q Fig. 3.13. Magnetohydrodynamic
dynamo: differential rotation de-
forms a poloidal magnetic field into a

- - toroidal one. The a-effect allows cur-
aQ ¢ rents parallel to the field, giving rise
to a toroidal magnetic field in the op-
t=0 t="T/4 t=TR2 posite direction
j=or (EO +ug X By + OIBQ) , (3138)
where

1 1
—==48 (3.139)

aT g

is the turbulent conductivity. Since j is positive [299], o always is smaller
than o: the turbulence described by the S-term reduces the conductivity. In
particular, for ¢ — oo turbulent motion would limit the conductivity to a
finite value. Fields in a turbulent plasma therefore dissipate faster, and the
dissipation time (3.109) becomes a turbulent dissipation time

T & poorL? . (3.140)

Graphically, o1 takes into account the fact that the turbulent motion reduces
the length scales L of the system.

The combination of the effects of & and 2 allows us to describe the MHD
dynamo as sketched in Fig. 3.13. We start with a poloidal field in the Sun
at t = 0. The differential rotation deforms the magnetic field, leading to a
toroidal field (t = T'/4). The a-effect leads to electromagnetic forces parallel
to the field, and thus a toroidal current flows (dashed lines). Although the
magnetic field directions are opposite in the two hemispheres, the asymmetry
of the Coriolis force leads to an asymmetric a-effect and therefore parallel
currents in both hemispheres. This current leads to a magnetic field directed
opposite to the original field (¢ = T'/2). Half a cycle is now finished. This
dynamo is called the af? dynamo because both the a-effect and the differen-
tial rotation contribute to the dynamo process. The dynamos inside the Sun
and the Earth are based on this principle; their details will be discussed in
Sects. 6.6.2 and 8.1.

If the a-effect was not at work, the differential rotation would still trans-
form the poloidal magnetic field into a toroidal one. However, no polarity
reversal would occur and, in time, the entire field would dissipate. The dif-
ferential rotation, on the other hand, is not essential to the MHD dynamo.
The a-effect can also work with turbulent motions which, for some reason,
have a preferred direction of motion; this is often an upwelling of magnetic
flux combined with a particular direction of rotation of the flux tubes [299].

The MHD dynamo requires an initial magnetic field which is amplified by
a suitable feedback mechanism. Thus at first glance the MHD dynamo vio-
lates Lenz’s rule which states that all fields, currents and forces are directed
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so as to hinder the process that leads to their induction. For instance, an
increase in the magnetic field leads to currents which create a magnetic field
opposite to the original one. Lenz’s rule thus stabilizes the system; it does
not allow for the positive feedback required in the MHD dynamo. Were we to
build such a dynamo on the basis of one process only, Lenz’s rule would be
violated. But the MHD dynamo has the remarkable feature that although all
individual processes obey Lenz’s rule, their sum allows for positive feedback.

3.7 Debye Shielding

So far, we have described a plasma in the context of one-fluid magnetohydro-
dynamics: the plasma consists of one particle species only and moves with
the bulk speed. The thermal motion of the particles is neglected and thus
there is no motion of particles relative to each other.

We will now, though in a simple formalism, make use of the stochastic,
thermal motion of particles in a two-component plasma consisting of electrons
and protons. A local deviation from quasi-neutrality arises from the random
thermal motion. Quasi-neutrality depends on the size of the volume under
consideration. If the volume is very small, housing only one particle, quasi-
neutrality cannot be obtained. But even if we increase the size of the volume,
the thermal motion might lead to an excess of particles with one charge sign.
Then the shielding of a certain particle with one polarity due to particles of
the opposite polarity becomes important. The typical spatial scale for such
shielding is the Debye length, already mentioned in the introduction.

The region depleted of electrons due to their random thermal motion
is limited in extent because the displaced electrons create an electric field
which acts as a restoring force. Consider a sheath of width D depleted of
all electrons. Because of their larger mass, the ions are less mobile and stay
within this sheath. Within D therefore a positive charge exists while the
electrons can be regarded as a surface charge collected at the boundary of
the sheath. The electric field is different from zero within the sheath; outside
the sheath the field of the positive ions is screened by the surface charge.

The energy in the electric field stems from the kinetic energy of the ther-
mal electron motion. With ne as the electron density in the undisturbed
plasma, the kinetic energy of the electrons in a sheath of thickness D is
neksTD/2. If all electrons are removed from this sheath, a restoring force
proportional to D acts on them. The energy contained in the electric field
created by the charge separation depends on D?. Thus there is a certain
width Ap at which the energy contained in the field equals the kinetic energy
of the electrons originally present within this region: the kinetic energy of the
thermal motion of the electrons is converted entirely into field energy.

3 Note that this is different from the discussion of the plasma oscillations in
Sect. 4.3.1 because here the sheath depleted of electrons results from their ther-
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The electric field created by the ions inside the sheath is V- E = eZn; /eg.
Thus the Coulomb potential ¢ can be written as V29 = —eZn;/eo. In the
one-dimensional case, the potential is

2%
Oz?

The general solution of this equation is ¢(z) = —Zen;z?/2¢¢ + Ciz + Cy,
with the constants determined by the boundary conditions. The coordinate
system is fixed such that the potential vanishes at £ = 0 and C, is zero.
If the field is symmetric around x = 0, then C; is zero, too. In addition,
the transition between the potential inside and outside the sheath has to be
steady. Thus the potential can be written as

= —eZn;/ey = const . (3.141)

[ —Zen;x?/2eq for |z| < D/2
v= { —Zen;D?/8¢y for |z| > D/2 (3.142)
The electric field is
_ | Zeniz/ey for |z| < D/2
E(z) = {O for |z] > D/2 (3.143)
The energy contained in the electric field can be determined as
M 2702 TO/? 2722
EQE ez “n’ 5 e“Z“n* 3
dz = ! de = —2D°. 144
/ 2 o 260 / e 680 (3 )
—-D/2 —D/2

We are now looking for the thickness Ap of a sheath where the field energy
equals the kinetic energy of the electrons originally present inside the sheath:
TLekBTAD _ 6222’!),?/\%

2 660

(3.145)

Since the above geometry is one-dimensional, only one degree of freedom is
considered in the kinetic energy. Quasi-neutrality requires n, = Zn;, and thus
the Debye length Ap is given as

3eoksT / kgT 1
D \/ e2ne \I m Wpe ’ ( 6)

where wpe is the angular frequency of electron plasma oscillations (Sect.
4.3.1).

Though derived for the one-dimensional case, this equation also holds in
the three-dimensional case where the Debye length can be interpreted as the

mal motion. In plasma oscillations, instead, a cold plasma is considered and
the charge separation results from an external force, e.g. a beam of electrons
travelling through the plasma.
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maximal radius of a sphere which, due to thermal motion, might be depleted
of electrons. In spatial regions small compared with the Debye length, quasi-
neutrality is likely to be violated, while on larger scales the plasma is quasi-
neutral. In the latter case the kinetic energy contained in the thermal motion
is not large enough to disturb the particle distribution over the entire region.
Figure 1.1 shows typical values of the Debye length and numbers of particles
inside a sphere with the Debye radius for different electron densities and
temperatures. Some typical plasmas are indicated.

The Debye length also can be used to assess the influence of an instrument
on measuring plasma parameters. Let us start from an initially cold plasma,
i.e. the motion of the electrons can be ignored. Let us now insert a small
positive charge ¢ into this plasma. Immediately, it will be surrounded by a
cloud of electrons while the ions are repulsed. The electron cloud screens the
additional charge; thus, outside the electron cloud its electric field vanishes.
If we now increase the temperature, the electrons gain thermal velocity. Deep
inside the electron cloud this velocity will be too small to overcome the at-
traction of the positive charge. At the outer edges of the cloud, on the other
hand, the thermal energy might be large enough to exceed the electrostatic
potential of the partly screened charge, allowing an escape from the cloud.
The Debye length then can be interpreted as the spatial scale over which
the potential of the point charge q has decreased by a characteristic value
(see Fig. 3.14): within the Debye length, electrons are influenced by the test
charge, while at larger distances the test charge goes unnoticed.

A more general definition would read: only charged particles within a
distance of A\p exert an electrostatic force on each other. This is different
from bodies which interact gravitationally, like, for example, interacting stars:
gravitation cannot be screened by repulsing forces, it has an indefinite range.

Debye screening also is important in preventing local clusters of charges.
For e <« kT the influence of the electric field on the particle energy is small;
thus the particle motion is determined by the thermal speed. The Debye
shield arises from small differences in the particle motion: some particles with
opposite charge stay close to the test charge slightly longer, while particles
with equal charge move away a little bit faster. Charge inhomogeneities in a
plasma therefore are balanced on the scale of the thermal propagation time.

¢4
Q/rot

vacuum

Fig. 3.14. The electric po-

tential of a test charge is
, plasma reduced by the surround-
To AD T  ing plasma

p—le=V2r/Ap
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3.8 Summary

Magnetohydrostatics is concerned with the energetics of the electromagnetic
field without allowing for the collective motion of the plasma. Basic concepts
derived from this approximation are the magnetic pressure and the mag-
netic tension. Magnetic pressure, graphically interpreted as mutual repulsion
of field lines, prevents a magnetic field from being compressed by external
forces. If part of a magnetic line of force is displaced from its original posi-
tion, the magnetic tension creates a restoring force, which graphically can be
interpreted as the tendency of a line of force to shorten itself.

Magnetohydrokinematics assumes the energy density of the plasma to be
much larger than the energy density of the field, which allows us to ignore the
influence of the field on particle motion. The basic concepts are as follows:
(a) If the conductivity of the plasma is infinite, the magnetic field lines are
frozen-into the plasma. Thus the plasma flow carries away the magnetic field.
(b) If the conductivity is finite, the magnetic field is deformed by the plasma
flow until diffusion allows the plasma to flow across the field lines. (c) In
a stationary plasma, the magnetic field dissipates, with the dissipation time
depending on the square of the linear dimensions (small fields dissipate faster)
and linearly on the conductivity (if the latter is infinite, the dissipation time is
infinite, too, and the field is frozen-in). These concepts are important, e.g. in
our understanding of the merging of magnetic field lines, called reconnection,
and in dynamo theory.

Exercises and Problems

3.1. Explain the difference between convective and partial derivatives. Find
examples to illustrate the differences.

3.2. Recall simple hydrodynamics and give other examples of the momentum
balance. Discuss the different forms and compare with the Navier-Stokes
equation.

3.3. Derive the hydrostatic equation from the Navier—Stokes equation. Which
terms do you need?

3.4. Give a quantitative discussion of the stability of a sunspot (all important
numbers are given in Table 6.1).

3.5. Is the filament sketched in Fig. 3.5 realistic? Why does it not dissolve
towards the sides (remember, it is a plasma, not a solid body)?

3.6. What is the meaning of viscosity and Reynolds number? What are
the formal differences between hydrodynamics and magnetohydrodynamics?
What are the differences in substance?
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3.7. Explain the consequences of stationary flows parallel and oblique to the
magnetic field.

3.8. Why has pressure the units of an energy density?
3.9. Show that (3.76) is a solution of (3.75).

3.10. Show that in an ideal, non-relativistic magnetohydrodynamic plasma
the ratio between the electric and the magnetic energies is (v /c).

3.11. Determine the dissipation times for a copper block (side length 10 cm,
conductivity 260 A/Vm) and the interstellar medium (linear dimension
102! m, conductivity 2.6 ©V/Am). Compare with the age of the universe
(about 108 ).

3.12. Determine the Debye length and the number of particles inside a Debye
sphere for electrons and protons moving with thermal speeds (see Sect. 5.1.2)
in the following fields: (a) the Earth’s magnetosphere with n = 10* cm™3,
T = 103 K, B = 1072 G; (b) the core of the Sun with n = 1026 cm3,
T =1072 K, B = 10° G; (c) the solar corona with n = 108 cm=3, T = 10°% K,
B =1 G; and (d) the solar wind withn =10 cm™3, T = 10° K, B =10"° G.
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Roll on, thou deep and dark blue Ocean — roll!
Ten thousand fleets sweep over thee in vain;
Man marks the earth with ruin — his control

Stops with the shore.
Lord Byron, Childe Harold’s Pilgrimage

In this chapter we shall catch a glimpse on the vast zoo of plasma waves.
The formalism to derive these waves, perturbation theory, briefly will be
introduced. We will not derive all types of waves formally; instead, we shall
limit ourselves to the magnetohydrodynamic waves, which are Alfvén waves
and ion acoustic waves. The derivation of the dispersion relations for other
types of waves follows the same scheme, it only differs in the terms considered
in the equation of motion, in the assumptions made in the equation of state,
and in whether a one-fluid description of the plasma is sufficient or if a two-
fluid description is required. Detailed derivations can be found e.g. in [36,97,
191,192, 298,397, 504, 512, 534]. For the purpose of this book, however, it is
more important to grasp the nature of the waves than to fiddle around with
the mathematical tricks involved in solving the equation of motion.

This chapter is limited to elementary types of waves. First, the geometry
always is simple: in a magnetized plasma the waves either propagate parallel
or perpendicular to the undisturbed magnetic field — oblique waves are not
considered here. Physically more important is the limitation to small distur-
bances, i.e. small amplitude waves: the basic set of magnetohydrodynamic
equations is a set of coupled non-linear partial differential equations. Thus
in principle we can expect non-linear couplings between different fluctuating
quantities of the wave. If we limit our discussion to small amplitude waves,
the equations can be linearized: whenever two oscillating quantities are mul-
tiplied, since both are small, we consider this a higher order term and ignore
it. If we apply these results to a real situation, we always have to take one step
back and justify whether the amplitudes calculated in our real situation are
small enough so that the non-linear terms actually are negligible compared
with the linear ones.

In a plasma, a large variety of waves exists. A simple phenomenological
classification in transversal and longitudinal waves is insufficient. Instead,
M.-B. Kallenrode, Space Physics
© Springer-Verlag Berlin Heidelberg 2004
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we have to consider the conditions under which certain types of waves can
exist. For instance, in a cold plasma the thermal motion of the particles
and therefore the pressure vanishes. Thus elastic waves cannot exist; they
can form only in a warm plasma where a pressure gradient can build up. In
an isotropic plasma, no magnetic field exists, which allows other modes of
propagation than an anisotropic plasma. As a third criterion, we also have
to consider which particle species is in motion.

4.1 What is a Wave?

For a start, let us briefly repeat the basic descriptions and properties of
waves. A wave is a disturbance propagating through a continuous medium.
It gives rise to a periodic motion of the fluid. Even a complex oscillation, at
least as long as the amplitude of the disturbance is small, can be decomposed
into different sinusoidal waves by the technique of Fourier analysis. Small-
amplitude disturbances lead to plane waves with the direction of propagation
and the amplitude being the same everywhere.

4.1.1 Wave Parameters
A sinusoidal wave is described by its frequency w and its wave vector k:
B(r,t) = Boexp{i(k-r —wt)} . (4.1)

The measurable quantity is the real part of this complex expression. The
exponent in (4.1) is the phase of the disturbance. The temporal derivative
of the phase gives the frequency w, and the spatial derivative gives the wave
vector k that specifies the direction of wave propagation. A surface of constant
phase, also called a wave surface, is displaced by the phase velocity vpn, which
can be determined from d(k - r — wt)/dt as vpn = w/k or, in vector form,

Vop = %k . (4.2)
If w/k is positive, the wave moves to the right; for negative w/k it moves to the
left. For electromagnetic waves the refraction index n is defined as the ratio
between the speed of light and the phase speed of the wave: n = ¢/vph = ck/w.
The phase velocity can exceed the speed of light. This is not in contra-
diction to the theory of relativity because an indefinitely long wave train of
constant amplitude does not carry information. Information can be carried
by a modulated wave, on which variations in frequency or amplitude are su-
perimposed. We can regard each bit of information in this modulated signal
as a wave packet which then moves with the group velocity

Ow
’Ug = —a—k‘:‘ . (43)
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Wres . . . .
Fig. 4.1. Dispersion relation

with a resonance at the fre-
quency wres- The slope of the
curve gives the group velocity
vg, as indicated by the dashed
line

Vg

The group velocity vg given by the slope of the dispersion relation (see dotted
line in Fig. 4.1). It is always less than the speed of light and determines the
velocity with which the energy of the wave is transported.

The most important tool in the description of waves is the dispersion
relation w = w(k), relating frequency and wave vector. From this relation
the group and phase velocities of a wave can be determined. The dispersion
relation contains the physical parameters of the medium under consideration.
If the plot of the dispersion relation shows an asymptotic behavior towards
a certain frequency wres, as depicted in Fig. 4.1, there is a resonance at this
frequency: as Ow/0k converges towards zero, the wave no longer propagates
and all the wave energy is fed into stationary oscillations.

4.1.2 Linearization of the Equations: Perturbation Theory

A wave is a disturbance of the medium with a certain speed, amplitude, and
frequency. Thus the parameters of the medium, such as pressure, density, and
the electromagnetic field, can be described by an average state, indicated by
the index “0”, and a superimposed disturbance, indexed as “1”:

B=B0+Bl, E=E0+E1, u:u0+u1, (44)

j=j0+jla Q=QO+915 p:PO+P1a (45)
with (u1) = (j1) = (E1) = (B1) = {(01) = (p1) = 0. The resulting MHD
equations (3.41)—(3.48) are difficult to solve. If we limit ourselves to small
disturbances, i.e. u1 < ug, By < By, E1 < FEy, 71 < Jo, 01 < 00, and
p1 < po, we can derive two sets of equations which are more convenient:
the set describing the equilibrium state of the undisturbed medium contains
quantities with index “0” only, and a second set for the fluctuating quantities
contains fluctuating quantities and products of undisturbed and fluctuating
quantities. Products of fluctuating quantities are ignored because they are
small in second order.

4.1.3 Reynolds Axioms

We have decomposed the instantaneous quantities & into an average o and
a fluctuating part ;. By definition, the average of x is (x) = ¢ and the

B
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average of the fluctuations x; vanishes: (x1) = 0. All our MHD equations
(3.41)—(3.48) are given for the instantaneous quantities. To derive equations
for average quantities, the instantaneous quantities have to be expressed in
terms of averages and fluctuating parts, and the resulting equation has to be
averaged. In doing this, some general rules must be obeyed, described by the
Reynolds axioms:

1. The average of the sum of two instantaneous quantities equals the sum
of the averages:

(A+B)=(A)+(B)=Ay+ By . (46)

2. The average of the product of an average quantity and a fluctuating on
vanishes: :

(Ao B1) = (Ao) (B1) = A4g0=0,
(Ao B1) = (Ap) - (B1) = Ap-0=0,
<A0 X Bl) = <A()> X (Bl> = Ao x0=0. (47)

3. The average of the product of two averages is the product of the averages:

({4) (B)) = (4) (B) = AoBo,
((A}(B)) = (4) - (B) = A, - Bo,
((A) x (B)) = (A) x (B) = Ao x By . (48)

4. The average of the product of two instantaneous quantities equals the
product of the averages plus the average of the product of the fluctuating
quantities:

(AB) = ((Ao + A1) (Bo + B1)) = (AoBy + A¢gB1 + A1 By + A1 By)
= (AoBo) + (AoB1) + (A1Bo) + (A1B1) = AgBy + (A1 By)
(A-B)= Ao Bo+(A; - By)
<A)<B> :A()XB()+<A1 XBl> . (49)

The last term contains the average of the product of the fluctuating
quantities. This is called the covariance or the correlation product. Thus
we also have a definition for the correlation product of two quantities x
and y:

(Zay1) = ((x — z1)(y — y1)) — Zoto
(@1-y1) ={(®—21) - (¥ —y1)) — o - Yo,
(1 X Y1) = {(x—x1) X (y —y1)) —To X Yo - (4.10)

5. The average of the derivative of an instantaneous quantity equals the
derivative of its average:

5 = A (4.11)
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6. The average of the integral of an instantaneous quantity is the integral

of the average:
</Ad§>=/(A)dC=/A0dC. (4.12)

4.1.4 Linearized MHD Equations

The MHD equations (3.41)—(3.48) for the undisturbed quantities are

V x Bg = pojo » (4.13)
VxEy=0, (4.14)
V.By=0, (4.15)

%0 = Eo+uo x By, (4.16)
00 (uo - V)ug = —Vpo + jo X By, (4.17)

V- (eouo) =0, (4.18)

po=Cog* . (4.19)

Note that in the equation of motion friction and gravity have been ignored.
The equation of state describes the plasma as an ideal gas with all changes
occurring adiabatically.

The undisturbed medium is assumed to be homogeneous in pressure, den-
sity, and magnetic field. Since it is assumed to be at rest (ug = 0), the current
Jo vanishes (4.13) and the undisturbed electric field vanishes too (4.16). Note
that this is just another expression for the high conductivity of the plasma
(0 — 0). The equations for the fluctuations then read

V x B; = ,U'Ojl s (420)
0B,
VxE;= o0 (4.21)
V-B; =0, (4.22)
FE, =—u; X BO s (423)
ou .
Qoa—tl = —Vp1 +J1 x By, (4.24)
0

h_.@o. (4.26)

Po Qo

Now (4.20)-(4.26) is a homogeneous linear system of equations for the fluc-
tuating quantities. Since neither time nor the spatial coordinate are explicit
in one of the equations, the system can be solved by an exponential ansatz.
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4.2 Magnetohydrodynamic Waves

Magnetohydrodynamic (MHD) waves are low-frequency waves related to the
motion of the plasma’s ion component. They can be understood intuitively
from the concepts of magnetic pressure (Sect. 3.3.1) and magnetic tension
(Sect. 3.3.2): in a magneto-sonic wave, compression of the field lines creates
a magnetic pressure pulse which propagates perpendicular to the field in the
same way an ordinary pressure pulse propagates through a gas in a sound
wave. Magneto-sonic waves therefore are longitudinal waves: the disturbance
is parallel to the propagation direction of the wave. The displacement of
part of a field line in an Alfvén wave is similar to plucking a string: magnetic
tension, like the tension in a string, acts as a restoring force and a transversal
wave propagates along the field line.

Despite the simplicity and graphic quality of these concepts, we shall treat
these waves formally in a concept which is useful for small disturbances: the
linearization of the equations. The MHD waves provide just one example for
this concept; it is applied in a more elaborate way also in the quasi-linear
theory (QLT) of wave-particle interaction (Sect. 7.3.4).

4.2.1 Alfvén Waves

Alfvén waves are transversal waves propagating parallel to the magnetic field
(see Fig. 4.2). The magnetic tension acts as the restoring force. The fluctu-
ating quantities are the electromagnetic field and the current density.

To derive the properties of Alfvén waves, we have to solve the equations
for the fluctuating quantities. Let us start with the equation of motion (4.24).
The pressure gradient force vanishes because the Alfvén wave is limited to
fluctuations in the magnetic field but not in the gas-dynamic pressure. If we
express the current j; by Ampére’s law (4.20), the momentum balance reads

O e O NN
—_— I N
—_— N,

ON ©

SN . oo Fig. 4.2, Alfvén waves depicted as an oscil-
N+ N ating string or an elastic rope
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ou . 1
Qoﬁl =71 XB1=%(VXB1)XB1. (427)
Combining Ohm’s law (4.23) with Faraday’s law (4.21) yields
oB
L =V x (ug x By) . (4.28)
ot
The remaining equation is Gauss’s law for the magnetic field (4.22):
V-B;=0. (4.29)

The equation of state (4.25) is not considered here because we are not con-
cerned with fluctuations in pressure and density, only in field.

Equations (4.27)-(4.29) can be solved by means of a Fourier transforma-
tion. If we assume that the solutions are plane waves, temporal and spatial
derivatives can be substituted according to

0/t - —iw, V—oik, V-—ik, Vx—oikx . (4.30)
Equations (4.27)—-(4.29) then read

—iwgou, = i(k x B1) x By, (4.31)
0

inl =1k x ('Uq X Bo) , (432)

k-B;=0. (4.33)

Alfvén waves propagate along the field, thus k| Bo. With V - By = 0 the
above equations can be reduced to

1
wul = —-(B() . Bl)k , (4.34)
Hogo
LL)Bl = (k . ’U.l)B() s (435)
k-B, =0. (4.36)

Let us now multiply (4.34) by k and (4.35) by By. Adding both equations
gives the dispersion relation for the Alfvén wave:

2
W= D0 g2 (4.37)
HoQo
Alfvén waves are non-dispersive waves. Thus group and phase speed are the
same. This Alfvén speed 5
0
A Ny (4.38)
is an important characteristic of a plasma: it is the maximum speed of a
disturbance propagating along the magnetic field and can be compared with
the speed of sound in a gas: if a disturbance propagates faster than the Alfvén
speed, a shock wave develops (Sect. 6.8). Typical Alfvén speeds are some tens
of kilometers per second in the interplanetary medium and some 100 km/s
in the solar corona.




96 4 Plasma Waves

Ezample 15. Some average parameters of the solar wind are a number density
of 8 cm~3, a magnetic field B = 7 nT and a temperature of about 2 x 10° K.
The density of the solar wind is then o = nmy and the Alfvén speed is

nT)? k
UA:\/47T><10(E7 (\ZS/Am) x 8 x 1.673 x 10—27 E%zf)élkm/s.

(4.39)
Here we have used the fact that the unit T can be expressed as V s/m? and
that the product of the electrical units volt and ampere gives the watt, which
can easily be expressed as a mechanical unit. Table A.4.3 provides some help

on units expressed in different forms. |

4.2.2 Magneto-Sonic Waves

A magneto-sonic wave is similar to a sound wave: it is a longitudinal wave
parallel to the magnetic field with alternating regions of compression and
rarefaction in both the plasma and in the magnetic field (see Fig. 4.3).

Since we allow for a compression of the plasma, we also have to consider
the equation of state p1 = v,01p0/00 = vs2 o1 (4.26), with

v = , | 20 (4.40)
Qo

being the (adiabatic) sound speed. To solve the equation of motion (4.24),
we have to express p; and 71 X Bj by u;.

Fourier transformation of the equation of continuity gives iwo; = ikgou,
or, combined with the equation of state and (4.40),

,02
p1 = —ikgour : (4.41)
W

the fluctuating pressure p; in the momentum balance can be expressed by
Uui.

Ohm’s law (4.23) yields the dependence of E; on u;. Combined with
Faraday’s law (4.21), B; can be expressed as a function of u;:

0B
VxE,=-V x (u xBO):——C;)t—l. (4.42)
sttt rer—— B
————— for
—_—— TT/]/—* Fig. 4.3. Sketch of a magneto-sonic wave:
> undisturbed field (left) and fluctuating field



4.2 Magnetohydrodynamic Waves 97
Transformation yields
ik x ('ll,l X Bo) = inl . (443)

This expression for B; can be inserted into Ampére’s law (4.20):
) . k
woj1 = —ik x o XU X By . (4.44)
With (A.26), this can be simplified to

—uowijs = k X u; -k x By . (4.45)
Here we have used k 1. Bg and therefore k- Bg = 0 and k x Bg = kBy. The
vector product of (4.45) and By yields
. 1
ji1 x Bo= —k?Biu; . (4.46)
Holw

Thus the equation of motion (4.24) combined with (4.41) and (4.46) can be

written as )
5 00ik? B2ik?
_fUS ul j—

—iwgou1 = u , (447)

w Low
giving the dispersion relation for the magneto-sonic wave. The phase speed
is determined by the squared sound and Alfvén speeds:

2 w? 2, .2

Ums = ﬁ = Vg + Up - (448)
It is independent of frequency or wave number: the wave is dispersion-free. If
the magnetic field vanishes, the Alfvén speed approaches zero and the phase
speed of the magneto-sonic wave converges towards the speed of sound. This
wave is called the slow magneto-sonic wave. If the magnetic field is strong, the
phase speed of the magneto-sonic wave becomes the Alfvén speed. But the
wave still behaves differently because it propagates perpendicular to the field
instead of parallel to it. This latter kind of wave is also called the compressive
Alfvén wave. Since the phase speed of the magneto-sonic wave exceeds the
Alfvén speed, it often is called the fast magneto-sonic wave or just the fast
MHD wayve.

Exzample 16. Let us briefly return to example 15, where we have already de-
termined the Alfvén speed in the solar wind. To determine the speed of the
magneto-sonic wave, we also need the sound speed. From (4.40) we obtain
vs = v/YenksT/(nmy) = \/YaksT/mp = 70 km/s. For the speed of the
magneto-sonic wave, we obtain vy = 88.7 km/s from (4.48). O

M
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4.2.3 MHD Waves Oblique to the Field

So far, we have considered two special geometries: a transversal wave propa-
gating parallel to the field and a longitudinal wave propagating perpendicular
to it. But MHD waves can propagate at any angle relative to the field. For
this general case, we have to solve the whole set of equations (4.13)(4.19) for
the undisturbed and (4.20)—(4.26) for the fluctuating quantities; neither one
of the equations nor a term in one of them can be ignored. Again, a solution
can be obtained by combining the equations into one equation for the desired
quantity, the speed of the fluctuations. The dispersion relation obtained from
this equation yields solutions for the above wave types with phase speeds
depending on the angle § between the wave vector and the undisturbed field.
The speed of the MHD wave is determined by

u* — (v +02)u? +vivicos’f=0. (4.49)
For § = 90°, the fast magneto-sonic wave (4.48) results. For § = 0°, two
solutions exist: the Alfvén wave with u = va and the sound wave with u = v,.

The different solutions can be represented in a hodograph or Friedrichs
diagram (see Fig. 4.4). The hodograph is a polar diagram of velocities with
the polar angle 6 relative to the undisturbed magnetic field direction and
the wave’s phase speed as distance from the origin. The wave front then
propagates perpendicular to the velocity vector. Depending on whether the
Alfvén speed is greater or less than the sound speed, two sets of solutions
arise (see Fig. 4.4). For almost any direction we find three different phase
speeds, corresponding to an Alfvén wave and a slow and a fast mode magneto-
sonic wave. For § = 90° or 270° only the fast magneto-sonic wave exists. As
can be seen from the hodographs, the Alfvén speed ua = va cos always

UA s Bo

(a) va > vs (b) va < vs

Fig. 4.4. Friedrichs diagram (hodograph) representing the different types of MHD
waves for Alfvén speeds greater than the speed of sound (a) or less (b)
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is between the phase speeds of the fast (outer curve) and the slow (inner
curve) magneto-sonic wave. For waves propagating parallel to the field, the
Alfvén speed becomes identical to the fast magneto-sonic speed for va > vs.
This does not contradict (4.48) because the latter had been derived for waves
propagating perpendicular to the field, the direction in which the magneto-
sonic speed becomes maximal. The speeds of the Alfvén wave and the slow
mode magneto-acoustic wave, on the other hand, are maximal in the direction
parallel to the field. The Alfvén speed of waves parallel to the field equals
the slow mode speed for va < vs.

4.3 Electrostatic Waves in Non-magnetic Plasmas

Electrostatic waves start from a charge imbalance in an initially quasi-neutral
fluid element. This charge imbalance accelerates the electrons and ions in its
neighborhood, resulting in charges oscillating back and forth. Since these
oscillations only involve the electric field, they are defined as electrostatic
waves. The oscillating magnetic field is zero. Electrostatic waves can occur
in non-magnetic plasmas (this section) or in magnetized plasma (Sect. 4.4).
Fourier transformation of Faraday’s law (4.21) for the fluctuating quantities
of the wave yields ik x E; = iwB; = 0, thus the fluctuating electric field is
parallel to the wave vector k.

4.3.1 Plasma Oscillations

Plasma oscillations, also called Langmuir oscillations, are a prime example of
a plasma phenomenon that requires consideration of both types of charges.
Nonetheless, this does not automatically imply that plasma oscillations can
be described only in the framework of two-fluid theory. Since the ions are
assumed to be stationary, we do not have to consider their equation of motion.
Thus a one-fluid description of the electrons is sufficient as long as the electric
field created by the ions is considered.

Let us assume that ions and electrons are distributed equally in space.
Thus quasi-neutrality is fulfilled even in rather small volumes. In addition,
we assume that the thermal motion of the particles vanishes; the fluid is
treated as a cold plasma. Such a fluid can be disturbed by the displacement
of part of the electrons, as indicated in Fig. 4.5. This displacement creates an
electric field that pulls the electrons back to their initial rest positions while
the heavier ions stay in their positions. Since the electrons are accelerated
along the field, they gain kinetic energy which in turn drives them behind
their initial position, creating an electric field in the opposite direction. This
field slows down the electrons, eventually driving them back. The period of
the resulting electron oscillation around their rest position is the electron
plasma frequency wep. It can be derived from the equation of motion
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Fig. 4.5. The displacement of electrons in a cold plasma leads to plasma oscillations

— = —¢E, (4.50)

where z is the direction parallel to the electric field. E can be determined
by applying Gauss’s law to a closed surface along the boundary between the
positive and negative charges, and extending at least for the displacement x
of the charges: E = 4mne e x/eq. The equation of motion then is

8z Nee?

55—2- = —eomem = —u}pefl,’ . (451)

This second order differential equation describes a wave and can be solved
with an ansatz x = zge'“?. It describes a harmonic oscillator with the electron

plasma frequency
Nee2
= 4 [ e, 4.52
Wpe EpMe ( )

The electrons therefore oscillate with a frequency which neither depends on
the wave-length nor on the amplitude of the disturbance responsible for their
initial displacement.

Plasma oscillations are an important tool in plasma diagnostics because
they allow us to measure the electron density n..

1, Ezample 17. Solar radio bursts (Sect. 6.7.1) are an important tool for the di-

agnosis of coronal disturbances. For the lower corona, we can use a simplified
density model n ~ ngexp(—r/rg) with a scale height of ry = 0.1ry and a
density ng = 10'® m® at r = 1rg (more correctly, this applies at the base of
the corona 2000 km above the solar surface, but for the numerical exercise
this 2000 km can be ignored). The radio emission observed from the ground
is in the frequency range 10 MHz to about 200 MHz. According to (4.52),
this corresponds to coronal heights between 2rg and 0.8r¢ above the surface.
The main mechanisms for the generation of solar radio bursts are electron
beams with speeds of about ¢/3 (type III burst) and coronal shock waves
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with speeds of the order of 1000 km/s (type II bursts). The height range
over which these exciters propagate is 1.2rg = 0.12rg = 8.4 x 10* km. The
electrons with speed ¢/3 travel this distance within about 0.3 s, and thus
the type III burst shows an extremely fast frequency drift of the order of
750 MHz/s. The shock wave, on the other hand, needs almost 9 s to travel
this distance, corresponding to an average frequency drift of about 20 MHz/s.
Thus both types of bursts can be easily identified by their frequency drift in
radio spectrograms. ]

4.3.2 Electron Plasma Waves (Langmuir Waves)

Plasma oscillations have been derived for a cold plasma: the group velocity
equals zero and the disturbance does not propagate. In a warm plasma, the
situation is different. The thermal motion of the electrons carries information
about a disturbance into the undisturbed ambient plasma. The disturbance
then propagates as a wave. Formally, one can derive the dispersion relation
for this wave by adding the pressure gradient force —Vp to the equation of
motion (4.50). If the plasma behaves adiabatically, the dispersion relation for
the plasma wave in the one-dimensional case (7, = 3) reads

w? = wge + 3k%07, (4.53)
or in the three-dimensional case
w? =Wl + Sk%G, (4.54)

with the thermal velocity vy, = \/2kgT/me. (see Fig. 4.6). Both equations are
based on the assumption that locally a Maxwell equilibrium is established.
Thus the plasma must allow for frequent collisions. In space plasmas, in
general this is not the case. Here the correct dispersion relation is

w? = wge + 3k%03, . (4.55)

This equation is called the Bohm—Gross equation [53]. From (4.55) the group
velocity of plasma waves can be determined as

dw 3k ,  3v}
= — =9 = th 4.56
Vg dk ) th VUph ( )

kAp Fig. 4.6. Dispersion rela-
-1 1 tion for electrostatic elec-
tron waves in a warm un-
magnetized plasma (Lang-
muir waves)
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As expected, the group velocity vanishes as the thermal energy of the plasma
approaches zero. The group velocity always is significantly smaller than the
thermal speed and thus also much smaller than the speed of light. For large
wave numbers k, the information propagates with the thermal velocity. For
small wave numbers, the information travels slower than v, because the
density gradient decreases for large wavelengths and therefore the net flux of
momentum into adjacent layers becomes small.

4.3.3 Ion-Acoustic Waves (Ion Waves)

In Langmuir waves, as in plasma oscillations, the ions are assumed to be in-
definitely massive; they stay fixed at their position. Langmuir waves thus are
high-frequency waves. If we allow for ion motion, the properties of the wave
change. The inertia of the ions requires rather slow oscillations. Therefore, ion
waves are low-frequency waves. In ordinary fluids, sound waves are the coun-
terpart of the ion wave. They can be derived from the Navier-Stokes equation
with the pressure gradient force being the only term on the right-hand side.
The dispersion relation than reads vs = w/k = \/“rapo/ 00 = \/*yak'BT/m,
with vs being the speed of sound. »

Sound waves are pressure waves. They transport momentum from one
layer to the next due to collisions between molecules or atoms. Despite its
often low density, in a plasma a similar phenomenon exists. Here the mo-
mentum is transported by Coulomb collisions; thus information is contained
in the charges and the fields. Since we have to consider the motion of both
electrons and ions, the ion wave can be derived in the framework of two-fluid
theory only. In the equation of motion, we have to consider the pressure gra-
dient force and the force exerted by the electromagnetic field. The dispersion
relation than can be derived as

w? T . '
ﬁ — '7ekB e’n'; "thT’l — . (457)
Note that 7. = 1 because the electrons are fast compared with the waves and
an isothermal distribution is established easily. The ions, on the other hand,
experience a one-dimensional compression in the plane wave, and v; = 3. The
group velocity of the ion wave is independent of the wave number k.
If the ion population can be considered as cold, T} — 0, and the wave
length is small, kAp > 1, the ions can oscillate with the ion plasma frequency

2 _ 9 niZ2€2
W =W = —— .

4.58
ppeny (4.58)

The dispersion relation for ion waves is shown in Fig. 4.7. The ion plasma
frequency as asymptote for short wavelengths is indicated in the right part
of the figure. There are fundamental differences in the dispersion relation
for electron and ion waves. Electron plasma waves are waves with constant
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w S wlk =y
f/,
,//
e ion plasma wave
Wpi 7
s Fig. 4.7. Dispersion rela-
s tion for ion waves in a warm
e . .
//~lon acoustic wave unmagnetized plasma. The
‘ . ‘ k)p  dashed lines are asymptotes for
1 2 3 small and large wave numbers

frequency (see Fig. 4.6), the thermal motion only adds a small correction.
In contrast, ion waves are waves with a constant speed and require thermal
motion. The phase speed and group speed are identical. The difference be-
tween these two types of waves is due to the behavior of the second particle
component: in the electron plasma wave, the electrons oscillate while the ions
stay fixed. In the ion wave, the ions oscillate but the electrons are in motion
too. In particular, they can be carried along by the ions, screening part of
the electric field resulting from the ion oscillation.

In space plasmas, ion acoustic waves are observed upstream of planetary
bow shocks where they are generated by suprathermal particles streaming
away from the shock front (Sect. 7.6.4).

Ezample 18. The proton density upstream of a shock is n; = 8 cm ™3, and for

the proton Z; = 1. Ion acoustic waves (upstream waves) excited by particles 2

streaming away from the shock then have a ion acoustic frequency wy; =
3.7 x 10% Hz. 0

4.4 Electrostatic Waves in Magnetized Plasmas

Let us now consider electrostatic waves in a magnetized plasma. They can
be divided into waves with k parallel or perpendicular to By. The terms
longitudinal or transversal refer to the direction of the wave vector k relative
to the fluctuating electric field E;. Only longitudinal waves are electrostatic
because k x E; = wB; vanishes. In a transverse wave, B, is finite and the
wave is an electromagnetic one. Waves propagating oblique to the field can
be regarded as superposition of longitudinal and transversal waves.

4.4.1 Electron Oscillations Perpendicular to B
(Upper Hybrid Frequency)

As for electron oscillations in an unmagnetized plasma, in the upper hybrid
oscillations the ions stay fixed in space, creating a positively charged, uniform
background. The plasma is cold; the thermal motion of the electrons can be
ignored. The equation of motion then contains only the forces exerted by the
electric and magnetic fields.
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For longitudinal waves, the dispersion relation reads
w3 = wf,e + w2, , (4.59)

with wpe being the frequency of electron plasma oscillations and wce being
the electron cyclotron frequency. Only electrostatic waves perpendicular to
B have this upper hybrid frequency. Disturbances parallel to B oscillate with
the plasma frequency wy,: particles moving parallel to the magnetic field do
not gyrate and therefore w., vanishes.

We can understand these waves as the superposition of two motions. In
the plane wave, the electrons exhibit regions of compression and rarefaction
as in ordinary plasma oscillations. The magnetic field, which is perpendicular
to the direction of electron motion, forces the electrons into elliptical orbits
instead of oscillations along a straight line. As in simple plasma oscillations,
the electric field accelerates the electrons displaced from their rest position.
As the electron speed increases, the Lorentz force exerted by the magnetic
field increases, too, reversing the direction of electron motion. The electrons
therefore move against the electric field, losing energy. Thus two restoring
forces act on the electrons: the electrostatic force resulting from the electron
displacement and the Lorentz force. This additional restoring force leads to a
higher frequency than in simple plasma oscillations. If the magnetic field van-
ishes, the cyclotron frequency vanishes, too, leaving us with ordinary plasma
oscillations. If the plasma density decreases, the plasma frequency decreases,
too. For vanishing plasma density, the remaining motion is a gyration around
the magnetic field line.

4.4.2 Electrostatic Ion Waves Perpendicular to B
(Ion Cyclotron Waves)

The upper hybrid wave is a high-frequency wave with w much larger than
both the plasma and cyclotron frequencies. It results from the motion of
electrons in a magnetized plasma. Electrostatic ion waves, like ion acoustic
waves, are low-frequency waves. Let us now consider an ion acoustic wave
with k nearly perpendicular to B. In the equation of motion only the forces
of the electromagnetic field are considered. The dispersion relation then is

wl = w? + k%2 (4.60)
with w.; being the ion cyclotron frequency. An electrostatic ion wave parallel
to the magnetic field has the same frequency w? = k%v? as an ion acoustic
wave because the ions do not gyrate around the field and w.; vanishes.

The physical explanation is the same as in the upper hybrid wave: the
Lorentz force provides an additional restoring force leading to an elliptical

path and a higher frequency, described by the additional term we; in (4.60).
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4.4.3 Lower Hybrid Frequency

In the ion cyclotron wave we have assumed k to be nearly perpendicular
to B. The small remaining component of the wave vector and therefore the
particle motion parallel to B is essential because it allows the electrons to
travel freely along B to obtain thermal equilibrium as was required in the
derivation of the ion acoustic wave. If this cannot be archived, the equation
of motion for the electrons must be solved differently, though that for the
ions still is valid. In this case, the lower hybrid wave results with

Wih = /Wee Wei - (461)

The motion is maintained in the perpendicular direction only. Thus charge
neutrality can be maintained in that direction. From this charge neutrality
we can understand the frequency given in (4.61). The fluctuating electric field
E; of the wave is perpendicular to Bg. The ions move along E; while the
Lorentz force acting on them is rather small. The ion displacement along E;
is limited because the electric field oscillates; the maximum displacement is
about Az; = eFy/ miwg-l. The electrons gyrate around the magnetic field. In
addition, they experience an E x B drift perpendicular to both fields. Their
displacement parallel to E; is given roughly as Az. = E)/Bywe. Charge
neutrality requires Az, = Ax; and therefore w = wyy,.

Lower hybrid waves are of great importance in the auroral regions where
they may be responsible for ion heating.

4.5 Electromagnetic Waves in Non-magnetized Plasmas

Electromagnetic waves consist of both a fluctuating electric and a fluctuating
magnetic field. In this section we shall consider electromagnetic waves in
an unmagnetized plasma; thus the background field By vanishes and then
B = B;. Electromagnetic waves are high-frequency waves. Thus because of
their large inertia the ions do not follow the fluctuating field. Electromagnetic
waves therefore can be treated within the framework of one-fluid theory. In
the equation of motion we have to consider the pressure gradient force and
the forces exerted by the electromagnetic field. The dispersion relation for
electromagnetic waves then reads

w=wl + kP, (4.62)

where ¢ =1/ /oo is the speed of light in vacuum.

The dispersion relation (4.62) is shown in Fig. 4.8. For plasma frequencies
much smaller than the frequency of the waves we get light waves with w = kc.
The index of refraction for these waves is n = ¢/vpn = ck/w or, taking into
consideration the electron plasma frequency,
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w

Fig. 4.8. Dispersion relation for electromag-
netic waves in a cold unmagnetized plasma.
For small wave numbers the group velocity
approaches zero and a plasma oscillation re-
sults. For large wave numbers both the group

// and phase speeds converge towards the speed
k  of light

Wpe

2
n=1/1- %‘323 . (4.63)

Waves can propagate through a medium only if n? is larger than zero.
Thus electromagnetic waves can exist only if w > wpe. For transverse electro-
magnetic waves, the ordinary light waves, the cutoff frequency is the electron
plasma frequency, the plasma is opaque at lower frequencies.

For w < wpe an imaginary refraction index results. For a real frequency
an imaginary wave vector k would result. Such a wave would not propagate
but decay. The second solution, —ik, formally could be interpreted as wave
growth. Physically, however, this cannot happen: because we are considering
a cold, stationary plasma, the energy required for wave growth cannot be
drawn from the plasma. The cold plasma only can absorb the energy of a
decaying wave and cannot support wave growth.

Ezample 19. Electromagnetic waves can be used for plasma diagnostics in
space or in the ionosphere. For instance, the density of a space plasma can be
determined by detecting the radio signal of a satellite from another satellite
or a ground station. As the frequency of the radio signal is varied, absorption
sets in at the plasma frequency of the medium; thus the density can be
determined.

Another application is the measurement of the electron density in the
Earth’s ionosphere. Radio waves of variable frequency are sent from a trans-
mitter A to a receiver B, see Fig. 4.9. As the wave enters the ionosphere, it
is refracted according to Snell’s law. Thus from the travel time of a radio
pulse between transmitter and receiver we can determine the height at which
the ray path is bent down towards Earth again. From the geometry, we also

Ionosphere /\

Fig. 4.9. The electron density in the
ionosphere can be determined from the
W) reflection of electromagnetic waves

Ya
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can determine the angle at which the electromagnetic wave enters the iono-
sphere and, from Snell’s law, the refraction index. The latter gives us the
plasma frequency and also the electron density. Ionospheric reflection is used
in short-wave communications because it allows us to send signals around
the Earth. With a maximum ionospheric electron density of about 102 m™3,
the critical frequency for reflection is about 10 MHz.

The experiment sketched in Fig. 4.9 can be simplified to a vertical geom-
etry in which the transmitter and receiver are located at the same position.
Total reflection of the pulse then occurs when the emitted frequency equals
the local plasma frequency, i.e. n = 0. The travel time of the signal gives the
height of reflection. Emitting at different frequencies over a broad frequency
band, the height profile of the electrons in the ionosphere can be determined.
In principle, this sounding experiment is very simple because reflection occurs
exactly at the point where the signal frequency is equal to the local plasma
frequency. But a small error remains: the electron density varies continu-
ously with height, leading to changes in the propagation speed of the wave.
Therefore, the estimate of the reflection height from the propagation time
is not exact. In reality, the situation becomes even more complex because
the electromagnetic wave propagates into a magnetized plasma and is split
into ordinary and extraordinary modes, both having different propagation
speeds. O

Ezample 20. The electron density in the quiet ionosphere at 120 km height is P

about 2 x 105 cm~3 (see Fig. 8.18). Reflection occurs for n = 0, that is, when
the local plasma frequency wpe equals the wave frequency. From (4.52) we
find fpe = 2.4 MHz. During a sudden ionospheric disturbance, the electron
density is increased by a factor of 3. Now the critical frequency for reflection
at 120 km height becomes 7 MHz. The 2.4 MHz wave reflected originally at
this height is now reflected at a lower height, and consequently its range of
propagation is reduced and the signal is not received where it was supposed
to be received: communication is inhibited. a

4.6 Electromagnetic Waves in Magnetized Plasmas

As in the case of electrostatic waves, electromagnetic waves in magnetized
plasmas are characterized by the direction of the wave vector relative to the
background magnetic field By and the fluctuating electric field E;.

4.6.1 Electromagnetic Waves Perpendicular to By

Let us start with an electromagnetic wave perpendicular to the undisturbed
magnetic field. The wave is assumed to be transversal, and thus k 1 E;.
Two modes are possible: either the fluctuating electric field is parallel to By
(ordinary wave) or it is perpendicular to By (extraordinary wave).
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Ordinary Waves (E1||Bo). For E, | By the wave equation takes the same
form as in an unmagnetized plasma, leading to the dispersion relation

w? =wl + 7K. (4.64)

The propagation of ordinary or O-waves therefore is not influenced by the
magnetic field: in an ordinary wave, the fluctuating electric field is parallel to
By and therefore the magnetic field does not influence the wave dynamics.

Extraordinary Waves (E; L Bg). If the fluctuating electric field is per-
pendicular to By, the electron motion is influenced by the magnetic field and
the dispersion relation has to be modified accordingly. As the wave propagates
perpendicular to By and FE; oscillates perpendicular to By, the wave vector
k has components parallel and perpendicular to E;. The wave therefore is a
mixed mode of both a transversal and a longitudinal component. While the
ordinary wave is linearly polarized (E; only along By), the extraordinary
wave is elliptically polarized. The dispersion relation for the extraordinary
wave can be written as

21.2 2 2,2

c’k _ wpew wpe_ 9

— a3 — —Tﬁ—n . (465)
w W W — Wy

The influence of the magnetic field is contained in the upper hybrid frequency
(4.59). The dispersion relation for both ordinary and extraordinary electro-
magnetic waves is shown in Fig. 4.10. The hatched area indicates the stop
band separating two different modes of the extraordinary or X-wave.

A closer look at the refraction index (4.65) helps us to understand these
two modes. The refraction index becomes zero for

Wee w<2:e
wé,R) - :i:T + Uwge + T ; (466)

with ‘R’ and ‘L’ indicating right-hand and left-hand polarized waves.

The frequencies defined by (4.66) are cutoff frequencies: for lower fre-
quencies the refraction index becomes imaginary and the wave vanishes. The
ordinary wave has its cutoff at the electron plasma frequency. The refraction
index also can go towards infinity. This happens for very large wave numbers
(or very small wavelengths). The corresponding frequency can be found by
letting £ go towards infinity. This occurs when w goes towards the upper hy-
brid frequency wyp in the denominator of (4.65). As the extraordinary wave
approaches this resonance, its phase and group velocities approach zero and
the electromagnetic energy is converted into electrostatic oscillations. There-
fore, in Fig. 4.10 between the upper hybrid frequency wy, and the cutoff
frequency wg a stop band results where, because n < 0, the extraordinary
wave cannot propagate.

The existence of a stop band has an interesting application. Magnetized
plasmas are emitters of radio waves. Therefore, all planets emit radio sig-
nals. In the solar system, the largest radio source is Jupiter. While it is easy
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wR/ /

Wb M—mode

Wre Fig. 4.10. Dispersion relation for or-
wL dinary (O) and. extraordinary (X) elec-
tromagnetic waves in a cold magnetized
plasma. The hatched region between wyn
and wg separates the two modes of the ex-
traordinary electromagnetic wave

to detect these waves, their interpretation in terms of sources and excitation
mechanisms is difficult. The stop band, however, allows us to exclude one pos-
sible mechanism. The radio waves are excited close to the planet where both
the electron plasma frequency as well as the electron cyclotron frequency are
large. As the waves propagate outward, their frequency decreases. Extraor-
dinary waves excited at a frequency below the upper hybrid frequency will
encounter a stop band where wyn has decreased below the frequency of the
wave. These waves cannot escape from the vicinity of the planet. Planetary
radio waves observed at large distances therefore have not been excited as
extraordinary waves below the local upper hybrid frequency.

4.6.2 Waves Parallel to the Magnetic Field:
Whistler (R-Waves) and L-Waves

Let us now consider electromagnetic waves propagating parallel to By. These
waves are of particular importance in the magnetosphere because they can
propagate along B towards the ground. Again, two cases can be distinguished:
the right-hand and the left-hand waves. The dispersion relation becomes

2 k.Z 2 ce
L (1) =1 (4.67)
wZe w

and the refraction index is

a2 c2k? 1 w?jw? ‘
w? 14 wee/w

(4.68)

In both equations the ‘+’ sign refers to the right-hand or R-wave. The electric
field of an R-wave rotates in the same way as an ordinary screw rotates: if
the thumb of the right-hand points in the direction of k, the curved fingers
point in the rotation direction of the electric field. Thus the R-wave rotates in
the same direction as an electron gyrates. The L-wave rotates in the opposite
direction, following the ion gyration. Thus both waves have a resonance. The
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R-wave has a resonance at w = wce. The electron gyrating around the mag-
netic field then experiences a constant electric field which, depending on the
phase between the electron and the field, either accelerates or decelerates it
continuously. This resonance is called cyclotron resonance. At this resonance
the phase velocity is zero and the wave does not propagate. The L-wave does
not resonate with the electrons because the wave field rotates in the direction
opposite to the electron gyration. Thus the L-wave has no resonance at high
frequencies, and its resonance is w = we¢;. The cutoff frequencies for L- and
R-waves are the same as for the extraordinary waves:

Y P (4.69)
(L,R) - 2 wce 4 . .

The dispersion relation for electromagnetic waves propagating parallel to the
magnetic field is shown in Fig. 4.11. Two cases can be distinguished: wpe < wee
(right panel) and wpe > wee (left panel). The main difference between these
cases is the cutoff for the left-hand mode: for wpe < wee the cutoff is below
the electron cyclotron frequency, while in the opposite case it is above. For a
constant cyclotron frequency these waves approach the n? = 1 line for high
frequencies. The R-wave has a stop band between wgr and we. The R-waves
in the lower frequency range also are called Whistler waves and are important
for propagation studies in the magnetosphere. Whistler waves can be excited
by lightning discharge. Thus the source has a short duration but creates a
wide spectrum of different frequencies. Since the propagation time depends
on the group speed, the first waves arriving at a distant observer have higher
frequencies than those arriving later, rather like a whistle with decreasing
pitch. The rate of frequency change contains information about the change
in plasma density along the propagation path.

(a) Wpe > Wee (b) wpe < Wee
) ‘1 R —
wR WR wlk=c
Wpe Wee
Wi, Wpe
wL L R

Whistler

Fig. 4.11. Dispersion relation for electromagnetic waves propagating parallel to
the magnetic field in a cold magnetized plasma
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4.7 Summary

Table 4.1 summarizes the waves discussed in this chapter. In electrostatic
waves only the electric field fluctuates while the magnetic field either is static
or zero. In electromagnetic waves, both the electric and magnetic fields oscil-
late. The waves are further divided into electron and ion waves. In electron
waves the electrons oscillate while the ions create a uniform background.
Therefore, electron waves are high-frequency waves. In ion waves, both ions
and electrons oscillate. Because of the large inertia of the ions, ion waves are
low-frequency waves. The propagation of the wave depends on the orientation
of the wave vector k relative to the background magnetic field and relative
to the fluctuating electric field.

We should note that this set of dispersion relations is greatly simplified
in so far as it considers only waves propagating into the principal directions
perpendicular or parallel to the field. Waves propagating oblique to the field
are more difficult; however, often they can be understood as the superposition
of the two modes parallel and perpendicular to the field.

Table 4.1. Different types of plasma waves

Wave Geometry Dispersion relation Equation

Electron Waves (Electrostatic)

Langmuir waves By=0
or k|| Bo w? = wl, + 3k%vd, /2 (4.55)
Upper hybrid waves k L By Wuh = wWie + w2 (4.59)

Ton Waves (Electrostatic)

Ion acoustic waves By =0

or k||B w? = k20?2 (4.57)
Ion cyclotron waves k L By w? = w? + k%02 (4.60)
Lower hybrid waves K 1 By Wh = Wi wee (4.61)
Electron Waves (Electromagnetic)
Light waves By =0 w? = w2, +k*c? (4.62)
O-waves k 1 By,

E:||Bo w? =2k + Wk, (4.64)
X-waves k L By, w? =2k +

E: 1 By Fwie (WP = wle)/(w? — wi) (4.65)
Whistler (R-waves) k|| Bo w? = Pk? — wl. /(1 — (wee/w)] (4.67)
L-waves k|| Bo w? =k + wlo /[l + (wee/w)] (4.67)

Ton Waves (Electromagnetic)
Alfvén waves k|| Bo w? = k%% (4.37)
Magneto-sonic waves k 1L By w? = 2k? (v +v3)/(c® +va) (4.48)
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Some of these waves can be used for plasma diagnostics, with the sources
of the waves either being natural, such as in Whistler waves to study prop-
agation in the magnetospheric plasma, or artificial, such as radio waves to
probe the ionosphere.

Exercises and Problems

4.1. Explain, in your own words, the important quantities characterizing a
wave. What are group and phase speeds?

4.2. Show that in an electron plasma wave the energy contained in the elec-
tron oscillation exceeds the energy in the ions by the mass ratio m;/(Z;me).

4.3. On re-entry into the Earth’s atmosphere, a spacecraft experiences a radio
blackout due to the shock developing in front of the spacecraft. Determine
the electron density inside the shock if the transmitter works at 300 MHz.

4.4. Show that the maximum phase speed of a Whistler wave is at a frequency
W = wee/2. Prove that this is below the speed of light.

4.5. Show that if a packet of Whistler waves with a spread in frequency
is generated at a given instant, a distant observer will receive the higher
frequencies earlier than the lower ones.

4.6. Show that if the finite mass of the ions is included, the frequency of
Langmuir waves in a cold plasma is given by w? = wge + wgi.

4.7. How would you use pulse delay as a function of frequency to measure
the average plasma density between the Earth and a distant pulsar?

4.8. Determine the Alfvén speeds and the electron plasma frequencies for the
situations described in Problem 3.12.

4.9. Use Fig. 4.4 to describe the properties of magnetohydrodynamic waves
propagating parallel to By for vpo > vs and va < vs.

4.10. Show that in an Alfvén wave the average kinetic energy equals the
average magnetic energy.

4.11. Discuss an Alfvén wave with k|| Bj. (a) Determine the dispersion rela-
tion under the assumption of a high but finite conductivity (the displacement
current nevertheless can be ignored). (b) Determine the real and the imagi-
nary parts of the wave vector for a real frequency.
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5 Kinetic Theory

All animals are equal
but some animals

are more equal

than others.

G. Orwell, Animal Farm

Magnetohydrodynamics has treated the plasma as a fluid with all particles
moving at the same speed, the bulk speed. The thermal motion is ignored.
Space plasmas often are hot plasmas with the thermal speed by far exceeding
the flow speed. Thus thermal motion has to be taken into account and the
plasma has to be described by a distribution function which considers the
positions and velocities of the individual particles. The Boltzmann equation
gives the equation of motion for this phase space density.

5.1 The Distribution Function

Kinetic theory starts from the physics of individual particles (the microscopic
approach). The macroscopic phenomena then can be described by averaging
over a sufficiently large number of particles, an approach which also is used
in statistical mechanics. This formalism therefore is called the statistical de-
scription of a plasma.

5.1.1 Phase Space and Distribution Function

The mechanical properties of each particle are described completely by its
position and momentum. The phase space is a six-dimensional space defined
by the three spatial coordinates ¢, ¢2, ¢3 and the three generalized momenta
D1, P2, P3- Each particle is related unambiguously to one point in phase space:

Q = (01,92,93;P1,P2,p3) = (q,P) . (5.1)

The speed of the particle in phase space, i.e. the combined change in its
position and momentum in ordinary three-dimensional space, then is

M.-B. Kallenrode, Space Physics

© Springer-Verlag Berlin Heidelberg 2004
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C:i‘i_<@@%.%i@@)z(% %)

dt \dt’'dt’de’ dt’ de’ dt dt’ dt (5.2)

For a plasma consisting of N particles, in phase space N such points exist. The
phase space density f(gq,p,t) gives the number of particles inside a volume
element [(g;, ¢; + d¢;), (p;, p; + dp;)]. This density function is also called the
distribution function of the plasma. It is related to the particle density in
ordinary three-dimensional space by

+o00
n(g,t) = / (@ )dp. (5.3)

The number density is used in the definition of averages which describe the
macroscopic properties of the plasma. If a(q, p, t) is a function in phase space,
its average is defined as

(a(q,t)>=ﬁﬁ /a(q,p,t) flg,p,t)dp. (5.4)

The average or bulk speed of the plasma, for instance, is given as

u(g,t) = (v(q,t)) = n(; ) /v(p,q,t)f(q,p,t)d?’p- (5.5)

Application of this averaging scheme to the equation of motion yields the
Vlasov equation (5.23) which is the basic equation of statistical plasma
physics and can be used to derive the MHD equations of two-fluid theory.

5.1.2 Maxwell’s Velocity Distribution

The average speed (v) of the particles in a plasma, as defined by (5.5), is
also the plasma flow speed u. The speeds v; of individual particles, however,
can be substantially different; in particular, speeds of individual particles can
exceed the flow speed by orders of magnitude. A plasma contains different
particle species s which all have their own average speed u;. If in an electron—
proton plasma the average speeds u, and u, are different, a current results.

To derive the velocity distribution of the particles, let us first determine
the kinetic energy contained in a volume element of the plasma. The kinetic
energy of the plasma flow is determined by the average speed u, while the
entire kinetic energy is the sum of the kinetic energies of all particles. Since
the latter is larger, there is also kinetic energy contained in the stochastic
motion of the particles, which can be described by

m fm(v —u)?f(r,v,t)dv
<5(v B u)2> - 2 [ f(r,v,t)dv ' (56)
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This “random” kinetic energy is related to the hydrostatic pressure by

P 2 /m
R gl w) 57)
where N is the number of degrees of freedom, normally three.

If the system is in thermal equilibrium, which in a hot plasma. is not neces-
sarily the case, the velocity distribution is given by the Maxwell distribution:

fr,v,t) =n (QWZ;T)aexp{—ﬂ;k;Tu)Q} (5.8)

where T is the plasma temperature and kg is the Boltzmann constant. Ac-
cording to (5.8), the relative number of particles with large stochastic speeds
|v —u| increases with T'. The distribution’s maximum is at the most probable
thermal speed v;p:

2%ksT
Vg = ) — (5.9)
m

In a one-atomic gas in equilibrium, the temperature is related to the
kinetic energy of the stochastic motion by

<%m(v — u)2> = %NkBT . (510)

In a plasma, N normally equals 3. Even in a magnetized plasma N equals
3 because the particle speed is described completely by one of the triples
Vx — Ux, Uy — Uy, and v, —u, or v, [vL —u|, and v, the latter describing the
direction of the perpendicular speed relative to the gyro-center. Note that
the combination of (5.7) and (5.10) yields the ideal gas law p = nkgT.

Occasionally, we are concerned only with particle speeds and not with the
direction of motion. This might be the case if the plasma is at rest, i.e. u
equals zero. The distribution function (5.8) then is

// f(r,v,t)d2, v? dv = (4r f(r, |[v],t)v?) dv = g(r,v) dv (5.11)

where 2 is the solid angle. Equation (5.11) gives the number of particles inside
a volume element with speeds between v and v + dv. The function g(r,v)
gives the number of particles per velocity unit, again with speeds between
v and v + dv. For small speeds, this function increases with the square of v
while for large speeds it decreases exponentially (see upper panel in Fig. 5.1).
If not the speed, but only one component of the velocity is considered, the
distribution is symmetric around zero if the plasma is at rest (middle) or
symmetric around the flow speed in that particular direction if the plasma is
in motion (lower panel).
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Fig. 5.1. Maxwell distribution. (a)
1/e Distribution g(wv,r) for the particle
speeds in a plasma at rest. (b) Maxwell
B/ N——— 0 ., v distribution of one velocity component

(b) for a plasma at rest, the other velocity
components have been removed by in-
F(ve) tegration. (c) Same as above but for
a plasma moving with average speed
i ug in the z-direction. Note that an in-
crease in temperature would not affect
the position of the maximum in (b) and
(c) but would shift the maximum to-
v,  Wwards the right in (a), combined with
(c) an increase of the maximum
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5.1.3 Other Distributions

Not all particle distributions can be described by a Maxwellian. If the plasma
is not in equilibrium, normally no analytical distribution function exists, al-
though often distribution functions are reasonable approximations.

For instance, if a plasma has a marked difference in the speeds parallel and
perpendicular to the magnetic field, the distribution can be approximated by
a bi-Maxwellian, that is the product of two Maxwellians, which take into
account the different speeds and temperatures of the two motions:

n

frv.8) = (ﬁ)TTT’n

Xexp{—in(glllg—B_TT”)—z} exp{—%ui)—i} . (5.12)

The average kinetic energies parallel and perpendicular to the field are
<%m(v” - u||)2> = %k)BT”s and <%m(vl - U¢)2> = kBTJ_ . (513)

Here the difference in the number of degrees of freedom for the parallel and
perpendicular motions becomes obvious: there is one degree of freedom par-



5.1 The Distribution Function 117

Vi

isotropic anisotropic drifting Maxwellian loss cone

Fig. 5.2. Bi-Maxwellian distributions often found in space plasmas

allel to the field while there are two perpendicular to it. Equation (5.13) can
also be used to define the pressure perpendicular and parallel to B.

The bi-Maxwellian (5.12) is a typical anisotropic distribution function
of the form f(vy,vy). This kind of distribution function is the one most
commonly found in space plasmas. It is an essentially two-dimensional and
gyrotropic velocity distribution: it does not depend on the phase angle of the
gyromotion. Figure 5.2 shows contour-plots for different (bi-)Maxwellians:
the isotropic distribution (left) is characterized by circular contours. In the
anisotropic Maxwellian, the contours are deformed into elliptical shapes. In
this example, the deformation is such that it corresponds to T) > T,. During
magnetic pumping (example 9) we have a continuous change from an isotropic
to an anisotropic distribution and back. Special distributions arise if either
or uj vanishes in (5.12). For instance, a plasma might drift perpendicular to
the magnetic field, such as in the case of crossed electric and magnetic fields.
Then u) vanishes and a drifting Maxwellian results (see Fig. 5.2). If the drift
velocity is large compared with the thermal velocity, such a distribution is
called a streaming distribution. If the distribution drifts along the magnetic
field at speed w), and uy vanishes, it is a parallel-beam distribution. Such
distributions are frequently encountered in the auroral regions of the mag-
netosphere and in the foreshock regions of planetary bow shocks. The last
sketch in Fig. 5.2 illustrates a loss cone distribution, where particles with
sufficiently small pitch angles are lost from the magnetospheric population.

Occasionally, the particle distribution can be described by a Maxwellian
up to a certain energy. At higher energies the particle distribution can be fit-
ted much better by a power law than by the exponential decay of the Maxwell
distribution. Here the kappa distribution, sometimes also called Lorentzian
distribution,

Ns m \? m(v —u)?] "
f(r,v,t) = " (27rk‘BT> [1 + “orBr } , (5.14)

can be used as an approximation. The parameters x and ET are characteris-
tics of the distribution, with E' being closely associated with the temperature
T and k describing the deviation of the distribution from a Maxwellian. For
energies E > kEr, the distribution decays more slowly than a Maxwellian
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and can be approximated by a power law in kinetic energy: f(E) = fo E—%.
If k converges towards infinity, the distribution is a Maxwellian with temper-
ature kT = Er. Note that for the kappa distribution, as well as for all other
non-Maxwellian distributions, (5.10) cannot be applied.

5.1.4 Distribution Function and Measured Quantities

While the distribution function is important for our theoretical treatment of
(space) plasmas, it is a quantity which cannot be measured directly. Instead,
observations give the differential flux J(FE, £2,7,t) of particles within a solid
angle df2 and an energy interval (E, E + dE). Thus the quantity

J(E, 2,r,t)dAdRdtdE

is the number of particles in the energy band from E to E 4+ dFE coming from
the direction 2 within a solid angle df2, going through a surface dA per-
pendicular to df2 during the time interval df. The differential flux therefore
can be measured in units of particles per (m? sr s MeV). Since J depends on
£2, it can also be interpreted as the angular distribution of the particles. On
a rotating spacecraft, often the omnidirectional intensity is measured. The
latter can be obtained by averaging over all directions:

Jomni(E, 7, t) = /JE.Qrt aa . (5.15)

The number density of particles with velocity v in a phase space element
is given as dn = fv2dvds2. Multiplication by v gives the differential flux
of particles with velocity v as f(v,p,t)v*dvds2. Comparison with the same
quantity expressed by the differential flux yields

J(E,2,r,t)dEAR = f(r,p,t)v* dvd2 . (5.16)

Since the energy is related to speed, dE is related to dv by dE = mwvdv. The
relation between the differential flux and the distribution function therefore

can be written as )

J(B,2,r,t) = —f(r,p,1). (5.17)

5.2 Basic Equations of Kinetic Theory

As mentioned above, the equation of motion in kinetic theory can be de-
rived by applying the averaging scheme (5.4): the Boltzmann equation is the
fundamental equation of motion in kinetic theory; the Vlasov equation can
be applied if the forces are purely electromagnetic; and the Fokker-Planck
equation also considers scattering.
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5.2.1 The Boltzmann Equation

The Boltzmann equation is the fundamental equation of motion in phase
space. It is not limited to plasmas, and the only assumption inherent in the
Boltzmann equation is that only external forces F' act on the particles while
internal forces vanish: there are no collisions between the particles.

The Boltzmann equation is a direct consequences of the equation of con-
tinuity in phase space:

of
ot

+Vs-(fC)=0 or ‘;—{+V,-(vf)+vv-(af)=o, (5.18)
where Vg, V,, and V, are the divergence in phase space, in ordinary space,
and in momentum space, respectively, and v and a are velocity and accelera-
tion. In phase space, r and v are independent variables. If we further assume
that the acceleration a, and therefore also the force F, is independent of v,
(5.18) can be simplified:

of
at

7] F 9

+v-Vif+a -Vyf=0 or f+ Vf+ of =0. (5.19)
at v

Equation (5.19) is called the collisionless Boltzmann equation. It also can be

written as
df

=0 (5.20)

which states that the convective derivative of the phase space density is al-
ways zero for a collisionless assembly of particles. Thus for an observer moving
with the flow, the phase space density is constant. Or, in other words: the
substrate of points in phase space behaves like an incompressible fluid. This
is also called Liouville’s theorem.

The general form of the Boltzmann equation can be written as

of F of (of
Bt Y vf+m v (8t)cou (5:21)

where the term on the right-hand side is the rate of change in phase space
density due to collisions (see below).

If changes in f due to collisions are small, e.g. in the case of a thermody-
namic equilibrium, the reduced Boltzmann equation can be written as

of\
(—8?>c011 =0 (522)

The solution of this equation is the Maxwell distribution.
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5.2.2 The Vlasov Equation

The Vlasov equation is the application of the Boltzmann equation to a plasma
on which only electromagnetic forces act. These forces are described by the
Lorentz force (2.23). In the derivation of (5.19) we have made the assumption
of a force independent on v. At first glance the Lorentz force violates this
assumption and therefore should not be considered in (5.19). Closer inspec-
tion, however, shows that this is not true. Since the Lorentz force contains the
cross product of speed and magnetic field, the resulting force is perpendicular
to the speed. Thus each individual component of the force does not depend
on the same component of the velocity. Since in (5.18) a scalar product is
considered, the only derivatives of a are of the form da,/Ov, and therefore
vanish. Thus the Lorentz force can be inserted into (5.19):

if—-l—v-Vf—I——(]—(E-l-UXB)'%:
m c ov

5 0. (5.23)

Equation (5.23) is called the Vlasov equation. Because of it simplicity, this is
the equation most commonly studied in kinetic theory.

The Vlasov equation is derived under the assumption of non-interacting
particles. On the other hand, interactions are the very essence of a plasma.
Thus we have to discuss whether the Vlasov equation can be applied as often
as it is. As we shall see, the Vlasov equation is a valid approach. It does not
consider collisions in the sense of short-range, local interactions, such as col-
lisions between two billiard balls or Coulomb collisions between two charged
particles. Nonetheless, that kind of interaction, which is essential in a plasma,
is considered: each particle moves in the average Coulomb field created by
thousands of other particles. Thus the fields in the Vlasov equation are due
to the rest of the plasma and describe the interaction of the particles. These
fields often are called self-consistent fields. External fields can be included
in (5.23), too. Since the fields E and B are determined by the rest of the
plasma, they depend on the distribution function f.

The Vlasov equation thus is non-linear; analytical solutions in general
are not possible. But Jeans’ theorem identifies some solutions. It states: any
function of the constants of motion is a solution of the Vlasov equation. For
instance, if there are no electric fields, the kinetic energy is a constant of
motion. Thus any function of mv?/2 is a solution of the Vlasov equation. In
particular, the Maxwell distribution (5.8) is a solution.

Jeans’ theorem therefore shows the equivalence of kinetic theory and or-
bit theory. Following an approach given by Boyd and Sanderson [58], this
equivalence can be shown easily. The basic equation of orbit theory is New-
ton’s second law F' = md?r/dt. This is a second-order differential equation
in three dimensions and therefore the general solution must contain six con-
stants of integration, 71, ...,76. Thus the solutions of Newton’s second law
can be written as 7 = r(v1, ...,76,t) and v = v(v1, ..., ¥6,t). These six scalar
equations can be solved in principle to give the v;: v; = (v, r,t). Jeans’
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theorem then states that each function f = f(v1,...,76) is a solution of the
fundamental equation of kinetic theory, the Boltzmann equation (5.19). This
can be seen easily by inserting the ~; into the Boltzmann equation:

i vy ELONY N Ofd
Z(8t+v Ui+ — ay)—zi:—————o. (5.24)

1

The result is identically zero because the ; are constants.

5.2.3 The Fokker—Planck Equation

In contrast to the Vlasov equation, the Fokker—Planck equation considers the
short-range, local interactions between particles. Collisions arise from many
small Coulomb interactions between charged particles (see Sect. 5.3.2). The
collision term has its mechanical analogy in the Brownian motion of particles
in a gas; however, both are not equivalent as will be discussed below.

Collisions are not a deterministic but a stochastic process. Thus for a
given particle, although we might know its momentary position and velocity,
we cannot determine its future motion. Only for an assembly of particles
the collective behavior can be determined. This can be done by means of
probabilities. Let ¢(v, Av) be the probability that a particle with velocity v
after many small collisions during a time interval dt has changed its velocity
to v + Awv. The phase space density f(r,v,t) also is a probability function.
At a time t it can be written as the product of the phase space density at an
earlier time ¢t — At multiplied by the probability of changes during this time
interval and integrated over all possible velocity changes Awv:

f(r,v,t) = /f(r, v — Av,t — At) (v — Av, Av) d(Av) . (5.25)

Since we only consider scattering by small angles, i.e. |Av| < |v|, Taylor
expansion to second order of the product fi yields

flr,v,t) = / [f(r,'v,t — At) (v, Av) — Av - 6((9]:#) d(Av)

+ / [AU2M S 881()2:{) d(Av) . (5.26)

Note that the ® in the last term indicates a product between two tensors.!

The resulting matrix is the Hess matrix.
Because some interactions always take place, the probability can be nor-
malized to [ ¢d(Av) = 1. Equation (5.26) than can be simplified to

o(f{Av)) 1 0
ov 2 Hvdv

! The product S® T of two tensors S and T itself is a tensor and can be obtained
by application of the rules of matrix multiplication.

f(r,'v,t) = f(T',’U,t—At) -

O (f(AvAv)), (5.27)
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with

(Av) = / YAVd(Av) and (AvAv) = / YAVAVA(AY) . (5.28)

By definition, the collision term as written down in (5.21) is

of __f("",’U,t)——f(‘T',’v,t—At)
( ot )coll B At ’ (529)
Thus the Fokker—Planck equation can be written as
of 0 1 62
(5{>coll at= _51—) . (f<Av>) + 5 Ovdv © (f(A’UA’U)) : (530)

The first term on the right basically contains (Av)/At, which is an accelera-
tion. Thus the term describes the frictional forces leading to an acceleration
of the slower and a deceleration of the faster particles, which tends to equalize
the speeds. The negative divergence in velocity space describes this narrowing
of the distribution function. The second term, (AvAv)/At, is a diffusion in
velocity space. This term describes the broadening of a narrow velocity dis-
tribution, e.g. a beam, as a result of the collisions. The two terms therefore
operate in the opposite sense. They are in balance in an equilibrium distri-
bution, e.g. the Maxwell distribution. The physics of the collision processes
is contained in the probability function .

Equation (5.30) also can be written as

of — _Vv..(D.V..
(—a—t>conAt— Vy:-(D-V,-f) (5.31)

with the diffusion tensor D derived from the first- and second-order fluctua-
tions of the particle velocity.

Figure 5.3 shows the evolution of a suprathermal distribution of particles.
At time tg the particle distribution is a parallel beam of uniform speed. Since
the particles are much faster than the plasma, at early times (¢; and ¢9) pitch
angle scattering dominates, and the distribution spreads towards larger pitch

v
t
3 ty
t
/‘\ \ to Fig. 5.3. Evolution of a
/ 5 suprathermal distribution of
\ / / Y|  particles from a monoener-
getic beam at time to towards
an isotropic ring distribution
at later times t3
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angles, leading finally to an isotropic ring distribution around the origin (¢3).
With increasing time, friction and energy losses become important and the
ring distribution contracts towards the origin. This is an example of a more
general rule of thumb: the faster a particle moves through a plasma, the
smaller is its frictional drag.? This longevity property allows the existence of
suprathermal particles as a distinct population in some cosmic plasmas. For
instance, galactic cosmic rays or solar energetic particles both are long-lived,
distinct particle populations in the solar wind; the radiation belt particles are
a distinct population in the terrestrial plasmasphere. Obviously, these plas-
mas can not be described by a Maxwellian. Instead, the kappa distribution
gives a quite reasonable description.

5.3 Collisions

We have mentioned collisions twice in this chapter. In Sect. 5.1.2 we intro-
duced the Maxwell distribution. The basic requirement for such a distribution
is thermal equilibrium, which requires collisions between the particles. If we
have a distribution with a suprathermal tail, such as the kappa distribution,
in time collisions will transform it into a Maxwellian. This time scale de-
pends, of course, on the time scales of the collisions. We have also mentioned
collisions in connection with the Fokker—Planck equation. We have even men-
tioned that the collisions should lead to small changes in speed only. But we
did not talk explicitly about the nature of these collisions. This section is
supplementary, briefly introducing some of the basics of collisions.

Collisions are also important in the energy transfer between different com-
ponents in a plasma: imagine a plasma which also contains neutral particles.
The charged particles might be accelerated by an electric field. In time, col-
lisions between charged and neutral particles will equalize the two distribu-
tions, leading to an acceleration of the neutrals.

As in a neutral gas, collisions in a plasma change the path of the individual
particle. In a magnetized plasma, collisions between a charged particle and
a neutral can shift the gyro-center of a particle onto another field line (see
Fig. 5.4). Collisions between charged particles can also lead to a shift in the
gyro-center and/or changes in pitch angle.

5.3.1 Collisions Between Neutrals

Collisions between neutral particles give rise to the Brownian motion in a
gas. The individual process is a collision between two hard spheres. The hard

% Graphically this can be understood from the fact that with increasing particle
speed the time available for interaction between the energetic particle and a
particle of the background plasma decreases; a more formal explanation is given
in Sect. 5.4.
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Fig. 5.4. Collisions in a plasma can shift the
gyro-center of a particle onto another field line,
here illustrated for a collision of a charged par-
ticle with a neutral one

sphere model is a simple and quite useful approximation. The full treatment
of the collisions between neutrals requires a quantum-mechanical approach
considering the attracting van der Waals forces and the repulsing Coulomb
forces of the electron shells of the two atoms. The van der Waals potential
varies roughly with 7%, the repulsing potential with 7~!2 [569]. Combination
of both leads to an extremely steep potential surrounded by a very shallow
potential depression in the order of meV compared with the typical eV range
in molecule formation. A hard sphere therefore is a reasonable approach to
describe the collision of neutrals.

The basic equations are the conservation of momentum and the conser-
vation of energy. The changes in momentum and direction depend on the
masses and speeds of the particles and on the angle between their veloci-
ties. The change in momentum is largest in a head-on collision: when mass is
equal, the particle loses twice its initial momentum as its velocity is reversed.
Thus scattering by a large angle up to 180° is possible in collisions between
neutrals.

The relevant parameters to describe the scattering process are the mean
free path and the scattering cross section. The particle mean free path X is
defined as the average distance travelled by a particle between two subsequent
collisions. If we could follow a smoke particle in air, we would detect a path
similar to the one depicted on the left-hand side of Fig. 5.5. The statistical
motion is composed of many straight lines with different length L. The right-
hand side of Fig. 5.5 shows the distribution of these L. This probability
distribution can be described by a function p(L) = a exp(—L/A) with a

3

ﬂ—L -
Fig. 5.5. Statistical
path of a particle un-
der the influence of
collisions (left) with
other particles (Brow-
nian motion) and dis-
tribution of the path
length between two
collisions (right)
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being a constant depending on the total number of collisions and A being the
particle mean free path.

The number of collisions, and therefore the mean free path, depends on the
number density of particles and on their ‘size’ as described by the scattering
cross section. Consider a fast particle with radius r1 moving in a gas of slow
particles with radii 79. A collision happens if the distance between the two
particles has decreased below 71 + r9. Alternatively, we can assume the fast
particle to be a mass point. Then we have to attribute a radius of 1 + r4 to
the gas molecules. Thus for the fast particle, a gas molecule is equivalent to
a disk with the scattering cross section o = 7(r; + r3)2.

Now consider a beam of particles incident on a slab of area A and thick-
ness dz. The number density of molecules in this slab is ng, the total number
of molecules in the slab is ngAdz. The fraction of the slab blocked by atoms
therefore is onsAdz/A = ongdz. Out of N particles incident on the slab,
AN = Nngodzx will experience a collision, leading to a reduction in N ac-
cording to dN/N = —ongdz. Integration yields

N(z) = Ny exp(—onsz) = Ng exp(—z/\) , (5.32)
where the mean free path X is defined as

1

A= .
Ngo

(5.33)

Thus, the mean free path can also be interpreted as the distance over which
the number of particles decreases to 1/e of its initial value. After travelling a
distance A, the particle will have a high probability of colliding. The average
time between two collisions is

A 1
= e (5.34)
This also can be written as a collision frequency v.:
Ve = nso(v) . (5.35)

The formalism for interactions between a charged particle and a neutral
is the same as for a collision between two neutral particles.

5.3.2 Collisions Between Charged Particles

Collisions between charged particles do not require a direct contact, instead
the interaction takes place as each particle is deflected in the electric field of
the other one. Since the Coulomb force has a long range such an interaction
leads to a gradual deflection. Nonetheless, one can derive a kind of cross
section for this process. Following the attempt given in Chen [97], we shall
only make an order-of-magnitude estimate.
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Fig. 5.6. Coulomb scatter-
ing: orbit of an electron in the
Coulomb field of an ion

The geometry of a Coulomb collision is shown in Fig. 5.6: an electron
with velocity v approaches an ion with charge e. If no Coulomb force acts,
the electron will pass the ion at a distance rg, the impact parameter. But
the Coulomb force F' = —e?/(4nr?) leads to a deflection of the electron from
its original direction by an angle ¢. The force acts on the electron for a
time T = 79/v when it is in the vicinity of the ion. The change in electron
momentum then can be approximated by Ap = |FT| =~ €2/(4rrqv). For
a 90° collision, the change in momentum is of the order of mv. Thus it is
Ap = mu & €2 /(4rrgv). A deflection by 90° results for an impact parameter
oo = €2/(4mmuv?). The cross section for a deflection of at least 90° therefore
can be written as .

e
Os900 = TTG = TormZod (5.36)
leading to a collision frequency of

ne?

(5.37)

Vei,>90° = NOV = m .

In a real plasma the situation is more complex. Let us consider the motion
of one particle, a test particle, in the field created by the other particles, the
field particles. The fields of these particles add to a stochastic field that
changes continuously in time and space. Therefore, the test particle will not
move in a hyperbolic orbit as in the interaction between two charged particles,
instead it basically follows its original direction of motion, though not on a
straight line but on a jittery trajectory. Because of the stochastic nature of
the collisions, test particles with nearly identical start conditions will diverge
in space and velocity. Most of these collisions result in small changes in the
particle path only. Occasionally, also large deviations of the original direction
result. These are called large-angle collisions.

To understand the different types of collisions, we have to consider the typ-
ical spatial scales. One characteristic scale is the Debye length Ap (3.146): the
test particle is screened from the electric field of the charges outside the De-
bye sphere. The Debye length can be interpreted as the range of microscopic
electric fields and separates the field particles into two groups: (i) particles
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at distances larger than the Debye length can influence the test particle by
the macroscopic fields only, leading to gyration, drift, and oscillations; and
(ii) particles inside the Debye sphere create a microscopic field leading to the
stochastic motion of the test particle.

The other spatial scale is related to the scattering angle, which in turn
is related to the impact parameter. In the derivation of the Fokker-Planck
equation we have assumed scattering by small angles only. The deflection
angle will be small if the kinetic energy mTv2/2 of the test particle is large
compared with the electrostatic potential ZtZpe? /ry, where ry is the impact
parameter (see Fig. 5.6). The test particle will be deflected by a small angle
only if the impact parameter 7y fulfills the condition rgge < 79 < Ap, with
rgge being the impact parameter for a deflection by 90° defined as rggo =
ZyZpe?/ (mT'u%). The ratio for deflections by small and large angles can be
determined from the ratio of cross sections for both processes:

)\% - rgoo )\2D 9 2 47T 2
=2 9L = —n\d =: A% . .
Ze TR \ZrZr) \ 3 D) (5.38)

The expression inside the second parentheses is the number of particles in-
side a Debye sphere. If we assume this number to be large, (5.38) states
that collisions leading to deflections by a small angle by far outnumber the
collisions with large-angle deflection. A careful calculation shows that small-
angle interactions are about two orders of magnitude more efficient in the
deflection of test particles than the few large-angle interactions [42]. Thus,
the Fokker—Planck formalism can be applied to the Coulomb collisions in a
plasma too. The logarithm of the above quantity, A\. = In A, is called the
Coulomb logarithm.

5.4 Collisions Between Charged Particles: Formally

We will now have a closer look at the formal treatment of collisions, following
[281].

5.4.1 Coulomb Collisions: Unscreened Potential

Again we assume a test particle (this time not necessarily an electron) with
speed v, mass my, and charge gt approaching a stationary background
particle of charge gg and mass mp. The geometry is as in Fig. 5.6, and the
impact parameter is ro. The potential energy of the test particle is Wer =
gt®c, where @¢ is the undisturbed potential of the background charge. Then
we can also write for the potential energy

Wer = 2 , where a= args (5.39)
’ r 4Ameg

f—
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The angle of deflection ¢ is given by

T9Q° «
tanf = — , where 7gg0 = o]

2
2 r mrvrp

(5.40)

is the impact parameter for a deflection by 90°. The minimum distance dp;,
of the particle from the background particle and its speed v, at this position
can be derived from the conservation of angular momentum,

MTUTT) = MTVmindmin (541)
and the conservation of energy,

mTv% mrv2

= M We t(dmin) | 5.42
5 2 + We,( ) ( )

to be , .
i = 2V + MATOVY (5.43)

mr ’U%

Depending on the charge of the background particle, o can be positive or
negative, and we obtain the following for the minimum distance d%° in the
case of a deflection by 90°:

90° _ (V24 1)rgge fora>0
dmm - { (\/5 _ 1)7‘900 fOI‘ a< 0 . (544)

The corresponding potential energies are

2
W 90°y _ mTUT/(\/§+ 1) fora>0
0,1 (dmin) {7”TU%/(\/§ —-1) fora<0 ° (5:45)

If we assume that the potential energy is equal to the thermal energy Wy,
the minimum distance between charged particles in a plasma is

q14B

dmin = ————— . 5.46
47T60Wth ( )

In an ideal plasma, this distance is
dmin < 07 V3 < Ap . (5.47)

The cross section ¢ defines a circle with the impact parameter r¢ as its
radius. The differential cross section do is related to a deflection by an angle
dy or to a deflection into a solid angle df2 = 17 sin ¢ dp. With (5.40), we then
obtain the following for the differential cross section for Coulomb scattering:

do 1 2
— =a? ) 5.48
ae ~“ (QmTv% sin2(g0/2)) (5.48)
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Note that the differential cross section does not depend on the sign of the
charges: the cross section is the same if both have the same sign or the
opposite sign. Only the hyperbolic path of the particles is different, not the
deflection angle ¢.

For a large impact parameter r(, the deflection angle diverges as ¢~%. In
addition, the total cross section for interaction tends towards infinity:
: oo i
o
o] =[] —d?=. 5.49
C,unscr / dn ( )
0

This infinite cross section is reasonable for a single charge that deflects an-
other one, in a plasma, however, the screening of the Coulomb potential has
to be taken into account.

5.4.2 Decelerating Force Between Particles (Drag)

In addition, the significance of an infinite cross section is not clear: although
even at large impact parameters deflection occurs, this might be of minor
importance, since the deflection angle is small. Thus we have to find a method
to describe the impact of background particles on a beam of test particles.
For a first approximation, we assume only one background particle, with
infinite mass and at rest. The particle beam is described by its number density
nt and the particle parameters of velocity vr, mass mr, and charge qr.
Owing to symmetry, momentum is transported only in the direction of vr.
During elastic scattering at a fixed obstacle, the magnitude of the velocity is
conserved, and we obtain the following for the change in velocity dvr:

|dvT| = 2ur sin(p/2) . (5.50)
In addition, we have (see Fig. 5.7)
|dvs,1| = 2vrsin(p/2) cos(v/2) , (5.51)
.2 tan(y/2) réoe
= — = -2 = - .52
oy, 2vur sin”(¢/2) v tan(p/2) + 1 2ur R ,(5.52)
dvg o, = 2%_1"273(10__ COs (5.53)
e B g
ToTg9o° .
dvyy = 20y—5——— singp . (5.54)
Y Soo + 13

Fig. 5.7. Changes in velocity
during a Coulomb collision
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The number of particles streaming through a ring with area do during
a time interval dt is dNt = nyvrdodt. The decelerating force Fr , from
the background particle acting on the test particles can now be obtained by
integrating over all rings do:

dN:
zt—mT/évtzd (}\t . (555)

Using the differential cross section (5.48), this can be rewritten as

kig
mnro? / sin ¢ drnra?

F,=— -
»t sin(yp/2) v D -

k]

mT’U% Pm—0
$m

(5.56)
This quantity is logarithmically divergent for ¢, — 0: the drag force due to
a background particle in an unscreened Coulomb potential diverges towards
infinity.

5.4.3 Coulomb Collisions: Screened Potential

We have already introduced the Debye length in Sect. 3.7 as a parameter
that basically describes over what distance a certain charge influences other
charges. Using the Debye length, a screened potential or reduced potential
&p can be introduced, which is related to the unscreened Coulomb potential
&c by

Op(r) = do(r)e /o (5.57)

Although the screened potential decays faster than the Coulomb potential, it
still extends to infinity. To describe the influence of the screened potential we
make the following simplification: for scattering with an impact parameter
7o < Ap, the potential is assumed to be @¢, while for rq > A\p, the potential
vanishes. In this case, the smallest deflection angle ¢y, is given by

Ym _ T9o°

tan — = . .
an =% = 37 (5.58)

In an ideal plasma, we therefore have

m Ap /14 1850 /X
ln(51n<p2):—ln D VI T /)\D%—ln)‘_D:—-ln/l, (5.59)

T9ge T'90°

where In A is the Coulomb logarithm.

Equation (5.59) can also be derived from (5.56) by choosing the upper
integration boundary as 7/2 instead of 7 in this case scattering is limited to
deflection angles less than or equal to 90°.
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We then obtain the following for the drag force:

TB
F,=-4"T (5.60)
mrUyp
h
e B _ 9749R Apdmegmrv3
c;p=-2BmA and InA=ln——"—T (5.61)

- 4med lgrgs|

We have already mentioned that the drag force caused by the background
plasma decreases with increasing particle speed. In this case we have a back-
ground plasma of particle density np containing particles with velocity vy
and mass mp. A test particle then experiences a drag force that is determined
by the reduced mass of the particles

g = _IME_ (5.62)

and their relative velocity vg = v — vp:

TB
F,,= _Ca "BUR ) (5.63)

’ TTB |vg |3
A useful approximation to this equation is

1

5 -
mTBUR

(5.64)

Ft,z ~

The basic result is, as stated before, that the drag force exerted by the back-
ground plasma decreases with increasing particle speed. In addition, the drag
force is larger for electron—ion collisions (mTp =~ m,) than for particles of
equal mass (mts = m/2).

5.5 Summary

Kinetic theory describes a plasma as an assembly of particles with statisti-
cally distributed properties. The basic quantity is the phase space density. In
thermal equilibrium it is described by the Maxwell distribution. The equa-
tion of continuity for the phase space density allows the derivation of the
basic equations of kinetic theory: the Boltzmann equation in its most general
form or as collisionless Boltzmann equation. For a pure electromagnetic field,
the collisionless Boltzmann equation becomes the Vlasov equation. If colli-
sions lead to small-angle deflections only, the collision term in the Boltzmann
equation can be described by the Fokker-Planck equation. Despite the lim-
itation to small-angle collisions, the Fokker—Planck equation can be applied
to a plasma: while Coulomb collisions can lead to large-angle deflection, these
are outnumbered by the small-angle deflections.
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Exercises and Problems

5.1. Describe the meaning of the mean free path. What are the physical and
formal differences in a neutral gas and in a plasma?

5.2. The solar wind is a proton gas with a temperature of about 1 million K.
Plot the distribution function and determine the most probable speed and
energy. Compare with the flow speed of 400 km/s and the kinetic energy
contained in the flow.

5.3. A spacecraft measures the proton distribution in the solar wind. Above
an energy of about 20 keV, the distribution can be described as a power law
in E with E~%. Plot the distribution and compare with the results of Problem
5.2. What kind of distribution is this?



6 Sun and Solar Wind:
Plasmas in the Heliosphere

... but it is reasonable to hope that in not too distant a
future we shall be competent to understand so simple a

thing as a star.
A.S. Eddington, The Internal Constitution of the Stars*

Plasmas in interplanetary space originate from the Sun, as do most of the
disturbances and waves embedded in them. The solar atmosphere, the corona,
extends as solar wind far beyond the orbit of the outermost planet, Pluto,
filling a cavity in the interstellar medium called the heliosphere. The solar
magnetic field, frozen-in into the solar wind, is carried out and wound up
to Archimedian spirals by the Sun’s rotation. Fluctuations and waves on
different scales are superimposed, sometimes steepening to collisionless shock
waves. The solar wind and the frozen-in magnetic field change during the solar
cycle due to systematic changes in solar properties and transient disturbances
related to solar activity. Detailed accounts on solar physics and the physics
of the interplanetary medium are given in e.g. [113,484,572], and the solar
corona and the physics of solar activity are described in e.g. [9,193,244,291,
410,420, 424].

6.1 The Sun

For an astrophysicist, the Sun is an ordinary star of spectral class 2, also
called yellow dwarf, and luminosity V. It consists mainly of hydrogen (about
92% in terms of particle number or 72% in terms of mass) as the fuel for so-
lar energy production and helium (about 8%), partly primordial and partly
waste product of the energy generation. But the Sun is also more interesting
than other stars: owing to its close proximity, we are able to study not only
its electromagnetic radiation but also solar emissions of a different kind —
plasmas and energetic particles. These not only can be studied for the quiet
or average Sun but also for their dependence on the solar cycle, their re-
lation to certain features on the Sun, such as sunspots and filaments, and

! Copyright 1926, reprinted with kind permission from Cambridge University
Press.

M.-B. Kallenrode, Space Physics
© Springer-Verlag Berlin Heidelberg 2004
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Table 6.1. Properties of the Sun

Radius re = 696 000 km
Mass Mo =1.99 x 10%° kg
Average density 06 = 1.91 g/cm?
Gravity at the surface go = 274 m/s?
Escape velocity at the surface Vesc = 618 km/s
Luminosity Lo = 3.86 x 10 kW
Magnetic field

polar 1G
general some G
protuberance 10-100 G
sunspot 3000 G
Temperature

core 15 million K
photosphere 5780 K
sunspot (typical) 4200 K
chromosphere 4400-10 000 K
transition region 10 000-800 000 K
corona 2 million K
Sidereal rotation

equator 26.8 d
30° latitude 28.2d
60° latitude 30.8d
75° latitude 31.8d

their association with the violent processes of the active Sun. Many of these
emissions are of interest to the layman, too, because they shape and influence
our environment, from the atmosphere and the weather down to the realms
of biology and physiology (Chap. 10). The basic properties of the Sun are
summarized in Table 6.1.

Most of the Sun’s emission is electromagnetic radiation, amounting to
3.86 x 1023 kW integrated over its surface or 6.3 x 10* kW/m?. With Stefan-
Boltzmann’s Law an effective temperature Tog of about 5780 K results. At
Earth’s orbit, the solar constant, which is the solar power received per unit
area, is 1380 W/m?2. The solar radiation can be divided into five frequency
bands: (a) X-rays and extreme ultra-violet (EUV) with A < 180 nm con-
tributes to about 1072 of the total energy output. It is emitted from the
lower corona and the chromosphere, and varies during the solar cycle with
enhancements up to orders of magnitude during solar flares. (b) Ultra-violet
with wavelength between 180 and 350 nm contributes to about 9% of the
solar flux. It is radiated from the photosphere and the corona, its variations
are similar to the ones in X-rays, although they are smaller. (c) The visible
light between 350 and 740 nm contributes to 40% of the energy flux and does
not vary significantly with the solar cycle. Only in extremely strong flares a
local brightening can be observed. (d) The maximum energy flux of 51% is
in the infrared between 740 nm and 107 nm, showing no significant variation
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with solar activity. As the visible light, it is emitted from the photosphere. (e)
Radio-emission above 1 mm, originating from the solar corona, contributes
to only 1071°% of the solar energy flux, but can be enhanced significantly
during solar flares.

6.1.1 Nuclear Fusion

The source of the Sun’s energy is nuclear fusion. This idea goes back to
Eddington in 1926 [143] and replaced Lane’s concept of 1869 which saw the
energy source in the Sun’s gravitational contraction.

Inside the Sun the basic process of nuclear fusion is the proton—proton
cycle: four protons merge to one *He-nuclei (a-particle). In the first step, two
protons merge to a deuteron 2H, emitting a positron and a neutrino. In the
second step, a proton collides and merges with the deuteron, forming a 3He-
nuclei under emission of a y-quant. When two 3He-nuclei collide, they merge
to an a-particle, emitting two protons and a y-quant. The mass difference
between the four protons and the a-particle corresponds to an energy of
4.3 x 1072 J or 26.2 MeV. Formally, the reaction can be written as

'H(p, e ve)*D(p,7)*He(*He, 2py)*He + 26.2 MeV . (PPI)

Under solar conditions, half of the hydrogen initially present is converted
into deuteron within 100 years: for two protons to merge, their distance
must decrease below a proton radius and one of the protons has to undergo
spontaneous S-emission. The life-time of 2H is only a few seconds, it immedi-
ately captures another proton. The time scale for the fusion of the resulting
3He-nuclei is about 108 years. Thus the time scale of the proton—proton cycle
basically is determined by the first step, the fusion of two protons.

The last step in the PPI cycle can be replaced by one of the two reactions:

3He(ar, v)'Be(e ™, ve) "Li(p,y)*Be(a)*He + 25.9MeV (PPII)

or
3He(a, v)"Be(p,y)*B(e" ve)®*Be(e)*He + 19.5MeV . (PPIII)

In both cases the 3He-nucleus merges with an a-particle. In the PPII chain,
the resulting "Be is converted into Li by electron capture. The “Li then is
converted by proton capture into the unstable isotope ®Be which decays into
two a-particles. In the PPIII chain, the “Be-nucleus captures a proton. The
resulting ®B-nucleus emits a neutrino and a positron, leading to an excited
8Be-nucleus which decays into two a-particles. With increasing temperature,
the latter two reactions become more important compared with the PPI cycle.

Independent of the details of the reaction, energy is liberated in the form
of electromagnetic radiation, positrons, neutrinos and, to a smaller extent,
kinetic energy of protons. The energy of «s, positrons, and protons imme-
diately is converted into thermal energy while the neutrinos escape: their
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scattering mean free path is about 7000 AU, compared with the few cm of
a photon. Thus although a photon travels with the speed of light, it needs
about 100 000 years to diffuse from the Sun’s core to its surface.

6.1.2 Solar Neutrinos

Neutrinos emitted in the various chains of the proton—proton cycle have char-
acteristic energies. Thus their energy spectrum gives information about the
processes inside the Sun, allowing a test of our standard model of the Sun.
Neutrinos are one of the current problems in solar astrophysics. Compared
with the first observations, a larger number of solar neutrinos is being de-
tected today; however, it still is smaller than expected.

Part of the problem of detecting neutrinos and of interpreting the results
arises from the measurement principle used: different techniques are sensitive
to different neutrino energies and thus also to different parts of the energy
production cycle. The first neutrino detector was a tank of 615 ton liquid
perchloroethylene located about 1500 m under the Homestake mine [120].
This sensitivity of this instrument is such that the 8B neutrinos are expected
to generate a signal of 5.6 SNU? with "Be neutrinos contributing 1.1 SNU.
Over the years, the Homestake experiment has measured an average of 2.56 +
0.23 SNU, compared with 7.6 & 1.2 SNU expected from the standard solar
model (SSM). This discrepancy is well known as the solar neutrino problem
[103].

The Japanese experiments Kamiokande [175] and Superkamiokande [176],
a 680 ton water tank 1 km underground in the Kamioka mine, have an even
higher energy threshold and are only sensitive to the high-energy end of the
8B neutrinos; see Fig. 6.1. These experiments show a neutrino deficit of about
50%.

Gallium experiments, such as SAGE, GALLEX, and GNO, have a much
lower energy threshold and thus are able to detect also the pp neutrinos.
These experiments give a neutrino flux of 74.7 & 5.0 SNU, lower than the
128 4+ 8 SNU expected from the SSM [211].

Two possible explanations have been offered: either our model of the
Sun or our understanding of the neutrino is wrong [19, 21,218,293, 366, 368].
Fine-tuning of the solar standard model to fit the neutrino observations ap-
pears possible without changing the energy flux at the solar surface, although
often variations in one parameter lead to a better agreement between the
predictions and one of the experiments while the predictions for the other
experiments are still in disagreement with the observations. For instance,
a reduction in the core temperature in the SSM would allow one to fit the
Super-Kamiokande observations, while there still would be a discrepancy with
the Homestake observations.

2 Solar neutrino unit; 1 SNU, equals 1073¢ captures per target atom per second.
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The other explanation is of great importance to elementary-particle
physics: it suggests that neutrinos, contrary to our current understanding,
have a mass and can oscillate between different flavors. It has been proposed
that the electron neutrinos created in the proton—proton chains are partly
converted into 7- or p-neutrinos during their travel time from the Sun to
the Earth. Since only the electron neutrinos can be detected by the above
experiments, a lower neutrino flux than would otherwise be expected results.

A more recent experiment, the Sudbury Neutrino Observatory (SNO),
suggests that indeed solar neutrinos change their flavor during their journey
from the Sun to the Earth [2]. SNO consists of 1000 tons of heavy water (D20)
at a depth of over 6000 m water equivalent. Owing to the use of deuterium
instead of ordinary hydrogen, not only can electron neutrinos be detected but
it is also possible to measure the total neutrino flux. Thus electron neutrinos
can be distinguished from other neutrino flavors. The results of SNO provide
evidence that some electron neutrinos are converted during their travel time
to a different neutrino flavor [3] at a rate which gives corrected fluxes in
agreement with the SSM. In addition, the KamLAND experiment [147] has
detected oscillations in antineutrinos produced in nuclear reactors.

In sum, these results increase our confidence in the SSM because one of
the major objections against it, the solar neutrino problem, appears to have
its origin in elementary-particle physics rather than in solar physics.

6.1.3 Structure of the Sun

Nuclear fusion takes place in the Sun’s core, which is about 0.3 rg in ra-
dius (see Fig. 6.2). It is surrounded by the radiative core or radiation zone,
where energy is transported by radiation. In the surrounding convection zone
energy is transported by convection. The top of the convection zone is the
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photosphere, the visible surface of the Sun. Here most of the visible light is
emitted. The convection cells can be seen as granulation of the photosphere.
From the core to the photosphere, the density decreases by more than ten
orders of magnitude, and the temperature decreases by a factor of 3000.

The photosphere is optically too thick to receive any electromagnetic ra-
diation emitted from deeper layers of the Sun. Thus solar neutrinos are the
only messengers escaping directly from the core of the Sun. All other informa-
tion about the internal structure of the Sun is obtained indirectly. The most
important tool is helioseismology; for a recent review see [7]. Seismology on
the Earth is mainly concerned with sudden bursts of mechanical waves during
either earthquakes or explosions initiated by humans to probe the terrestrial
interior. The goal of helioseismology is similar: to use mechanical vibrations
observed on the solar surface to obtain information about the solar interior.
But helioseismology is different from seismology on the Earth because oscilla-
tions are always present on the Sun. They can be identified from the Doppler
shift of spectral lines. These mechanical vibrations of the solar surface are
centered around a period of about 5 min [318]. These oscillations have been
identified as a superposition of millions of standing waves with amplitudes of
the order of a few meters and speeds of the order of a few cm/s [317,529].

Detailed analysis of these observations allows us to infer parameters such
as the sound speed, density, temperature, and chemical composition in the
solar interior [10,203,294]. This information is used to confirm and refine the
standard solar model.

From the viewpoint of plasma physics, a second set of results of helio-
seismology is more important: it allows us to infer the rotation rates in the
solar interior. This is of particular importance for the understanding of the
solar dynamo process. The main results are the following: (a) The surface
differential rotation persists through the convection zone, while the radia-
tive transfer zone appears to rotate relatively uniformly [465,516]. However,
there appears to be a shear layer beneath the solar surface extending down to
about 0.94 solar radii. (b) The transition region, also called the tachocline, is
located near the base of the convection zone [33]. The tachocline also seems
to be the seat of the solar dynamo. Both features are summarized in Fig. 6.3.
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(c) There is a large-scale flow in the north-south direction, called the merid-
ional flow [217]. The flow speed is of the order of 20 m/s, that is, about two
orders of magnitude smaller than the rotation speed. This meridional flow is
believed to play an important role in the solar dynamo process [373].

With the good coverage of helioseismological observations since the mid-
1990s, an analysis of temporal variations has become possible. So far, no
significant temporal variations have been detected in the internal structure
of the Sun. But there are some solar-cycle-related modifications close to the
surface. For instance, the 5-min oscillations are shifted by up to 0.4 uHz with
higher frequencies during solar maximum [237], probably because of some
solar-cycle-related disturbances in the outer layers of the Sun.

In addition, the rotation rate varies with time: on the surface there ex-
ist zonal bands of slow and fast rotation which migrate slowly from high to
low latitudes during the solar cycle. These flow bands are correlated with
migrating magnetic-activity bands already known from the butterfly dia-
grams [235,495]. Helioseismology has refined this picture: the bands move
towards the equator at low latitudes, while at latitudes above 50° they move
polewards [8]. This corresponds to the migration seen in magnetic patterns
(Fig. 6.28), and thus the poleward migration might be crucial in the under-
standing of the solar dynamo and, in particular, the polarity reversal [109].

One of the most recent instruments used to study solar oscillations is the
MDI (Michelson Doppler Imager) on board SOHO. Details about the instru-
ment, a movie showing a solar quake, and many results from this instrument
can be found at sohowww.nascom.nasa.gov/gallery/MDI/.

6.1.4 The Solar Atmosphere

Above the photosphere the solar atmosphere consists of three layers: the
chromosphere, the transition region, and the corona. The corona can be seen
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Fig. 6.4. (Left) Coronal structure during the total eclipse of 11 July 1991. Based
on a sketch by S. Koutchmy in K. Lang [308], Sun, earth and sky, Copyright 1995,
Springer Verlag; (Right) image of the total eclipse on 16 February 1980 (source:
www.hao.ucar.edu)

in visible light during a solar eclipse as a structured, irregular ring of rays
around the solar disk. Its structure and extent vary with the solar cycle.
Figure 6.4 shows on the left-hand side a sketch of the coronal structure during
the total eclipse of 11 July 1991 and on the right-hand side a photo taken
during the eclipse of 16 February 1980. Since both have been taken during the
solar maximum, the corona is highly structured and extends far outwards.
During the solar minimum, only few structures are visible and the corona
appears smaller. However, the corona does not have a sharp outer boundary,
but instead shows structures which extend into different heights and then
fade into the background.

The charge states of heavier elements such as O, Si, Mg, and Fe indicate
coronal temperatures of about 1 million K. Nonetheless, the corona does not
radiate like a black body because it is too thin. Its temperature is roughly
independent of height, but it is about a factor of 200 higher than the photo-
spheric and chromospheric temperature. The fastest increase in temperature
from about 25 000 to 500 000 K occurs in the transition region, which is only
a few hundred kilometers thick and separates the corona from the chromo-
sphere (chromos = color) below. The latter has a height of about 2000 km
and can be seen during a total eclipse as a thin red ring around the solar disk,
giving the appearance of small flames. The chromospheric emission is weak
compared with the photospheric emission because the density of the chromo-
sphere of about 10712 g/cm? is about five orders of magnitude smaller than
the photospheric density. However, owing to the higher temperature, the max-
imum of the chromospheric emission is in the UV. Here the chromospheric
emission exceeds the photospheric emission: a UV instrument thus “sees” the
chromosphere but does not look down to the photosphere. Depending on the
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wavelength under consideration, different layers of the atmosphere are seen by
a telescope. The first observations at different wavelengths in the UV by OSO-
4 in 1967 showed particularly well the appearance of the polar coronal hole
at larger heights. An example of a modern instrument is EIT (Extreme ultra-
violet Imaging Telescope) on board SOHO; a description of the instrument,
results, and a picture gallery can be found at umbra.nascom.nasa.gov/eit/.

Excursion 5. Thermal emission Chromospheric emission is thermal emis-
sion, as is the photospheric emission. Some details of this emission can be
approximated under the assumption that the Sun is a black body. In this
case the spectrum of the emitted radiation can be described by Planck’s law:
the energy per unit interval of wavelength emitted by a unit surface area of
a black body into a unit solid angle is given by

2hc? 1
B\(T) = ,
253exp(£§;) ~1
2 1
B,(T) = i 6.1)

c? exp(g—;) -1

The total radiation emitted by the black body can be obtained by integration
over all wavelengths:

g=7nF=n / BA(T)d\ = oT*, (6.2)
0

where 0 = 8.26x 107! calcm™2 min™! K4 = 5.6708 x 1078 Jm~2s~ 1 K~
This is the Stefan-Boltzmann law. We have already encountered this law
when talking about the temperature of the photosphere. The wavelength of
the maximum of Planck’s curve can be obtained by setting the first derivative
of (6.1) equal to zero. We then obtain Wien’s law,

A(max) T' = const = 2884 ymK . (6.3)

This can be used to determine the wavelength of the maximum of the emission
of a black body.

For instance, from (6.3), the photospheric emission (5780 K) has its max-
imum at 500 nm, well inside the visible. The wavelengths of maximum emis-
sion at the bottom (25 000 K) and top {500 000 K) of the transition region
are 115 nm, which is in the UV, and 6 nm, which is in soft X-rays, respec-
tively. Thus looking at the Sun in different frequency ranges means looking at
different layers of the atmosphere. The soft X-ray emission, since it is viewing
greater heights, reveals the coronal holes as dark patches particularly well, but
also shows the active regions as bright spots. An example is shown in Fig. 6.5,
which shows the evolution of the chromosphere and lower corona during one
solar cycle, starting at the maximum in 1990 on the left and continuing to the
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Fig. 6.5. Variation of the Sun in soft X-rays during the solar cycle as ob-
served by Yohkoh; source: solar.physics.montana.edu/mckenzie/Images/The_
Solar_Cycle_XRay_hi. jpg

maximum in 1999 on the right. A nice movie showing the relation between
wavelength and height can be found at sohowww.nascom.nasa.gov/ as “Five
same-day images of Sun in different wavelengths”. a

The coronal emission consists of three components, the emission line or
E-corona, the continuum or K-corona (K for the German word Kontinuum),
and the Fraunhofer or F-corona. The E-corona was first observed during the
1868 solar eclipse. But only in the 1940s did scientists understand the sources
of the spectral lines, since these lines were not known from laboratory exper-
iments, because they required extremely high ionization states; for instance,
the 530.3 nm green line is from Fe XIV, the 637.4 nm red line is from Fe X,
and the 569.4 nm yellow line is from Ca XV. These charge states indicate
temperatures of more than one million K. These high temperatures also allow
us to understand the great height of the corona. The photospheric tempera-
ture of 5780 K would lead to a scale height of about 150 km. At a distance
of one solar radius above the photosphere, the density would have dropped
by a factor of exp(—696 000/150), which is almost zero. With a coronal tem-
perature of two million degrees, a scale height of 10° km results, allowing the
large extent of the corona.

The main visible coronal emission, the K-corona, is not a real emission but
is photospheric light scattered from coronal electrons. Therefore the coronal
electron density can be inferred from the intensity of the K-corona. Thus
Fig. 6.4 also can be interpreted as an electron density distribution. The K-
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corona is linearly polarized because the electrons are aligned in the coronal
magnetic field.

Typical coronal features include bright arcades, which can be interpreted
as closed magnetic loops where electrons are stored, and helmet streamers,
which are arcades from which a thin beam extends upwards. The ray-like
structures suggest open field lines with electrons streaming away from the
Sun. The rather dark regions are depleted of electrons. These coronal holes
can also be seen as dark patches in soft X-ray images and are the source
regions of the fast solar wind.

Depending on the underlying structures, the electron density at any
given height can vary by more than three orders of magnitude [297]. In
the lower corona, the intensity gradient is very steep, with a scale height
of about 0.1rg. Thus, even with an extremely good radiometric resolu-
tion, it is not possible to create images of the corona from just above
the photosphere out to ten or twenty solar radii. Instead, different in-
struments have to be combined, as has been done, for example, with the
LASCO coronograph on the SOHO spacecraft [161]. Examples and fur-
ther details can be found at sohowww.nascom.nasa.gov/gallery/LASCO/
or lasco-www.nrl.navy.mil/lasco.html.

The last component, the F-corona, or Fraunhofer corona, results from
scattering by slow-moving dust particles. It extends into the interplanetary
medium, where it is observed as zodiacal light. The F-corona is not part of
the solar atmosphere.

6.1.5 The Coronal Magnetic Field

Figure 6.6 is a very simplified schematic, showing only the most important
features, namely coronal holes and helmet streamers. The latter develop over
active regions, the legs of the helmet streamer connecting regions of opposite
magnetic field polarity. Electrons are captured inside these loops, thus the
helmet streamer is a bright feature. The coronal holes on the other hand are
regions with open field lines, allowing for a fast electron escape. Thus they
appear as dark features, often with rays indicating the direction of the field.

Over the poles of the Sun coronal holes are dominant. Occasionally, they
can extend down to the solar equator or even into the opposite hemisphere.

source surface

Fig. 6.6. Sketch of the solar corona.
Two helmet streamers are shown to-
gether with the coronal holes, the so-
lar equator, and the nominal loca-
tion of the source surface
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Fig. 6.7. Photospheric magnetic-field mea-
surements from National Solar Observatory
(source: www.nso.noao.edu/synoptic/)

Streamer-like configurations are confined to the streamer belt, which is as-
sociated with the active regions. Thus the streamer belt’s extension and its
inclination relative to the solar equator varies over the solar cycle. The re-
sulting magnetic field pattern with different magnetic field polarities on both
sides of the streamer belt are carried out into interplanetary space by the
solar wind and lead to a sector structure as described in Sect. 6.3.2.

While the coronal magnetic field as described above is rather orderly,
spectral line observations of the photosphere reveal a complex magnetic field
pattern associated with sunspots and active regions. Figure 6.7 shows an
example for the structure of the photospheric magnetic field. The bright
and dark spots indicate regions of strong magnetic fields, the color gives the
field’s polarity. Daily observations of the visible hemisphere of the Sun can
be combined to give a map of the photospheric magnetic field such as shown
at the top of Fig. 6.8.

Excursion 6. Zeeman effect. The basic tool used to determine the photo-
spheric magnetic field is the Zeeman effect, that is, the splitting of a spectral
line Ag in a magnetic field into a triplet of lines, with one member at wave-
length ), also the m-component, and two members at Ay 4= 6, where

53— ¢ X8

=47x 1073 \gB, (6.4)
Me C

g being the Landé g-factor. The split lines are linearly polarized: the =-
component is polarized parallel to the field, and the side lines, also called
oy and og, are polarized perpendicular to it. Thus, when viewed parallel
to the magnetic field (longitudinal field), only the oy and og, are visible
as circularly polarized lines (see Fig. 6.9). Viewed perpendicular to the field
(transverse field), all three components are visible, as linearly polarized lines.
Thus the Zeeman effect allows the measurement of both the magnetic field
strength and its direction.

It should be noted that the photospheric magnetic field is not the only
factor influencing the spectral lines. Photospheric motions lead to shifts in
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Fig. 6.8. Recon-
structed photosphe-
ric magnetic field
for Carrington ro-
tation 2004 (source:
wso.stanford.edu/
synoptic.html)

and calculated pho-
tospheric field for
the same rotation
(source: quake.
stanford.edu/ wso/
coronal.html)

frequency owing to the Doppler effect. Thus a careful analysis of the Fraun-
hofer lines provide a wealth of information about the photosphere. ]

Coronal loops, structures such as filaments and prominences, and in situ
observations in interplanetary space suggest that many of the small-scale
photospheric structures form closed loops within less than two solar radii
(see Fig. 6.16). Thus a solar source surface can be defined: the small-scale
structures are closed below it and the resulting overall field pattern is carried
outwards by the solar wind. The source surface is at a height of about 2.5
solar radii and can be determined from the photospheric field pattern using

Longitudinal Field Transverse Field
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Ao—OA Ao +OA Ao—OA Ao
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Fig. 6.9. Zeeman splitting when viewed into the fiel (left) and perpendicular to it

(right)
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Fig. 6.10. Magnetic field pattern on
the source surface for solar-minimum
(upper panel) and solar-maximum
conditions (lower panel). The thick
line is the neutral line separating the
fields of opposite polarity; the thin
lines are equipotential lines

Solar Latitude

Sol \
Solar Longitude

Maximu

potential theory [225,457,571]. The constraints on the field are as follows: (a)
the magnetic field at the source surface is directed radially, and (b) currents
either vanish or are horizontal in the corona. The resulting map is shown at
the bottom of Fig. 6.8.

Figure 6.10 shows source surface maps for solar minimum and maximum
conditions. A distinctive feature is the neutral line (thick line), separating the
two magnetic field polarities. At the neutral line, the radial magnetic field
vanishes. During solar minimum (upper panel) it is roughly aligned with the
solar equator while with increasing solar activity (lower panel) the neutral line
becomes wavy and extends to higher solar latitudes. During solar maxima,
when the Sun changes polarity, the inclination of the neutral line is maximal.
Since the neutral line separates magnetic fields of opposite polarity, a current
must flow inside it: the neutral line is a current sheet. In Fig. 6.6 it would
extend outwards through the tips of the helmet streamers: its extension into
interplanetary space is called the heliospheric current sheet (HCS).

The above description gives the impression of a rather static transition
from the photospheric to the coronal magnetic field. Recent observation with
the Transition Region And Coronal Explorer (TRACE), launched in 1998,
revealed a highly filamented corona filled with flows and other dynamic pro-
cesses [194]. Variability and motions are observed at all spatial locations in
the atmosphere and on very short time scales. With the greatly improved
spatial resolution of TRACE, a number of new properties in the corona have
been identified, as follows. (a) Fine structures: the corona in active regions
consists of numerous threads of emitting plasma, which are all clearly sep-
arated from each other and in continuous motion. If these threads interact,
reconnection can occur. (b) “Moss” is an intricate, dynamic fine structure
near the base of active regions. (¢) Dynamic structures that change their
overall large-scale topology seem to indicate that new magnetic flux emerges
in these regions. (d) Bundles of long, nearly linear structures emanating from
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active regions in the vicinity of sunspots are related to steady outflows of
hot material at roughly the local sound speed. (e) The cool, absorbing ma-
terial embedded within the hot corona close to active regions is also in a
highly dynamic state. Examples and the most recent results can be found at
vestige.lmsal.com/TRACE/.

6.2 The Solar Wind

The corona does not show a well-defined outer boundary but ragged struc-
tures blending into the background. Thus how far does it extend?

The Earth’s atmosphere is stationary, shaped by an equilibrium between
incoming solar radiation and outgoing terrestrial radiation. On the Sun, the
situation is different. Here the temperature is much higher and the solar
atmosphere is not stable but blown away as solar wind, filling the entire
heliosphere. The first direct measurements of the solar wind [204] started in
1960. However, a particle flow from the Sun towards the Earth had already
been suggested at the beginning of the twentieth century. To explain the
relationship between aurorae and sunspots, in 1908 Birkeland [50] proposed
a continuous particle flow out of these spots. Alternatively, Chapman [91]
and Chapman and Ferraro [95] suggested the emission of clouds of ionized
particles during flares only. Except for these plasma clouds, interplanetary
space was assumed to be empty. Evidence to the contrary came from an
entirely different source, i.e. the observation of comet tails. The tail of a
comet neither follows the path of the comet nor is directed exactly radially
away from the Sun. Instead, its direction deviates several degrees from the
radial direction. Hoffmeister [226,227] suggested that solar particles and not
the solar light pressure shape the comet tails. Biermann [48] noted that the
fainter dust tails of the comets are indeed directed radially and most probably
shaped by light pressure, especially since their spectra resemble the solar
spectrum. To explain the shape of the main tail, he too invoked a continuous
solar particle radiation.

6.2.1 Properties

The high variability of the solar wind in space and time reflects the underlying
coronal structures. The most important features can be summarized as follows
[183,473,500]: the solar wind is a continuous flow of charged particles. It is
supersonic with a speed of about 400 km /s, which is 40 times the sound speed
in the solar wind. A plasma parcel travels from the Sun to the Earth within
roughly four days. The solar wind carries the solar magnetic field out into
the heliosphere, the magnetic field strength amounting to some nanoteslas
at the Earth’s orbit. The most recent observations are by WIND (see web.
mit.edu/afs/athena/org/s/space/www/wind.html for details) and by the
plasma instrument on board ACE (see www.srl.caltech.edu/ACE/ for the
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instrumentation and general description and www.sel.noaa.gov/ace/ for
the solar wind data).

Two distinct types of plasma flow are observed — the fast and the slow
wind, see, for example, [449,473,541]. The fast solar wind originates in the
coronal holes, the dark parts of the corona dominated by open field lines.
Fast solar wind streams are often stable over a long time period (some solar
rotations) and variations from one stream to another are small. The fast
solar wind has flow speeds between 400 km/s and 800 km/s, the average
density is low, about 3 ions/cm® at 1 AU. About 4% of the ions are helium.
This ratio is very stable over different fast streams. The average particle flux
is about 2 x 10’2 m~2 5!, implying a total particle loss from the Sun of
about 1.3 x 103! /s. The proton temperature is about 2 x 10° K, the electron
temperature is about 1 x 10° K.

The slow solar wind has lower speeds ranging between 250 km/s and
400 km/s. Its density is about 8 ions/cm® at 1 AU, and the flux density is
about twice as large as that in the fast solar wind. During solar minimum
the slow solar wind originates from regions close to the current sheet at the
heliomagnetic equator. The relative amount of helium ts highly variable, its
average is about 2%. During solar maximum the slow solar wind originates
above the active regions in the streamer belt, and its helium content is about
4%. Compared with the fast solar wind, it is highly variable and turbulent,
often containing large-scale structures such as magnetic clouds or shocks.
The proton temperatures are markedly lower, about 3 x 10* K, while the
ion temperatures are similar. As in the fast wind, the temperature is always
higher parallel to the magnetic field than perpendicular to it. On the average
it is fT” ~ 2T_1_.

Despite their differences, fast and slow solar wind streams also have simi-
larities. For instance, the momentum flux M = n,myvZ on average is similar.
The same is true for the total energy flux, despite the fact that its individual
components, such as kinetic energy, potential energy, thermal energy, electron
and proton heat fluxes, and wave energy flux, are different.

Figure 6.11 shows hourly averages of solar wind parameters during solar
minimum conditions (Carrington rotation 1896). From top to bottom, the
panels give the angles between the solar wind and the Sun—Earth line in the
north—south and east—west directions, the thermal speed of the solar wind,
its density, and the bulk speed of the solar wind. Two fast solar wind streams
start at DOY 143 and 150; a third, albeit slower stream starts late at DOY
160. All three show up as steep increases in solar wind speed and thermal
speed. The density before the arrival of the fast stream increases as solar
wind is swept up, and it decreases abruptly as the spacecraft enters the fast
stream. Prior to the arrival, the flow is slightly from the east, and with the
arrival it turns abruptly to a flow slightly from the west.

A special feature of the solar wind is coronal mass ejections (CMEs). Here
the bulk speed is in the range 400 km/s to 2000 km/s and the composition is
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Fig. 6.11. Solar wind under solar minimum conditions, WIND measure-
ments (source: web.mit.edu/afs/athena/org/s/space/www/wind/wind_figures/
wind_95may20.gif)

significantly different; in particular, up to 30% of the ions can be a-particles,
and even Fel8* or He' can be observed occasionally.

Is Slow Solar Wind Always the Same? Observations with the LASCO
coronograph on SOHO suggest small-scale density inhomogeneities in the
solar wind [477], originating from the tips of helmet streamers. These density
variations are assumed to travel along the heliospheric current sheet where
they had been detected in situ much earlier as localized maxima in proton
density associated with the passage of a sector boundary [55]. Most likely
these blobs form when a small plasmoid is disconnected from the helmet
streamer by reconnection [280,546]. Thus, the slow solar wind seems to have
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two distinct sources: plasmoids forming in the streamer belt and strongly
overexpanding flux tubes at the boundaries of the coronal holes.

6.2.2 Solar Wind Models

The charge states of heavy ions indicate temperatures of about 10° K in
the corona, independent of height. Thus hydrogen is completely ionized and
the corona basically can be described as an electron—proton gas with small
admixtures of heavier elements. In the lower corona, the electron density is
about 108 to 10° ecm™3 and it decreases with a scale height of about 0.1 7.
One of the basic questions in understanding the corona and the solar wind is
related to heating: because the photosphere only has a temperature of about
5800 K, how can the corona be heated up to a million Kelvin?

Chapman’s Hydrostatic Corona. One of the first models of the corona,
introduced by Chapman in 1957 [92], avoided this question and simply de-
scribed the corona as a static atmosphere, an equilibrium between the pres-
sure gradient force and gravitation:

512 _ GM;
dr 72

) (6.5)

with G being the universal constant of gravitation and Mg the Sun’s mass.

Owing to some unknown mechanism, heat is supplied continuously from
the photosphere to the corona. Thus thermal energy has to be trans-
ported outward through the corona by heat conduction with a heat flow
Qu = —4mr?xdT/dr. Because the electrons are the more mobile part in the
electron—proton gas, the heat basically is transported by electron motion.
From the electron density distribution one expects a weakly height-dependent
heat conduction coefficient x. For a completely ionized corona, the variation
of density and temperature with height then is
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Under coronal conditions, heat conduction is about a factor of 20 more effi-
cient than in copper. Thus the temperature decreases only weakly with height
(see (6.7)), with the consequence that “... the coronal gas surrounding the
Earth may be expected to have a temperature of order of 100 000 K. This is

Hy (6.8)
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... consistent with my main inference — that the Earth is surrounded by very
hot coronal gas, which greatly distends our outer atmosphere and that heat
must flow from it by conduction into our atmosphere” [93], p. 477.

Parker’s Hydrodynamic Corona. But the continuous particle flow in-
ferred from the comet tails is in contrast to a static atmosphere extending
far behind Earth’s orbit. Parker [393] argued that the high temperatures do
not allow for a stationary corona and that heat is transported by particle
streaming. Thus the solar atmosphere and the continuous particle radiation
from the Sun both are the same. Parker used a hydrodynamic approach. Thus
the hydrostatic equation has to be complemented by a term describing the
fluid motion, leading to Bernoulli’s equation. However, Parker did not solve
the heating and heat transport problems.

In a simple approach, only protons are considered because they are the
dominant ion species and carry virtually all of the mass of the solar wind.
The momentum balance then is g(u - V)u = —Vp — oMgG/r? or, in the
one-dimensional case for a spherically symmetric corona,

du, 1 d GMg

= — —(2nkgT) —
Y dr nm dr( nksT) r2

(6.9)

The factor 2 in the pressure term nkgT considers that both electrons and
protons contribute a factor of nkgT to the pressure. With the equation of
continuity n(r) u,(r) r? = ngur, 73, (6.9) can be written as

2
T
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To describe the temperature gradient, Parker assumed an isothermal corona

above about 1.4rg as suggested by the charge states of the heavier ions.
Solutions of (6.10) are shown in Fig. 6.12. There are two curves repre-

senting special solutions. These curves intersect at the critical point (uc,7c)
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The solution ‘A’ is the observed solar wind: it starts as a subsonic flow in the
lower corona and accelerates with increasing radius. At the critical point 7,
the solar wind becomes supersonic. The solution than takes the form

2 2 2u2 Qw2
L= 344l el O (6.12)
u2 u2 wro ulr

with w = \/GMg/r. For large distances, (6.12) can be approximated as
ur ~ 2ucy/In(r/ro). Figure 6.13 shows the radial dependence of the solar
wind speed for different coronal temperatures. For a coronal density of about
2 x 1083cm™2 and a temperature of one million Kelvin, the critical point is
at about 67g. The solar wind than accelerates up to about 40r¢, afterwards
propagating at a nearly constant speed of 500 km/s. The supersonic flow
does not extend indefinitely, its density decreases during expansion. At a
certain radial distance, most likely beyond 70 AU, the solar wind pressure
will become too small to further support a supersonic flow. Where the flow
is slowed down to subsonic speed, a termination shock forms. The solar wind
then continues as a subsonic flow until the pressure of the interstellar gas
becomes larger than the combined pressure of the solar wind and the frozen-in
magnetic field. This is the heliopause, the boundary of the heliosphere which
is expected beyond 100 AU. In front of the heliopause, a bow shock might
develop where the interstellar gas is slowed down by the obstacle heliosphere.

Solutions ‘C’ and ‘F’ of the solar wind equation also start as subsonic
flows in the lower corona. In solution ‘F’ the speed increases only weakly
with height and the critical velocity is not acquired at the critical radius.
The flow continues to propagate radially outward, but then slows down and
can be regarded as a solar breeze only. In ‘C’ the flow has accelerated too
fast and has become supersonic before reaching the critical height. It then
turns around and flows back towards the Sun as a supersonic flow.

The other curve going through the critical point, ‘B’, starts as a super-
sonic flow in the lower corona and becomes subsonic at the critical point. This
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flow would continue to propagate outwards at subsonic speed. If the flow had
decelerated less, as in curve ‘D’, it still would be supersonic at the critical
point, where it would accelerate again, leaving the Sun as a supersonic flow.
Solution ‘E’ is entirely different. It starts as an inward flow blowing subsoni-
cally towards the Sun from infinity. The flow accelerates as it approaches the
Sun, becoming supersonic at some distance larger than v.. At that point the
flow turns back and propagates outwards as a supersonic flow.

Only one of the mathematically possible solutions of (6.10), curve ‘A’
in Fig. 6.12, is an approximation of the solar wind. But how good is this
model? The assumption of an isotropic pressure p is valid near the Sun where
isotropy can be maintained by collisions. As the plasma moves farther out,
collisions become less frequent and the pressure parallel to the magnetic field
is twice the perpendicular one. The temperature is assumed to be isotropic,
too. Again, this might be true close to the Sun but not at the orbit of Earth.
In addition, electron and proton temperatures are not the same, as is assumed
in the model. These differences do not change the general character of the
solution but modify the numbers. Another limitation is the consideration of
only one particle species, namely protons. Since a-particles are four times
heavier than protons, even the 2% to 4% of He in the solar wind contribute
significantly to the momentum transport. Thus an additional set of equations
should be considered, leading to a reduction of the flow speed.

A more severe limitation concerns the fields. In the derivation of the
hydrodynamic flow, no effects of the magnetic and electric fields were con-
sidered: the electromagnetic forces in the momentum balance were ignored.
A more elaborate model should consider fields, too. In such a magnetohydro-
dynamic (MHD) model the critical point is lower in the corona, for average
conditions at a height of about two solar radii, which is close to the height of
the (fictitious) source surface. The general character of the solution nonethe-
less is the same as in the hydrodynamic model, for a comparison of such a
model with data see e.g. [532].

Parker’s hydrodynamic solar wind model nevertheless is a valid approxi-
mation of the solar wind in quiet conditions. A comparison of model results
with the solar wind observations, however, reveals a rather puzzling fact: the
hydrodynamic model is more appropriate to describe the slow wind originat-
ing in the streamer belt with its complex magnetic field structures than the
fast solar wind blowing directly out of the coronal holes, a situation which is
much closer to the assumptions inherent in the model.

Overexpansion of the Solar Wind. Observations suggest that the so-
lar wind and its sources might be even more complicated. In particular, it
appears that the solar wind does not expand radially. An expansion factor
can be defined as the ratio between the cross-sections of a flux tube at the
source surface and in interplanetary space. High-speed solar wind streams
from coronal holes then are associated with small expansion factors while the
low-latitude slow streams are associated with large expansion factors [545].
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These slow streams originate at the boundaries of coronal holes, their strong
expansion then causes them to fill the space above low-latitude closed mag-
netic field structures. Since the expansion factor can be inferred from the
magnetic field strength and distribution on the source surface, magnetograms
can be used to predict the solar wind speed at the orbit of the Earth.

6.2.3 Coronal Heating and Solar Wind Acceleration

Although the hydrodynamic description of the solar wind is a reasonable and
valuable approach, one fundamental problem has been neglected: the heating
of the corona. Basically, two lines of thought have evolved: heating by MHD
waves and turbulence or, alternatively, small-scale impulsive energy releases
due to reconnection, sometimes called nano-flares. A recent review about
heating mechanisms is given in [141,530].

Waves and Turbulence. Of the basic MHD waves, the fast and slow
magneto-acoustic waves are compressive, while the Alfvén wave is a non-
compressive propagation of fluctuations along the field. In a collisionless
plasma, the Alfvén wave propagates undamped, whereas the magneto-acoustic
waves undergo Landau damping. Wave energy is then converted into thermal
energy, mainly of the ion component in the plasma. Under solar conditions,
the slow mode is damped very strongly, while the fast mode can propagate
up to a distance of about 20rg. On the basis of this, Barnes et al. [31] devel-
oped a model of the solar wind with coronal heating by fast magneto-acoustic
waves. While the Alfvén wave is not damped, it nonetheless contributes to
momentum transport and can be interpreted as a radiation pressure, accel-
erating the plasma. Although non-thermal broadening of some spectral lines
indicates the existence of waves or turbulence in the lower corona, it is not
completely understood which waves these are, how they propagate outward,
and whether the observations really are indicative of wave fields or, rather,
of turbulence. A brief review can be found in [30,333]; recent developments
are described in [526).

Excursion 7. Landau damping. Landau damping is a characteristic feature
of collisionless plasmas: waves are damped without energy dissipation by
collisions. In Landau damping, a propagating wave accelerates gas particles
contained in a distribution function that happen to have a similar direc-
tion and speed to the wave: Landau damping is therefore a resonance effect
or resonant damping. Landau damping is therefore an example of resonant
wave—particle interaction. Chen [97] compares this process to a surfer riding
an ocean wave: when surfing, a surfer launches him/herself in the propa-
gation direction into a steepening part of an incoming wave and is further
accelerated by this wave. Because a distribution function normally contains
many more slower than faster particles, the wave loses energy by accelerating
the slower particles. Thus the original distribution function (dashed line in
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Fig. 6.14. Landau damping: around the phase speed
»  the wave modifies the original particle distribution
(dashed) by accelerating particles

Fig. 6.14) is deformed, with particles being removed from lower to higher
speeds around the phase speed of the wave: the distribution function flattens
near the phase velocity, where particles are in resonance with the wave. In-
teraction between the particles might lead to a redistribution of this energy
gain, tending to reestablish the original distribution.

Impulsive Energy Release: Reconnection So far, the corona has been
treated only hydrodynamically and the magnetic field has been ignored. Even
for coronal heating by MHD waves, the field has been considered as only a
carrier for the waves, while its energy content has been neglected. The con-
version of field energy into thermal energy has therefore not been considered
as a heating mechanism, although this concept is widely applied in space
physics on larger scales: models for the acceleration of particles in the magne-
tosphere’s tail or solar flares often involve reconnection because the magnetic
field is the only source of energy available.

As we saw in Sect. 3.5, reconnection requires fields of opposite polarity.
The photosphere, as the top of the convection zone, is in continuous mo-
tion with bubbles rising and falling and plasma flowing in and out, as can
be inferred from the Doppler shift of spectral lines and even seen directly
in the TRACE data [194]. The plasma motion also shuffles the magnetic
field around: magnetic threads emerge in the intergranular lanes between the
granulation cells. While the latter are associated with an upwelling flow, a
downflow of plasma is observed in the former. A magnetic flux tube therefore
sits in the center of a tornado of downflowing gas. Thus, on a small scale, mag-
netic field configurations suitable for reconnection will form frequently [214],
eventually converting field energy into thermal energy [422]. Observational
evidence for such small-scale impulsive energy releases is found in electro-
magnetic radiation, in particular in so-called bright X-ray points [195] and
small-scale exploding EUV events. The recent TRACE observations reveal
that X-ray bright points are not really points, but can be resolved into highly
dynamic loops with distinct features in their footpoints [194]. These observa-
tions lend additional support to magnetic reconnection as a mechanism for
coronal heating.

But heating by microflares still provides grounds for debate. One prob-
lem is related to the energy provided by these flares: it might not be enough
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to provide the required heating [12], although more recent studies using
SOHO/EIT [44] data and TRACE [398] data tend to find larger energy re-
leases. It is also suggested that, since reconnection can generate Alfvén waves,
the two models might be connected [479)].

6.3 The Interplanetary Magnetic Field (IMF)

The photospheric magnetic field was discovered by Hale in 1902. The splitting
of spectral lines due to the Zeeman effect suggests a photospheric field in
the order of 107¢ T or 1 G (G: gauss) outside and 3000 G to 4000 G inside
sunspots. Within less than 2 solar radii, this complex and highly variable field
is reduced to a rather simple, radially directed one. Since the conductivity
of the solar wind is high, the magnetic field is frozen into it and carried
out into interplanetary space. The Sun’s rotation winds up these field lines
to Archimedian spirals. Thus with increasing radial distance, the originally
radial magnetic field becomes more and more toroidal.

6.3.1 Spiral Structure

The Sun rotates with a sidereal rotation period of 27 days. The solar wind
flows radially away from the Sun, carrying the frozen-in magnetic field. While
the solar wind propagates outward, the base of the field line frozen into the
plasma parcel is carried westward, forming an Archimedian spiral,® as shown
in Fig. 6.15. A similar effect can be observed with a rotating sprinkler; thus
the deformation of the field lines also is called the garden-hose effect.

The equation of the Archimedian spiral can be derived from the displace-
ments Ar and Ay. Initial conditions of the plasma parcel on the Sun are a
source longitude ¢ and a source radius r9. At a time t the parcel then can

Fig. 6.15. Deformation of a magnetic field line due to the combination of a radial
plasma flow and the Sun’s rotation. The numbers indicate consecutive times after
a plasma parcel has left the Sun at time %o

3 An Archimedian spiral is defined as a curve resulting from a motion v of a point
along an axis that rotates with constant angular speed w around the origin:
r = ayp with ¢ = v/w.
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be found at the position ¢(t) = we t + o and 7(t) = Usowit + ro. Eliminating
the time yields the equation for the Archimedian spiral:

T = Usowi L L o - (6.13)
Wo

With tany = wer/usowi, the path length s along the spiral is given as

s:—;ﬁ:"—gi (1/)\/1/)2—+I+1n{¢+\/m}) . (6.14)

The magnetic field in the equatorial plane can be expressed in polar coor-
dinates B = (B, B,). The magnitude of B depends on radial distance only:
|B| = B(r). Gauss’s law in spherical coordinates (see A.3.3) yields

190
-B=——(r’B,) = :
v 25 (r°B;) =0 (6.15)
or 72 B, = 2 B,,. Thus the magnetic flux through spherical shells is conserved
and the radial component of the field decreases as

2
B.=B (%) . (6.16)
Since the magnetic field is constant, it is B/dt = 0. From the frozen-in
condition (3.84) we then get V x (u x B) =0, or in spherical coordinates

10

T or (r (upBr —u:By)) = 0. (6.17)

Thus we have r(u,B; — u;B,) = const. Let us assume 7o to be at the source
surface. There B is radial and we get

iy By — T By = ToUg, Bo = rawe Bo - (6.18)

In the last step, the angular speed of the Sun is used to describe the azimuthal
component of the solar wind speed at the source surface. From (6.18) the
azimuthal component of the magnetic field is

2
B, = Ty, By — rjwe Bo _ Up —TWo B. . (6.19)
TUr Uy
For large distances, rwg > uy, (6.19) is approximately B, = —rweB:/u;.

The azimuthal component therefore decreases with 1/r while the radial com-
ponent decreases as 1/r2. The field strength decreases with r as

B(r) = B:; 0, /14 (‘”—Qr)z . (6.20)

Ur
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The angle 1) between the magnetic field direction and the radius vector from
the Sun is tanvy = B,/ B,. For large distances this reduces to tanv = wer/u;.
At the Earth’s orbit, tan is about 1 for typical solar wind conditions, and
thus the field line is inclined by 45° with respect to the radial direction.

The current in the heliospheric current sheet is related to the magnetic
field by Ampére’s law (2.7). In spherical coordinates the current density in
the plane of the ecliptic then is

B, B,r
L =jorL— . (6.21)

. . To d .
prm . — .
Je=Jor o and Jeo =g B. 1

6.3.2 Sector Structure

So far we have considered only the shape of the interplanetary magnetic field
lines but not their direction. The first long-term observations of the IMF by
IMP 1 in 1963 over a couple of solar rotations revealed a sector pattern as
shown in Fig. 6.16: the magnetic field polarity is uniform over large angular
regions and then abruptly changes polarity. These magnetic field sectors are
stable over many solar rotations. At most times either two or four sectors can
be observed: if the neutral line is tilted without any wiggles as indicated in
the upper panel of Fig. 6.10, a pattern of two magnetic field sectors arises;
a wavy neutral line leads to four or more sectors. During solar maximum

Fig. 6.16. Relationship between the photospheric, source surface and interplan-
etary magnetic field. Dashed and solid lines indicate negative and positive mag-
netic field polarities, respectively. Reprinted from K.-H. Schatten et al. [457], Solar
Physics 6, Copyright 1969, with kind permission from Kluwer Academic Publishers
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the sector structure is complex and distorted by a large number of transient
disturbances.

6.3.3 The Ballerina Model

The sector boundaries are the extension of the neutral line into the interplan-
etary medium, the so-called heliospheric current sheet (HCS). Figure 6.17
shows the HCS extending far into the interplanetary medium. The inclina-
tion of the neutral line defines the width of a cone inside which an observer in
space alternately sees different polarities of the coronal/interplanetary mag-
netic field. The maximum inclination of the neutral line at each time is called
the tilt angle. It can be used as an alternative measure of solar activity and
is an indicator of the range over which both field polarities can be observed.

Figure 6.18 shows a three-dimensional sketch of the wavy current sheet
with some field lines for solar minimum conditions. During solar maximum a
more complex and more wavy structure would be observed and the neutral
line would be bent towards high latitudes, as also suggested in the cross-
section shown in Fig. 6.17. Figure 6.18 anticipates the overexpansion of the
solar wind: field lines from the borders of the coronal holes expand such that
they overlay the closed magnetic field regions on the Sun, even extending
down to the heliospheric current sheet.

Fig. 6.17. Heliospheric current sheet and
definition of the tilt angle « as inclination
of the neutral line in the tilted dipole model
proposed in [413]. The width of the cone is
twice the tilt angle «

Fig. 6.18. Current sheet in
the inner heliosphere in the
Ballerina model. The thick
lines indicate the magnetic
field lines. Based on [491]
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6.3.4 Corotating Interaction Regions

Fast and slow solar wind streams originate on the Sun. While these streams
propagate outward, the frozen-in magnetic field is wound up to Archimedian
spirals. In a slow stream, the field line is curved more strongly than in a
fast one. Since field lines are not allowed to intersect, at a certain distance
from the Sun an interaction region develops between the two streams. It was
soon realizes that “the collision of these plasmas will lead to the formations
of two shock waves and a tangential velocity discontinuity between them”
[132]. Because this structure rotates with the Sun, it is called a corotating
interaction region (CIR). Often the source locations of the fast and slow solar
winds are rather stable and an observer in space sees the CIR again during
the following solar rotations. In this case, it is called a recurrent corotating
interaction region.

Figure 6.19 shows an idealized sketch of the evolution of a CIR in the
inner heliosphere. On the Sun, there is an abrupt change in solar wind speeds
from fast to slow. As these streams propagate outward, flow compression and
deflection on both sides of the interface tend to smoothen the jump, leading
to a continuous increase in plasma speed. The region of compressed plasma
at the transition between the fast and slow stream at 1 AU typically extends
over about 30° while the plasma might originate from a coronal region as

Fig. 6.19. Idealized
view of a corotat-
ing interaction region
(CIR) in the inner
heliosphere. Reprinted
from R. Schwenn [473],
in Physics of the in-
ner heliosphere, vol. I
(eds. R. Schwenn and
now within compression E. Marsch), Copyright
“Interface” at stream inferface 1990, Springer-Verlag

Compression
region
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wide as 90° or more. Thus magnetic field sector boundaries often found close
to the compression region are not necessarily related to the interface but
might originate in a coronal region far from the boundary between the fast
and slow streams. This is also evident from observations of the corona and
the photosphere: the boundaries of the coronal holes are not related to the
neutral line of the photospheric field. In particular, the polar coronal hole
can extend into the opposite hemisphere, crossing the solar equator as well
as the current sheet.

With increasing distance from the Sun, the characteristic propagation
speeds, which are the sound and Alfvén speeds, decrease. At some distance
between 2 and 3 AU, the density gradient on both sides of the compression
region becomes too large and a shock pair develops, propagating away from
the interface [247,490]. The shock propagating into the slow wind is called the
forward shock, the one propagating into the fast wind is the reverse shock.

~ Corotating interaction regions tend to distort or even destroy all small-
scale fluctuations and disturbances propagating outward from the Sun. In the
outer heliosphere, the magnetic field and therefore also the shock fronts are
more azimuthally aligned, sometimes extending around the entire Sun. Thus
finally the spoke-like structure of different solar wind streams close to the
Sun is converted into a shell of concentric shock waves propagating outward
like waves from a stone thrown into water. When CIRs or CIRs and travelling
interplanetary shocks interact, merged interaction regions result which play
a crucial role in the modulation of the galactic cosmic radiation. A summary
of the plasma physical properties of CIRs and their consequences for different
particle populations in the three-dimensional heliosphere is given in [27].

6.3.5 The Heliosphere During the Solar Cycle

Sunspots strongly modify the photospheric magnetic field, subsequently
changing the field on the source surface and the tilt angle of the neutral
line. These modifications are transported outwards even to the borders of
the heliopause and manifest themselves in spatial and temporal variations in
solar wind and magnetic field parameters.

The most dramatic variation of the heliospheric structure during the solar
cycle is related to the neutral line of the coronal magnetic field and its in-
terplanetary continuation as the heliospheric current sheet. The waviness of
the current sheet, as described by the tilt angle, increases towards the solar
maximum. Thus the current sheet is rather flat during the solar minimum,
as shown in the left panel in Fig. 6.20, while it extends to much higher lat-
itudes during solar maximum. During solar minimum the CIRs are confined
to the vicinity of the equatorial plane while during solar maximum conditions
stream interactions also can be observed at higher latitudes.

In the solar wind parameters, the solar cycle variations are less pro-
nounced [183,473]. In general, any long-term variations apparent in the data
are small compared with short-term variations. In addition, each solar cycle
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Solar Minimum

Fig. 6.20. Waviness of the heliospheric current sheet during solar minimum and
maximum conditions, based on a sketch by R. Jokipii, University of Arizona

seems to be slightly different, and thus a parameter might be related to solar
activity quite well in one cycle but not in another. Despite the uncertain-
ties involved, there are some correlations which can be understood easily; for
instance: (a) The average solar wind speed is higher during solar minimum
than during solar maximum because high-speed solar wind streams are ob-
served more frequently and for longer times during solar minimum. (b) The
average solar wind densities are roughly constant except for individual time
periods when exclusively slow solar wind streams were observed. (¢) The mo-
mentum flux is modulated by +28% with a well-defined minimum at solar
maximum, which just is a combination of (a) and (b). For the same rea-
son, the kinetic energy flux is modulated by +40%, again with its minimum
around solar maximum. (d) The relative amount of helium has a minimum
of 2.8% around solar minimum and a maximum of about 4% around solar
maximum. Again, this reflects the fact that during solar minimum conditions
the fast solar wind is observed more frequently.

6.4 Plasma Waves in Interplanetary Space

The interplanetary magnetic field is highly variable on different temporal and
spatial scales. For instance, fast and slow solar wind streams form interaction
regions. Coronal mass ejections, sometimes driving an interplanetary shock,
are transient disturbances, and on a smaller scale, waves and turbulence are
superposed on the average field.

Figure 6.21 illustrates the variability of the magnetic field on time scales
of minutes to hours. It shows the magnetic field azimuth (angle between
magnetic field line and radial direction), the elevation (inclination of the field
with respect to the plane of ecliptic), and the flux density for a time period
of 7 hours during unusually quiet (left) and turbulent (right) interplanetary
conditions. Magnetic field fluctuations are more pronounced in direction than
in flux density and are quite irregular in amplitude and frequency.
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Fig. 6.21. Fluctuations in the magnetic field azimuth, the elevation, and the flux
density for extremely quiet conditions (left) and during a turbulent phase (right).
The different azimuth angles indicate an outward direction of the field in the left
panel and an inward direction in the right panel. Data from the Helios magnetome-
ter, University of Braunschweig

6.4.1 Power-Density Spectrum

The magnetic field fluctuations can be described by a power-density spectrum
[35,40]:
flk) =C- k[q . (6.22)

Here k) is the wave number parallel to the field, ¢ the slope, and C' a constant
describing the level of the turbulence.

The power-density spectrum in Fig. 6.22 shows magnetic field fluctuations
on different scales. Its slope is distinct in different parts of the spectrum,
indicating different sources and modes of turbulence. Basically, four regimes
can be distinguished:

e Large-scale structures lasting a few days up to a solar rotation are related
to the stream structure of the solar wind and to solar wind expansion. Both
processes are the sources of turbulence on smaller scales; the frequencies
of the large-scale turbulence are below 5 x 1076 Hz.

e Meso-scale fluctuations are associated with the flux-tube structure of the
interplanetary medium which originates in the photospheric supergranula-
tion. Frequencies range between 5 x 107® and about 10~* Hz.

e In the inertial range, mainly Alfvén waves with periods between some
20 min and more than 15 h are found, corresponding to frequencies be-
tween 10~ and 1 Hz. The slope g varies between —1.5 and —1.9. Magnetic
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field fluctuations in the inertial range seem to be responsible for the scat-
tering of protons in interplanetary space (Sect. 7.2).

e The smallest scales are in the dissipation range above 1 Hz. Here the spec-
trum is steeper with a slope close to —3. The observed fluctuations can be
attributed to ion cyclotron waves, ion acoustic waves, and Whistlers.

6.4.2 Waves or Turbulence?

So far we have described the fluctuations in terms of waves. But a single
observer in interplanetary space cannot decide whether the fluctuations car-
ried across him by the solar wind are waves or turbulence because he is
not able to distinguish between spatial and temporal variations. Thus the
question of whether the magnetic field fluctuations should be interpreted in
terms of waves or turbulence has led to a long and sometimes fruitless con-
troversy [332,525]. Only the modern concepts of MHD turbulence, e.g. [365],
allowed a kind of unification of both approaches: dynamical MHD turbu-
lence is not the simple superposition of different waves, but rather consists
of wave-packets which can interact with each other or can decay and exeite
new waves.

We will not go into the details of this debate, but only introduce the
concept of Alfvénic turbulence or Alfvenicity because it offers a helpful tool
in the description of magnetic field turbulence. Alfvén waves are transverse
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Fig. 6.23. Hourly averages of
magnetic field and plasma speed
components. The good correla-
tion between the plasma and
field fluctuations characteristic of

O —j100 Alfvénic fluctuations is evident.

B b N Reprinted from R. Bruno et al.

e b b Ly [64], J. Geophys. Res. 90, Copy-

105 106 107 108 109 110 right 1985, American Geophysi-
Time (DOY) cal Union

waves propagating along the magnetic field line with the Alfvén speed vy =
By/\/toe (see Sect. 4.2.1). Fluctuations are Alfvénic if the fluctuations dusow:
in flow speed and 0B in flux density obey the relation

0B
Vv HoO .

In the plasma and field data shown in Fig. 6.23, the good correlation
between these fluctuations is evident. Fluctuations are classified as Alfvénic
if the correlation coefficient is larger than 0.6. Obviously, this is true for
Alfvén waves. But there is also a large number of other fluctuations which
fulfill (6.23). In particular, structures with variable |B| can also fulfill (6.23),
as can many of the static structures in the solar wind. Alfvén waves contribute
only a small amount to the Alfvénic fluctuations.

The Alfvénicity of fluctuations is useful in the description of the evolution
of turbulence from an orderly state (high Alfvénicity) to an entirely stochas-
tic one [525]. For instance, the Alfvénicity is larger close to the Sun than at
the Earth’s orbit, indicating that in the inner heliosphere most of the fluc-
tuations are of coronal origin. As these fluctuations decay, the Alfvénicity
decreases and the slope of the power-density spectrum evolves towards —5/3,
which is the Kolmogoroff spectrum of random, uncorrelated turbulence. The
Alfvénicity is larger in fast solar wind streams than in slower ones; thus in
the fast wind an orderly state is preserved over larger spatial scales. If fast
and slow streams interact, the Alfvénicity decreases and the spectrum takes
the slope of the Kolmogoroff spectrum. The Alfvénicity can also be different
on both sides of the heliospheric current sheet.

5usowi ==

(6.23)
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The solar wind and its magnetic field therefore have to be understood as a
dynamically evolving, inhomogeneous, anisotropic, turbulent magneto-fluid.
With increasing distance, the fluctuations embedded in this fluid evolve from
Alfvénic turbulence close to the Sun towards a Kolmogoroff spectrum.

6.5 The Three-Dimensional Heliosphere

Until the early 1990s our knowledge of the heliosphere had been limited to the
plane of ecliptic. The main goal of the Ulysses mission, launched in October
1990, is the study of the heliosphere’s third dimension, i.e. plasmas, particles,
and fields in the polar regions of the Sun.

The Ulysses trajectory for the prime mission is shown in Fig. 6.24. A
swing-by at Jupiter allowed Ulysses to escape out of the plane of ecliptic into
an elliptical orbit around the Sun. This orbit is inclined by 80° relative to
the solar equator; the orbital period is 6.3 years. Ulysses flew below the Sun’s
south pole in autumn 1994 and above her north pole in summer 1995, both
polar passes were made during solar minimum. The mission will continue for
another two orbits, allowing for observations over the poles at solar maximum
and during the following minimum. The most important results of the first
polar pass are summarized in a series of papers in Science 268.

Plasma and field observations offered some surprises for the scientists.
For instance, the radial component of the magnetic field, which is most eas-
ily related to the global solar magnetic field, failed to show any latitudi-
nal gradient [26], although the photospheric magnetic field clearly reveals a
dipole-like pattern. Thus magnetic flux is removed from the poles towards
the equatorial regions, as had been suggested in the sketch in Fig. 6.18 and
is also suggested in the (empirical) concept of overexpansion. This observa-
tion has consequences for solar wind acceleration models, where the resulting

North Polar Pass,
Jun-Sep 95 & Sep-Dec 01 .
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Fig. 6.24. Flight path of Ulysses. After a swing-by at Jupiter in February 1992,
the spacecraft left the plane of ecliptic
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stress of the magnetic field thus far has not been considered (except for the
newer works which also consider the overexpansion), and for models describ-
ing the modulation of galactic cosmic rays. In addition, the magnetic flux in
the southern and northern hemisphere is different with an increase in radial
magnetic field strength of about 30% in the southern hemisphere [160,493].
This suggests an offset of the heliomagnetic equator by about 7° to the south:
the solar magnetic field therefore is not symmetrical about the heliographic
equator.

The plasma measurements showed a pronounced latitudinal variation of
the solar wind speed. As shown in Fig. 6.25, it increases from about 450 km/s
in the equatorial plane to about 750 km/s above the poles. Up to a latitude
of about 30°S, which corresponds to the tilt angle at that time, there is
a strong variation between fast and slow streams with a period of about
26 days, resulting in a recurrent CIR. At latitudes higher then 50°S, only
the fast solar wind streaming out of the coronal hole is observed [409], in
agreement with our expectations. The composition of the solar wind, on the
other hand, offered some surprises and also a big challenge for theory: the
compositions of the fast and slow streams were markedly different, but the
abundances were not what would be expected for ions accelerated in the hot
corona. Instead, they were more representative of ions formed in the lower
temperatures of the chromosphere [184].
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Fig. 6.25. Polar plot of solar wind speed as a function of heliolongitude for the
out-of ecliptic phase of the Ulysses mission from February 1992 through January
1997. Reprinted from D.J. McComas et al. [342], J. Geophys. Res. 103, Copyright
1998, American Geophysical Union
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A comparison between plasma and magnetic field fluctuations inside the
coronal hole revealed the existence of large-amplitude, long-period Alfvén
waves propagating outward from the Sun [26]. Thus it appears that the fluc-
tuations, which originate close to the Sun in the acceleration region of the
solar wind, are less likely to decay in the uniform fast solar wind flow than
they are in the complex and interacting flows in the plane of ecliptic.

6.6 The Active Sun

The variability of the Sun is most obvious in the number and spatial distribu-
tion of sunspots. But other properties, such as the electromagnetic radiation,
the solar wind, and the solar and interplanetary magnetic fields, change too.
And, of course, during times of high solar activity there are the phenomena
of violent releases of energy and matter, i.e. flares and coronal mass ejections.

We have already considered a simple model of a sunspot in example 11.
Figure 6.26 shows a white light image of a sunspot and its surroundings. The
dark spot, also called the umbra, is surrounded by a penumbra which consists
of radially oriented filaments. Outside the penumbra, the photospheric gran-
ulation cells are visible. The darker the umbra, the lower the temperature
and the greater the magnetic field strength. By use of the Stefan—Boltzmann
law, the temperature Tg,; inside the spot can be calculated from the ratio
of the intensity Ispo; of the electromagnetic radiation inside the spot to that

for the photosphere Ipnoto:
4
Ispot — ( fZ-'spot ) . (624)

Iphoto Tphoto

This temperature difference can be used to calculate the difference in gas-
dynamic pressure and thus also the magnetic field strength, as demonstrated
in example 11.

6.6.1 The Solar Cycle

The first records of sunspot, the prime indicators for solar activity, date back
to the fourth century BC when the Greek astronomers noted dark spots on the

Fig. 6.26. Sunspot with surrounding granules,
white light image. Source: www.uni-sw.gwdg.
de/research/exp_solar/eflecken.html
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solar surface. Ancient Chinese astronomers knew about sunspots, as did the
pre-Spanish Peruvians. In Europe, isolated records can be traced back to the
ninth century, but systematic observations started only with the development
of the telescope early in the seventeenth century. The variability of shape,
location, and number of sunspots was recognized early; however, owing to
the Maunder minimum, a period of very low solar activity in the seventeenth
century, the solar cycle was recognized only in 1843 by H. Schwabe.

Figure 6.27 shows two different representations of the solar cycle. In the
top panel, a butterfly diagram gives the latitudinal distribution of sunspots,
and in the lower panel, the sunspot number is shown. Alternatively, a sunspot
relative number or Wolf number can be used which considers the sunspot
size and its relation to other spots or an active region: R = k(10g + f)
with g being the number of sunspot groups, f the number of single spots,
and k a normalization factor to standardize observations (e.g. corrections for
visibility). At the solar minimum, the Sun is almost spotless. Then spots
start to appear at latitudes around 30°. These spots are relatively stable and
often can be observed over some solar rotations. They move towards the solar
equator while at higher latitudes new spots emerge. The number of sunspots
increases until solar maximum. Afterwards, only a few new sunspots appear
on the disk while the sunspots at low latitudes dissolve. The total number
of sunspots decreases. Just after the solar minimum new sunspots begin to

DAILY SUNSPOT AREA AVERAGED OVER INDIVIDUAL SOLAR ROTATIONS

Fig. 6.27. Two different representations of the solar cycle. (Top) Butterfly
diagram of the latitudinal distribution of sunspots, with each bar marking a
sunspot. (Bottom) Sunspot number versus time for the same time period (source:
science.mfsc.nasa.gov/ssl/pad/solar/images/bfly.gif)
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emerge at higher latitudes. The average duration of such a cycle is 11 years
with variations between 7 and 15 years.

From the lower panel in Fig. 6.27, it is evident that solar activity is highly
variable between different solar cycles. For instance, the sunspot number
in the 1958 solar maximum was about twice as large as that in the 1855
maximum. The highest number of sunspots for a month observed so far was
254 in October 1957. Over longer periods, variations by up to a factor of
4 have been observed; at some times, e.g. during the Maunder Minimum of
1650-1710, solar activity and sunspot numbers can be even smaller.

The magnetic cycle is twice as long: within the 11 years of a sunspot
cycle, the solar field reverses its polarity once. This is evident in Fig. 6.28,
where the magnetic flux is plotted in a butterfly-diagramm. Thus only after
22 years the original polarity pattern is restored. This 22-year cycle is called
the Hale cycle or the solar magnetic cycle.

Fig. 6.28. Butterfly diagram of net magnetic flux (constructed from the NSO/KP
synoptic rotation magnetic maps) from April 1975 to August 1997. Note the
dominant opposite polarities of the magnetic flux poleward and equatorward in
the butterfly pattern, reversed between the two hemispheres and between cycles
21, 22, and 23. Large-scale patterns of monopolar magnetic flux extend pole-
ward from the activity belts in several “streams”. Those with the polarity of the
active-region follower fields ultimately result in the reversal of the polar fields.
The change in the tilt of the Sun’s axis introduces an annual short-term varia-
tion in the polar fields. (These NSO/Kitt Peak data were produced cooperatively
by NSF/NOAO, NASA/GSFC, and NOAA/SEC.) Source of figure and caption:
www.hao.ucar.edu/smi/SMI_platel.html; see [324]
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6.6.2 A Simple Model of the Solar Cycle

Evidently, the clue to understanding the solar cycle lies in the magnetic field
and its reversal. Helpful information, in particular for a proof of models, can
be found in the details of sunspots:

1. Sunspots emerge at relatively high latitudes and move towards the equa-
tor (Sporer’s law). During the solar cycle the latitude of emergence also
moves towards the equator.

2. Sunspots are observed in bipolar groups with the leading spot (in the
direction of apparent motion and closest to the equator) having the same
polarity as the hemisphere it appeared in while the following spot has
the opposite polarity (Hale’s polarity law). The bipolar groups in oppo-
site hemispheres have opposite magnetic orientation and this orientation
reverses in each new solar cycle.

3. The tilt angle of the active regions is proportional to the latitude (Joy’s
law), which is actually a small deviation from Hale’s law.

The motion of the sunspots reveals another important property of the Sun,
namely its differential rotation: the Sun rotates faster at its equator and
slower at the poles with a sidereal rotation time of 26.8°/day at the equator
and 31.8° at 75° latitude (see Table 6.1).

The Solar Dynamo — Basic Idea. The source of solar activity is a MHD
dynamo, as first proposed by Babcock [17]. While the details of this process
are not completely understood, the underlying principle seems to be valid.
The dynamo process works within or at the bottom of the convection zone,
most probably at the tachocline where most of the shear is concentrated.
During the solar minimum the Sun’s magnetic field is poloidal. Differential
rotation winds it up to a toroidal field, as already described (Sect. 3.6). The
magnetic field is then concentrated in flux tubes with radii of a few hundred
kilometers and magnetic field strengths between a few hundred and about
2000 G. The bulk motion in the convection zone twists the field lines, locally
increasing the magnetic field strength to up to some thousands of gauss. This
high flux density leads to magnetic buoyancy driving up magnetic flux ropes
through the photosphere (see Fig. 6.29).

The increased magnetic flux inhibits convection; thus less heat is trans-
ported towards the photosphere and the regions of high magnetic flux are
cooler. Where the flux tubes intersect the photosphere, bipolar sunspots
emerge with the polarity pattern required by Hale’s law. The latitude of
the first appearance of sunspots is determined by the interplay of differential
rotation and magnetic field strength. With the emergence of sunspots the
magnetic pressure locally is reduced and the process continues at lower lati-
tudes, leading to the motion of sunspots towards the equator during the solar
cycle. Meridional flows in the convection zone combined with magnetic field
diffusion and dispersion drive the leading spot towards the equator while the
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Fig. 6.29. Increased magnetic buoyancy drives
Magnetic o s flux tubes through the photosphere, creating
two sunspots of opposite polarity. Reprinted
from K. Lang [308], Sun, earth, and sky, Copy-
right 1995, Springer-Verlag

following spot stays behind. The leading spots of the opposite hemispheres
converge at the equator and dissolve by reconnection. The following spots
undergo reconnection with the polar fields. Since the polar field is slightly
smaller than the field accumulated in the following spots, the polarity of
these spots eventually takes over and the magnetic field is reversed. The pos-
sibility of this process is supported by the lanes of different than the prevalent
polarity of the hemisphere at higher latitudes, which can be seen in Fig. 6.28.

This last step, i.e. the pole reversal, is understood least. An alternative
explanation for the polarity reversal is the a-effect discussed in Sect. 3.6 that
creates a toroidal current which in turn gives rise to a poloidal magnetic field
of opposite polarity.

The Solar Dynamo — Details. Two important details in the solar cycle
discussed above are the emerging of magnetic flux in an active region and
the treatment of the a-effect in different dynamo models.

The rise of a flux tube from the tachocline through the photosphere into
the chromosphere or even the corona is influenced predominately by an inter-
play between magnetic buoyancy, aerodynamic drag, and the Coriolis force.
For an isolated horizontal flux, the pressure balance is

B2

= =p., 6.25
o P (6.25)

b+
pi and pe are the internal and external gas pressures and B2/2puq is the
magnetic pressure. Equation (6.25) implies p; < pe. Expressing the pressure
by the gas law, we can rewrite (6.25) and obtain
2

B
0iRT + — = gRT (6.26)
20

or, after rearrangement,

(6.27)
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As a consequence, the fluid in the flux tube has a lower density than its
surroundings and thus the flux tube must be buoyant. This effect is termed
magnetic buoyancy. The combination of magnetic buoyancy and aerodynamic
drag then determines the details of the rise and, later, the emergence of the
flux tube. The Coriolis force does not influence the lifting of the tube but
modifies its shape: it twists the rising flux tube from a plane loop into a
three-dimensional structure where the area enclosed by the loop has an S-
shape in the vertical direction. The inclusion of the Coriolis force allows us
to understand Hale’s and Joy’s laws.

As mentioned in Sect. 3.6, differential rotation and magnetic buoyancy
lead to the poloidal field and emerging flux in active regions, while the field
reversal requires an additional process to work, the a-effect. Models using
the mean-field theory differ in their treatment of this a-effect. These models
include cyclic convection, in which « is positive in the unstable layer and
negative in the tachocline or overshoot layer below; magnetostrophic waves,
which imply a negative «; flux loops which correspond to a positive «; and
unstable global-scale Rossby waves.* The various models can be summarized
as follows [406]:

e Overshoot layer models (OL dynamos), also called co-spatial wave models,
combined with a < 0, give the correct migration direction and thus are
able to model the butterfly diagrams, but tend to give cycle periods that
are too short.

e Distributed wave models (IF dynamos) require an abrupt spatial change
in diffusivity to excite dynamo waves. So far, strong toroidal fields can be
produced in these models.

o Co-spatial transport models (CP dynamos) can describe the field migration
in terms of density pumping or advection of the magnetic field but do not
address the origin of the deep toroidal field.

e Distributed transport models (BL dynamos) start from an entirely different
position: not a dynamo wave but a conveyor belt mechanism is responsi-
ble for the emergence and evolution of sunspots as seen in the butterfly
diagram. These models can reproduce the confinement of active regions
to low latitudes and describe the migration patterns of sunspots; however,
present models require an unrealistically low turbulent diffusivity.

If we disregard the many problems with the details of the process, how-
ever, we can nonetheless give a simple formal approximation to the solution
suggested by Parker [390] that outlines the main features required to describe

4 A Rossby wave is a standing wave that slowly drifts in a fluid layer in a rotating
body. The Rossby wave results from an interplay of a thermal or pressure gradient
that drives a convection cell, and the Coriolis force. A prominent example of a
Rossby wave is the undulating polar jet in the terrestrial atmosphere that guides
the pressure regimes and thus is responsible for the weather. A simple laboratory
experiment to produce a plane Rossby wave uses a rotating cylindrical tank with
a temperature gradient between the outer wall and the axis.
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Fig. 6.30. Local Cartesian coordinate system at a

point in the northern hemisphere of a spherical ro-

\/ tating body. Note that the coordinate system rotates
with the body, and thus the unit vectors vary with
time

the dynamo and the solar cycle, following [101]. The starting point is (3.135).
Since we shall deal with average quantities only, we shall omit all brackets
indicating averages, and B and u are meant to be average quantities. In
addition, we assume that viscosity is determined by the turbulent viscosity.
Rearrangement of (3.135) then gives

%?:Vx(uxv)—I-Vx(aB)-l-ﬂVQB- (6.28)

We choose a Cartesian coordinate system fixed on the surface of the Sun as
sketched in Fig. 6.30: the y-axis points radially outwards, the z-axis points
in the toroidal direction (east—west direction), and the z-axis points in the
direction of increasing latitude.

To be in agreement with the observed butterfly diagram, we need an
equatorwards-propagating wave, that is, a wave propagating in the negative
z-direction. In addition, the solution should be symmetric with respect to the
rotation axis. In a local Cartesian system, this implies 8/8y = 0.

The toroidal magnetic field is then simply Bye,, while the poloidal field
lies in the xz-plane. Since this field is solenoidal, it has zero divergence and
can be written as the rotation of a scalar field A(z, 2):

B = By(z,2)ey, + V x [A(z, 2)e,] . (6.29)

The mean velocity field results from the differential rotation and thus has
a component in the y-direction: v = vy(z)e,. The velocity shear then is
G = Ov, /0z. Equation (6.28) can then be written as

0B,

27 =CB:—o V2A+BV?B,, (6.30)

where « is constant. The z- and z- components of (6.28) can be written as
0A
V x (Eey — aBye, — ﬁV2Aey> =0. (6.31)

This equation can be solved is the following condition is satisfied:

%%1 =aBy, + AV?A. (6.32)
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Thus, for a field of the form (6.29), the dynamo equation (6.28) is satisfied
if A and By satisfy (6.30) and (6.32). Thus instead of the dynamo equation
(6.28), we can solve the two equations (6.30) and (6.32) simultaneously.

Equation (6.32) describes the evolution of the poloidal field. Without the
o-term this would be a simple diffusion equation: any poloidal field would
just diffuse away. The a-term works as a source, generating new poloidal field
out of the turbulence, since, as discussed in Sect. 3.6, & is a measure of the
turbulent motion. Equation (6.30) describes the evolution of the toroidal field.
It has two sources: the first results from the velocity shear of the differential
rotation, and the second stems from the turbulent motion (as evident from
the a contained in this term), because just as the helical motion can twist
the toroidal field to produce a poloidal field, it can also twist a poloidal field
to produce a toroidal one. If the differential rotation is strong, this second
term can be neglected and (6.30) reduces to

0B, JA 5
5 = G 55 + 6V B,. (6.33)

This equation describes the af2 dynamo and is a reasonable approximation
for the solar dynamo. If differential rotation were weak, the other source term
in (6.30) would be dominant and we would get an o? dynamo.

The of? dynamo is thus defined by (6.32) and (6.33). These equations
can be solved by wave-like solutions. The ansatz is

A= Apexp(wt+ikz) and B, = Bpexp(wt+ ikz). (6.34)

Substituting in (6.32) and (6.33), we obtain

(w+ Bk*)Ag =aBy and (w+ Bbk?)By = —ikGA, (6.35)
or, combined,
(w+ Bk*)? = —ikaG , (6.36)
which has the solution
w=-pk2+ (‘\;{;) kaG . (6.37)

For maintenance of the dynamo process, the real part of w must be larger
than zero: R(w) > 0. In addition, k is taken to be positive. The crucial term
is the product a, which gives the combined effects of helical motion and
differential rotation. For aG > 0 and R(w) > 0, we obtain from (6.37)

w:—ﬂkz-i-\/k%q—i\/@zg or %(w)z—ﬁkQ—}-\/g. (6.38)
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We can now define a dynamo parameter

_ loG|

Ny = ek

(6.39)

From (6.38), we see that the condition for dynamo growth is Nq > 2. The
eigenmodes of the marginally stable (Ng = 2) dynamo,

A, B, ~exp{—i\/¥t+ikz} , (6.40)

correspond to waves propagating in the positive z-direction, that is, pole-
wards.
For oG < 0 ,we obtain from (6.37)

w=—Fk* + \/kIO‘QGI —i \/k|a20| or R(w)=-Pk+ @;ﬂ . (6.41)

Dynamo growth is again described by the dynamo parameter (6.39), but the
marginally stable solutions now become

A, B, ~ exp {i f“—[%a—'wr ikz} , (6.42)

which correspond to an equatorwards-propagating wave. Thus for aG < 0,
we obtain a solution of the dynamo equation that accounts for both the
periodicity and the equatorwards propagation of the solar magnetic field.

Nonetheless, we should be aware that these solutions have been obtained
under simplified conditions. In particular, «, 3, and G are assumed to be
constant, which is certainly not true under realistic conditions. In a realistic
scenario, one would have to solve the dynamo equation in a finite region
with suitable boundary conditions. In addition, we have assumed that the
mean velocity u is purely in the toroidal direction. However, with a suitable
velocity field, an equatorwards-propagating wave can be obtained even if
aG > 0 [102].

6.6.3 Stellar Activity

Owing to its close proximity, the Sun is the only star whose surface we can
see directly. Thus we are able to identify such features as sunspots, filaments,
flares, and solar cycles, all indicating that the sun is a magnetically active star.
Magnetic activity is not unique to the Sun; it is not even strong on the Sun.
Other stars can show much stronger magnetic activity. Although spots and
flares cannot be observed directly, the Ca II line, which is a strong indicator
of the magnetic network on the Sun, can be studied in other stars, too. This
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has led to the identification of magnetic activity in other stars [25,429]. Cyclic
variations and also magnetically flat stars could be identified. Since many of
these stars have shorter star cycles than the Sun, it could be shown that the
variations in the solar cycle are small compared with the variations in the
magnetic cycles of comparable stars. The other active stars, therefore, are
often used to infer information about long-term variations in solar activity
[326].

A large number of articles on various aspects of solar and stellar activity
can be found in [389,466,564].

6.7 Flares and Coronal Mass Ejections

Flares and coronal mass ejections (CMEs) are violent manifestations of solar
activity. Both are related to the solar magnetic field, sunspots, and filaments.
The energy released in these processes had been stored in the field.

The first record of a solar flare dates back to Carrington in 1859, who
observed a sudden brightening of a sunspot in white light. After this “ex-
plosion”, the sunspot structure had changed and about a day later a violent
geomagnetic storm with strong auroral activity was observed. Although Car-
rington himself noted “a swallow does not make a summer”, this was the first
direct link between solar activity and its influence on Earth. Coronal mass
ejections only have been observed since the early 1970 with the advance of
space-borne coronographs. Today, one of the most controversial topics is the
relation between flares and CMEs.

Flares normally are associated with active regions and sunspots. Nonethe-
less, even during sunspot minimum on a spotless Sun sporadic flare events
of large magnitude can occur. Such flares observed during solar minimum in
general are associated with erupting filaments rather than with sunspots and
active regions. In addition, there tend to be fewer flares per solar rotation at
times of the highest sunspot number during a solar maximum [302]. For a
review on the magnetic nature of solar flares see [423].

In some cases, flares occur repeatedly in the same location and display
similar spatial structures during the evolution of the active region. Such flares
are called homologous [179,566]: only part of the energy stored in the mag-
netic field is released and the overall topology of the field is retained. These
flares are not necessarily small because the energy release depends on the
available magnetic energy and magnetic stability. If enough energy is stored
in the field even the release of only a relatively small fraction of it can lead
to a considerable flare.

Some major flares also can trigger flares in their neighbourhood or even in
remote active regions. Such flares are called sympathetic, see e.g. [361,570].
Sympathetic coronal mass ejections also can be observed [362].
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6.7.1 Electromagnetic Radiation

A flare is the result of a sudden violent outburst of energy, with energies of
up to 10?5 J being released over a time period of some minutes. White-light
flares, as the one observed by Carrington, are rare because even for the largest
flares the brightness is less than 1% of the total luminosity of the photosphere.
In certain frequency ranges, e.g. at the wings of the black body, the intensity
of the electromagnetic radiation can increase by orders of magnitude during
a flare. While the flare is defined as an outburst in electromagnetic radiation,
often it also is associated with the emission of energetic particles (Sect. 7.2)
and huge plasma clouds, the CMEs.

The electromagnetic radiation released in a flare in different frequency
ranges shows typical time profiles (see Fig. 6.31). These profiles can be used
to define the phases of a flare during which distinct physical processes occur.

In a large flare, the electromagnetic emission can be divided into three
parts. In the preflare phase, also called the precursor, the flare site weakly
brightens in soft X-rays and Ha. This phase lasts for some minutes; it is
observed in very large flares only, and indicates a heating of the flare site.
During the impulsive or flash phase, most of the flare energy is released and
the harder parts of the electromagnetic spectrum, such as hard X-rays and
~-rays, are most abundant. This phase lasts for a few minutes and can be
followed by a gradual or extended phase during which emission mainly occurs
in Ha and soft X-rays but microwave and radio emission also can continue.
This latter phase can last for some tens of minutes, and occasionally even for
a few hours. It is present in the larger events only. Note that most flares are
rather small, consisting of an impulsive phase only.

The impulsive phase is related to an impulsive energy release, probably
reconnection, inside a closed magnetic field loop in the corona, heating the
coronal plasma and accelerating particles. The heated plasma emits soft X-
rays. Accelerated electrons generate microwaves and hard X-rays at the top of
the loop or hard X-rays, y-rays, UV emission, and part of the Ha emission at
its footpoints, while accelerated ions generate v-ray line emission. Streaming
electrons also generate radio emission. Thus the electromagnetic radiation
also provides information about the acceleration and propagation of particles
accelerated in a flare.

Soft X-Rays and Ha. In a solar flare most of the electromagnetic radiation
is emitted as soft X-rays with wavelength between 0.1 and 10 nm. Soft X-
rays originate as thermal emission in hot plasmas with temperatures of about
107 K. Most of the radiation is continuum emission; lines of highly ionized O,
Ca, and Fe are also present. In a large flare, soft X-rays are emitted during
all three phases; the strong increase at the beginning of the impulsive phase
is related to an abrupt increase in the temperature at the flare site up to
about 5 x 107 K. The Ha emission also is thermal emission, its time profile
closely follows the soft X-ray profile.



6.7 Flares and Coronal Mass Ejections 181

Fig. 6.31. Solar electromag-
netic radiation during the dif-
ferent phases of a flare and

frequency spectrum of radio
bursts, based on [278]

Hard X-Rays. Hard X-rays are photons with energies between a few tens
of kiloelectronvolts and a few hundred kiloelectronvolts, generated as brems-
strahlung of electrons with slightly higher energies [279,304,535]. Only a very
small amount of the total electron energy (about 1 out of 10°) is converted
into hard X-rays.

Microwaves. Solar microwave emission is generated by the same electron
population as the hard X-rays, as can be deduced from the similarities in
the time profiles [34,264,379]. As in hard X-rays, during the impulsive phase
the emission often consists of individual spikes, the ‘elementary flare bursts’.
Microwave emission is gyro-synchrotron radiation of electrons with energies
between some 10 keV and some 100 keV [430,515]. When these mildly rel-
ativistic particles gyrate in the coronal magnetic field (about 20-100 G),
they emit radiation with frequencies between 10 and 100 times their gyro-
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frequency. This dependence on the magnetic field strength has a remarkable
consequence: as the magnetic field decreases with height, microwave emission
at a certain frequency, say 17 GHz, is generated by electrons with energies
above 200 keV in low lying flares or small loops, while in a loop extending
high into the corona an electron energy of more than 1 MeV is required [296].
While in the impulsive phase the elementary bursts give evidence for indi-
vidual, isolated energy releases, in the gradual phase the microwave emission
most probably is thermal emission.

v-Rays. ~-ray emission indicates the presence of energetic particles. The
spectrum can be divided into three parts: (a) Bremsstrahlung of relativistic
electrons and, to a lesser extent, the Doppler broadening of closely neighbored
~-ray lines leads to a y-ray continuum. (b) Nuclear radiation of excited CNO-
nuclei leads to a 7-ray line spectrum in the range 4 to 7 MeV. (c) Decaying
pions lead to 7y-ray continuum emission above 25 MeV. The details of these
mechanisms are described in [370,371,431]

The most important ~-ray lines are at 2.23 MeV and 4.43 MeV. The 2.23
MeV line is due to neutron capture in the photosphere: *He-nuclei decay in
p/a or a/p interactions in the corona, emitting neutrons. These reactions
require particle energies of at least 30 MeV/nucl. The neutrons can propa-
gate independently of the coronal magnetic field. Elastic collisions decelerate
neutrons penetrating into the denser regions of the chromosphere or photo-
sphere. Eventually, the neutron is slowed down to thermal energies and can
be captured by *H or *He. Neutron capture by 'H leads to the emission of a
v-quant. The 4.43 MeV line results from the transition of a 2C nucleus from
an excited into a lower state, with the excitation being either due to nuclear
decay or inelastic collisions with energetic particles.

Radio Emission. Electrons streaming through the coronal plasma excite
Langmuir oscillations. Solar radio bursts are metric bursts; their wavelengths
are in the meter range. In interplanetary space, radio bursts are kilometric
bursts. The bursts are classified depending on their frequency drift [43,351].
The type I radio burst is a continuous radio emission from the Sun, basically
the normal solar radio noise but enhanced during the late phase of the flare.
The other four types of bursts can be divided in fast and slow drifting bursts
or continua (see the upper panel in Fig. 6.31).

The type III radio burst starts early in the impulsive phase and shows a
fast drift towards lower frequencies. Since the frequency of a Langmuir oscil-
lation depends on the density of the plasma (see (4.52) and example 17), the
radial speed of the radio source can be determined from this frequency drift
using a density model of the corona. The speed of the type III burst is about
¢/3, it is interpreted as a stream of electrons propagating along open field lines
into interplanetary space. Impulsive peaks in the hard X-ray emission can be
related to individual type IIT bursts, indicating individual energy releases.
Occasionally, the drift of the type III burst is suddenly reversed, indicating
electrons captured in a closed magnetic field loop: as the electrons propagate
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upward, the burst shows the normal frequency drift which is reversed as the
electrons propagate downward on the other leg of the loop.

In the metric type II burst, the frequency drift is much slower, indicating
a radial propagation speed of its source of about 1000 km/s. Tt is interpreted
as evidence of a shock propagating through the corona. Nonetheless, it is not
the shock itself that generates the type II burst but the shock-accelerated
electrons. As these electrons stream away from the shock, they generate small,
type IIlI-like structures, giving the burst the appearance of a herringbone
(herringbone burst) in the frequency time diagram with the type II as the
backbone and the type III structures as fish-bones. The type 11 burst is split
into two parallel frequency bands, interpreted as forward and reverse shocks.

The metric type IV and V bursts are continuous emission directly fol-
lowing the type II and type III bursts, respectively. The type IV burst is
generated by gyro-synchrotron emission of electrons with energies of about
100 keV. It consists of two components: a non-drifting part generated by elec-
trons captured in closed magnetic field loops low in the corona, and a propa-
gating type IV burst generated by electrons moving in the higher corona. The
type V burst is a similar burst following the type III burst. But in contrast
to the type IV burst it is stationary, showing no frequency drift. Most likely,
it is radiation of the plasma itself.

Kilometric radio bursts in interplanetary space are interpreted in the same
way: type III bursts show a fast frequency drift, indicating electrons stream-
ing along a magnetic field line. If the location of the radio source can be
identified, this kilometric type III burst can be used to trace the shape of the
interplanetary magnetic field line [282]. The kilometric type IT burst gives
evidence for a shock propagating through interplanetary space [83].

Solar Quakes Produced by Large Flares. An only recently discovered
by-product of flares is a circular wave packet emanating from the flare site.
This wave was first observed by the Michelson Doppler Imager (MDI) on
board SOHO during the large flare of June 1996 [295]. This magneto-acoustic
wave can be interpreted as a kind of solar quake, containing about four orders
of magnitude more energy than the 1906 San Francisco earthquakes. The
waves of this quake were similar to surface waves on a pond produced by a
stone. The waves accelerated from 10 km/s to about 115 km/s during their
outward propagation until they finally disappeared in the photosphere.

These solar quakes should not be confused with Moreton waves. The lat-
ter are the chromospheric component, seen in Ha radiation, of a solar-flare-
induced wave that propagates away from the flare site at a roughly constant
speed of about 1000 km/s. Moreton waves are attributed to fast-mode MHD
shocks generated in the impulsive phase of a flare.

6.7.2 Classes of Flares

Not all the phases indicated in Fig. 6.31 can be observed in all flares. Instead,
flares differ in their electromagnetic radiation, in the acceleration of energetic
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Table 6.2. Classes of solar flares

Impulsive Gradual
Duration of soft X-rays <1lh >1h [387]
Decay constant of soft X-rays < 10 min >10 min [104, 387]
Height in corona <10*km  ~5-10* km (387]
Volume 10% — 10*" cm® 10%® — 10%° cm® (387]
Energy density high low (387]
Size in Ha small large [22]
Duration of hard X-rays <10 min >10 min [383]
Duration of microwaves <5 min >5 min [119]
Metric type II burst 75% always [84]
Metric type III burst always 50% [84]
Metric type IV burst rare always [84,292]
Coronal mass ejection rare always [84]

particles, and the association with a coronal mass ejection. Standard classi-
fications based on the magnetic structure and the energy release are given
in [271,435,542].

A useful, although frequently modified, classification scheme for solar
flares goes back to Pallavicini et al. [387] who used Skylab soft X-ray im-
ages of the Sun, combined with intensity—time profiles. If a flare is observed
on the solar limb, the height profile of the electromagnetic emission can be
inferred. These limb flares can be divided into three distinct groups: (a) point-
like flares, (b) flares in small and compact loop structures, and (c) flares in
large systems of more diffuse loops. Flares of classes (a) and (b) are associated
with a short duration of the soft X-ray emission, less than one hour, while in
flares of class (c) the soft X-ray emission can last for some hours. Therefore,
the compact and point-like flares are called impulsive, and the flares in the
large diffuse loop are called gradual flares.

The classification scheme, originally introduced for the soft X-rays only,
over the years has been extended to other ranges of electromagnetic radiation,
as summarized in Table 6.2. These schemes do not always agree. On the basis
of the times scales, a flare might appear gradual in soft X-rays but impulsive
in hard X-rays or vice versa. These phenomenological criteria provide no
sharp separation into two classes but rather a continuous transition from
more impulsive to more gradual flares. A better criterion, also pointing to
the physical difference, is the occurrence of a coronal mass ejection, leading
to an unambiguous classification of flares into confined (corresponding to
impulsive) and eruptive (corresponding to gradual).

We have to be careful not to confuse the classes of flares, i.e. impulsive
and gradual, with the phases of flares bearing the same name [23]. An impul-
sive flare appears to be rather simple in so far as it always has an impulsive
phase. However, in some small events, which are observed in interplanetary
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space as so-called 3He-rich events [239], even the impulsive phase is rather
small with the Ha flare often too small to be detected although hard X-ray
and/or radio emission is observed [437]. Some large impulsive events can also
show a small gradual phase. In the larger flares (longer duration, larger volu-
mina) the situation is even more complicated. While the gradual phase is well
developed, an impulsive phase is not always present, only the largest gradual
flares show all three phases. The gradual flares with a gradual phase only
in general are small in electromagnetic emission, their main characteristic is
the coronal mass ejection. These solar events are often called disappearing
filaments because the expelled matter is their main signature while classic
flare emission is weak or absent.

6.7.3 Coronal Mass Ejections

With the aid of a coronograph, the corona can be observed continuously.
Basically, a coronograph is a telescope with an occulter screening off the
direct photospheric emission. Ground-based coronographs have been in use
since the 1930s, observing only selected coronal emission lines. Space-based
coronographs, on the other hand, observe the light scattered by the corona.
The first space-based coronograph was used on Skylab in 1973/74; the most
advanced coronograph is on SOHO [63,161]. While the older coronographs
had a field of view from a height of about 1.5 rg out to 5 or 10 rg, the
combination of different telescopes in the LASCO coronograph on SOHO has
a field of view from 1.1 rg out to about 30 rg. In addition, its resolution
is much better, thus smaller and fainter mass ejections have been detected.
Examples and further details can be found at sohowww.nascom.nasa.gov/
gallery/LASCO/ or lasco-www.nrl.navy.mil/lasco.html.

The most striking feature visible in a record of coronograph images is

the coronal mass ejection (CME). A coronal mass ejection is a bright struc-
ture propagating outward through the corona, as shown in Fig. 6.32. Large
data bases on CMEs exist from the Solwind-Coronograph on P78, the HAO-
coronograph on Solar-Maximum Mission (SMM), and the LASCO corono-
graph on SOHQO. The basic features of CMEs can be summarized as fol-
lows [69, 236,246, 369, 501]:
Solar Cycle Dependence. During solar maxima, about two CMEs are
observed daily, whereas during solar minima one CME is observed per week
[551]. This is not too surprising because CMEs are related to flares and
filaments which both are more frequent during solar maximum. With the
better spatial resolution of the LASCO coronograph these numbers increase,
however, the ratio between solar maximum and minimum does not change.

Latitude Distribution. Coronal mass ejections are distributed evenly on
both hemispheres, the average latitude is 1.5°N. Their distribution is flat
within +30° and decreases fast towards higher latitudes. The maximum in
the £30° region reflects the latitudinal distribution of sunspots and flares.
During solar minimum, the CMEs cluster within £10° around the equator.
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Width. The projected widths of CMEs show a distribution with an average
at 46° and a median at 42°. CMEs smaller than 20° or larger than 60° are
rare; however, the largest angular extent is more than 120°. The width of
CMEs seems to be independent of the solar cycle.

Speeds. CME speeds range from less than 10 km/s up to greater than
2000 km/s with an average of 350 km/s and a median at 285 km/s. The
speeds of CMEs do not depend on the solar cycle. Fast and slow CMEs seem
to reveal different patterns of energy release: a slow CME can accelerate in
the coronograph’s field of view, indicating a continuous energy release. A fast
CME, on the other hand, does not show evidence for acceleration. Here the
energy release appears to be more explosive.

Kinetics. During a CME between 2 x 10! g and 4 x 10'® g coronal material
is ejected with a kinetic energy content between 1022 J and 6 x 10%* J. This is
comparable with the energy released as electromagnetic radiation in a flare.
The combined potential and kinetic energy of the CME is at least comparable
with the entire energy released in a flare.

Structure. Textbook coronal mass ejection are loop-like structures as shown
in Fig. 6.32. While these are the most impressive and also the most energetic
CMEs, other morphologies exist, too, with such picturesque names as spikes,
multiple-spikes, clouds, fans, or streamer blow-outs [236]. The basic difference
is a smaller extent and a structure distinct from a closed loop. One example
will be discussed in connection with Fig. 6.36.

Note that all the geometrical quantities discussed above are apparent
quantities only: while the coronal mass ejection is a three-dimensional struc-
ture, its image is only a two-dimensional projection into a plane perpendicular
to the Sun-Earth axis. Thus sizes and speeds might be underestimated. In
particular, if the CME propagates directly towards the observer, its extent
and speed cannot be determined. It is even more difficult to detect because it
only becomes visible as a halo around the Sun after it has spread far enough.

Fig. 6.32. Image of the 4 May 1986 CME,
taken by the HAO coronograph. The dark
disk in the lower left corner is the oc-
culting disk inside the coronograph, and
the dashed circle gives the photosphere.
The arrow in the center of the Sun points
towards the north. Note that this CME
is observed during solar minimum condi-
tions. Reprinted from S.W. Kahler and
A.J. Hundhausen [263], J. Geophys. Res.
97, Copyright 1992, American Geophysi-
cal Union
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Owing to this projection effect, the three-dimensional structure of a CME
is debatable: it is not clear whether the leading bright structure is a loop
or a bubble. Here observations from two spacecraft from different positions
are required, such as planned with the STEREO mission. For details of the
mission see stp.gsfc.nasa.gov/missions/stereo/stereo.htm, details of
the coronograph can be found at wwwsolar.nrl.navy.mil/STEREO/index.
html.

6.7.4 Coronal Mass Ejections, Flares, and Coronal Shocks

The speeds of coronal mass ejections are highly variable. In Fig. 6.33 the
range of CME speeds is compared with the Alfvén and the sound speed.
In the corona, most CMEs are too slow to drive a fast MHD shock wave.
Nonetheless, because many of the CMEs are still faster than the sound speed,
they might drive slow or intermediate MHD shocks. In at least one CME the
curvature of the loop suggests a slow shock [248].

In Sect. 6.7.1 we have learned about the metric type II burst, interpreted
as a shock wave propagating through the corona. The relationship between
type II bursts and CMEs is ambiguous. From a statistical study of CMEs and
metric type II bursts [476], it is evident that about two-thirds of the metric
type II bursts are accompanied by a fast CME. However, there are also metric
type II bursts without CMEs (one-third) as well as CMEs without metric type
IT burst (three-fifth). In particular, half of the CMEs without type II bursts
are fast CMEs, with speeds above 450 km/s. The situation becomes even
worse if CMEs and type II radio bursts are compared in individual events.
In some events, the CME’s radial speed is markedly lower than the speed
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of the radio burst; in other events the source of the metric type II emission
is located behind the CME, occasionally overtaking it at later times. Thus
a CME is neither a necessary nor a sufficient condition for a coronal shock.
Nonetheless, the more energetic CMEs most likely drive a coronal shock.
The relationship between flares and coronal mass ejections also is a hotly
debated topic. Traditionally, the CME has been viewed as a phenomenon
accompanying large flares. Today, it is suggested that the CME is the primary
energy release while the flare is just a secondary process [200]. Both models
have their pros and cons, currently we probably should follow the suggestion
in [152] that the flare neither is the cause nor the consequence of the CME
but that both are triggered by a common mechanism, probably an instability
(see below). The observations leading to this statement are as follows.
Flares and CMEs can occur together; however, both also can occur sepa-
rately: about 90% of the flares are not accompanied by a CME, while about
60% of the CMEs go without a flare. The combined flare and CME events
are the most energetic events in both groups. In these events the flare, which
is small compared with the angular extent of the CME, is not necessarily
centered under the CME but more likely is shifted towards one of its legs.
The prime argument for the CME being the cause and the flare the con-
sequence is based on energetics: the energy released in the CME is larger
than the one released in the flare. But the mechanism of the energy release is
different, too: if a CME is accompanied by a flare, it has a high and constant
speed, indicative of an explosive energy release. A CME without flare, on the
contrary, often accelerates, indicating that energy is released continuously.
Timing is another crucial factor in this discussion: in about 65% of the
combined CME/flare events, the CME leads, while in the other 35% the flare
starts before the CME.
Combined, all these observations suggest that it might be difficult to view
flares and CMEs in terms of cause and consequence and they favour a picture
of a common trigger.

6.7.5 Models of Coronal Mass Ejections (CMEs)

Many CMEs originate in filaments, and the magnetic field pattern of the
filament can even be recognized if the CME is detected in interplanetary
space, see, for example, [56].
So far we have learned that magnetic pressure prevents the filament from
“falling down” to the photosphere. But how and why can it suddenly be
blown out so violently to form a CME? A detailed analysis of the magnetic
field pattern of the filament and the photosphere reveals two different config-
urations. In the normal configuration (Kippenhahn and Schliiter [286], K-S
configuration), the magnetic field inside the filament has the same direction
as the photospheric field below it (left panel in Fig. 6.34). We have already
used this model in example 13. The inverse configuration (Raadu and Ku-
perus [427,428], R-K configuration), which is shown in the right panel, is
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Fig. 6.34. Magnetic field configura-
tions in solar filaments: (left) normal
configuration, also called K-S config-
- uration, (right) inverse configuration,
/y\ A\ also called R~-K configuration

more complex: here the magnetic field inside the filament is directed oppo-
site to the one in the photosphere. In particular, in the large, high rising
filaments, which tend to give rise to CMEs, the R-K configuration seems to
be dominant.

The crucial feature is obvious in the R-K configuration: below the filament
there is an X-point configuration where magnetic fields of opposite polarity
can be found in close proximity. Such a location is favorable for reconnection.
The configuration might have been stable for a long time; however, the motion
of the magnetic field lines anchoring the filament or a slow rise of the filament
due to increased buoyancy can lead to the sudden onset of reconnection at
the X-point. Then the magnetic field energy is converted into thermal energy
and flow energy, leading to a further rise of the filament. At neighboring X-
points, reconnection sets in, too, ripping off the filament from its anchoring
structure and blowing it out as a CME. A filament of the K-8 type can be
expelled by the same mechanism, only the forces acting on the anchoring field
lines must be larger to create a X-point configuration below the filament.

In the classical model of a filament, reconnection always takes place be-
tween the two legs of each field line. The resulting field configuration therefore
is a closed loop below the filament and a toroidal field line around it. A dif-
ferent situation arises if the legs of neighboring field lines merge, as sketched
in Fig. 6.35. As the filament (gray area) lifts owing to some instability, recon-
nection sets in. Since neighboring anchoring field lines reconnect, the filament
is surrounded by a helical magnetic field. The plasma in front of the erupting
structure is compressed. As it flows towards the trailing edge of the erup-
tion, vortices are generated behind the arcade core. The vortices drive the
plasma inwards and compress the current sheet below the filament. Therefore
the current density increases to a value where kinetic plasma instabilities are
excited. The increased resistivity leads to a higher magnetic diffusivity and
a new reconnection line below the filament, leading to the formation of a
secondary plasmoid below the original filament.

In this three-dimensional reconnection [202,325], open field lines extend-
ing into interplanetary space can also be involved. Thus, particles accelerated
in the reconnection region can easily escape into interplanetary space. In ad-
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Fig. 6.35. 3-D reconnection below an idealized filament. Figure taken from B.
Vrsnak [542], in Lectures on solar physics (eds. HM. Antia, A. Bhatnagar, and P.
Ulmschneider), Copyright 2003, Springer-Verlag

dition, the three-dimensional reconnection might evolve along the filament
more slowly, leading a slow CME and a more continuous energy release.

The expulsion of a filament is suitable for explaining the loop-shaped
CMEs. Other types of CMEs, however, require different geometries. One ex-
ample is shown in Fig. 6.36: reconnection in the tip of a helmet streamer. Its
outer portion consists of opposing magnetic fields. As somewhere on the Sun
new magnetic flux emerges, the coronal magnetic field is deformed and at the
current sheet reconnection sets in, blowing out an open magnetic field struc-
ture along the streamer. In the coronograph image, such a CME is seen as a
spike- or jet-like structure. Although operating on a larger scale, this mech-
anism is the same as in the blobs of high-density slow solar wind discussed
above.

6.7.6 Models of Flares

We can expand the above model of a loop-like CME to accommodate a flare.
By definition, this would be an eruptive or gradual flare. Figure 6.37 shows
again a filament in the inverse configuration. As reconnection sets in at the X-
point, three different phenomena occur: (a) The plasma is heated, leading to
thermal emission in the soft X-ray and visible ranges. (b) Particles are acceler-
ated, either streaming upward along field lines extending into interplanetary
space (solar energetic particles, Sect. 7.2) or downward producing the hard
electromagnetic radiation. (c) The filament breaks loose and is ejected as a
CME. If the CME is fast enough, it drives a shock wave. Particles accelerated
at this shock escape into interplanetary space along open field lines. Because
the reconnection occurs on all anchoring field lines, the flare occupies a large
volume which extends rather high into the corona, thus fulfilling the criteria
of a gradual flare as summarized in Table 6.2.

Large confined flares might be explained by the same model, the only
difference would be in point (c): although reconnection sets in at the X-



6.7 Flares and Coronal Mass Ejections 191

Fig. 6.36. Disconnection event: a
CME with an open magnetic field
structure is expelled along a helmet
streamer. Reprinted from D.J. Mc-
Cormas [343], Geophys. Res. Lett.
18, Copyright 1991, American Geo-
physical Union

point of one or a few anchoring fieldlines, the energy release is not large
enough to break all connections between filament and photosphere. Thus
the filament is not ejected and the flare is confined to a smaller volume.
Such a configuration in which the filament lifts but fails to detach and the
overall magnetic topology is retained is a suitable candidate for a series of
homologous flares.

In the point-like flares, which also are confined or impulsive flares, the
observations of energetic particles in interplanetary space (Sect. 7.2) suggest
a different scenario, as sketched in Fig. 6.38. Particles are accelerated inside
a closed loop, giving rise to electromagnetic emission. The loop is very stable,
preventing particles from escaping into interplanetary space. As the particles
bounce back and forth in the closed loop, they excite electromagnetic waves
which can propagate in all directions, interacting with the ambient plasma,
even accelerating particles. If these “secondary” particles are accelerated on
open field lines, they can escape into interplanetary space. Since the acceler-
ation requires particles and waves to be in resonance, different particles are
accelerated by different types of waves. If a particle species is common in
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Fig. 6.37. Simplified model of a
large eruptive flare. The energy re-
lease occurs in the reconnection re-
gion below the filament, leading to
heating, particle acceleration, and a
CME. The heated plasma and the
energetic particles give rise to elec-
tromagnetic emission in various fre-
quency ranges

the corona, such as H and “He, the waves in resonance with these particles
are absorbed more or less immediately; thus these particles predominately
are accelerated inside the closed loop and therefore do not escape into inter-
planetary space. Other waves, however, travel larger distances before being
absorbed by the minor constituents, such as 3He and the heavy ions, and
are thus more likely to accelerate these species on open field lines. Since the
escaping particle component is selectively enriched in these minor species,
this acceleration process is called selective heating.

Fig. 6.38. Model of an impulsive 3He-rich flare.
Particles accelerated in a closed loop excite waves
which in turn accelerate particles on open field
lines. These latter can escape into interplanetary
space
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6.7.7 Magnetic Clouds: CMEs in Interplanetary Space

Coronal mass ejections in interplanetary space still carry the magnetic field
patterns from their parent filament. These closed magnetic field structures,
also called magnetic clouds, have features different from the ambient medium.

Figure 6.39 shows the magnetic field and plasma data for a typical mag-
netic cloud. Vertical lines indicate the boundaries of the cloud and the shock
wave driven by it. The typical signatures of a magnetic cloud can be sum-
marized as follows: (a) a decrease in magnetic field strength inside the cloud,
(b) a rotation of the magnetic field vector, in particular its elevation, (c) de-
creases in plasma density, plasma speed, plasma temperature, and therefore
plasma-3, and (d) a bi-directional streaming of suprathermal electrons back
and forth along the length of the cloud (not shown in the figure).

The magnetic field configuration of such clouds can be inferred from the
variation in magnetic field elevation: at the beginning of the cloud the mag-
netic field is almost perpendicular to the plane of ecliptic. Inside the cloud the
elevation decreases until at the end the magnetic field vector is almost oppo-
site to the one at the beginning. This is indicative of a magnetic field wrapped
around the ejecta as sketched in Fig. 6.40. In this picture the magnetic cloud
is sketched as a bundle of twisted magnetic field lines. The direction of field
rotation varies from cloud to cloud, reflecting the field configuration of the
parent filament. Just how long the magnetic cloud stays connected to the Sun

HELIOS 1
l-cLouD —|

Fig. 6.39. Field and plasma data
for an interplanetary shock and the
magnpetic cloud driving the shock.
From top to bottom: magnetic field
flux density, elevation, azimuth, so-
lar wind speed, plasma density, and
proton plasma temperature. The
vertical lines indicate the shock
and the boundaries of the mag-
netic cloud. From L.F. Burlaga [70],
in Physics of the inner heliosphere,
vol. II (eds. R. Schwenn and E.
Marsch), Copyright 1991, Springer-
JUNE , 1980 Verlag, Berlin
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Fig. 6.40. Proposed
topology of a magnetic
cloud in interplanetary
space. Reprinted from
L.F. Burlaga [70], in
Physics of the inner
heliosphere, vol. II (eds.
R. Schwenn and E.
Marsch), Copyright
1991, Springer-Verlag

is still an open question, so therefore the dashed lines in Fig.6.40 indicate the
possibility but not the necessity of such a continued connection.

Magnetic clouds are the main cause for geomagnetic disturbances, their
geomagnetic effectiveness depends on whether the field at the leading edge
has a strong northward or southward component (Sect. 8.5.2).

6.7.8 Interplanetary Shocks

In the event in Fig. 6.39 a shock has been observed in front of the magnetic
cloud. But only about one-third of the CMEs in space drive an interplanetary
shock [199], while apparently all travelling interplanetary shocks are driven by
CMESs, although the magnetic cloud is not necessarily detected if the observer
is located at the flank of the shock. Most shocks are observed around the solar
maximum.

Interplanetary shocks are identified by characteristic changes in the
plasma and field parameters, in particular a sudden increase in plasma den-
sity, speed, and temperature, and a jump in the magnetic field strength.
Figure 6.41 shows two examples of shecks in the Helios data. From top to
bottom, plasma temperature, plasma density, solar wind speed, and magnetic
field strength are shown. Both examples can be identified best by the sudden
jump in magnetic field strength. Here it is also obvious that each of the shocks
consists of a forward shock (marked by a dashed line) and a reverse shock
(marked by an arrow). Owing to the rather poor temporal resolution the
shocks are more difficult to identify in plasma data. However, in the example
on the right, the jumps in the plasma parameters at the forward shock are
obvious. This is a fast, strong shock with a local shock speed of 1181 km/s.
The example on the left, although the jump in magnetic field is by the same
factor, is a slow, rather weak shock with a speed of 508 km/s, only slightly
above the solar wind speed.

The properties of interplanetary shocks are highly variable. Between
0.3 AU and 1 AU, the basic characteristics are as follows:
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Fig. 6.41. Two examples for shocks observed by Helios 1. Vertical dashed lines
mark the arrival of the forward shock; the arrows mark the reverse shock. Solar
wind data from the MPAe Lindau experiment on board Helios, magnetic field data
from the University of Braunschweig magnetometer on board Helios

e The compression ratio varies between 1 and 8 with an average close to 2.
o The magnetic compression (ratio between the upstream and downstream

magnetic field strengths) varies between 1 and 7 with an average at 1.9,
Shock speeds in the laboratory frame vary between 300 km/s and 700 km/s
with an average of about 600 km/s. Occasionally, shock speeds above
2000 km/s can be observed. Obviously, shocks with speeds only slightly
above 300 km/s can be observed in very slow solar wind streams only.
Since the shock speed is lower towards the flanks, the tongue-like shape
of the shock front closely resembles the shape of the leading edge of the
magnetic cloud, as shown in Fig. 6.40.

The angular extent of the shock varies between a few tens of degrees and
up to 180°; the shock is always wider than the driving CME.

The Alfvén Mach number is between 1 and 13 with an average at 1.7.

The shock parameters, of course, are related to the properties of the CME,
such as speed, angular extent, and total energy released.

An interplanetary shock is a disturbance propagating into the expanding

solar wind. The shock should develop absolutely because it expands, and also
relative to the ambient medium as the latter expands differently. In particular,
the expansion of the shock leads to a decrease in the plasma and magnetic
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s CME and flare

Fig. 6.42. Radial variation of the shock
speed from the Sun to 1 AU. If the CME is
very fast close to the Sun, shock and CME
slow down during propagation. This is gener-
ally the case when the CME is accompanied
CME without flare by a flare. If the CME is slow close to the
(disappearing filament) Sun, as in case of a disappearing filament,
r  the propagation speed is roughly constant

flux densities. Thus the energy density also decreases. But the latter decreases
not only because of the shock’s expansion: turbulence created in the wake of
the shock and particles accelerated at the shock front (Sect. 7.6) also reduce
the shock’s energy.

Changes in shock parameters with radial distance can be quite different
from one shock to another. As an example, in Fig. 6.42 the radial variation
of the shock speed is shown. Two extreme cases can be distinguished. If a
shock is very fast close to the Sun (with CME speeds above 1000 km/s),
it is likely to decelerate in interplanetary space. On the other hand, shocks
that are rather slow on the Sun do not decelerate but propagate at roughly
constant speed. Possible interpretations can be found in the energy release
mechanism: it is more explosive in fast shocks and CMEs, which in general
are also accompanied by a flare, compared with rather continuous in the
slower ones. In addition, the faster shocks in general tend to be more efficient
particle accelerators, and thus part of the shock’s kinetic energy is converted
into kinetic energy of particles. In some sense this relates to the different
speed characteristics of the CMEs and to the conversion of shock kinetic
energy into particle energy.

6.8 Shock Waves

A shock is a discontinuity separating two different regimes in an otherwise
continuous medium. It is associated with something moving faster than the
signal speed in the medium: a shock front separates the Mach cone of a
supersonic jet from the ambient, undisturbed air. Here the disturbance and
the shock are moving, and thus the shock is called a travelling shock. Standing
shocks also form: in a river, a shock forms in front of the bridge pier where
the fast stream suddenly is slowed down. In space plasmas, both kinds of
shocks exist: mass ejections propagating from the Sun through interplanetary
space drive travelling shocks. The supersonic solar wind is slowed down at
planetary magnetospheres, forming the bow shock, a standing shock wave.
At these discontinuities the properties of the medium change dramatically.
We can define a shock as follows:
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1. The disturbance propagates with a speed faster than the signal speed. In
a gas, the signal speed is the speed of sound; in space plasmas, it depends
on the Alfvén speed and the sound speed.

2. At the shock front, the properties of the medium change abruptly. In a
hydrodynamic shock, pressure and density increase; in a magnetohydro-
dynamic shock, plasma density and magnetic field strength increase.

3. Behind the shock front a transition back to the properties of the undis-
turbed medium must occur. Behind a gas-dynamic shock, density and
pressure decrease; behind a magnetohydrodynamic shock, plasma den-
sity and magnetic field strength decrease. If this decrease is fast, a reverse
shock develops.

Shock waves can be stable for long times (in the solar system up to some
months) and can propagate even out to the boundary of the solar system.

While the study of gas-dynamic shocks started in the late nineteenth
century and had its heyday in the 1940s, the study of plasma shocks started
only in the fifties as an interest in fusion plasmas and the consequences of
nuclear explosions in the atmosphere awoke. At that time, also a certain kind
of shocks in a plasma has been detected that differed strongly from the gas-
dynamic shock: in these collisionless shocks, densities are too low to allow for
collision between individual atoms or molecules. Instead, the collective effects
of the electrical and magnetic properties of the plasma allow for frequent
interactions and the formation of a shock wave.

Collisionless shocks therefore are different from gas-dynamic shocks.
Nonetheless, the concepts about the fundamental nature of shocks are the
same as in a gas-dynamic shock, as are the basic conservation laws.

6.8.1 Information, Dissipation, and Non-linearity

A shock is a non-linear wave of “permanent” form propagating faster than
the signal speed. Thus an understanding of a shock has to invoke the concepts
of information, dissipation, and non-linearity.

Information can be transferred by a propagating disturbance; the sound
wave is the simplest example. It can transfer information either as a contin-
uous stream of different waves (as in language or music) or as a rather sharp
pulse like the “bang” following an explosion or the “clap” in hand-clapping.
Though the information contained in these latter signals might be more diffi-
cult to decipher, they are more useful for the explanation of shock formation
because they are wave parcels with a well-defined onset. These sounds travel
as pressure pulses through the air. Their distance from the source defines the
information horizon: inside the information horizon, the signal has already
been received, outside it has not yet been detected.

A sound wave is a compressional wave: the density increases with increas-
ing pressure. Sound waves are “simple” waves. The compression is assumed
to be adiabatic: the gas is compressed such that on expansion it returns to
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its original state. This is possible because the compression is fast enough to
prevent thermal conduction from removing heat. Thus the compression is
isentropic, the entropy does not change. Furthermore, we assume that the
disturbance is small and therefore viscosity, friction, and heat conduction
are negligible, and that the gas behaves according to the ideal gas law. We
then can calculate the sound speed according to (4.40). It is independent of
frequency but depends on the gas parameters, for instance the temperature.

The creation of a supersonic disturbance can then be viewed from different
perspectives: we can ask ourselves whether information can travel faster than
the speed of sound, we can study a disturbance moving faster than sound, or
we can study a large-amplitude disturbance.

Let us start with the latter case. A large-amplitude pressure pulse can be
created by an explosion. In air, close to the site of the blast, the sound speed
can increase up to about 1000 km/s. But the signal does not propagate as a
harmonic wave: in the compressional phase the pressure amplitude can ex-
ceed the atmospheric pressure. During decompression, however, the pressure
cannot drop below zero. Thus the amplitudes of the positive and negative
half-waves are different.’ In addition, in a large-amplitude wave the change
in sound speed during compression and decompression becomes significant:
during compression the temperature increases and the wave can propagate
faster, while during the other half-wave the temperature decreases, leading
to a slower propagation. Thus the wave front steepens in time, similar to a
water wave running into shallow water. If the steepening eventually leads to
a jump in density and pressure, a shock wave has formed. This kind of shock
is called a blast wave shock. Type II radio burst in the solar corona probably
indicate blast waves (Sect. 6.7.1). Blast wave shocks are often used in the
numerical simulation of interplanetary shocks [138,245,494], although today
it is realized that interplanetary shocks are driven shocks.

A driven shock is associated with an object moving faster than a sound
wave. In this case, even a small-amplitude disturbance can lead to the pres-
sure and density jump that defines a shock. An object moving through air
transfers momentum and energy to the ambient molecules. The motion of
the object also requires motion of the air: molecules in front of the object
must give way to it by streaming around the object and again collecting be-
hind it. But to do this, the molecules must first receive information about
the approaching object. The pressure pulse in front of a subsonic vehicle
provides this information. For a supersonic vehicle, the information also has
to be provided, even if only for a short distance ahead. Thus the medium
has to be changed to allow for the faster propagation of information. As the

® The same argument holds in an even more expressive example, the shallow water
wave which steepens until it finally breaks and spills over. Although the water
wave as a surface wave requires a slightly different description it should be kept
in mind as an illustrations because it is more likely to be related to everyday
experience than an acoustical blast wave shock.
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motion starts to become supersonic, the initially small-amplitude pressure
pulses pile up in front of the vehicle, leading to a large-amplitude distur-
bance. This large-amplitude disturbance is able to change the properties of
the medium irreversibly: after the disturbance has passed by, the medium
will be in a different state. Since the disturbance will change the temperature
of the medium it also will change the sound speed.

6.8.2 The Shock’s Rest Frame

The simplest description of a gas-dynamic shock uses the shock’s rest frame
(see Fig. 6.43): gas with a speed larger than the signal speed is flowing into
the shock from the upstream medium which so far has not received any
information about the approaching shock. Since this side is not modified by
the shock, it is also called the low-entropy side. At the shock front, irreversible
processes lead to the compression of the gas and a change in speed: across the
shock front, mass conservation is required, and thus the amount of matter
flowing through each element of the shock surface has to be constant. The
flow out of the shock front into the downstream medium is subsonic and the
density is increased. Thus we can define a shock as an entropy-increasing or
irreversible wave that causes a transition from subsonic to supersonic flow.
Theoretically, the disturbance driving the shock can propagate at any
speed. Therefore, the shock’s propagation speed can increase without any
limit. The Mach number M is defined as the ratio between the shock speed
in the upstream medium and the sound speed. It is always determined in
the rest frame of the shock. In the upstream medium, M is larger than 1,
in the downstream medium it is smaller. Thus in the downstream medium
the plasma leaves the shock with a speed smaller than the sound speed: any
disturbance in the downstream medium can propagate away from the shock.
We can now easily understand that a travelling shock and a standing
shock are identical: in a travelling shock a supersonic disturbance propagates
through the medium while in a standing shock the object is at rest and the
flow is supersonic. Thus the difference between standing and travelling shocks
depends on the frame of reference only; the systems are Galilean invariant.

SHOCK FRONT

qustream downstream
(low entropy) (high entropy) Fig. 6.43. Frame of reference for the de-
scription of a shock. The shock front is at
— rest, plasma flows with a high speed wu,
Uy l?d} from the upstream medium into the shock
front and leaves it with a lower speed uq4
into the downstream medium
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6.8.3 Collisionless Shock Waves

In a gas-dynamic shock, the important process is the collision between
molecules: they establish a temperature distribution, temperatures of dif-
ferent species are equalized, density and temperature fluctuations can prop-
agate, and the viscous forces associated with them lead to dissipation.

Space plasmas are rarefied, and thus collisions are rare. These shocks
are called collisionless shocks. The lack of collisions has some implications,
for instance: electrons and protons can have different temperatures, their
distributions can be very different from a Maxwellian making the classical
concept of temperature obsolete, the presence of a magnetic field might even
lead to highly anisotropic particle distributions, and processes of dissipation
involve complex interactions between particles and fields.

Nonetheless, shocks are frequently observed in space plasmas. While the
coupling between the particles due to collisions is negligible, the magnetic field
acts as a coupling device, binding the particles together. We have already used
this assumption in magnetohydrodynamics (MHD) where we have described
a magnetized plasma by concepts such as pressure, density, and bulk velocity.
These concepts also prove helpful in the description of the plasmas upstream
and downstream of the shock. The details of the shock front and the plasma
immediately around it, however, cannot be covered within this framework
because MHD does not consider the motions of and the kinetic effects due
to individual particles. While we are still far from understanding the details
of these processes, observations indicate that the collective behavior of the
plasma is mainly due to wave—particle interactions. Thus collisionless shocks
are an example of a macroscopic flow phenomenon regulated by microscopic
kinetic processes. A popular account can be found in [455], a discussion of
laboratory experiments to produce collisionless shocks is given in [135].

6.8.4 Shock Conservation Laws

Plasma properties in the upstream and the downstream media are different
in parameters such as bulk flow speed u, magnetic field B, plasma density
0, and pressure p. The relationship between these two sets of parameters is
established by basic conservation laws, the Rankine-Hugoniot equations.

Rankine-Hugoniot Equations in Ordinary Shocks. A very clear de-
scription of the Rankine-Hugoniot equations and their application to hydro-
and aerodynamic shocks is given in [108]. These equations describe the con-
servation of mass, energy, and momentum through the shock front, and can
even be applied to simple shocks in space plasmas if the distributions are
isotropic Maxwellians and the magnetic field is roughly parallel to the flow.

In these conservation laws the shock is assumed to be infinitesimally thin.
In optics, a boundary is thin with respect to the wavelength and thick with
respect to the spacing of the molecules in the crystal structure. Analogously,
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in MHD a boundary is thin with respect to the scale length of the fluid
parameters (if waves are involved, as in a shock, it is thin with respect to
the wavelength) but thick with respect to the Debye length and the ion gyro-
radius, both being characteristic for the collective behavior of the plasma.
In the remainder of this section the abbreviation [X] = X, — X4 gives the
difference of a quantity X in the upstream and the downstream media. The
Rankine-Hugoniot equations for a gas-dynamic shock then are:

e conservation of mass:
[mua] = [oun] =0 (6.43)

o conservation of momentum normal to the shock:
[ouZ +p] =0; (6.44)
e conservation of momentum tangential to the shock:
[ounut] = 0; (6.45)

e conservation of energy normal to the shock:

[ (97“2 + %Vj - p> un] =0. (6.46)

Here u is the flow speed, u, (u¢) the flow speed normal (tangential) to the
shock, g the density, p the pressure, and -, the specific heat ratio, all measured
in the shock’s rest frame. The conservation of energy considers both kinetic
flow energy and internal energy. Combining (6.43) and (6.44) yields [us = 0]:
the tangential component of the flow is continuous. Therefore, we can choose
a coordinate system moving along the shock front with the speed us. In this
normal incidence frame (see left panel in Fig. 6.44), u equals uy.

The mass conservation (6.43) can be used to estimate the local shock
speed. Making a Galilean transformation into the laboratory system, it can
be written as [9(vs — un)] = 0. Rearrangement gives the shock speed

Ve = 0dUn,d — Quln,u . (647)

0d — Qu

In applying (6.47) to shocks in space plasmas, in particular travelling inter-
planetary shocks, we should be aware of its limitations. First, the magnetic
field is neglected; the shock is a simple gas-dynamic one. Second, the shock is
assumed to be spherically symmetric with the flow perpendicular to the shock
surface. For an interplanetary shock, this is an oversimplification [244,472]
and the speed estimated from (6.47) only gives the radial component of the
shock speed. It therefore can be used as a lower limit only. However, observa-
tions suggest that the deviation of the shock normal from the radial direction
is often less than 20° [89], and thus (6.47) is a reasonable approximation.
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Note that the shock speed alone is not indicative of the energetics of the
shock. The shock speed becomes large if the denominator in (6.47) is small.
Thus a small increase in density across the shock can often be associated
with a high shock speed, while the total energy in terms of compression and
mass motion is rather small.

Example 21. For the shocks in Fig. 6.41, the following plasma parameters can
be determined from the figure: for DOYs 217 and 268, we obtain upstream
densites 30 cm ™3 and 14 cm ™3, downstream densities 60 cm 2 and 105 cm 3,
upstream speeds 360 km/s and 602 km/s, and downstream speeds 420 km/s
and 1101 km/s, respectively. From (6.47) we then obtain local shock speeds of
480 km/s and 1204 km/s; the compression ratios r,, are 2 and 7.3, respectively.
Both shock speeds are good approximations to the more accurate values given

in the figure. ]

Rankine-Hugoniot Equations in MHD Shocks. The crucial difference
between a MHD shock and an ordinary shock is the magnetic field. Thus
we have to expand the conservation laws to also accommodate the field.
In addition, the geometry becomes more complex because the flow is not
necessarily parallel to the field.

Often a special rest frame is used, the de Hoffmann—Teller frame (right
panel in Fig. 6.44). In the normal incidence frame, the upstream plasma flow
is normal to the shock and oblique to the magnetic field. The downstream flow
is oblique to both the magnetic field and shock normal. In the de Hoffmann—
Teller frame [127], the plasma flow is parallel to the magnetic field on both
sides of the shock and the u x B induction field in the shock front vanishes:
the reference frame moves parallel to the shock front with the de Hoffmann—
Teller speed vyr X B = —F.

For a MHD shock, the Rankine-Hugoniot relations can be inferred in the
same way as in a gas-dynamic shock [58,68,121]. With n being the unit
vector along the shock normal, the Rankine-Hugoniot equations are:

e the mass balance, which is the same as for the ordinary shock,

[ou-n]=0; (6.48)
SHOCK FRONT SHOCK FRONT
upstream do wnstream upstream downstream
Bgq
/
Ud

Fig. 6.44. Frames of reference for MHD shocks: normal incidence frame (left) and
de Hoffmann-Teller frame (right)
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e momentum balance, where the additional terms describe the magnetic pres-
sure perpendicular and normal to the shock front,

{QU(u-n)+<p+%)n—(£fE]=0; (6.49)

e energy balance, where the additional terms describe the electromagnetic
energy flux E x B/uy with the electric field expressed by F = —v x B,

e Maxwell’s equations
[B-n]=0, (6.51)

which follows from VB = 0, and states that the normal component of the
magnetic field is continuous (B, = const), and

nx (uxB)=0, (6.52)

which states that the tangential component of the electric field must be
continuous.

The Rankine-Hugoniot equations are a set of five equations for the unknown
quantities g, u,p, By, and By.

6.8.5 Jump Conditions and Discontinuities

The Rankine-Hugoniot equations allow the calculation of the downstream
plasma parameters from the knowledge of the upstream parameters of a
MHD shock. But these conservation equations are more general; the solutions
of (6.48)—(6.52) are not necessarily shocks, instead a multitude of different
discontinuities can be described, too.

A contact discontinuity does not allow for a plasma flow across it, and thus
it is u, = 0. It is associated with an arbitrary density jump while all other
quantities remain unchanged. The magnetic field has a component normal to
the discontinuity (B, # 0), and thus the two sides of the discontinuity are
not completely decoupled but tied together by the field such that they flow
together at the same tangential speed uy.

A tangential discontinuity separates two plasma regions completely from
each other. There is no flux across the boundary (u, = 0 and B, = 0) and
the tangential components of both quantities change ([u¢] # 0 and [Bg] # 0).
Plasma and field change arbitrarily across the boundary but a static pressure
balance is maintained: [p + B?/2u0] = 0. Tangential discontinuities thus are
examples for pressure balanced structures. Typical changes in plasma and
field parameters are sketched in the left panel in Fig. 6.45.
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Fig. 6.45. Changes in magnetic field and plasma parameters across a tangential
discontinuity (left) and a rotational discontinuity (right). Here o, indicates a change
in the direction of the quantity z. piot gives the total pressure, the sum of kinetic,
plasma, and magnetic pressures, based on [36]

A rotational discontinuity can be viewed as a large-amplitude wave. In an
isotropic plasma, the field and the flow change direction but not magnitude.
The rotational discontinuity requires pressure equilibrium according to (6.49).
Because there is a flux across the boundary, we get u, # 0 and By, # 0. The
normal flow speed is u, = By//Ho0 and the change in tangential flow speed
is related to the change in tangential magnetic field: {us] = [By//poo]. Thus
normal flow speed and the change in tangential flow speed are directly related
to the Alfvén speed and the change in tangential Alfvén speed. The rotational
discontinuity therefore is closely related to the transport of magnetic signals
across the boundary. The jump conditions for a rotational discontinuity also
apply at boundaries suitable for reconnection. Typical changes in plasma and
field parameters are sketched in the right panel in Fig. 6.45.

6.8.6 Shock Geometry

One important parameter in the description of a MHD shock is the local
geometry, i.e. the angle fp, between the magnetic field direction and the
shock normal. Shocks can be classified according to 8gy:

e a perpendicular shock propagates perpendicular to the magnetic field:
OBn = 900;

e a parallel shock propagates parallel to the magnetic field: 65, = 0°;

e an oblique shock propagates at any 6, between 0° and 90°. Oblique shocks
can be subdivided into
e quasi-parallel shocks with 0° < fg, < 45° and
e quasi-perpendicular shocks with 45° < g, < 90°.

The shock shown in Fig. 6.44 therefore is a quasi-parallel shock.



6.8 Shock Waves 205
6.8.7 Fast and Slow Shocks

A shock differs from the discontinuities described in Sect. 6.8.5 in so far
as there is a flow of plasma through the surface (u, # 0) combined with
compression and changes in flow speed. Note that in a parallel shock B; equals
0 and the magnetic field is unchanged by the shock, while in a perpendicular
shock the normal component of the magnetic field vanishes, B, = 0, and
both plasma pressure and field strength increase at the shock. The parallel
shock therefore behaves like a gas-dynamic shock — except for the fact that
the collective behavior of the plasma is regulated by the magnetic field and
not by collisions.

In a plasma, different modes of MHD waves exist which can steepen to
form a shock: fast, slow, and intermediate waves (see Fig. 4.4). Of these
waves, only the fast and the slow waves are compressive. The intermediate
wave is purely transverse with the velocity perturbation perpendicular to
both kg and Bg. The intermediate shock, sometimes also called an Alfvén
shock, only exists in an anisotropic medium. In an isotropic plasma, such
as the solar wind, it is not a shock but a rotational discontinuity: there is a
rotation of the magnetic field by 180° in the plane of the shock but no density
jump across the shock. Thus there is a flow across the boundary, but without
compression or dissipation. In addition, the planes defined by the magnetic
field and the plasma flow direction in the upstream and downstream media
are not parallel but oblique. In an intermediate shock the propagation speed
parallel to the magnetic field equals the Alfvén speed, i.e. v,y = va cosfgy,.

Real shocks are formed by fast and slow magneto-sonic waves only. In
both modes, the plasma density and pressure change across the shock. The
phase speed of these modes is (see (4.49))

N sion = (02 +03) £ 1/ (02 +03)2 — 40203 cos? 6, (6.53)

with the + sign referring to the fast and the — sign to the slow mode. If
these waves propagate perpendicular to B, then vipter = Usiow = 0 and
Vst = /4 + v2. For propagation parallel to B either vgg equals vinger
for va > Vs OF Uinter €quals Usiow fOr v < vs (see Fig. 4.4). For the different
modes, different Mach numbers can be introduced: My is the Alfvén Mach
number, M, the sonic Mach number (the same as the Mach number in a sim-
ple gas-dynamic shock), and My and M; the slow and fast Mach numbers,
respectively.

The change in the magnetic field is different in fast and slow shocks: in a
fast shock the magnetic field increases and is bent away from shock normal
because the normal component of the field is constant. The normal compo-
nent of the upstream (downstream) flow speed is larger (smaller) than the
propagation speed of a fast MHD wave and both upstream and downstream
flow speeds exceed the Alfvén speed. In a slow shock, the upstream speed
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// rection across a fast and a slow MHD
shock

exceeds the sound speed but not the Alfvén speed. In addition, the mag-
netic field strength decreases across the shock and the field therefore is bent
towards the shock normal (see Figs. 6.46 and 6.47).

Travelling interplanetary shocks in general and planetary bow shocks in
particular always are fast MHD shocks. So far, only a few slow shocks have
been observed in situ in the solar system [90,441]. In the solar corona, how-
ever, slow [248] and intermediate [502] shocks might be more common because
both the Alfvén and sound speed are much higher (see Fig. 6.33).

For many aspects, in particular shock formation and particle acceleration
at the shock, the crucial quantity is not the shock speed but its component
Us|| = vs sec U, parallel to the magnetic field. A rather slow disturbance can
still have a large propagation speed parallel to B if g, is large enough. To
form a shock, a disturbance must propagate with vg > va to catch up with
the waves propagating along the field, but it must not necessarily propagate
with v, > va. This problem becomes evident in the definition of the Alfvén
Mach number. In a stationary frame of reference, the Alfvén Mach number
is defined as

My =" (6.54)
vaA

which is the shock speed in an upstream reference system relative to the
Alfvén speed. With this definition, even fast MHD shocks occasionally can
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Fig. 6.47. Changes in magnetic field and plasma parameters across a fast (left)
and a slow (right) shock. Based on [36]
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have Mach numbers smaller than 1. A better definition, such as the critical
Mach number
Vg — Uy
-—, 6.55
7 va cosfpy ( )
is formally more helpful because M. = 1 exactly gives the intermediate shocks
while fast shocks always have M. > 1. But to determine the critical Mach

number, the local geometry fg, must be known.

6.8.8 The Coplanarity Theorem

In Fig. 6.44 we have tacitly assumed that the shock normal and the magnetic
field directions in the upstream and the downstream media all lie in the same
plane. This assumption is called the coplanarity theorem and is a consequence
of the jump conditions at the shock. It can be expressed as

n-(Bgx By)=0. (6.56)

If we only consider the transverse component, the momentum balance (6.49)
for an isotropic pressure p can be written as

B
ny — —B¢| =0. .
[QU Uy 20 t] 0 (6.57)
Equation (6.52) can be written as [un By — Bau] = 0. Therefore both [Bi]
and [u, By are parallel to [u.] and thus also parallel to each other. Then we
have [uyBi] X [un Bt = 0. Resolving the parentheses gives

(un,u - un,d)(Bt,u X Bt,d) =0. (6.58)

Since [u,] does not vanish, the upstream and downstream tangential mag-
netic components must be parallel to each other. Thus the upstream and
downstream magnetic field vectors are coplanar with the shock normal vec-
tor and the magnetic field across the shock has a two-dimensional geometry.
The bulk velocity is coplanar with the shock, too.

6.8.9 The Shock Normal Direction

An application of the coplanarity theorem is the calculation of the shock nor-
mal in observational data. If the shock normal is known, the angle 6g,, which
is crucial for shock formation and particle acceleration, can be calculated.

If only magnetic field measurements are available, the coplanarity theorem
(6.56) for the magnetic field can be used. Since the magnetic field is diver-
genceless, we have (B, — Bg) - n = 0. Thus together with (6.56) we have
defined two vectors perpendicular to the shock normal. These vectors can be
used to calculate the shock normal:

(B, x Bg) x (By — Ba)
(Bu x Ba) x (Bu = Ba)|

n= (6.59)
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This method does not work if B, is parallel to Bg. The shock normal derived
according to (6.59) is called the coplanarity normal. If also three-dimensional
plasma measurements are available, other constraints, in particular the copla-
narity theorem for the bulk velocity, can be used to determine the shock nor-
mal. In addition, different methods can be combined into one overdetermined
solution and solved for a best-fit shock normal [453].

With the known shock normal we are also able to determine the shock
speed vs more accurately than suggested by (6.47):

Vg = QdUd — Qultlu - (6.60)

0d — Ou

Ezample 22. Let us briefly return to example 21. From the details of the
magnetic field, a colleague has inferred the shock normal and the direction of
the upstream and downstream plasma flows relative to it. For simplicity, the
shock normal is given here as (1, 0), with the z-component in the direction of
shock propagation. For the shock of DOY 217, the direction of the upstream
flow is (0.94, 0.34), and that of the downstream flow is (0.98, 0.17); the shock
is therefore almost quasi-parallel as expected from the weak compression in
the magnetic field. The shock speed then is

0.98 0.94
- 60 x (017) x 420 — 30 x (0.34) x 360 (1

k =
60 =30 0) m/s = 485 km/s ,
(6.61)

which is slightly above the values of 480 km/s determined in example 21. O

6.9 What I Did Not Tell You

In the previous chapters, we have basically dealt with the “well-defined” top-
ics of physical concepts. In this chapter, we have encountered “real-world”
physics in a complex environment. We have used our concepts to describe the
observations; however, we should be aware that the basic concepts describe
only the general features of the natural phenomena — to understand the de-
tails and interpret the observations correctly, we need more advanced models
(Chap. 12).

But before we can turn to advanced models, we have to be aware of the
limitations of our measurements. For instance, all in situ measurements suffer
from one basic problem: interplanetary space is a three-dimensional medium
which is highly variable in space and time. Thus, formally, all our variables
are fields (r,t) varying in time. What we observe is a time series of the
parameter € at a varying position inside the field because, in general, both
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the field (for instance, the magnetic field convected outwards with the solar
wind) and the observer move. Many of the ideas described in this chapter are
therefore based on sparse evidence.

We have already mentioned one example: in the interpretation of magnetic
field fluctuations, we are not able to distinguish between waves and turbulence
because the observed variations in plasma and magnetic-field parameters are
a mixture of temporal and spatial variations. But a one-point observation is
not only unable to resolve the nature of the local fluctuations, it is also unable
to resolve large-scale structures. For instance, the latitudinal distribution of
the solar wind speed shown in Fig. 6.25 is not a snapshot but sampled over
almost five years, because it took Ulysses that long to complete one orbit.
In addition, the solar wind speeds are measured at radial distances between
1.3 and 5 AU, again a consequence of Ulysses’ orbit. This sampling is not
necessarily a disadvantage, because in this case all sampling occurred during
a solar minimum and thus the figure can be interpreted as a measure for
average solar minimum conditions in the intermediate heliosphere between
1 and 5 AU. However, if we want to take a look at shorter time scales,
the figure is of limited use because it ignores all the short-term variability.
As a consequence, not only do we have to have our data but we also need
metadata, that is all relevant information about the data, instrumentation
and observational practice.

In this chapter we have also learned about an ambiguous method, that
of classification. Classification is useful because it helps us to focus on com-
mon aspects of different events/individuals and thus prevents us from getting
lost in details. But as long as we do not understand the physical differences
between the classes of events, our classification scheme will be based on phe-
nomenological criteria. Since the average height of males exceeds that of fe-
males, it might be worthwhile to discuss such a classification approach with
a 162 cm male and a 186 cm female to learn about its limitations.

The phenomenological classification scheme has another disadvantage:
with each new mission, it is at risk of becoming obsolete. For instance, in
this chapter, the occurrence of a CME has been mentioned as a possible
physical basis for the classification into impulsive and gradual flares. The
observations with the LASCO coronograph, however, showed that there were
more CMEs than believed previously and that many of the impulsive events
were accompanied by CMEs too. Thus, taking the occurrence of CMEs as a
criterion, we would get a different classification scheme, which would not be
in agreement with the original classification schemes. But CMEs also show
differences among themselves, in particular with respect to their spatial ex-
tent, their speed, and their ability to drive a shock. A distinction of CMEs
into different groups (again a classification) might help to support the origi-
nal classification scheme, and thus it is still valid that I have introduced this
accepted standard in this book — but you should be aware that this clas-
sification is temporary, that it varies, and that, depending on the author’s
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understanding, the terms “impulsive” and “gradual” are sometimes used with
slightly different meanings.

6.10 Summary

The heliosphere is structured by the solar wind and the frozen-in magnetic
field, which is wound up into Archimedian spirals due to the Sun’s rotation.
The fast solar wind originates in coronal holes at the poles while the slow wind
originates from the streamer belt close to the solar equator where sunspots,
filaments, and active regions are located. Where fast and slow solar wind
streams meet, corotating interaction regions form. Fluctuations on different
scales are superimposed onto the average field. They are related to waves orig-
inating in the corona, interactions between different solar wind streams, and
transient disturbances such as magnetic clouds and travelling interplanetary
shocks. The latter stem from coronal mass ejections, i.e. violent expulsions
of huge plasma clouds.

Exercises and Problems

6.1. Explain the basic conservation laws across a shock front. What are the
differences between a gas-dynamic and a hydrodynamic shock?

6.2. Explain the differences between a fast and a slow shock.
6.3. Derive (6.14) for the length of the Archimedian spiral.

6.4. Consider a 10 MeV proton in interplanetary space. Determine its gyro-
radius, its gyration period, and the wave numbers of the Alfvén waves in
resonance with the proton (assume three different pitch angles, 10°, 30°, and
90°). Compare with the corresponding values for a 1 MeV electron.

6.5. For an observer on the Earth, calculate the length of the magnetic field
line to the Sun and its longitude of origin (connection longitude). Do the
same for an observer at 5 AU. (Assume a plane geometry with the field line
confined to the plane of ecliptic.)

6.6. Imagine a slow solar wind speed starting on the Sun. 30° east of this
stream, a fast stream with twice the speed of the slow stream originates.
Where would they meet? (Simple assumption of an Archimedian magnetic
field spiral.)

6.7. An electron beam with ¢/3 propagates through the interplanetary plasma
and excites a radio burst (see example 17). Assume a decrease in plasma
density ~ 1/r2. Calculate the frequency drift under the assumption that the



Exercises and Problems 211

electron beam propagates radially. How do these results change if the cur-
vature of the Archimedian field line, along which the electrons propagate, is
considered? How would the curvature of the field line influence the frequency
drift of a type II burst in front of an interplanetary shock?

6.8. A magnetic loop on the Sun has a parabolic shape with B = By(1 +
s?/H?) with H = 30 000 m being the height of the loop and s the distance
from the top of the loop. Calculate the bounce period of particles with a speed
of 2¢/3. As the particles interact with the atmosphere at the mirror points,
they create hard X-rays. What is the time interval between two subsequent
elementary bursts?

6.9. The plasma instrument on an interplanetary spacecraft detects a sudden
increase in plasma density. No other changes in plasma or field are observed.
Is this a shock?

6.10. The plasma instrument on an interplanetary spacecraft detects a dis-
continuity with a jump in plasma density from 4 cm™2 to 8 cm™ and a
jump in plasma flow speed from 400 km/s to 700 km/s (all quantities in the
spacecraft frame). Determine the shock speed. What is the meaning of this
speed?

6.11. Assume the following average solar wind properties at the Earth’s orbit:
proton density 7 cm™2, electron density 7.5 cm—3, He?* density 0.25 cm ™3,
flow speed 400 km/s almost radial, proton temperature 2 x 10% K, electron
temperature 1 x 10° K, and magnetic field 7 nT. Calculate the flux densities
and the flux through a sphere of radius 1 AU for the following quantities:
protons, mass, radial momentum, kinetic energy, thermal energy, magnetic

energy, and radial magnetic flux.



7 Energetic Particles in the Heliosphere

The space between Heaven and Earth — is it not like a bellow?
It is empty and yet not depleted;

Move it and more always comes out.

Lao-Tzu, Tao Te Ching

Particles in interplanetary space come from sources as diverse as the Sun,
the planets, and the vastness of space. The properties of the different particle
populations provide information about the acceleration mechanism(s) and
the propagation between source and observer. Thus energetic particles can
also be used as probes for the properties of the interplanetary medium. To
describe acceleration and propagation, we use concepts such as reconnection,
acceleration at shock waves, and wave—particle interactions.

This chapter starts with an overview of the different particle populations
and subsequently discusses some of them in detail, in particular solar ener-
getic particles and their propagation, shock-acceleration, particles accelerated
at travelling interplanetary shocks and planetary bow shocks, and galactic
cosmic rays and their modulation.

7.1 Particle Populations in the Heliosphere

Energetic particles in interplanetary space are observed with energies rang-
ing from the supra-thermal up to 10%° eV. The main constituents are pro-
tons, a-particles, and electrons; heavier particles up to iron can be found in
substantially smaller numbers. The particle populations originate in differ-
ent sources, all having their typical energy spectrum, temporal development,
and spatial extent. Figure 7.1 summarizes the particle populations, Table 7.1
their properties, a recent review can be found in [435].

7.1.1 Populations and Sources

(A) Galactic Cosmic Rays (GCR) are the high-energy background pop-
ulation with energies extending up to 100 eV. They are incident upon the

M.-B. Kallenrode, Space Physics
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Fig. 7.1. Populations of energetic charged particles in the inner heliosphere.
Reprinted from H. Kunow et al. [305], in Physics of the inner heliosphere, vol.
II (eds. R. Schwenn and E. Marsch), Copyright 1991, Springer-Verlag

heliosphere uniformly and isotropically. In the inner heliosphere, the galac-
tic cosmic radiation is modulated by solar activity: the intensity of GCRs is
highest during solar minimum and reduced under solar maximum conditions.
For reviews see, for example, [47,133,160, 163, 268,350,416, 552].

(B) The Anomalous Cosmic Rays (ACR), also called the anomalous
component, energetically connect to the lower end of the GCRs but differ from
them with respect to composition, charge states, spectrum, and variation
with the solar cycle [153,154,157,257]. As neutral particles of the interstellar
medium travel through interplanetary space towards the Sun, they become
ionized. These charged particles are convected outward with the solar wind
and accelerated at the termination shock. Then they propagate towards the
inner heliosphere where they are detected as anomalous component.

(C) Solar Energetic Particles (SEPs) are accelerated in solar flares, the
injection of these particles into the heliosphere thus is point-like in space and
time. SEP energies extend up to some tens or a few hundred megaelectron-
volts, occasionally even into the gigaelectronvolt range [271,359]. The latter
can be observed with neutron monitors on the ground, the event is called a
ground-level event (GLE). Owing to interplanetary scattering, particle events
in interplanetary space last between some hours and a few days, depending
on the scattering conditions and the observer’s distance from the Sun. SEPs
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Table 7.1. Characteristics of particle populations in interplanetary space. The
letter in the first column is the same as in Fig. 7.1, the subsequent columns give
the temporal and spatial scales as well as the typical energy range

Temporal  Spatial Acceleration
scales scales Energy range mechanisms

A continuous global GeV-> TeV diffusive shock
B continuous global 10-100 MeV shock?
C 1] 0 keV-100 MeV  reconnection, stochastic,
selective heating, shock

D days extended keV-10 MeV diffusive shock,
shock-drift, stochastic

E 27 days large-scale keV-10 MeV diffusive shock
F continuous local keV-MeV diffusive shock, shock drift

not only provide information about the acceleration processes on the Sun
but also can be used as probes for the magnetic structure of interplanetary
space. Solar energetic particle events show different properties, depending
on whether the parent flare is gradual or impulsive [84,271,272]. In gradual
flares, the solar energetic particles mix with particles accelerated at inter-
planetary shocks. Although SEPs originate in flares, only a small fraction of
all flares leads to enhancements in energetic particles above background.

(D) Energetic Storm Particles (ESPs) are particles accelerated at inter-
planetary shocks. Originally, ESPs were thought to be particle enhancements
related to the passage of an interplanetary shock. The name was chosen to re-
flect their association with the magnetic storm observed as the shock hits the
Earth’s magnetosphere. Today, we understand the acceleration of particles at
the shock, their escape, and the subsequent propagation through interplane-
tary space as a continuous process, lasting for days to weeks until the shock
finally stops accelerating particles. The properties of particles accelerated at
interplanetary shocks are summarized for the tens and hundreds of kiloelec-
tronvolt range in [440,456,462,523,557] and for the megaelectronvolt range
in [83,85,267]. At very strong shocks, protons can be accelerated up to about
100 MeV or more [434,528].

(E) Corotating Interaction Regions (CIR) also lead to intensity in-
creases. Protons with energies up to about 10 MeV are accelerated at the
CIR-shocks [32,159, 314, 358, 490]. The energetic particles can even be ob-
served remote from the corotating shocks at distances where the shocks have
not yet been formed [305,573] or at higher solar latitudes when a spacecraft
is above the streamer belt where the CIRs form [136,306,487).

(F) Particles accelerated at planetary bow shocks are a local particle com-
ponent with energies extending up to some 10 keV [107]. An exception is the
Jovian magnetosphere where electrons are accelerated up to about 10 MeV.
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With a suitable magnetic connection between Earth and Jupiter, these Jovian
electrons can be observed even at Earth’s orbit [98,106].

Figure 7.2 gives the energy ranges and relative intensities for different
ion populations in the heliosphere. The figure is limited to energies below
100 MeV; above that energy the higher energetic end of the SEPs can be
found as well as the galactic and anomalous cosmic radiation. The spectrum
of the GCR is shown in Fig. 7.29.

7.1.2 Relation to the Solar Cycle

Figure 7.3 shows, from top to bottom, sunspot numbers, intensities of pro-
tons above 4 MeV, and intensities of protons above 60 MeV. The particle
data were obtained by the University of Chicago instrument on board IMP.
The lower proton energies are predominantly influenced by solar energetic-
particle events; the higher proton energies reflect the temporal development
of galactic cosmic rays, and only the individual events standing out above
the background are of solar origin.

The main characteristics of the solar-cycle dependence in the particle
components are (letters as in Fig. 7.1 and Table 7.1):

A GCRs have higher intensities during solar minima and lower intensities
during solar maxima, as evident from the bottom panel of Fig. 7.3.

B ACRs, which constitute a minority in the lower panel of Fig. 7.3, show the
same temporal variation.
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Fig. 7.3. Energetic particles during the solar cycle, IMP measurements; data from
Space Physics Interactive Data Resource (SPIDR), spidr.ngdc.noaa.gov/spidr/
index.html

C SEP events are more frequent during solar minima than during solar max-
ima (middle panel and spikes in the lower panel): active regions and fila-
ments are more frequent during solar maxima than during solar minima.
However, SEP events are also observed during solar minima.

D ESP events are also contained in the middle panel and show the same
temporal variation as SEPs.

E CIR events are more frequent during solar minima: a CIR is formed in the
interaction of a fast and a slow solar wind stream. The formation of the
CIR, the development of the shocks, and the particle acceleration all require
time. During solar maximum conditions, the stream pattern is frequently
disturbed by coronal mass ejections and magnetic clouds.

F Particle acceleration at planetary bow shocks appears to be rather inde-
pendent of the solar cycle. The temporal pattern in the observation of
Jovian electrons, for instance, is regulated not by solar activity but by
the magnetic connection between Jupiter and the observer. Of course, the
highly disturbed medium between the source and the observer during solar
maxima conditions makes detection more difficult.

In the study of energetic particles, we are interested in their source, in the
acceleration mechanisms, and in their propagation. Occasionally, the acceler-
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ation mechanism can be studied in situ, for example at travelling and coro-
tating shocks and at planetary bow shocks. For most populations, however,
the observer is remote from the source: there is no access to the acceleration
sites of solar energetic particles or galactic cosmic rays. Even particles accel-
erated at shocks in interplanetary space can be observed remotely from the
shock. In all these cases, interplanetary propagation has modified the parti-
cle populations. Therefore the properties of a particle population observed
in interplanetary space reflect in general the combined effects of acceleration
and propagation.

7.2 Solar Energetic Particles and Classes of Flares

Particle increases at the Earth’s orbit as a consequence of solar flares first
were detected in 1942 in neutron monitor records [164]. Because of the small
spatial and temporal extent of the particle source, SEPs not only provide
information about particle acceleration but also can be used to study inter-
planetary propagation.

Solar energetic particles are mainly protons, electrons, and a-particles
with small admixtures of >He-nuclei and heavier ions up to Fe. Protons and
ions can be accelerated up to some tens or hundreds of MeV /nucl, occasion-
ally even energies in the gigaelectronvolt range can be acquired. The electron
acceleration is limited to energies of some megaelectronvolts. The particle
increase above background can vary between hardly detectable and some or-
ders of magnitude (see Fig. 7.3). While the flare lasts only for a few minutes,
maybe even an hour, a solar energetic particle event at the Earth’s orbit typ-
ically lasts for a day or two, depending on the number of particles injected
into space, scattering conditions, and the presence of a coronal mass ejection
fast enough to drive an interplanetary shock.

Solar energetic particle events observed in interplanetary space exhibit
different features, depending on whether the parent flare was impulsive or
gradual [84,272]; some of these features are summarized in Table 7.2.

What do the differences in particle populations tell us and how can they
be related to the flare scenarios in Sect. 6.7.67 First of all, we can infer that
different acceleration mechanisms must be at work. The high charge states
of Fe (20) and Si (14) in impulsive events are indicative of acceleration out
of a very hot environment with temperatures of about ten million Kelvin
[329]. The coronal temperature of about two million Kelvin would imply
lower charge states of about 14 for Fe and 10 for Si, such as observed in
gradual events. Thus in the impulsive flares, the plasma must be heated
while in gradual flares particles can be accelerated out of the corona without
significant heating. Particle events following impulsive flares are also enriched
in some of the heavier ions, in particular an increase in *He/*He, Fe/C, and
Fe/O is observed [438]. Particle events following gradual flares, on the other
hand, show coronal abundances.
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Table 7.2. Properties of energetic particle events following impulsive and gradual
flares. The numbers refer to particles with energies of a few MeV /nucl

*He-rich gradual
Particles electron-rich proton-rich
3He/*He ~ 1 (enrichment 2000 times) ~ 0.0005
Fe/O ~ 1.234 (enrichment 8 times) ~ 0.155
H/He 10 100
Qre ~ +20 ~+14
Duration hours days
Longitudinal cone < 30° < 180°
Metric radio bursts III, V 11, I, IV, V
Coronograph - CME
Solar wind - ipl. shock
Event rate/a ~ 1000 ~ 10

These differences can be understood by the two flare models presented in
Sect. 6.7.6. Impulsive flares can be understood in terms of selective heating,
while in gradual flares particles are accelerated out of the cool coronal ma-
terial by the shock in front of the CME. Since the shock accelerates ions, in
particular H, more efficiently than electrons, impulsive flares are electron-rich
compared with gradual flares and also show a lower H/He ratio.

The shock in front of the CME has another consequence, namely the dif-
ferent longitudinal cones in which energetic particles can be observed. In the
model of selective heating, particles are accelerated on a few open field lines
adjacent to the closed loop in which the flare occurred. Thus out of the field
lines originating on the Sun, only a small bundle is filled with particles. But
these particles do not spread in all directions. Since SEPs are charged parti-
cles, they propagate along the magnetic field lines but not perpendicular to
them. Thus the particles stay on their field lines and an observer in inter-
planetary space only detects particles if she is on one of these field lines, i.e.
if she is magnetically connected to the source region. Owing to the curvature
of the interplanetary magnetic field line, under normal solar wind conditions
an observer on Earth is magnetically connected to a position at 60°W. Thus
for impulsive events, particles are detected on a spacecraft around the orbit
of Earth only when the flare occurred in the western hemisphere of the Sun.

In a gradual flare, the situation is different. The shock in front of the CME
has a large angular extent. Thus, the particles are not accelerated locally but
over a wide region. Therefore, particles are injected into a much larger cone of
field lines open to interplanetary space and the particle events therefore can
be detected at larger angular distances from the site of the energy release.
Thus, close to the Earth, particle events from gradual flares can also be
detected if they originated in the eastern hemisphere of the Sun.
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So far for a gradual flare we have only considered the particles accelerated
at the shock. But in the model of a large flare in Fig. 6.37, the CME and
the coronal shock are only one part of the event. The processes occurring
below the filament still closely resemble those in a flare without CME. The
characteristics of the particles interacting on the Sun can be inferred from
the ~y-ray line spectrum, and their temporal evolution also from the hard X-
ray emission. Corresponding observations indicate that the primary energy
release must be quite similar in impulsive and gradual events. In particu-
lar, although the electromagnetic emission in gradual flares lasts for a longer
time, the elementary energy release in both classes of flares occurs in bursts
that are similar. In addition, the compositions of the ions interacting on the
Sun are similar and both are indicative of some process similar to selective
heating. If the observer is magnetically connected close to the flare site in a
gradual event, these flare-accelerated particles can also be detected in inter-
planetary space. The upper panel of Fig. 7.4 shows the temporal evolution
of the intensities of protons, O, and Fe in a gradual flare. In the lower panel
the Fe/O ratio is shown for different energies. Early in the event, the Fe/O
ratio is high, as expected for an impulsive event. With time, the Fe/O ratio
decreases to a value typical of gradual events or the solar wind plasma. Thus
early in the event, flare-accelerated particles are present while with increasing
time the particles accelerated at the shock become more and more abundant.
Note also the differences in the time profiles: the high-energetic Fe channel
rises rather fast, and the intensity decreases after its maximum, i.e. a few
hours after the flare. This closely resembles a diffusive profile as expected for
a short injection on the Sun. In H and O, on the other hand, the intensity
stays roughly constant or even increases towards the shock because particles
are continuously accelerated and injected from the shock as it propagates
towards the observer.

We should be aware that in most cases a classification scheme is used to
order a complex data set rather than to reflect physical processes. Nonethe-
less, the two classes described in Table 7.2 are distinct kinds of events. But
whether there really are only these two classes, or whether the two classes re-
present extreme cases of a more continuous change from impulsive to gradual,
is still under debate. In particular, there are large impulsive flares which are
not accompanied by a CME but show characteristics which are in between
those given in Table 7.2, while on the other hand there are disappearing-
filament events where the particles exhibit features typical of events follow-
ing gradual flares, although no flare is observed. In addition, even if a flare
is accompanied by a coronal mass ejection, the latter does not necessarily
drive a shock. This latter point might become more interesting in the future,
as observations with the more sensitive SOHO coronograph show that small,
slow CMEs are relatively common and can also be observed in rather small
impulsive flares. Here the role of the CME is probably not the acceleration
of additional particles, because these CMEs tend to be small and slow, but
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Fig. 7.4. Particle intensities and the development of particle composition in a
gradual flare. Reprinted from D.V. Reames et al. [436], Astrophys. J. 357, Copyright
1990, American Astronomical Society

rather the opening of the flare loop in which the initial energy release oc-
curs, allowing the particles to escape into interplanetary space. If the latter
scenario turns out to be true, the particles observed in space should exhibit
properties in between those given in Table 7.2: although the charge states
should be high, the selective enrichment should be diminished because the
accelerated particles can escape before the mechanism of selective heating has
developed fully. A more detailed discussion of the above classification scheme
and the two classes of particle events can be found in [435]; a critical review
of that scheme and a discussion of the issues mentioned in this paragraph is
given in [271].

7.3 Interplanetary Transport — Theoretical Background

From the long time scales (several hours to some days) of solar particle
events compared with the flare duration, in the 1950s Meyer et al. [356]
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suggested that interplanetary transport might be diffusive. In this section
we shall discuss the basic concepts of diffusion, their physical foundation in
particle scattering at magnetic inhomogeneities (resonance scattering), and
different transport equations.

7.3.1 Spatial Diffusion

Diffusion is the consequence of frequent, stochastically distributed collisions;
thus it is a stochastic process. Therefore, it is not reasonable to discuss the
motion of individual particles; instead one has to consider an assembly of
particles, described by the distribution function.

But diffusion is not only spatial diffusion. If we carefully drip a drop of
ink into a glass of water, in time the drop will spread and eventually ink
and water will be mixed completely: the thermal motion leads to collisions
between ink and water molecules, distributing both species uniformly. This
is spatial diffusion. If we carry out the same experiment with a good drop of
cold cream and a cup of steaming hot tea, we find a second consequence of
the collisions: after some time, tea and milk have the same temperature, thus
thermal energy is transferred from the faster molecules to the slower ones,
leading to diffusion in momentum space. The existence of both processes has
already been mentioned in connection with Fig. 5.3.

Let us start with spatial diffusion alone. All particles have the same speed
and collisions lead to changes in the direction of motion only. To describe
the effect of diffusion, we have to keep track of a larger number of small
spatial steps for a large number of particles. Because the stochastic aspect is
important, we can borrow some concepts from probability calculus and use
simple games with coins as illustrations.

Tumbling Drunkards and Tossed Coins. Spatial diffusion, or more cor-
rectly, the motion of a particle in spatial diffusion, occasionally is called
“drunkards walk”. To get the picture, imagine a couple of drunkards, happily
lingering around a distiller. As they hear a police siren in the distance, they
start to stagger away, everyone in his own direction. They all make steps
of equal length but random direction. As a police helicopter arrives at the
scene, every drunkard had made N steps of length A. The spatial distribution
of the drunkards, as seen from the helicopter, is shown in Fig. 7.5. None of
the drunkards has covered the maximum possible distance N . Instead, they
are still relatively close to the distiller. How close, compared with the max-
imum distance, can be described by a quantity called the expected distance
or, mathematically more correct, the average squared distance. This average
displacement is AV/N as indicated by the circle.

Let us now reduce the problem to the one-dimensional case: the test
objects can only move along a straight line, again with constant step length.
We can simulate the resulting motion by flipping a coin: a head leads to a
step in the positive direction, a tail to a step in the negative one. Let us
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° Fig. 7.5. Distribution of drunkards staggering away from a
distiller D. The circle indicates the average expected distance
o MWN

consider one particle only. At first glance one might expect the expected
distance to be close to the starting point. In particular, after a large number
of tosses, we would expect the number of heads and tails to be roughly equal
and therefore the net displacement to be small. This, however, is a faulty
reversion of the law of large numbers, which is often observed in people
gambling only occasionally: if the coin has shown tails 9 times in succession,
the chance of heads in the next toss is exactly the same as in all previous
tosses, 50%, because the coin does not remember the results from the last
tosses. Thus in a long series of tosses, there can be quite a large deviation from
a deadlock between heads and tails. This has been known since the middle of
the seventeenth century when game theory was quite popular. Thus if for a
long time one side of the coin can be dominant, as indicated in Fig. 7.6, then
a large net gain for the one and a large loss for the other gambler results.
Or, in case of one-dimensional motion, the displacement from the starting
position can become quite large.

The average squared distance (Az)2, or the expected distance for short,
can be determined easily. The total squared displacement of the particle is
the sum of the displacements dx; in each individual step:

100
—-10

[70

Fig. 7.6. Gain and
10 000 loss chart for tossing

coins. In the upper

panel, the result of

100 tosses is shown, in

the lower panel 10 000

tosses have been con-
L-70 sidered




224 7 Energetic Particles in the Heliosphere

1

Fig. 7.7. Galton board: many small
scatters work together stochastically,
forming a bell curve (Gauss’s distri-
bution)

2 N N
(Az)? = (Z dxz) = (dzy +dzp + .. +day)? =) > dzide; . (7.1)

i=1 j=1

The individual displacements dz; are either +A or —A, both with a probability
of 0.5. Thus the product dz;dz; is either A* or —A. For i # j, dz; and dz;
are independent and both positive and negative values of the product have
the probability 0.5. In the sum (7.1) these terms cancel and only products
with i = j remain. They are always +)% and there are N such products.
Equation (7.1) then becomes

(Az)? = N)?. (7.2)

Thus with increasing number N of steps, the average displacement from the
starting point increases as V'N.
If the particle has a speed v, the total distance s travelled during a time ¢ is
s = vt. If N is the number of direction reversals during this time interval, the
distance also can be written as s = NA. Therefore in (7.2) we can substitute
N by vt/
(Az)? = NX? = o)t = 2Dt . (7.3)

Here D is the diffusion coefficient:
D= v\. (7.4)

Note that this diffusion coefficient has been defined for one-dimensional mo-
tion. For three-dimensional motion, the diffusion coefficient becomes

D=1uA. (7.5)

Galton Board and Bell Curve (Gauss’s Distribution). The average
distance is a statistical term which refers to a large assembly of particles. The
individual particles scatter around the starting point. Their distribution can
be described by the bell curve (Gauss’s distribution).
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Fig. 7.8. Broadening of a Gauss dis-
tribution with increasing standard de-
viation. Physically, this is equivalent to
the diffusive broadening of a distribu-
[ z tion with time

The Galton board is a graphical way to derive this distribution. It consists
of rows of pins, indicated by dots in Fig. 7.7, and models the scattering the
particles experience: as a ball hits a pin, it is deflected either to the left or to
the right. Then it hits a pin in the next row, which leads to another deflection
and so on. The solid line indicates a sample path. Below the lowest row, the
particles are collected in slots. The slot in which a ball finally comes to rest,
results from a large number (equal to the number of rows) of stochastic
interactions of comparable strength. If we use a large number of balls, the
distribution in the slots will be a bell curve or Gauss’s distribution:

Plz) = — exp<—(i‘—z—°)3). (7.6)

2o 202

Here z¢ is the average and o is the standard deviation. P(z) describes the
probability of a ball to be found in the slot at position xz. The standard
deviation o defines the width of the distribution: 68.3% of all values will be
inside the interval [z — 0,29 + o] and 95.4% inside [z — 20, 2o + 20]. It is

given as .
o? == (z —x0)? = (Az)?, (7.7)

n

and therefore describes the widening of the particle distribution or the ex-
pected displacement from the origin.

We can rewrite (7.6) and (7.7) to find an expression depending on the
diffusion coefficient. With (7.3) and (7.4) we find for the standard deviation

o =+/(Az)?2 = V2Dt = Vit (7.8)

and therefore for the bell curve

1 (x — x0)?
P(zx) = Toroni exp (—W> . (7.9)

Note that the maximum stays fixed while the distribution broadens with
time, as described by (7.3) and shown in Fig. 7.8.
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The Diffusion Equation. If collisions happen in a homogeneous gas en-
closed in a fixed volume, the relevant quantity to describe the diffusive pro-
cess is the mean free path. It does not make sense to talk about a diffusion
coefficient or an expected displacement because, viewed from the outside,
the collisions do not change the properties of the gas, only the individual
molecules change positions. This could be depicted by something similar to
the Galton board: while in the Galton board the pins are arranged to form
a triangle with the input only at the tip of the triangle, the modified board
would consist of pins arranged in a rectangle with the input all over the top
line. For each input slot, the spatial distribution is the same as for a Galton
board. But the superposition of all the different input slots leads to the same
number of particles in each output slot. For a gas this implies that on average
for each particle leaving a volume element another one enters.

The situation is different if there is a gradient. Then there are more par-
ticles of the species under study in one part of the volume than in the other.
Accordingly, a random walk carries more particles out of the volume with
high density than particles are carried in from the lower density region. Thus
a net transport results, reducing the gradient and eventually leading to an
equalized distribution. The streaming S of particles can be described as

S=-DVU, (7.10)

with D being the diffusion tensor for anisotropic diffusion and U the particle
density. The gradient is the driving force for the flow, a larger gradient leading
to a larger flow. The flow also depends on the mobility of the particles,
described by the diffusion tensor. If diffusion is isotropic, the diffusion tensor
reduces to the diffusion coefficient and the streaming becomes § = —DVU.
Since the diffusion coeflicient depends on the particle speed and on the mean
free path, for a given gradient the flow as well as the average displacement are
largest for fast particles undergoing only few collisions (thus having a large
mean free path) and smallest for slow particles undergoing many collisions.
The equation of continuity (3.35), gives the following for a volume element

ON
=+ ]{ Sdo=0. (7.11)
0(8)

Here N is the number of particles and S is the flux of particles through the
surface o of the volume element V. If U is the particle density, (7.11) yields

o}
gi/Ud3x+ ]{ Sdo=0. (7.12)
14 o(V)
With Gauss’ theorem (A.33) this is

U
5 TV5=0. (7.13)
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With (7.10) we can write the diffusion equation as

ou
5 =V (DVU). (7.14)

If the diffusion is independent of the direction (isotropic diffusion), we can
use the diffusion coefficient (7.4) instead of the diffusion tensor and get

ou

ot
If the diffusion coefficient is also independent of the spatial coordinate, as for
example in a homogeneous medium, the equation can be reduced further:

U
5 =DAU. (7.16)

We have already encountered the one-dimensional form of this equation in
Sect. 3.4.2 in Egs. (3.106) and (3.107).

V- (DVU). (7.15)

Solutions of the Diffusion Equation. The solution of the diffusion equa-
tion depends on the boundary conditions. In the general case we shall con-
sider propagation from the source at a position rg. Thus we have to consider
a source @ in the diffusion equation:

oU
5~ DAU = Q(ro,1). (7.17)

For a spherical symmetric geometry this can be written as

ou 10 ou
s o (rzDr§> = Q(ro,t) (7.18)

with D, being the radial diffusion coefficient, which describes the diffusion
between different radial shells [380,381].

The simplest case is a pulse-like injection of Ny particles at the position
ro = 0 at time g = 0. A typical example is the injection of solar flare particles
into the interplanetary medium. The solution of the diffusion equation for a
radial-symmetric geometry then reads

Ulryt) = ——0__ex (—4—;23) . (7.19)

J@Dap F

Two typical diffusive profiles are shown in Fig. 7.9. The intensity rises
fast to a maximum and than decays slowly ~ t~3/2. The time of maximum
tm can be determined by setting the first temporal derivative to zero:

2

t(r) = — (7.20)

6D,
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logU

A small

A large Fig. 7.9. Typical diffusive
t profiles for small and large As

The time of the maximum decreases with increasing mean free path and in-
creasing particle speed. That is what we expect from our experience with
gases and liquids: the diffusion of a minor constituent is faster with increas-
ing temperature (corresponding to a higher particle speed) and decreasing
density (corresponding to an increase in particle mean free path). The time
of the maximum increases quadratically with increasing distance. This can
be understood easily from (7.8): the average distance increases with v/%.

Graphically, the time to maximum can be interpreted as follows [560]: if
we write (7.20) in the form t,, = (r/2)) (r/v), we have r /v as the direct travel
time for the distance r and can interpret /2 as a measure of the number
of mean free paths between the origin and the observer at r. The quantity
r/2) therefore characterizes the delay due to diffusion.

Inserting (7.20) into (7.19) gives the density at the time of maximum:

No 3 Ng
= _3) o 2
U(r,tm) X ( 2) 3 (7.21)

J@re)p P

The intensity at the time of the maximum thus decreases with increasing
radial distance but it is independent of the diffusion coefficient.

Equation (7.20) is used frequently as a simple estimate of the radial mean
free path from the time of maximum of a particle profile observed in inter-
planetary space. Rewriting (7.20) we obtain

r2

T vt

(7.22)

Solutions of the diffusion equation so far have been obtained for the
spheric symmetric case, assuming that particles propagate radially from one
shell at r to the next one at » + Ar. The mean free path A, then refers to
the radial mean free path. In interplanetary space, the geometry is different:
particles propagate along the magnetic field line, thus it is more reasonable
to use a particle mean free path A parallel to the magnetic field line. In
addition, the field is not radial but Archimedian. The solution, however, is
identical to the radial one as long as the relation
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Ar = A cos® ¢ or D, = Dy cos® (7.23)

is obeyed [380,381]. Here % is the spiral angle between the radial direction
and the Archimedian magnetic field line. Note that here it is assumed that
diffusion perpendicular to the magnetic field is negligible [158,256,432].

Diffusion—Convection Equation. So far, we have considered particles be-
ing scattered in a medium at rest. A different situation arises if the medium
is also moving, for instance an oil spill in a river: the oil is distributed by
diffusion but is also carried along with the moving fluid. In interplanetary
space, the convection is due to the solar wind: the particles are scattered at
inhomogeneities frozen into the solar wind and therefore propagating together
with the solar wind. Thus the streaming in (7.10) has to be supplemented by
the convective streaming Scony = Un, giving S = Uu — DVU. Here u is the
velocity of the convective flow.

As above, the streaming can be inserted into the equation of continuity
(3.34), giving the diffusion—convection equation

O+ V(Uw) = V(DY) (7.24)

If u and D are independent of the spatial coordinate, (7.24) reads

ou
E +uVU = DAU . (7.25)
In the radial-symmetric case, the solution for a d-injection then is

U(r,t) = M} . (7.26)
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For small bulk speeds u of the medium the transport equation as well as its
solution converge towards the simple diffusion equation.

7.3.2 Pitch Angle Diffusion

Thus far we have not discussed the physical process of scattering. In the
graphical description we have tacitly assumed that we are dealing with large-
angle interactions: either the particle continues to propagate in its original
direction of motion or it is turned around by 180°. In chapter 5, however,
we have learned that fast particles in a plasma are more likely to encounter
small-angle interactions. Thus to turn a particle around, a large number of
interactions is required.

In space plasmas small-angle interactions are not due to Coulomb-scatter-
ing in the electric field of the background plasma but due to scattering at
plasma waves. The physical processes will be briefly sketched in Sect. 7.3.4;
the formal description is similar to the one discussed for spatial diffusion.
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Let us assume a magnetized plasma with an energy density exceeding that
of the energetic particles: the energetic particles then can be regarded as test
particles. Thus the particles gyrate around the lines of force and a pitch angle
can be assigned to each particle, often written in the form p = cos . Each
interaction leads to a small change in y, i.e. a diffusion in pitch angle space.
We can derive a scattering term strictly analogous to spatial diffusion. Let
us start from (7.14). This can be rewritten easily: while the driving force
for spatial diffusion is a spatial gradient, the driving force for pitch angle
diffusion is a gradient in pitch angle space. Therefore the spatial derivatives
have to be replaced by a derivative to p and the scattering term reads

0 of
5 (x3) (r.27)
with & being the pitch angle diffusion coefficient and f the phase space den-
sity. Note that the scattering depends on pu, and thus the scattering can be
different for different pitch angles, depending on the waves available for wave—
particle interaction. The pitch angle diffusion coefficient can be related to the
particle mean free path parallel to the magnetic field [215,256] by

+1

2\2
A= §U/£1__lfl dp . (7.28)
k(1)

Here A does not describe the average distance travelled between two consec-
utive small-angle scatterings, but the distance travelled before the particles
pitch angle has been changed by 90°, i.e. the direction of motion has been
reversed. Thus for the overall motion, A has a meaning comparable to the
mean free path in ordinary spatial diffusion.

The term (7.27) also can be used to describe spatial scattering if we
also consider the field-parallel motion pv of the particles. Thus as in the
diffusion—convection equation we have to consider the streaming of particles
with respect to the scattering centers. The transport equation then can be

written as of of 8 of

Here 0f/0s is the spatial gradient along the magnetic field line. This depen-
dence is sufficient, because the motion of the guiding center is one-dimensional
along the magnetic field line and the particle gyrates around it. We will en-
counter this equation again as part of the focused transport equation (7.36)
for particles in interplanetary space.

7.3.3 Diffusion in Momentum Space

Collisions not only change a particle’s direction of motion but also its energy.
We had already mentioned this as a basic requirement in the establishment of
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a thermal distribution. Momentum transfer can happen by collisions between
particles as well as by wave-particle interaction. If the energy gain in each
interaction is small compared with the particle energy, this can be described
as diffusion in momentum space [167,527]. Instead of particle flow, streaming
Sp in momentum results in

of dp

Sp = ‘Dpp'gp? + dt

f. (7.30)
Here Dy, is the diffusion coefficient in momentum space. The second term
describes non-diffusive changes in momentum, such as ionization, and corre-
sponds to the convective term in the spatial diffusion equation. It therefore
can also be described as convection in momentum space. Again, the physics
of the scattering process is hidden in Dp.

7.3.4 Wave—Particle Interactions

In this section we shall briefly introduce some of the basic processes of
wave—particle interactions. While in all previous sections the plasma was
regarded as well-behaved, wave—particle interactions are an example of the
non-linearity of plasma physics. While for the linear aspects treated before a
well-developed mathematical description is available, in the non-linear theory
no general algorithms exist. Only few analytical methods are known, most
of them relying on approximations. One of them is the limitation to lowest-
order perturbations, similar to the approximation described in Sect. 4.2. Let
us start this section with a brief introduction to quasi-linear theory.

Quasi-Linear Theory. Quasi-linear theory is based on perturbation theory;
interactions between waves and particles are considered to first order only.
Thus all terms of second order in the disturbance should be small enough to be
ignored. Only weakly turbulent wave-particle interactions can be treated this
way: the particle distribution is only weakly affected by the self-excited waves
in a random-phase uncorrelated way. This requirement not only corresponds
to small disturbances in perturbation theory but even directly results from
it as the waves are described in the framework of perturbation theory. The
waves generated by the particles will affect the particles in a way which will
tend to reduce the waves. Thus we assume the plasma to be a self-stabilizing
system: neither indefinite wave growth happens nor are the particles trapped
in a wave well.

The basic equation is the Vlasov equation (5.23). We split all quanti-
ties into a slowly evolving average part, such as fy, Eo = 0, and By, and
a fluctuating part f1, E1, and Bj. The long-term averages of the fluctuat-
ing quantities vanish: (f;) = (E;) = (B;) = 0. Note that in contrast to
the ansatz in Sect. 4.1.2 here the quantities with index ‘0’ are not constant
background quantities but slowly evolving average properties of the system.
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These are the quantities we are interested in — the fluctuating quantities are
of interest only in so far as they give rise to the evolution of the phase space
density. In Sect. 4.1.2, on the other hand, we were interested in the fluctuating
quantities because they gave rise to a new phenomenon, the waves.

With the above ansatz, the average Vlasov equation reads

%{9+U'Vfo+%UXBO'-%%=—-%<(E1+’UXB1)'%{J—1> . (731)
The term on the right-hand side contains the non-vanishing averages of the
fluctuations and describes the interactions between the fluctuating fields and
the fluctuating part of the particle distribution. These interactions combined
with the slowly evolving fields on the left-hand side of (7.31) lead to the phase
space evolution of the slowly varying part of the distribution. Note that we
have not made any assumptions about the smallness of the fluctuations, the
only limitation is a clear separation between the fluctuating part and the
average behavior of the plasma.

Equation (7.31) is the fundamental equation in non-linear plasma physics.
Solutions, however, are difficult to obtain because they require an a priori
knowledge of the fluctuating fields to calculate the average term on the right-
hand side. This term has the nature of a Boltzmann collision term. Note
that these collisions are not particle-particle interactions but result from the
non-linear coupling between the particles and the fluctuating wave fields.

If the particles and the fluctuating fields are known, the term on the right-
hand side can be calculated. It can then be used to derive an expression for the
scattering coefficients mentioned above which depends on particle properties,
in general the rigidity, and the properties of the waves, in particular their
power density spectrum.

Resonance Scattering. The scattering of particles by waves can be de-
scribed as a random walk process if the individual interactions lead to small-
angle scattering only. Thus a reversal of the direction of motion requires a
large number of these small-angle scatters. If we assume a particle to be in
resonance with the wave, the scattering is more efficient because the small-
angle changes all work together into one direction instead of trying to cancel
each other. Thus pitch angle scattering will mainly occur from interactions
with field fluctuations with wavelengths in resonance with the particle motion
along the field. Such a resonance interaction can formally be understood from
a simple mechanical or electrical analogy, such as a light torsion pendulum in
a turbulent gas or a resonant circuit excited by noise [560]. A full treatment
of the theory with application to the scattering of particles in interplane-
tary space was first given by Jokipii [256] and, with a somewhat different
approach, by Hasselmann and Wibberenz [215].

The idea is sketched in Fig. 7.10. Let us assume a simple model of magnetic
field fluctuations: the (relevant) waves propagate only along the magnetic field
(k||Bo) and the fluctuating quantities are symmetric around the wave vector.
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Fig. 7.10. Resonance scattering:
scattering is more efficient if the
particle interacts only with waves

in resonance with its motion par-
=X = oy Ty — allel to the magnetic field

This assumption is called the slab model. Let us single out a certain wave
number k. A particle is in resonance with this wave if it propagates a wave
length A along the magnetic field during one gyration: \| = v Tc = pwv 1.
With ky = 2rr/A and T, = 27/w. the resonance condition can be written as

We  We

kjp=—=—.
v

(7.32)
The amount of scattering a particle with pitch angle o experiences basically
depends on the power density f(k) of the waves at the resonance frequency.
This dependence clearly shows why the pitch angle diffusion coefficient «
depends on u: particles with different pitch angles are scattered by different
wave numbers with different power densities.

Alfvén Waves and Interplanetary Propagation. Magnetohydrodyna-
mic waves are Alfvén waves with wave vectors parallel and magneto-sonic
waves with k perpendicular to the undisturbed field. In interplanetary space,
the resonance scattering of energetic particles at Alfvén waves plays an im-
portant role in particle propagation. The formalism describing this process is
derived in [215,256] or in the review [156].

The basic process is the interaction of the particle with the fluctuating
component of the magnetic field. Since the fluctuations are assumed to be
small, B; < By, the change in pitch angle during a single gyration is small,
too. Scattering at waves in resonance with the particle motion parallel to
the field is essential for efficient scattering. The relation between the power
density of the magnetic field fluctuations and the pitch angle diffusion coefhi-
cient is relatively simple for the limitation to waves with wave vectors parallel
to the field and axially symmetric transverse fluctuating components (slab
model).

The magnetic field density power spectrum in interplanetary space can
be described by the power law (see Sect. 6.4, in particular Fig. 6.22) f(k) =
C k‘“_ ?. Here q is the spectral shape, k| the wave number parallel to the field,
and C the power at a certain frequency. The pitch angle diffusion coefficient
is related to this spectrum by

k() = A= p®)|ultt, (7.33)
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y Fig. 7.11. Shape of the pitch angle scattering
-1 0 1 coefficient for different slopes g of the power den-
K sity spectrum

with A being a constant related to the level C of the turbulence. The particle
mean free path can then be determined by (7.28). The mean free path depends
on particle rigidity as Ay ~ P29 as long as q < 2.

Figure 7.11 shows the shape of the pitch angle scattering coefficient for
different slopes g of the magnetic field power density spectrum. The case
g = 1 corresponds to isotropic scattering, i.e. the strength of the scattering is
independent of the particle’s pitch angle and the diffusion coefficient is given
as Kiso = A (1 — p?). With increasing ¢, a gap develops around u = 0, the
width of the gap increasing with ¢. Thus for particles with pitch angles close
to 90°, scattering decreases as the power spectrum becomes steeper and it
becomes increasingly difficult to scatter the particle through 90°, i.e. to turn
around its motion along the field line. The physical basis is simple: particles
with large pitch angles are in resonance with waves with small wavelength
or high wave numbers. Since the power density spectrum decreases towards
higher wave numbers, there is not enough power left for efficient scattering.
For ¢ > 2 the gap around = 0 becomes too wide to scatter particles
through 90°: although pitch angle scattering still occurs, the direction of the
particle motion along the field is not reversed. Or, in other words: the small-
angle interactions do not sum up to a large-angle interaction. In this case the
particle transport into the two hemispheres parallel and anti-parallel to the
magnetic field is decoupled.

7.3.5 Electromagnetic Waves

Pitch angle scattering also occurs in the magnetosphere. Here electrons
trapped in the radiation belts are scattered into the loss cone by Whistler
waves. Since Whistlers are electromagnetic waves, both a fluctuating electric
and a fluctuating magnetic field component exist. Whistlers propagate paral-
lel to the field, and they are circularly polarized with the electric field rotating
in the same direction as an electron gyrates (see Sect. 4.6.2). Whistler waves
therefore have a resonance at the electron cyclotron frequency.

Particles trapped in the radiation belt perform a bounce motion along the
field line. Since they are trapped between two magnetic mirrors, they show a
typical pitch angle distribution: particles with small pitch angles are missing
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because their mirror point lies deep inside the atmosphere and thus interac-
tion with the atmosphere is far more likely than reflection. The resulting pitch
angle distribution is called a loss cone distribution. The population of parti-
cles with large pitch angles, on the other hand, will bounce back and forth
between north and south. This distribution would be stable if sufficiently
large electron fluxes did not excite Whistlers. These Whistlers propagate on
the background plasma. Like the electrons, Whistlers are trapped in the geo-
magnetic field, bouncing back and forth between the lower hybrid resonance
points. These Whistlers lead to pitch angle scattering, scattering the electrons
into the loss cone, and providing a mechanism for the depletion of the radi-
ation belts. This scattering is particularly strong if the electron component
in the radiation belts is large, e.g. during a substorm, because large electron
fluxes are necessary for efficient wave generation. The electrons scattered into
the loss cone then precipitate into the ionosphere.

Under these conditions the quasi-linear diffusion equation is a pure pitch
angle diffusion equation:

or_ 1 9 (Dsinaﬂ> . (7.34)
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The diffusion coefficient written in terms of the fluctuating magnetic field
then is
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with wihresh being the threshold frequency up to which Whistler waves can
be excited by electrons.

2
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7.3.6 Transport Equations

To describe the development of a particle distribution we need a transport
equation. So far, we have encountered the diffusion equation (7.14) and the
diffusion—convection equation (7.24).

Focused Transport. Diffusion due to scattering at magnetic field irregu-
larities is only one aspect of particle propagation. As we saw in Sect. 6.3, the
interplanetary magnetic field is divergent. Since the magnetic moment of a
charged particle is constant, the particle’s pitch angle decreases as it propa-
gates outward: a particle starting with a pitch angle close to 90° on the Sun
will have a pitch angle of only 0.7° at the Earth’s orbit. This effect is called
focusing.

In the inner heliosphere, i.e. within about 1 AU, particle propagation
is influenced mainly by pitch angle scattering and focusing. The resulting
transport equation then is the focused transport equation [446]:

AN]SR (Km)gg) —Qnut).  (736)
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Here s is the length along the magnetic field spiral as described by (6.14),
and { = —B(s)/(0B/0s) is the focusing length. The terms from left to right
describe the field parallel propagation, focusing in the diverging magnetic
field, and pitch angle scattering. The term on the right-hand side describes
the particle source. We have already encountered part of this equation in the
discussion of pitch angle scattering in Sect. 7.3.2. Since convection is ignored,
(7.36) should only be applied to particles markedly faster than the solar wind.
Note that (7.36) cannot be solved analytically but only numerically.

From solutions of the transport equation we can determine the phase
space density as a function of time, location and pitch angle. Thus, for a
fixed location not only can we determine the intensity-time profile but also
the temporal evolution of the pitch angle distribution. The latter can be de-
scribed as an anisotropy: if the anisotropy vanishes, particles are streaming
isotropically from all directions, while for a large anisotropy particles pre-
dominately come from one direction.

» Focused Transport Including Solar Wind Effects. For low-energy par-

ticles in the inner heliosphere, both focusing and convection with the solar
wind are strong systematic effects and should be considered in the transport
equation. Here an extension of (7.36) has been suggested which also includes
convection with the solar wind and adiabatic deceleration [448]. An already
simplified form of the equation reads

oF 3 ([, _ (w)? _
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ap, (p Vsowi [ QC (1 y2i )+COS’¢drSeC’¢/,L :IF
5] 11— p? NOFY .

+ o (VIS sy g ) = Qtsal) . (130)

oy’
The distribution function F(,s,u’,p’) depends on time ¢, distance s along
the field line, pitch angle 4/ and momentum p’. The primes indicate that the
latter two quantities are measured in the solar wind frame. Note that F is not
the phase space density but a distribution function. In particular, in contrast
to phase space density, it depends on momentum but not energy.

Equation (7.37) considers, in addition to the terms already mentioned in
connection with (7.36), the convection with the solar wind (the additional
term in the first set of parentheses) and adiabatic deceleration (the 9/dp’
term). Adiabatic deceleration is related to solar wind expansion: as the solar
wind expands, the distance between the scattering centers frozen into the
solar wind increases. Thus, the “cosmic ray gas” expands too, and, therefore,
cools. Adiabatic deceleration differs from the other transport processes, in-
sofar as it changes particle momentum. This makes numerical solutions to
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the transport equation even more complex since momentum is added as an
additional dimension [269,448]. Thus, for application to observational data,
in general the focused transport equation (7.36) or the diffusion—convection
equation (7.24) are used.

Figure 7.12 demonstrates the influence of the solar wind effects and their
variation with energy. Solid lines are solutions of (7.37), dashed ones are so-
lutions of (7.36), both for different energies between 50 keV and 340 MeV, a
radial mean free path of 0.1 AU, and an observer at 1 AU. The considera-
tion of solar wind effects leads to an earlier onset in particle intensity (and,
therefore, also in anisotropy), an earlier maximum and a faster decrease in
intensity. The earlier onset and maximum are mainly due to convection with
the solar wind. Therefore, their effect is most pronounced in low particle en-
ergies where the average particle speed is comparable to the solar wind speed.
With increasing solar wind speed, convection with the solar wind becomes
less and less important: at energies above a few MeV onset and maximum
are the same, independent of whether solar wind effects are considered or
not. The faster decrease in intensity (and anisotropy) is due to adiabatic de-
celeration: for a certain energy interval more particles are removed to lower
energies than are added from higher ones, owing to the shape of the energy

5 Solar Inj., normal scat.

Intensity [arb. units]

Time [h]

Fig. 7.12. Solution of the focused transport equation with (solid) and without
(dashed) consideration of solar wind effects
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spectrum. At energies below a few MeV, this effect is enhanced by convection
with the solar wind.

7.4 Interplanetary Propagation — Observations

To infer interplanetary propagation conditions from observations, we can
choose from two methods: (a) we can fit a suitable transport equation on
intensity— and anisotropy—time profiles; or (b) we analyze the interplanetary
magnetic field turbulence. In both cases, we get a pitch angle diffusion coef-
ficient x(p) or a mean free path .

7.4.1 Fits with a Transport Equation

As an example, Fig. 7.13 shows the intensity—time and anisotropy-time pro-
files of 0.5 MeV electrons. In the upper panel, the intensity time profile shows
the fast rise and slow decay typical of a diffusive profile (see Fig. 7.9). The
anisotropy (lower panel) is high early in the event because the first parti-
cles always come from the solar direction. It decays as particles are scattered
back towards the Sun. The solid lines give a fit of (7.36) on the intensity and
anisotropy profile with a mean free path A of 0.05 AU.

Particle mean free paths are different from event to event and also depend
on particle rigidity. Figure 7.14 summarizes the results from fits on a large

o HELIOS 1 L _ UNIVERSITY KIEL
b 132 sFLEAaﬂsE A = 005 AU
N -

N ‘05} 806 UT r = 0.58 AU
- Sty iy
@D .5 l ”
210 1 E‘
w
z
= 104

)] F

103 " ——— s

IM' Vowry

ANISOTROPY
o

6 7 8 9 10 11 12 13 14 15 1 17 18
1980 MAY 3 03 - 0.8 MeV ELECTRONS T/H

Fig. 7.13. Typical diffusive profile of an electron event in interplanetary space. The
solid line gives a fit with the focused transport model (7.36); the second increase
starting at about 14 UT is due to a second flare. Reprinted from M.-B. Kallenrode
et al. [276], Astrophys. J. 391, Copyright 1992, American Astronomical Society
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sample of particle events with the mean free path plotted versus magnetic
rigidity. Filled symbols refer to electron observations, open ones to protons.
The shaded area gives the Palmer consensus range [388], where most of the
events cluster. Here X is between 0.08 AU and 0.3 AU and, at least in this
statistical study, is independent of rigidity. In individual events, however, a
small increase in A with increasing rigidity can be observed.

Over the course of time, a large number of particle events has been ana-
lyzed. The main results can be summarized as follows:

e Particle motion predominately is parallel to the field, diffusion perpen-
dicular to the magnetic field can be neglected in the inner heliosphere
[158, 256, 300,432].

e Particle profiles observed in interplanetary space are determined by both
the time-development of the particle injection from the Sun and the sub-
sequent interplanetary scattering. If only the intensity is considered, differ-
ent combinations of injection and diffusion could produce the same profile.
This problem can be circumvented by fitting simultaneously intensity— and
anisotropy—time profiles [346,469].

e Particle propagation can range from almost scatter-free (with mean free
paths of the order of 1 AU) to strongly diffusive (with A about 0.01 AU); for
most events A is between 0.08 and 0.3 AU (Palmer consensus range [388]).

7.4.2 Analysis of Magnetic Field Fluctuations

The dotted line in Fig. 7.14 shows the expected rigidity dependence of the
particle mean free path determined in an entirely different approach. Since
the elementary mechanism is pitch angle scattering by resonant wave—particle
interactions, the magnetic field turbulence determines the amount of inter-
planetary scattering. Thus, an analysis of the magnetic field fluctuations also
gives a particle mean free path (see Sect. 7.3.2). The fluctuations are as-
sumed to be small (§B <« B), and so quasi-linear theory can be applied.
In addition, the wave vectors k of the fluctuating field are assumed to be
parallel to the average magnetic field By (slab model). This approach is also
called standard quasi-linear theory or standard QLT. As can be seen from
Fig. 7.14, the mean free path determined with standard QLT is always below
that obtained by fitting. In addition, standard QLT predicts an increase of A
with rigidity while the observations suggest A to be independent of rigidity.
This discrepancy has been known since the early 1970s [216], and it has been
called the discrepancy problem. However, as in case of the fits, magnetic field
fluctuations and the mean free paths derived from them turned out to be
highly variable from event to event (or time span to time span) [547].

7.4.3 Comparison Between Both Approaches

More hints on the discrepancy problem can be gained from the comparison
between mean free paths derived from fits and magnetic field fluctuations on
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Fig. 7.14. Particle mean free paths in different solar energetic particle events
plotted versus the particle’s magnetic rigidity. Reprinted from J.W. Bieber et al.
[46], Astrophys. J. 420, Copyright 1994, American Astronomical Society

an event to event basis. Figure 7.15 shows the results of such a comparison: (a)
the mean free paths determined from magnetic field fluctuations always (with
one exception) are smaller than those derived from fits: Aqur < Ast; and (b)
the discrepancy Aqur/Ass is highly variable from event to event. In addition,
the observed rigidity dependence of the mean free path is different from that
predicted from quasi-linear theory: for 1 MV electrons and 187 MV protons
the ratio between the mean free paths obtained from fits is Ap/Ae = 1.6 £0.9
while quasi-linear theory predicts a ratio of 6 [265].

The main reason for this discrepancy problem appears to be the inter-
pretation of the magnetic field fluctuations. If their scattering power is over-
rated, the particle mean free path obtained by standard QLT would be too
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Fig. 7.15. Comparison of mean free
paths derived from fits (vertical azis)
2| and from magnetic field fluctuations
10°94 L using standard QLT (horizontal azis)
' S — on an event to event basis [548].
10-2 10" . Reprinted from Wanner et al. [548],
~ Adv. Space Res. 13(9), Copyright

QLT meon free path (AU) 1993, Pergamon Press

Fit mean free path (AU)
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Fig. 7.16. Magnetic
field fluctuations as
2D dynamical turbu-
lence. The  reduced
amount of slab tur-
bulence lets the mean
free paths approach the
Palmer consensus range
(shaded). Reprinted
from J.W. Bieber et
al. [46], Astrophys. J.
420, Copyright 1994,
American Astronomical
Society

small. Misinterpretation might be easy: observations with one spacecraft give
a scalar power density spectrum of magnetic field fluctuations as these are
carried across the observer. However, different three-dimensional fluctuations
can lead to the same scalar spectrum. In standard QLT it is assumed that
all fluctuations arise from waves with k| By. Thus, all power contained in
the fluctuations also scatters the particles. To reduce the discrepancy, we can
interpret the power-density spectrum so as to remove power from the waves
parallel to the magnetic field. For instance, if we assume the fluctuations to
be Alfvén waves propagating radially away from the Sun, the field-parallel
power available for particle scattering would be reduced [254]. This effect
would be particularly strong at larger distances where the angle between
the interplanetary magnetic field line and the radial direction is large. Since
some observations suggest an increase of the discrepancy with increasing
distance [549], this ansatz is attractive, although it is problematic because
Alfvén waves with large angles with respect to the field are easily dampened.

A different approach interprets the magnetic field fluctuations not as
waves but as two-dimensional dynamical turbulence [46]. Observations of
the field fluctuations suggest that the correlation function is strongest in the
directions perpendicular and parallel to the field [337]. Thus, the fluctuations
seem to consist of two components: slab-like Alfvén waves parallel to the
magnetic field, and a two-dimensional turbulent component perpendicular to
the field. The relative amount of the slab-component is between 12% and
20%, and the two-dimensional turbulence contributes between 80% and 88%
to the power-density spectrum. Since only the slab-component scatters the
particles, the mean free paths determined with this modified QLT are much
closer to the observed ones (see Fig. 7.16). In addition, for low rigidities,
electron and proton mean free paths decouple: thus, the observed rigidity
(in)dependence can be reproduced with this model, too.

Nonetheless, even with this ansatz it might be too early to declare the
discrepancy problem solved and interplanetary transport understood. In our
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description of particle propagation we always assume that scattering occurs
by fluctuations uniformly distributed in space and time. There are no isolated
scattering centers. On the other hand, we know that the level of turbulence
in interplanetary space can be quite different. We have already seen from
Fig. 6.21 that quiet and turbulent periods exist. On shorter time scales of
about an hour the fluctuation level can also be highly variable. Again, with
one spacecraft it is difficult to interpret this: is the level of fluctuations uni-
form along a magnetic field line but different on neighboring ones and do the
changes in fluctuation level result from the motion of the observer relative to
the field lines, or do the magnetic field fluctuations show a completely irregu-
lar pattern with variations along the field line as well as between neighboring
field lines? The latter case would require an entirely new approach to our un-
derstanding of propagation in interplanetary space, in particular because we
would have to consider a stochastic distribution of scattering centers instead
of the continuous wave fields assumed today.

7.5 Particle Acceleration at Shocks — Theory

Particle acceleration at collisionless shocks can be observed best at planetary
bow shocks and travelling interplanetary shocks. Compared with shock waves
in other astrophysical objects, such as supernovae remnants or quasars, in
these shocks both plasmas and energetic particles can be observed in situ. In
this section the fundamentals of shock acceleration will be reviewed. More
detailed reviews can be found in [259,412,506,519, 524].

There are different physical mechanisms involved in the particle acceler-
ation at interplanetary shocks:

e the shock drift acceleration (SDA), sometimes also called scatter-free ac-
celeration, in the electric induction field in the shock front;

o the diffusive shock acceleration due to repeated reflections in the plasrnas
converging at the shock front; and

e the stochastic acceleration in the turbulence behind the shock front.

The relative contributions of these mechanisms depend on the properties of
the shock. For instance, shock drift acceleration is important in perpendicular
shocks (6 = 90°) where the electric induction field is maximal, but vanishes
in parallel shocks. Stochastic acceleration requires a strong enhancement in
downstream turbulence to become effective, while diffusive acceleration re-
quires a sufficient amount of scattering in both upstream and downstream
media. In addition, shock parameters such as speed, compression ratio (ratio
of the densities in the upstream and downstream media), or Mach number,
determine the efficiency of the acceleration mechanism.

If we discuss particle acceleration at shocks, we treat the particles as test
particles, which do not affect the shock. The shock is thin compared with
the Larmor radius, and thus the adiabatic invariants still hold. The jump
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in field and plasma may be arbitrarily large but both are homogeneous in
both upstream and downstream media, and the shock front is planar. Thus
effects due to the curvature, in particular drifts, are neglected. Since the
total extension of a shock is large compared with the Larmor radius, this
approximation is reasonable for a start.

7.5.1 Shock Drift Acceleration (SDA)

Shock drift acceleration (SDA) takes advantage of the electric induction field
in the shock front [11,122,134,165]. To allow for a reasonably long drift path,
scattering is assumed to be negligible. SDA therefore is also called scatter-free
shock acceleration. The calculations by Schatzmann [458] were the first the-
oretical studies containing an order-of-magnitude estimate of the efficiency
of this mechanism. They showed that a very efficient acceleration on short
temporal and spatial scales is only possible if there is additional scattering
which feeds the particles back into the shock for further acceleration. As we
shall see below, this problem of feeding the particles back into the acceler-
ation mechanism is a recurrent problem in the study of shock acceleration,
independent of the actual acceleration mechanism.

In shock drift acceleration, a charged particle drifts in the electric induc-
tion field in the shock front. In the shock’s rest frame, this is

E = —Uy X Bu = —Uqg X Bd . (738)

This field is directed along the shock front and perpendicular to both mag-
netic field and bulk flow; it is maximal at a perpendicular shock and vanishes
at a parallel shock. In addition, the shock is a discontinuity in magnetic field
strength. Thus a particle can drift along the shock front according to (2.54).
The direction of the drift depends on the charge of the particle and is always
such that the particle gains energy.

Figure 7.17 shows sample trajectories for particles in the rest frame of a
quasi-perpendicular shock with g, = 80°. The abscissa shows the distance
from the shock in gyro-radii; the ordinate gives the particle energy in units
of the initial energy Ey. The dashed lines indicate the shock; the upstream
medium is to the left, the downstream medium to the right. The electric
induction field is parallel to the shock front in the upward direction. In the left
panel, the motion of the particle starts in the upstream medium. The particle
then drifts along the shock front, gaining energy. This energy gain changes
the details of the drift path: the velocity component perpendicular to the
shock increases, eventually becoming larger than the shock speed. Then the
particle separates itself from the shock front. In the left panel, the particle is
reflected back into the upstream medium. The other two panels show particles
transmitted through the shock, either from the upstream medium to the
downstream medium (middle panel) or vice versa (right panel).

The details of the particle trajectory, in particular the question of whether
the particle is transmitted or reflected, strongly depends on its initial energy
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Fig. 7.17. Shock drift acceleration: sample trajectories in the shock rest frame of a
quasi-perpendicular shock with g, = 80°. Reprinted from R.B. Decker [123], Space
Science Reviews 48, Copyright 1988, with kind permission from Kluwer Academic
Publishers

and pitch angle (for additional examples of trajectories see, for example,
[11,123]), leading to a characteristic angular distribution of the accelerated
particles: an initially isotropic distribution of particles in the upstream and
downstream media is converted to a very strong field-parallel beam in the
upstream medium and to a smaller beam roughly perpendicular to the field
in the downstream medium.

The energy gain of a particle is largest if the particle can interact with
the shock front for a long time. This time depends on the particle’s speed
perpendicular to the shock. If this is small, the particle sticks to the shock, if
it is large, the particle escapes before it has gained a large amount of energy.
This particle speed relative to the shock is determined by the particle speed,
the shock speed, the pitch angle, and fg,. With increasing particle speed the
range of the other three parameters, which allow for efficient acceleration,
narrows, reducing the chance of efficient acceleration. Thus, acceleration to
higher and higher energies becomes increasingly difficult.

Since the magnetic moment is conserved, the momentum perpendicular
to both shock and field after an interaction between particle and shock is

pzs _ Ba

=g =TE. (7.39)
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The normal component of the momentum is unchanged by the interaction.
Thus the change in momentum is determined by the magnetic compression
rB, the ratio between the upstream and downstream magnetic field strengths.
Equation (7.39) is valid only for perpendicular shocks. For oblique shocks,
Toptygin [519] gives the approximation AE ~ pu,/0g,.

The average energy gain is a factor 1.5-5. Evidently, such an energy gain
is much too small to accelerate particles out of the solar wind to energies of
some tens of kiloelectronvolts or even some tens of megaelectronvolts. Acceler-
ation up to higher energies by shock drift acceleration would require repeated
interactions between particles and shock. If a particle is in the downstream
medium, further acceleration is not difficult because the turbulence created
by the shock leads to stochastic acceleration or scatters the particle back
towards the shock front. But once a particle has escaped into the upstream
medium, the shock will not be able to catch up with it again, and thus no
further acceleration is possible. This statement is only true for scatter-free
conditions as originally assumed in shock drift acceleration. Space plasmas,
however, are turbulent plasmas, and particles are scattered depending on the
level of turbulence. This allows for repeated interactions between particles
and shock and thus a higher energy gain [124-126]. Note that in the presence
of scattering the energy gain in each individual interaction between particle
and shock in general is smaller because the particle is easily scattered off
from its drift path along the shock front. The larger net effect results from
the larger number of interactions.

Shock drift acceleration out of the solar wind up to energies of a few
kiloelectronvolts to some tens of kiloelectronvolts can be observed at the
Earth’s bow shock and at interplanetary travelling shocks (see below).

7.5.2 Diffusive Shock Acceleration

Diffusive shock acceleration is the dominant mechanism at quasi-parallel
shocks. Here the electric induction field in the shock front is small and shock
drift acceleration is negligible. In diffusive shock acceleration, the particle
scattering on both sides of the shock is crucial. Since the scattering centers
are frozen into the plasma, particle scattering back and forth across the shock
can be understood as repeated reflection between converging scattering cen-
ters. The concept was developed in the 1970s [16,39,51,137]; for reviews, see,
for example, [13,165,315,461,462,538|.

Figure 7.18 shows the motion of a particle in the rest frame of a quasi-
parallel shock. The magnetic fields on both sides of the shock are turbulent;
the resulting pitch angle scattering is quantified by the diffusion coeflicients
Dy, and Dy or the mean free paths Ay and Ay. Assume that the particle
has just traversed the shock front in the upstream direction. The particle
then follows a zigzag path and eventually is scattered back to the shock
front, traversing it into the downstream medium. Here the same process is
repeated, only with the diffusion coefficient characteristic of the downstream
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medium. As the particle is finally scattered back towards the shock front,
traversing it into the upstream medium, a new cycle of motion begins.

But where in this cycle does the acceleration occur? Whereas in shock
drift acceleration the location of acceleration is well defined, in diffusive shock
acceleration the acceleration is given by the sum of all pitch angle scatters
within the cycle. The energy gain can be determined from a simplification.
Let us reduce the cycle to two isolated collisions, one in the upstream medium
and the other in the downstream medium: in the upstream medium the par-
ticle gains energy due to a head-on collision with a scattering center; in the
downstream medium it loses energy because the scattering center moves in
the same direction as the particle. Since the flow speed, and therefore the
speed of the scattering center, is larger upstream than downstream, a net
gain in particle energy results. The amount of energy gained in each interac-
tion depends on the relative speed between particle and scattering centers.
The simplified picture sketched here assumes particle motion parallel to the
field. In reality, the particle will have a pitch angle. Then the energy gain
depends on the particle velocity parallel to the magnetic field. Thus for a
given particle speed the energy gain depends on pitch angle, too.

Diffusive shock acceleration is based on scattering, which is a stochastic
process. Therefore we cannot calculate the path of a certain particle. How-
ever, from the initial particle distribution, the shock parameters, and the
scattering conditions in the upstream and downstream media we can cal-
culate the average behavior of a large number of particles. Diffusive shock
acceleration, therefore, must be described in terms of a phase space density
and a transport equation. The latter can be written as

g—{ +UVf—V-(DVf)—z3g—p?i+i+ig <p2 (Q) f)
=Q(p,n1). (7.40)

Here f is the phase space density, U the plasma speed, D the diffusion tensor,
and T the loss time. The terms, from left to right, present: convection of
particles with the plasma flow, spatial diffusion, diffusion in momentum space
(acceleration), losses due to particle escape from the acceleration region, and
convection in momentum space due to processes which affect all particles,
such as ionization or Coulomb losses. The term on the right-hand side is a
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source term describing the injection of particles into the acceleration process.
In a first-order approximation losses and convection in momentum can be
ignored, reducing the transport equation to

%JrUVf—V(DVf)—V—?)gp%g=Q(p,r,t). (7.41)
Here the terms containing the plasma speed U and the diffusion tensor D
describe the acceleration of the particles across the shock front.

Often we are not interested in the evolution of the particle distribution
at the shock but only want to know the particle spectrum and the acceler-
ation time in steady state. In this case, 0f/0t equals zero and the trans-
port equation can be solved for suitable boundary conditions, such as steadi-
ness in particle density and in the normal component of the particle flow
S = —4rp*[Up(df/dp) + D - Vf] across the shock front. This steady-state
equation leads to predictions of the acceleration time, the particle energy
spectrum, and the intensity increase upstream of the shock.

Characteristic Acceleration Time. From the transport equation (7.41)
the time required to accelerate particles from momentum py to momentum p
can be inferred to be

P
Dy
b [ (e, D) a2
Uy — Ud p Un Ud
Po

For all momenta below p the particle distribution at the shock is in steady
state. Note that here isotropic scattering in a homogeneous medium is as-
sumed, reducing the diffusion tensor D to a diffusion coefficient D.

If we assume the diffusion coefficient D to be independent of momentum
p, then (7.42) can be integrated to give a characteristic acceleration time

p 3 Du Dd
L _ Du D 4
K dp/dt  wy —ug (uu + ud) (7.43)

in p(t) = po exp(t/7.). Equation (7.43) is often written as

3r D,
Ty = —_—
R R

(7.44)

with 7 = u, /uq being the ratio of the flow speeds in the shock rest frame. For
a parallel shock, this ratio equals the compression ratio. In (7.44) Dq/uq is
assumed to be small compared with D, /u, because of enhanced downstream
turbulence.

Ezample 23. Let us now assume a shock with an upstream speed of 800 km /s
in the shock rest frame and a ratio of flow speeds r = 3. With a typical
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upstream mean free path Ay = 0.1 AU for 10 MeV protons, we obtain an up-
stream diffusion coefficient D, = vA/2 = 3.26 x 10'7 m?/s. With (7.44), we
then obtain a characteristic acceleration time 7 = 2.3 x 108 s, that is, almost
27 days or one solar rotation. Even if we were to increase the scattering by
a factor of 10, the characteristic acceleration time would be almost 3 days,
which is longer than the average travel time of a shock between the Sun and
the Earth. However, under these conditions, the mean free path would be
rather small (see Fig. 7.15) and the acceleration would still be inefficient, be-
cause during the characteristic acceleration time the momentum is increased
only by a factor e. The situation is different at a lower particle speed, say
100 keV. In that case, the diffusion coeflicient is an order of magnitude smaller
and, consequently, the characteristic acceleration time is only a tenth of that
for 10 MeV protons, that is, roughly 7 hours (for the optimistic case of strong
scattering with A = 0.01 AU). During a travel time of 2 days, the particle
momentum therefore increases by about three orders of magnitude (under
the simplifying assumption of a diffusion coefficient independent of particle
energy/momentum). 0

The Energy Spectrum. The energy spectrum expected from diffusive
shock acceleration is a power law:

J(E)=JoE™. (7.45)

The spectral index v depends only on r. In the non-relativistic case this is

1r+2
== . 7.46
2r—1 ( )
In the relativistic case, the spectral index becomes v, = 2v. Again, this

holds only for the steady state, i.e. t > 7,.

Why do we get an energy spectrum and not, for instance, a monoenergetic
distribution? The energy gain for each particle is determined by its pitch angle
and the number of shock crossings. The latter is determined by the stochastic
process of scattering. For a high energy gain, the particle must be “lucky” to
be scattered back towards the shock again and again. Most particles make
a few shock crossings and then escape into the upstream medium. They are
still scattered there, but they have escaped too far to be scattered back to
the shock. Thus the stochastic nature of diffusion allows high gains for a few
particles, while most particles make only small gains.

Ezample 24. Typical values for the shock compression ratio r are between
slightly above 1 and about 8; the average value is close to 2. With this value
from (7.46) we obtain a spectral index v = 2, which is rather flat compared
with the observed spectral indices, which cluster around 3. a
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Intensity Increase Upstream of the Shock. With an infinitely thin
shock at = 0 and a continuous particle injection Q = ¢é(z)d(p—po)/(47pt)
at the shock front, the spatial intensity variation around the shock is

f(z,p) = f(0,p) exp{—B|x|} (7.47)

with 8; = w;/D;, the index i indicating the upstream and the downstream
medium, respectively. If particle escape is considered (the f/T term in (7.40)),
the scale length 3; for the upstream intensity increase is

_ug+/ul +4D;/T

B 5D,

(7.48)

Figure 7.19 shows a typical upstream intensity increase and its depen-
dence on particle energy. If 3 is spatially constant, the intensity increase is
exponential, with its slope depending on D. Because ) increases with en-
ergy (Sect. 7.4), the ramp is steeper for lower energies E;. In addition, the
intensity at the shock is higher for lower energies, reflecting the power-law
spectrum (7.45). In interplanetary space, the slope of the intensity increase
is often used to determine the scattering conditions upstream of the shock.

Ezample 25. With the parameters given in example 23, the scale length of
the upstream increase is 2.5 x 10712 m~!, or 0.35 AU™!. Let us assume that
the shock has reached steady state. In this case this upstream increase would
be convected across the observer at the shock speed. If this is 1200 km/s, a
scale length of 0.35 AU takes about 54 000 s, or 15 h, to pass the observer.
Thus, in the intensity time profile upstream of the shock, we would expect an
increase by a factor of e over a time of 15 h. Again the situation is different
for 100 keV protons. Here the diffusion coefficient and thus the scale length
are an order of magnitude smaller and, consequently, the rise in intensity

upstream of the shock will be much steeper: a factor of e in 1.5 h. |
A
f g
L E,

u ug = u /r Fig. 7.19. Intensity increase upstream
e b of the shock front for two energies E; <
0 xz FEs
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7.5.3 Diffusive Shock Acceleration
and Self-Generated Turbulence

Occasionally, (7.44) is used to show that proton acceleration up to mega-
electronvolt energies at travelling interplanetary shocks is difficult: “Yet the
Fermi process develops so slowly that the protons accelerated by quasi-
parallel interplanetary shocks only reach energies of a few hundred thousand
electron volts in the one day it takes the shock to travel from the Sun to the
Earth” [455]. Note that this conclusion depends strongly on the assumptions
about the particle mean free path: the particle mean free paths inferred from
solar energetic particle events, lead to acceleration times too high to explain
the observations. For higher energies (e.g. in the megaelectronvolt or tens
of megaelectronvolt range), the mean free path inferred from solar energetic
particle events is so large that a particle would interact with the shock only a
few times during its travel time from the Sun to the Earth. This even violates
the assumption of frequent interactions inherent in the transport equation.
However, if the turbulence upstream of the shock could be increased, the
acceleration would be more efficient. But how can we increase the amount of
upstream scattering? As we saw in Chap. 7.3, scattering is a consequence of
wave—-particle interactions. But waves cannot propagate away from the shock
into the upstream medium. Thus the upstream medium does not have any
knowledge of the approaching shock (which, of course, is inherent in the def-
inition of a shock). This statement is true from the viewpoint of the plasma.
But as we saw in the previous section, the energetic particles do escape from
the shock front, as evident in the upstream intensity increase. Whenever ener-
getic particles stream faster than the Alfvén speed, they generate and amplify
MHD waves with wavelengths in resonance with the field parallel motion of
the particles [29], i.e. the same resonance condition as in Fig. 7.10. These
waves grow in response to the intensity gradient of the energetic particles.
A hydrodynamic approximation on the wave growth, treating the energetic
particles as a fluid, can be found in [349]. Lee has introduced a model in
which the diffusion equations describing the particle transport and the wave
kinetic equations describing the wave transport are solved self-consistently for
the Earth’s bow shock [312] and travelling interplanetary shocks [313]. Lee’s
model allows some predictions regarding the particles and waves upstream of
the shock: (i) At or just upstream of the shock the particle spectrum can be
described by a power law in momentum f ~ p~? with o = (1 — uz/uy)/3.
The scale-length of the intensity increase just upstream of the shock increases
with increasing particle momentum as p°~3. (ii) The upstream waves gener-
ated by the particles propagate into the upstream direction. The growth rate
is largest for waves with wave vectors parallel to the ambient magnetic field.
The scale-length for the decay of the upstream waves is about the scale-length
for the intensity increase of particles in resonance with these waves. Thus the
scale-length of wave decay depends on the wave number. The power density
spectrum of the excited upstream waves can be described as f(k) ~ k7.
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(iii) The ratio between the particle energy density €, and the magnetic field
density of the fluctuating waves (|6.B|%)/2uq is proportional to the ratio be-
tween upstream flow speed and Alfvén speed:

Ep Uy

(6BI%) 2110 * va (749

These predictions have been found to be in fair agreement with the obser-
vations in the 11 November 1978 event [283,315], although some differences
in the details between the observed and the predicted turbulence have been
found. The energy up to which the accelerated particle population is in steady
state is a few hundred kiloelectronvolts.

In sum, Lee’s model suggests acceleration at the shock to occur as follows.
First, accelerated particles stream away from the shock. As they propagate
upstream, the particles amplify low-frequency MHD waves in resonance with
them. Particles escaping from the shock at a later time are scattered by
these waves and are partly reflected back towards the shock. These latter
particles again interact with the shock, gaining additional energy. Thus even
more energetic particles escape from the shock, amplifying waves in resonance
with these higher energies. The net effect is an equilibrium between particles
and waves which in time shifts to higher energies and larger wavelengths.

7.5.4 Stochastic Acceleration

In the previous section we saw that turbulence generated (or amplified) by
particles streaming into the upstream medium is important for efficient shock
acceleration. In the downstream medium, the situation is different. As the
shock passes by, waves are generated with wave vectors in both the upstream
and downstream directions. Thus a particle can either gain energy from the
wave or supply energy to it. This is a stochastic process, and the resulting
particle acceleration is called stochastic acceleration or second-order Fermi
acceleration. Fermi originally had suggested particle scattering at uncorre-
lated magnetic inhomogeneities moving in arbitrary directions. A particle
then gains or loses energy, depending on whether it hits the inhomogeneity
head-on or not. Because of the Doppler effect, head-on collisions are slightly
more frequent, leading to a net gain in energy. The first considerations of
the possibility of second-order Fermi acceleration in the turbulence in the
downstream medium suggested that this effect is of minor importance [367]
compared with the first-order Fermi acceleration described above. Thus ap-
plications of stochastic acceleration in general are limited to solar flares or
astrophysical objects. At travelling interplanetary shocks stochastic accelera-
tion occasionally seems to lead to intensity increases in the upstream medium
which become evident as jumps in the intensity as the shock passes over the
observer (Sect. 7.6).

Physically, stochastic acceleration is based on wave—particle interactions.
In contrast to spatial scattering here the interaction leads to scattering in
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momentum space. In pitch angle scattering the particle interacts with the
fluctuating magnetic field of the waves. A different kind of interaction can
take place if the particle interacts with the fluctuating electric field of a wave,
in particular if this field rotates around the magnetic field line as in a circu-
larly polarized wave. A particle is in resonance with the wave if its gyration
frequency equals the frequency of the wave. In that case, the particle is either
accelerated or decelerated continuously. Figure 7.20 illustrates this principle.
In the upper panel the gyration of a particle around By is shown together
with the fluctuating electric field. To make the figure readable, the fluctuat-
ing magnetic field is not shown. In the lower panel, the two extreme cases
are illustrated: depending on the phase between the wave and gyro-orbit,
the particle either moves parallel or anti-parallel to the electric field. Thus,
either deceleration or acceleration results. In the latter case, the wave energy
is converted into particle energy, and in the former case the particle energy
is converted into wave energy. The resulting acceleration is called stochastic
acceleration because the result (acceleration or deceleration) depends on the
random phase between wave and particle.

Since the acceleration or deceleration changes the particle speed perpen-
dicular to the average magnetic field, the particle’s pitch angle changes too.
Stochastic acceleration can be described as diffusion in momentum space as
long as the energy gain is small compared with the particle’s energy (see
Sect. 7.3.3). Then the accompanying change in pitch angle is small, too.

7.5.5 The Shock as a Non-linear System

Shocks are highly non-linear systems with complex interactions between plas-
mas, waves, and energetic particles. We often use linear or quasi-linear ap-
proximations to describe some aspects of the entire phenomenon, such as
shock formation or particle acceleration, but we have to be aware that these
are approximations. For instance, particle acceleration and wave generation
require energy which, of course, has to be taken from the plasma flow, thus
altering the shock.

Figure 7.21 sketches the complexity of the phenomenon shock. The sys-
tem can be divided into three parts: the plasma, the wave field, and the
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energetic particles (all shown as rectangles). The plasma is characterized by
its distribution function f which also serves as the injection function into
the acceleration process, and by its hydromagnetic parameters pressure p,
density g, bulk speed u, and magnetic field B. The energetic particles are
characterized by their density U and their streaming S. The wave field can
be described by the power spectrum P(k) or the average squared magnetic
fluctuations ((§B)?). The wave field determines the diffusion coefficient and
therefore the coupling between background plasma and energetic particles.

In a linear system, we could determine the relevant quantities for the
waves and fields independently and use the resulting diffusion coefficient and
velocity field to calculate the acceleration of energetic particles. In a non-
linear system, we also have to consider mutual interactions. This can be
illustrated by any pair of shock components in Fig. 7.21. Let us start with
the wave field and the background plasma: waves can be amplified by the
interaction with the shock, they can be dampened by the plasma, feeding
wave energy into the plasma, or the wave pressure and energy flux can change
the dynamics of the plasma. The non-linear interaction between another pair
of shock constituents, the wave field and the energetic particles, has been
partially discussed before: energetic particles can excite or amplify waves by
streaming instabilities while these waves in turn scatter the particles, leading
either to second-order Fermi acceleration in the downstream medium or more
efficient first-order Fermi acceleration. Part of the particle’s energy therefore
can be transferred to the plasma by first converting it to wave energy which
is then converted into plasma energy by damping.

A shock therefore is a complex, highly non-linear system. Even if all rel-
evant equations can be written down, it is not possible to solve them self-
consistently. Therefore, either approximations can be used, such as the ones

Fig. 7.21. Sketch of the non-
linear interactions at a shock
front. Arrows indicate the di-
rection of energy flows, based
on [13]
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presented in this chapter, or the system or part of the system can be studied
by means of Monte-Carlo simulations.

Another crucial aspect of shock acceleration not addressed so far is the
injection problem: to be accelerated, the particle must be sufficiently ener-
getic to be scattered across all the micro- and macro-structures of the shock
to experience the compression between the upstream and the downstream
medium. Thus although we assume particle acceleration out of the solar wind,
not all solar wind particles can be accelerated because they are not energetic
enough. Different scenarios can be developed ranging from the acceleration
of particles out of the high energetic tail of the distribution only to some
kind of pre-acceleration by direct electric fields or the requirement of a pre-
accelerated particle component. A review of this injection problem is given
in [568].

7.5.6 Summary Shock Acceleration

Shocks provide an important acceleration mechanism for particles of plane-
tary, solar and even galactic origin. Three acceleration mechanisms can be
distinguished which are not mutually exclusive but work together with dif-
ferent relative contributions depending on the properties of the shock:

e In shock drift acceleration (SDA, also called scatter-free acceleration) par-
ticles gain energy by drifting along the electric induction field in the shock
front. The energy gain is between a factor of 1.5 and 5, and the particle
interacts with the shock only once. If particles are scattered in the ambient
plasma, the energy gain per interaction is reduced because the drift path is
shortened, but particles can interact repeatedly with the shock. This might
lead to a higher total energy gain.

o In diffusive shock acceleration the particles gain energy due to repeated
scattering in the plasmas converging at the shock front (first-order Fermi
acceleration). The time scales of acceleration and the energies acquired
depend on the amount of scattering. Diffusive shock acceleration is a slow
process, the maximum energy acquired depends on scattering conditions,
shock parameters, and the time available for acceleration.

e Diffusive shock acceleration becomes more efficient if the turbulence cre-
ated by the particles is considered. This self-generated turbulence in the
upstream medium scatters the particles back towards the shock front, lead-
ing to further acceleration. This is an example for the non-linearity of pro-
cesses at a shock.

o Stochastic acceleration is a second-order Fermi process during which the
particle gains energy due to scattering in the downstream turbulence.
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7.6 Particles at Shocks in Interplanetary Space

In Fig. 7.4 we saw a particle event consisting of both a flare-accelerated
component and a particle component accelerated at the shock in front of
the CME. Let us now take a look at the particle distribution right at an
interplanetary travelling shock.

Figure 7.22 shows the energy spectrum between 200 eV and 1.6 MeV for
ions in the spacecraft rest frame just downstream of an interplanetary shock.
The pronounced peak around 1 keV is the solar wind plasma; the power-
law spectrum for higher energies gives the energetic storm particles. The
rather smooth transition between these two spectra is in agreement with the
assumption that the particles are accelerated out of the solar wind plasma.
While the solar wind spectrum is described by a Maxwellian, the combined
spectrum can be approximated by a kappa-distribution (5.14). Note the break
in the power-law spectrum at energies of a few hundred kiloelectronvolts: here
the spectrum is steeper, indicating a less efficient acceleration.

It appears reasonable to discuss energetic particles accelerated at inter-
planetary shocks in two separate energy bands: (a) a low-energy component

Fig. 7.22. Spectrum of energetic ions from 200 eV to 1.6 MeV at an interplanetary
shock in the spacecraft’s reference frame. Reprinted from J. Gosling et al. [201], J.
Geophys. Res. 86, Copyright 1981, American Geophysical Union
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with ion energies up to a few hundred keV/nucl and electron energies up
to some tens of kiloelectronvolts; and (b) a high-energy component with ion
energies in the megaelectronvolts and tens of MeV /nucl range and electron
energies in the hundreds of kiloelectronvolt to megaelectronvolt range. One
reason for such a separation is the break in the ion spectrum, as indicated in
Fig. 7.22. Another argument stems from the different particle speeds relative
to the shock: while protons in the tens of kiloelectronvolt range on average
are only slightly faster than the shock and therefore stick close to the shock
front, protons in the megaelectronvolt range are much faster and can escape
easily from the shock. Thus, an observer in interplanetary space at lower
energies detects the shock-accelerated particles mainly around the time of
shock passage, while at higher energies particles accelerated at the shock can
be detected when the shock is still remote from the observer. In addition,
acceleration is more efficient if particles stay close to the shock and interact
repeatedly than for particles that escape easily from the vicinity of the shock.

Particle events associated with interplanetary shocks are reviewed, for
instance, in [266,271,435].

7.6.1 Low-Energy Particles (Tens of keV)
at Travelling Shocks

At low energies, three types of particle events can be distinguished, each
related to another acceleration mechanism (see Fig. 7.23). Nonetheless, as we
saw in Sect. 7.5, combinations of acceleration mechanisms are possible and
s0 too are combinations of different types of events.

In the left panel of Fig. 7.23 an energetic storm particle event is sketched.
This is the classical type of particle event at interplanetary shocks. In the
particle data, it starts some hours prior to shock arrival at the decaying
flank of the preceding solar energetic particle event. The intensity maximum
is close to the time of shock passage. Often there is no dip between the
first maximum and the maximum at the time of shock passage but a more
plateau-like profile or continuous increase as in the protons in Fig. 7.4. In
many cases, a few hours after the arrival of the shock, a sudden decrease in
intensity is observed as the spacecraft enters the ejecta or magnetic cloud,
the former coronal mass ejection, driving the shock. With increasing energy,
the intensity increase related to the shock becomes smaller, reflecting the
rather steep energy spectrum of ESPs compared with SEPs. These events
are connected with quasi-parallel shocks, and thus the particles are acceler-
ated by diffusive shock acceleration. The features of the particle event, for
instance the quasi-exponential intensity increase upstream of the shock and
the energy spectrum, are in agreement with the predictions of this accelera-
tion mechanism. In addition, the enhanced upstream turbulence is indicative
of self-generated turbulence [283,456].

At quasi-perpendicular shocks, a different type of particle event can be
observed, namely the shock spike (middle panel in Fig. 7.23). Here the inten-
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Fig. 7.23. Different types of energetic particle events in the tens to hundreds
of kiloelectronvolt range at interplanetary shocks and the acceleration mechanisms.
Reprinted from M. Scholer and G. Morfill [464]}, in Study of travelling interplanetary
phenomena, 1977, Air Force Geophysics Laboratory

sity increase is limited to a few minutes around the time of the shock passage.
Despite its short duration, the intensity increase can be quite large. Shock
spikes are explained by shock-drift acceleration. However, to acquire the ob-
served energies, the particles must cross the shock more than once, and thus
here shock-drift acceleration works in combination with scattering and not as
scatter-free shock acceleration. The details of the particle event (single-spike,
multiple-spikes, etc.) are more variable than in the classical ESP events. This
structuring, however, is not necessarily related to the acceleration process
but might also reflect the differences between neighboring field lines or the
variability of the interplanetary medium on short temporal and spatial scales.

The third type of event, the post-shock increase, can occur in isolation,
on the decaying flank of a SEP event or in the wake of an ESP event. In
the particle data, it can be identified as an abrupt increase in intensity as
the shock passes the observer. It often ends abruptly as the observer en-
counters the ejecta. Post-shock intensity increases are generally associated
with strong turbulence in the downstream medium. This turbulence leads to
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an efficient stochastic acceleration and a storage of the accelerated particles
downstream of the shock front. In the low-energy electrons, the post-shock
increases are the most common type of event; however, in ions and higher
energetic electrons they are less frequent.

While the local geometry, the angle 0, between the magnetic field direc-
tion and the flare normal, determines the shape of the shock-related particle
increase, its size is determined by the compression ratio, the magnetic com-
pression, and the shock speed vgg = vs sec fp, parallel to the magnetic field.
This latter parameter even seems to distinguish between shocks with little
or no particle acceleration (vsg < 250 km/s) and shocks that lead to sig-
nificant particle acceleration [523]. Although vgp is less expressive than the
shock speed, its physical significance is more important: as the particles are
bound to travel along the magnetic field line, the shock speed parallel to the
field determines the ability of a particle to escape from the shock. Even at
rather slow shocks, a large number of particles might be kept close to the
shock for further acceleration as long as g, is large, i.e. the shock is quasi-
perpendicular. The physical significance of the magnetic compression also
might be simple: the change in B across the shock front creates a magnetic
mirror for particles moving from the upstream medium towards the shock. As
these particles are reflected at this mirror, they gain energy. This process is
faster and more efficient than the reflection in the turbulence downstream of
the shock as assumed in standard diffusive shock acceleration. However, for
efficient particle acceleration multiple encounters with the shock are required,
and thus again the upstream turbulence is the crucial factor. For one particle
event a complete analysis of particles and waves upstream of the shock has
confirmed the existence of self-generated turbulence and its good agreement
with the theoretical predictions [283].

7.6.2 High-Energetic Particles (MeVs) at Travelling Shocks

In megaelectronvolt protons and ions different intensity profiles can be distin-
guished, too. However, they do not reflect the local acceleration mechanism
as in the low energies but the location of the observer relative to the shock.
This is a consequence of the higher speeds of the megaelectronvolt particles
which allows them to escape from the shock front. An observer in interplan-
etary space thus samples all particles that the shock has accelerated on the
observer’s magnetic field line while it propagates outward. The intensity pro-
file therefore is the superposition of particle injections with different sizes and
at different positions.

Figure 7.24 shows sketches of typical intensity profiles of 20 MeV pro-
tons for different locations at an interplanetary shock, the latter propagating
downward. The intensity of the first strong intensity increase is largest for
an observer on the eastern flank. Since these particles arrive very early, they
must have been accelerated at a time when the shock still was close to the
Sun. This component can be called a solar component because the particles
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Fig. 7.24. Representative profiles of about 20 MeV proton events for different
positions of the observer with respect to the shock. The draping of the field lines
around the ejecta is only a suggestion. Reprinted from H.V. Cane et al. [85], J.
Geophys. Res. 93, Copyright 1988, American Geophysical Union

are accelerated close to the Sun: either by the flare, by the shock, or by a
combination of both. Going towards the central meridian or the western flank
of the shock, the intensity of the solar component decreases. The intensity of
the shock-accelerated component, on the other hand, is largest at the nose
of the shock at the central meridian while it decreases towards the flanks.
Note that here shock-accelerated means “accelerated at the shock while it
propagates outward”.

Now we can easily understand the different profiles. The observer in panel
D is located at the eastern flank of the shock and is magnetically connected
to the flare site. Thus he sees a strong intensity increase early in the event
due to the solar component. Often the flare-accelerated particles might be
identified from their charge states and composition (see Fig. 7.4). The local
acceleration at the shock, however, is rather meager because the observer is
located only on its flank. Going to the east, observer A is located at the nose
of the shock but is magnetically connected to a position about 60° west of
the flare site. The solar component therefore is smaller; however, the particle
component accelerated at the shock is maximal. Whether the first increase is
larger than the one close to the shock, as depicted in the figure, or vice versa,
depends on the properties of the flare, the shock’s acceleration efficiency,
and the scattering conditions in interplanetary space. Moving farther to the
west, the solar component decreases or becomes undetectable because of an
insufficient magnetic connection. The component accelerated at the shock is
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also smaller than the one at the central meridian; however, it is always larger
than the solar component.

Note that Fig. 7.24 is a schematic based on a statistical study. The pattern
of the changes in the profiles along the shock front have also been confirmed
by multi-spacecraft observations at individual shocks; however, the variations
are not necessarily as pronounced as those indicated in Fig. 7.24 [270]. Fig-
ure 7.25 shows an example of a shock observed by three spacecraft at different
positions: the top panel shows the geometry, the center of the shock prop-

Fig. 7.25. Dependence of the particle profiles on location of the observer from
multi-spacecraft observations (Helios and IMP); data from the University of Kiel
particle instrument on board Helios and the Goddard Spaceflight particle instru-
ment on IMP
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agating straight downwards. The three spacecraft were separated by almost
180°. The particle intensities are given for 0.5 MeV electrons (top, 1 indicat-
ing Helios 1 observations, 2 indicating Helios 2), ~7 MeV protons (middle;
curve 3 is for IMP), and ~30 MeV protons (bottom); the arrows indicate
the arrival of the shock. Although the variations with the location of the ob-
server relative to the shock follow the trend shown in Fig. 7.24, they are much
smaller than suggested there. Note the post-shock increase in the Helios 2
data, which is one of the rare occasions of a clear indication of particle stor-
age and acceleration in the turbulence behind the shock front at the rather
high energies shown here.

In addition, we should be aware that all shocks and flares exhibit their
own features, and therefore the relative intensity between the first intensity
increase and the hump at the time of shock passage can vary by orders of
magnitude, even at a fixed location relative to the shock. Thus the typical
profiles sketched in Fig. 7.24 can also be observed some ten degrees farther
to the west or to the east.

As at low energies, the intensity at the time of shock passage is correlated
with the magnetic compression and the shock speed [267]. However, these
correlations are rather weak, indicating that other parameters might influence
the acceleration efficiency too. In addition, we should expect only a weak
correlation, because the shock parameters are measured locally at the position
of the observer while the particle event is a superimposition of all injections
along the observer’s magnetic field line, where the shock parameters of the
various injections most likely would have been different.

Note that the details of the particle profile, and, in particular, the relative
sizes of the solar and shock-accelerated components also vary with energy.
Figure 7.26 shows proton intensities in five energy channels between 15 MeV
and 850 MeV as observed by GOES during the Bastille Day event of 14
July 2000. The vertical lines indicate the arrival of two shocks, the second
shock belonging to the flare and particle event under study. The highest
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energies (bottom curve) closely resemble the profiles of a solar event (see
Fig. 7.13), with only a very small increase in intensity around the arrival
of the shock: the particles must have been accelerated on or close to the
Sun. With decreasing energy (going upwards from curve to curve), the bump
of ESP particles becomes more pronounced; at about 20 MeV the intensity
continues to rise from the onset until the shock arrives. In the latter case,
particle acceleration at the shock in interplanetary space is dominant, and
particles accelerated at or close to the Sun play only a minor role. Although
the relative sizes of the solar and shock-accelerated particle components are
different, this energy dependence is similar in all events.

The observations clearly show that megaelectronvolt protons are accel-
erated at interplanetary shocks. But how? Of the acceleration mechanisms
discussed in Sect. 7.5, only diffusive shock acceleration might to be able to
explain the observations. Stochastic acceleration in the turbulence behind
the shock appears to be too slow. In addition, it would keep the particles
confined in the downstream medium, leading to a post-shock increase. The
latter can be observed in megaelectronvolt protons, although not frequently.
Shock-drift acceleration also is not very likely because its characteristic fea-
ture, the shock spike, is not observed. In addition, it is debatable whether
under interplanetary conditions SDA will be able to accelerate protons to
megaelectronvolt energies.

But the explanation of the observations by diffusive shock acceleration
also is inconsistent. For instance, if we assume typical scattering conditions,
the characteristic acceleration time would be much larger than the travel
time of the shock from the Sun to the observer. If, on the other hand, we use
the upstream intensity increase to determine A according to (7.47), we find
mean free paths much lower than those typically observed in interplanetary
space, even lower than those inferred from the magnetic field fluctuations
using standard QLT (which always are a lower limit only). The characteristic
acceleration times inferred with these As, on the other hand, are still larger
than the shock’s travel time. Thus the predictions of diffusive shock acceler-
ation cannot be used to derive a consistent picture. In addition, evidence for
self-generated waves upstream of the shock still is missing [270]. Nonetheless,
this does not imply that the particles are not accelerated by this mechanism.
First of all, all the tests and predictions assume a steady state. Obviously,
this is not acquired because it would require acceleration times larger than
the shock’s travel time. Instead, a steady state is acquired up to a few hun-
dred kiloelectronvolts only, as is also evident in the break in the power-law
spectrum in Fig. 7.22. But even if a steady state is acquired only up to a
lower energy, some particles have already been accelerated to much higher
energies. In addition, the higher energies might require the consideration of
additional effects, in particular particle escape from the shock or the curva-
ture of the shock front. Thus the acceleration of megaelectronvolt protons
at interplanetary shocks is still not completely understood. One attempt to
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gain insight into the problem is the simulation of the observed particle pro-
files with a model that takes into account the propagation of the shock and
a continuous, though variable, injection of particles, combined with the sub-
sequent interplanetary propagation of the particles [222, 268, 275]. Currently
the shock is assumed to be a black box, although the inclusion of a real
acceleration mechanisms, for instance time-dependent diffusive shock accel-
eration, should be the target. Nonetheless, such a model still yields valuable
results, in particular the variation of the particle injection from the shock as
the latter propagates outward can be determined, allowing us to determine
the change in shock acceleration efficiency with time.

In the above discussion, we have left open one question: how is the solar
component accelerated, at the shock or in a flare process? This question is
hotly debated. Originally [84,276] the shock-accelerated particles were con-
sidered as a particle component in addition to the particles accelerated in
the flare. Later, the current paradigm evolved that in gradual events all par-
ticles, and therefore also the solar component, are accelerated at the shock
as it propagates outwards [435]. At present, the pendulum appears to be
swinging back a little because there are a number of indicators that particles
accelerated in the flare also contribute to the event observed in interplanetary
space [271]. (1) The particles accelerated in the flare leave clear signatures of
their composition and spectra in the form of y-ray line emission. This is essen-
tially the same in impulsive and gradual flares: “in both impulsive and gradual
flares the particles that interact and produce vy-rays are always accelerated
by the same mechanism that operates in impulsive flares, namely, stochas-
tic acceleration through gyro-resonant wave particle interactions” [331]. (2)
In many particle events, the composition evolves from flare-like to shock-
accelerated during the event, as already indicated in Fig. 7.4 [528]. (3) With
increasing energy, the charge states more closely resemble those in flares than
those in the corona [105,339, 360].

This discussion is important insofar as it is directly related to the injection
problem: if particles from a flare are already present, acceleration by the shock
must work on a preaccelerated population. In addition, the shock must only
reaccelerate particles, but not accelerate particles out of the solar wind —
thus, to explain the observations, an energy gain by a factor of say five or
an order of magnitude might be suflicient, instead of the several orders of
magnitude required in the case of acceleration out of the solar wind. There
is also observational evidence for reacceleration: enrichments in 3He, which
are believed to be a typical signature of acceleration in the flare process, of
between 3 and 600 times the background ratio, have been found at shocks
in EPS events, with the probability for a given particle event at a shock
to be 3He-rich increasing with increasing solar activity, that is, when more
3He from earlier flares is in interplanetary space [130]. Thus particles from
previous impulsive events are still around as the shock passes by and form a
seed population: residual ®He and Fe ions from impulsive solar flares can fill
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a substantial volume (>50%) of the in-ecliptic interplanetary medium during
periods of high solar activity [336].

7.6.3 Particles at CIR Shocks

Particles observed at corotating interaction regions are also accelerated at
shocks. As in the case of travelling shocks, particles and shocks can be ob-
served. Thus the similarities between the two particle components are: (a)
particles are accelerated at shocks (acceleration process), (b) particles are
accelerated out of a seed population (injection problem), and (c) particles
are accelerated remotely from the observer (propagation problem). How-
ever, there are also some differences between the two populations of shock-
accelerated particles, see Table 7.3.

The most important features of particle events in association with CIR
shocks are (see [335]): (1) the maximum particle intensities are observed at
the reverse shock at ~4 AU and 20° heliolatitude, (2) the particle flow at 1 AU
is mostly sunward with occasional significant non-field-aligned anisotropies,
(3) low-energy ions can be observed at 1 AU even if the shock is not observed,
(4) the composition of the ions resembles that of the solar wind except for
enhancements in He and C relative to O, and (5) the particle ratios He/O,
C/0, and Ne/O increase with increasing speed of the high-speed stream.
Basically, these observations fit into the same picture as used in the current
paradigm of particle acceleration at travelling interplanetary shocks: particles

Table 7.3. Comparison between particles accelerated at travelling shocks and at
CIR shocks

Particles accelerated at CME-driven Particles accelerated at CIR shocks

shocks

Particle energies up to some 100 MeV
(protons) and some MeV (electrons).

Particle energies limited to about
10 MeV (protons) and 200 keV (elec-

trons).
Particles stream away from the shock At 1 AU, particles stream towards the
(the sign of anisotropy changes as the  Sun.

shock passes by).

Most efficient acceleration close to the
Sun.

At low energies mainly, solar wind com-
position but there are exceptions (a)
for individual events, (b) in energy, (c)
with time.

Particles can be observed even if the
shock is not observed.

No evidence for pickup of anomalous
cosmic rays.

Most efficient acceleration at about
4 AU.

Nearly solar system composition, ex-
cept for enhanced He and C relative to

0.

Low energy ions observed at 1 AU or
high latitudes in the absence of shocks.
Singly charged He indicates pickup of
ACRs.
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are accelerated by the shock (acceleration mechanism) out of the solar wind
(source population and injection) and propagate almost scatter-free (propa-
gation) except in the vicinity of the shock, where strong scattering is required
for efficient particle acceleration.

The difference in the particle events at CIR shocks and travelling shocks,
as outlined in Table 7.3, results from the different properties of the shocks:
while travelling shocks are strong, often high-speed shocks with travel times
between the Sun and the Earth of about 2 days, CIR shocks are rather weak,
slowly moving shocks with lifetimes of many solar rotations. In addition,
while the geometry is quasi-parallel in travelling shocks, at least close to the
Sun, in CIR shocks it is quasi-perpendicular rather than quasi-parallel. Thus
the boundary conditions for the acceleration mechanism in travelling and
CIR shocks are quite different. In particular, the main problem for travelling
shocks, the small time span available for acceleration, does not apply to CIR
shocks. Thus it is even more tempting to assume the paradigm of shock
acceleration out of the solar wind to be valid, as discussed in [435].

Nonetheless, as in the case of travelling shocks, recent observations pose
challenges to this paradigm. A major challenge is the observation of singly
charged ions in the particle population accelerated at CIR shocks. These
pickup ions, which have entered the heliosphere as neutrals and are ionized
by the Sun’s hard electromagnetic radiation on their way towards the inner
heliosphere, are picked up for acceleration with much higher efficiency than
the ambient solar wind [189, 340].

7.6.4 Particles at Planetary Bow Shocks

Particles and waves can also be observed upstream of planetary bow shocks
which form when the supersonic solar wind hits the obstacle magnetosphere
and is slowed down to subsonic speed. Basically, the bow shock is parabolic
and symmetric around the Sun—Earth line. At the Earth’s position, the in-
terplanetary magnetic field spiral has an angle of 45° with respect to the
Sun—Earth axis. Thus along the bow shock, the local geometry g, is highly
variable (see Fig. 7.27), ranging from quasi-perpendicular close to the nose
of the bow shock to quasi-parallel at the dawn side of the magnetosphere.

Upstream of the bow shock, a foreshock region develops which is char-
acterized by energetic particles streaming away from the shock front and by
waves excited by these particles. Depending on the local geometry 0g,, dif-
ferent particle distributions and different types of waves can be observed.
Close to the nose of the shock, the subsolar point, the geometry is quasi-
perpendicular and shock-drift acceleration leads to a particle distribution
in the form of a rather narrow beam of reflected ions, see the left panel of
Fig. 7.28. The spiky peak in the middle of the distributions is the solar wind
while the broader peaks are reflected and accelerated ions. The wave field
consists of low-amplitude waves with frequencies of about 1 Hz.
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Fig. 7.27. Geometry of
the bow shock and waves
in the upstream and
downstream media. The
different ion distributions
are indicated

At the dawn side the geometry is more quasi-parallel and particles are ac-
celerated by diffusive shock acceleration. The resulting particle distribution
is a diffusive one, forming a ring around the solar wind peak, as is evident
in the right panel in Fig. 7.28. The waves excited by these ions again are
low-frequency waves with larger amplitudes, occasionally containing shock-
lets in the sense of discrete wave packets which often are associated with
discrete beams of particles. The relationship between particles and waves

Fig. 7.28. Particle distributions upstream of the Earth’s bow shock. In the beam
distribution (left) particles propagate from the shock front towards the solar wind
only while the diffusive population (right) covers all pitch angles. In both panels,
the sharp peak in the middle is the solar wind incident on the bow shock. Reprinted
from G. Paschmann et al. [401], in J. Geophys. Res. 86, Copyright 1981, American
Geophysical Union
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can be described in the model of coupled MHD wave excitation and ion ac-
celeration [312]; see Sect. 7.5.3.

In between, the local geometry is oblique and both mechanisms contribute
to the particle acceleration. The resulting particle distribution is an interme-
diate distribution in which both the reflected beam and the more diffusive
population can be found. The accompanying wave field basically consists of
transverse low-frequency waves.

The electrons form a foreshock region, too. It starts close to the nose of
the magnetosphere (see Fig. 7.27): at the nose of the bow shock, the geometry
is quasi-perpendicular and particles are accelerated by shock-drift accelera-
tion. Since the gyro-radii of the electrons are much smaller than those of the
protons, their drift path along the shock front is shorter, leading to an earlier
escape and therefore a more extended foreshock region.

Compared with the particle populations observed at interplanetary shocks,
the bow shock particles, although significantly more energetic than the solar
wind, are still low-energy particles. Electron acceleration is observed only up
to a few kiloelectronvolts, ion acceleration up to some tens of kiloelectron-
volts. Waves and particles upstream of bow shocks cannot only be found on
Earth but also on other planets [386,451,454]; see Sect. 9.4.4.

7.7 Galactic Cosmic Rays (GCRs)

Galactic cosmic radiation is incident on the solar system isotropically and
constantly. It basically consists of hydrogen, helium, and electrons, but also
heavier ions such as C, O, and Fe. Energetically, the galactic cosmic radiation
starts where the spectrum in Fig. 7.2 ended, at some tens of MeV /nucl.
The energy spectrum has a positive slope, i.e. the intensity increases with
increasing energy, up to some hundreds of megaelectronvolts (see Fig. 7.29).
At higher energies, the spectrum has a slope of —2.5. Very few of the GCRs
can have energies up to 10%° eV, corresponding to about 20 J (that is the
kinetic energy contained in an apple of 200 g moving at a speed of 50 km/h).
GCRs hit the Earth at a rate of about 1000/(m?s).

7.7.1 Variations

The intensities of galactic cosmic rays vary on different temporal and spatial
scales. Some of these variations will be discussed here.

Modulation with the Solar Cycle. At energies below a few gigaelectron-
volts, the GCR, intensities show a strong dependence on solar activity with
a maximum during the solar minimum (see Fig. 7.30). This effect is called
modulation. With increasing solar activity, the maximum of the energy spec-
trum shifts towards higher energies. At proton energies of about 100 MeV
the modulation is maximal, while at energies of about 4 GeV the modulation
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Fig. 7.29. Spectrum of galactic
cosmic radiation. At energies below
some GeV the three curves for each
particle species indicate the spec-
tra for solar minimum (upper curve),
average (middle curve), and solar
maximum conditions (lower curve).
Reprinted from Physics Today 27, P.
Meyer et al. [357], Copyright 1974,

1 10 100 with kind permission from the Amer-
Energy (GeV/nucl) ican Institute of Physics
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only is 15%-20%. Up to about 10 GeV galactic electrons show a spectrum
similar to the protons. They also show a modulation with solar activity in
the energy range 0.1 to 1 GeV.

Forbush Decreases. Interplanetary shocks not only accelerate energetic
particles, they also block part of the galactic cosmic radiation in the hun-
dreds of megaelectronvolt to gigaelectronvolt range. This is called a Forbush
decrease. Forbush decreases occur in two steps [28,162]: first, there is an
intensity decrease as the shock passes by, followed by a more pronounced
decrease as the observer enters the ejecta driving the shock [86]. Typical val-
ues at 500 MeV are about 2% for the shock decrease and about 5% for the
decrease related to the arrival of the ejecta. While both decreases are rather
abrupt (within minutes), the recovery phase is long and can last for days.
Two examples are shown in Fig. 7.31.

Decreases in the galactic cosmic radiation are not only found at travelling
interplanetary bow shocks but also at the shocks at corotating interaction
regions. Amazingly, the modulation of GCRs by CIRs continues even to lat-
itudes well above the streamer belt where the CIRs form: while the plasma
instruments on Ulysses could neither detect shocks nor the changes in solar
wind effects, the particle instruments still detected the recurrent modulation
of GCRs associated with CIRs that had formed at lower latitudes [485].
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Fig. 7.30. Yearly running averages of Mount Washington neutron monitor GCR
intensities (dashed) and monthly sunspot numbers (solid) from 1954 to 1996 [327].
Note the reversed scale in sunspot numbers: sunspot numbers are high during GCR
minima and low during GCR maxima. Reprinted from J.A. Lockwood and W.R.
Webber, J. Geophys. Res. 102, Copyright 1997, American Geophysical Union

CR-B Relation. When a corotating interaction region collides with a trav-
elling interplanetary shock or another corotating interaction region, it forms
a merged interaction region (MIR). Three types of MIRs can be distin-
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Fig. 7.31. Two-step Forbush decreases. The smooth line suggests the shape of
the Forbush decrease after subtraction of the local ejecta effect (shaded). The bot-
tom panel gives the standard deviation of counting rates [561]. Reprinted from G.
Wibberenz, in L.A. Fisk, J.R. Jokipii, G.M. Simnett, R. von Steiger, and K.-P.
Wenzel (eds.), Cosmic rays in the Heliosphere, Copyright 1998. Kluwer Academic
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guished [73]: global merged interaction regions (GMIRs), corotating merged
interaction regions (CMIRs) and local merged interaction regions (LMIRs).

Global merged interaction regions (GMIRs) are shell-like structures with
intense magnetic fields extending around the Sun up to high latitudes. They
originate in the interactions of transient and corotating MIRs and produce
step-like intensity decreases in galactic cosmic rays throughout the helio-
sphere which, in turn, produce most of the modulation [404,418]. GMIRs are
long-lived (1.5-1.8 years), they might even extend over the poles.

Corotating merged interaction regions (CMIRs) are MIRs with spiral
forms associated with the coalescence of two or more corotating interaction
regions. CMIRs and rarefaction regions generally produce several successive
decreases and increases in GCRs over several months while the background
intensity stays roughly constant. They do not lead to an appreciable net
modulation.

Local merged interaction regions (LMIRs) are non-corotating MIRs with
a limited longitudinal and latitudinal extend. Most likely, they are formed
by interactions among transient and perhaps corotating flows. Their effect
on galactic cosmic rays is local, comparable to the typical Forbush decrease
observed on Earth.
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Fig. 7.32. Daily averages of the magnetic field strength normalized by the Parker
magnetic field strength Bp and cosmic ray intensity of > 70 MeV protons [73].
Reprinted from L.F. Burlaga, J. Geophys. Res. 98, Copyright 1993, American Geo-
physical Union



7.7 Galactic Cosmic Rays (GCRs) 271

Figure 7.32 shows daily averages of the intensities of > 70 MeV /nucl
galactic cosmic rays and the magnetic field from the beginning of 1986 to the
end of 1989 for Voyagers 1 and 2. Note that these intensities are measured
on an outward propagating spacecraft, thus the long-term variations include
effects due to the radial gradient (see below). The most important results are:
(1) GCRs decrease when a strong GMIR moves past the spacecraft (time pe-
riods D and D’). (2) GCRs tend to increase over periods of several months
when MIRs are weak and the strength of the magnetic field is relatively low
(R and R'). (3) GCRs fluctuate about a plateau when MIRs are of interme-
diate strength and are balanced by rarefaction regions (time period P when
CMIRs passed Voyager 1). Some local merged interaction regions (L1-L3)
produce step-like intensity decreases; however, they are observed locally on
one Voyager spacecraft only.

From the close correlation between increasing magnetic field strength and
decreasing cosmic ray intensity, Burlaga et al. [72] suggested an empirical
relation, the CR-B relation, between the change in GCR, intensity J and the
magnetic field strength B relative to the Parker value Bp:

dJ B
and 4
== for B < Bp (7.51)

with D and R being constant.

Radial Gradients. Spatial variations in cosmic ray intensity can be repre-
sented as

1
7 dJ = g: dr + gxdA (7.52)
with the local radial (latitudinal) intensity gradient g, (g)) defined as

_1dJ q _1dJ

T Jdr an PETan
Actual measurements are made between two often widely separated space-
craft, thus only an average, non-local gradient can be determined. Data sam-
pled over successive solar minima by the Pioneer and Voyager spacecraft indi-
cate that the radial gradient might be a function of heliospheric distance [174]

Gr (7.53)

g =Gor® . (7.54)

Both Gy and « show a rather complex dependence on time [174]. General
features of these variations are: at solar maxima radial gradients are larger
than at solar minima and there is a significant change in the radial dependence
of g, in particular, & might change sign during the solar cycle. At solar
minima there is a strong decrease in ¢, with increasing r and the magnitude
of g, is appreciably larger in gA < 0 (1981) than in gA > 0 epochs (1977).
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Latitudinal Gradients. Latitudinal gradients are less well studied than
radial ones: Ulysses is the first spacecraft to reach heliographic latitudes of
80°, the only other spacecraft outside the ecliptic plane is Voyager 1 at ~ 34°.

Figure 7.33 shows a comparison of IMP and Ulysses > 106 MeV counting
rates between early 1993 and the end of 1996. Ulysses radial distance and
heliographic latitude are given at the bottom of the figure, IMP is at 1 AU in
the ecliptic plane. From the IMP data, the recovery of GCRs in the declining
phase of solar cycle 22 is evident. Owing to the spacecraft orbit, galactic cos-
mic rays on Ulysses show a more complex time development: at the beginning
of the time period under study Ulysses slowly moves inward and to higher
latitudes, passing the Sun’s south pole in fall 1994 at a maximum southern
latitude of 80°S at a radial distance of 2.3 AU. Within 11 months, Ulysses
performs a fast latitude scan up to 80°N. Afterwards, Ulysses descends slowly
in latitude and moves outwards. During the fast latitude scan Ulysses crosses
the ecliptic plane at a radial distance of 1.3 AU. At this time, GCR intensities
on both spacecraft agree, their difference is largest when Ulysses is over the
poles. The fast latitude scan is most suitable to study latitudinal gradients
because the radial distance of Ulysses does not vary strongly (thus results
are not affected by radial gradients) and the time period is rather short and
GCR intensities at the Earth’s orbit are roughly constant, indicating that
temporal variations are negligible too.

From the data in Fig. 7.33 a latitudinal gradient of ~ 0.3%/degree can
be determined [221]. However, significant latitudinal effects are only observed
when Ulysses is totally embedded in the high-speed solar wind streams of the
coronal holes. As long as fast and slow solar wind streams can be observed,
the latitudinal gradient vanishes. The latitudinal variation in galactic cosmic
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Fig. 7.33. Twenty-six day running mean quiet time counting rates of > 106 MeV
proton observed by KET on Ulysses and by the UoC Instrument on IMP 8 from
1993 to the end of 1998 [221]. The fluctuations are caused by CIRs. Reprinted
from B. Heber et al., J. Geophys. Res. 103, Copyright 1998, American Geophysical
Union
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rays is not symmetric around the heliographic equator but has an offset
to 7-10°S [220, 488], indicating an offset of the heliospheric current sheet
towards the south. This offset is confirmed by the solar wind and magnetic
field observations (Sect. 6.5).

Electrons. Most information about galactic cosmic rays are obtained for
nuclei, electron observations are rather sparse [148]. In general the modula-
tion of cosmic ray electrons is similar to that of nuclei, although some clear
differences exist: (a) the slope of the electron spectrum below 100 MeV is neg-
ative because it is dominated by Jovian electrons; and (b) the ratio between
electrons and helium strongly depends on the polarity of the solar cycle [181],
indicating a charge dependence of modulation.

7.7.2 Modulation Models

The galactic cosmic ray intensity is anti-correlated with the sunspot num-
ber and thus solar activity. But how can we understand this behavior? The
galactic cosmic rays have to propagate from the heliopause towards the inner
heliosphere and it appears that during solar maximum fewer particles manage
this task. What is hindering them and which forces do they experience?

Like solar particles, galactic cosmic rays basically experience the Lorentz
force: they travel field parallel, they can drift in the large-scale structures
of the field, and they are scattered at the magnetic field irregularities. In
addition, the particles experience convection and adiabatic deceleration and
they are blocked and reflected at transient inhomogeneities such as magnetic
clouds and shocks. With increasing solar activity the structure of the in-
terplanetary field changes: first, the tilt angle increases, leading to a wavier
heliospheric current sheet (see Fig. 6.20); second, shocks and the ejecta driv-
ing them disturb the interplanetary medium.

Diffusion. Galactic cosmic rays propagate inwards into the solar system
and we are basically interested in their advance by a piece Ar in radius,
although the actual motion is a gyration around the field line. For solar
energetic particles observations indicate that diffusion perpendicular to the
field is negligible (Sect. 7.3). This partly is due to the fact that the magnetic
field line is almost radial close to the Sun. At large heliocentric distances,
the field line is tightly wound up and therefore almost circular around the
Sun. Thus, even if the diffusion coefficient k, perpendicular to the field is
much smaller than that parallel to the field, the net transport in the radial
direction might be more efficient for particles crossing from one field line to
a neighboring one instead of moving all the way along the field line.

The perpendicular diffusion coefficient depends on the particle speed, the
Larmor radius and the perpendicular mean free path A [166]:

_org A/
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or for Ay > rp:
_urp TL
KL=~ N
Parallel and perpendicular diffusion coefficients can be combined to yield a
radial diffusion coefficient &,

Ker = K 0% 1 + K sin® ¢ (7.57)

(7.56)

where 1) is the spiral angle.

Drifts. Owing to their high speeds, galactic cosmic rays have large gyro-
radii of the order of AU. Thus, they can drift in the large-scale structure of
the heliosphere (see Fig. 7.34). In the heliosphere, the most important drifts
are curvature drift (2.55) and gradient drift (2.54). The latter is extremely
efficient along the heliospheric current sheet (see Fig. 2.2). Drifts in the mean
Archimedian spiral pattern can be characterized by a drift velocity [391]

cup By
= — —| . 7.58
Ty [v s Bg] (758)

Drift then results in a convection of particles with the drift velocity vp in the
transport equation (7.60). Drift speeds can be several times the solar wind
speed; thus, drifts can by far exceed convection with the solar wind [258].

In contrast to diffusion and convection with the solar wind, drift depends
on the polarity of the magnetic field: drift directions are reversed when the
magnetic field polarity is reversed. In addition, drifts are charge-dependent
with electrons and nuclei drifting into opposite directions. Thus, the consid-
eration of drift effects in modulation models leads to a charge dependence
and different features in cycles with opposite magnetic field polarities.

Fig. 7.34. Simplified sketch
of the heliosphere and the
energetic particles. In reality,
the heliosphere has a shape
similar to the magnetosphere
only in that the deformation
Dust  is due to the interstellar wind.
Note the different shapes of
Eﬁggﬁnaﬁon magnetic field lines originat-

ing from the equatorial and
the polar regions

Equatorial Fieldline
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Formally, the drift also can be included in the antisymmetric terms T of
the diffusion tensor

K| 0 0
k=10 xwy &T]. (7.59)
0 —K,T K1

The drift speed can be obtained as the divergence of the antisymmetric part.

Transport Equation. The development of the cosmic ray density U over
time can be described by a transport equation [394, 396]

%%:VO&V@—%mwﬂwmyVU+%V%mg%?Q. (7.60)
Here T is the particle kinetic energy, @ = (T +2myg)/(T +mo) with mg being
the particle rest mass, k° the symmetric part of the diffusion tensor, and vp
the drift velocity. The terms on the right-hand side then give the diffusion
of particles in the irregular magnetic field, bulk motion due to the outward
convection with the solar wind and particle drifts, and adiabatic deceleration
resulting from the divergence of the solar wind flow. Note that no effects of
transient disturbances are included, thus (7.60) should be applied only during
the relatively undisturbed conditions during solar minima.

The Modulation Parameter. The first attempts in modeling modulation
reduced (7.60) to a simple diffusion—convection equation. For quasi-stationary
conditions U/t = 0, a roughly isotropic cosmic ray flux and a spherical-
symmetric geometry, a modulation parameter ¢ could be determined [187]

R

VsowidT
¢*/5$73 (7.61)
T

with r the radius at which the observer is located, R the outer boundary
of the modulation region and x(r, P) the diffusion coefficient. Physically, ¢
roughly corresponds to the average energy loss of inward propagating parti-
cles due to adiabatic deceleration. This energy loss might be several 100 MeV
for particles travelling from the outer boundary to 1 AU. Thus, particles with
energies below some hundred MeV /nucl in the interstellar medium are com-
pletely excluded from the vicinity of Earth. Or, in other words: near-Earth
observations at energies below a few hundred MeV /nucl do not provide any
information regarding the spectrum of the local interstellar medium at these
energies. The part of the interstellar spectrum blocked by modulation is not
negligible, it contains about 1/3 of the GCR pressure or energy density.

The Importance of Drifts. Although drifts were included in the original
transport equation (7.60), they were generally neglected until in the late
1970s Jokipii et al. [258] pointed out that the inclusion of drift effects may
profoundly alter our picture of modulation.
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In the heliosphere, the following drift pattern arises: In an A > 0 cycle
(the Sun’s magnetic field in the northern hemisphere is directed outwards,
the configuration in the 1970s and 1990s) positively charged particles drift
inwards in the polar regions, downward to the heliomagnetic equator, and
outward along the neutral sheet. The sense of drift is reversed for an A < 0
cycle. At the termination shock there is a fast drift upward along the shock.
Note that drift itself does not cause modulation but only changes the path
along which particles enter the heliosphere. Modulation itself can only happen
if also transient disturbances and MIRs are present or if the tilt angle changes,
which in turn alters the drift path of the particles: with increasing tilt angle,
the waviness of the heliospheric current sheet increases and the drift path in
the current sheet becomes longer.

The relative roles of drift and diffusion are crucial for our understanding
of modulation. For typical conditions, diffusion dominates drift on small time
scales. On longer time scales, however, drift effects can accumulate and there-
fore can become important compared with diffusion. Two conditions have to
be fulfilled: (a) noticeable effects of drift can only be expected if the particle
spends enough time in the heliosphere to drift at least a significant portion
of /2 in latitude. (b) Perpendicular diffusion should not be too strong to
wash out the drift pattern. If perpendicular diffusion was too strong, particles
would not drift along the polar axis or neutral sheet but would spread in lat-
itude. This spread depends on the ratio k, /& if k1 < 7T, drift dominates,
while for kT <« k. diffusion destroys the drift pattern. For intermediate
cases, both effects have to be considered.

The inclusion of drift effects in the transport of cosmic rays leads to the
following consequences (416,417}

e A polarity-dependent 11-year cycle with a pronounced maximum in a gA <
0 cycle and a flat plateau-like maximum in a gA > 0 cycle, which is observed
(see Fig. 7.30).

o A correlation of modulation with the tilt angle in gA < 0 cycles only when
positively charged particles travel inwards along the heliospheric current
sheet and a larger tilt angle automatically implies a longer drift path.

e A charge asymmetry which implies differences in, for instance, electron to
helium ratios in different polarity cycles.

Since these features are observed, the importance of drifts is without doubt.
The details of the modulation process and the relative importance of the
different processes, however, are still subject to debate. A state-of-the-art
review with many accompanying papers on detailed problems can be found
in [47,160].



7.8 What I Did Not Tell You 277

7.8 What I Did Not Tell You

Some of the simplifications we have encountered in this chapter are conse-
quences of problems already mentioned in Sect. 6.9. For instance, we show
a sketch of the shock and the ejecta in Fig. 7.24, but our idea is based on
one-point observations only: neither have we measured the shock parameters
at a fixed time at different positions along the shock front nor have we ob-
served the entire shock at different times. At most, we can have observations
from a few points at different times and positions, as suggested in Fig. 7.25.
Thus we do not even know whether the shock front is smooth and continu-
ous, as suggested in the figure, or whether it more closely resembles a Swiss
cheese, with holes and excursions depending on the varying properties of the
upstream interplanetary medium.

And we again encounter the problem of classification. For instance, from
Table 7.2 we learn that impulsive events are electron-rich and gradual events
are proton-rich, or, in other words, that the electron-to-proton ratio is higher
in impulsive than in gradual events. But we should be careful, and look into
the data [84,272]: it is not meant that the e:p ratio in each impulsive event
is higher than that in any gradual event. Instead, it is meant that on average
the e:p ratio is higher in impulsive than in gradual events. Thus, instead of
two distinct distributions for e:p, we find a big overlap in the distributions
for the two classes and only the averages are different; see Fig. 7.35. Again
this situation is fairly similar to that for the height distribution of males
and females: if we pick out one event, we cannot tell from the e:p ratio
whether it is impulsive or gradual, just as we cannot tell from the height of
an individual whether that person is male or female. And if we pick out one
impulsive and one gradual event, the one with the larger e:p ratio might be
the gradual one. This not only points to the problem of a classification based
on phenomenological criteria, as already described in Sect. 6.9, but also gives
a constraint on model development: any model to describe the differences in
particle events from impulsive and gradual flares must account not only for
the difference in one property but also for the large scatter in the properties
in both classes.

average gradual average impulsive

Fig. 7.35. The properties of gradual and
impulsive SEP events are different on aver-
age, but the distributions for the two classes

: : » of events scatter over a broad range and
Event Property (e.g. e:p ratio) overlap

Number of Events
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Like the plasma, observations, particle observations are one-point in situ
measurements. The plasma is convected over the observer with the solar wind,
that is, its motion relative to the observer is rather regular and simple. As
we have already seen in the discussion of upstream turbulence generated by
energetic particles, particles are fast and, owing to scattering, travel back and
forth. That is the reason why particles can be used as probes of the structure
of the interplanetary medium, for instance when we study scattering condi-
tions. However, this running ahead also implies that a particle event might
be influenced by a structure in the solar wind from a much earlier event. This
is not considered in our present methods when interpreting particle events:
normally, we relate the intensity profile to a parent flare and the accompany-
ing CME and shock. But this picture might be oversimplified. For instance,
as early as in the 1970s Levy et al. [322] suggested that extremely large par-
ticle events might result from a fast shock, accompanying the flare and event
under consideration, running towards a slower shock from an earlier event.
In that picture, particles are trapped between the shocks and are accelerated
as the distance between the shocks decreases because of the second adiabatic
invariant. Such a scenario can be applied to many of the larger events [273];
modeling now considers even the CMEs [274]. The Bastille Day event in
Fig. 7.26 is one likely candidate for such an event: the first shock in the rising
phase is from an earlier event and might act as the barrier that prevents
particles from escaping to larger distances and might even lead to further
acceleration by a Fermi I process. On a shorter time scale and smaller spatial
scales, the interaction between CMEs has also been discussed as a possible
requirement for efficient particle acceleration: CMEs can catch up with each
other even in the field of the coronograph. These cannibalizing CMEs [197]
show some peculiarities in the plasma parameters which can be observed in
situ in the interplanetary medium, and it appears that cannibalizing CMEs
are more efficient in particle acceleration than single CMEs [198], although
the detailed mechanisms are not understood yet.

7.9 Summary

Energetic particles in interplanetary space originate from various sources,
such as planetary bow shocks, travelling and corotating shocks, and solar
flares, or from outside the solar system. The corresponding populations have
characteristic spectra, compositions, and time profiles, providing information
about the acceleration and propagation mechanism. For almost all particle
populations, shock acceleration is important; in solar flares, reconnection and
selective heating are also at work. The particles, in particular solar energetic
particles, can also be used as probes of the magnetic structure of the inter-
planetary medium and the superimposed turbulence.
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Exercises and Problems

7.1. Determine the Larmor radius, gyro-period, and speed of galactic cosmic
rays with an energy of 10 GeV in a 5 nT magnetic field. Compare with the
same values for a solar proton with an energy of 10 MeV. Determine the
travel time between the Sun and the heliopause at 100 AU for a straight
path and a path following an Archimedian magnetic field line.

7.2. Assume a Galton board with n rows of pins. For each pin, the possibility
of a deflection to the left or right is 0.5. (a) Give the probability distribution
in the nth layer. (b) Show that for large n this distribution converges toward
the bell curve. Give the standard deviation. (¢) Write a small computer pro-
gram to simulate a Galton board. Compare the runs of your simulation with
the expected result for a different number of rows. Alternatively, simulate
the results for a Galton board with 5 rows and 100 balls by tossing a coin.
Compare with the expected results.

7.3. Get an idea about changes of time scales in diffusion. Imagine a horde of
ants released at time t3 = 0 onto a track in the woods. The speed of the ants is
1 m/min, their mean free path 10 cm. How long do you have to wait until the
number of ants passing your observation point at 1 m (10 m, 100 m) is largest?
How do your results change if you get faster ants (10 m/min, 50 m/min) or
ants moving more erratically (mean free paths reduced to 5 ¢cm, 1 ¢cm). Can
you imagine different populations of ants characterized by different speeds
and different mean free paths reaching their maximum at the same time at
the same place? (More realistic numbers for interplanetary space: particle
speeds of 0.1 AU/h, 1 AU/h, and 6 AU/h, distances of 0.3 AU, 1 AU, 5 AU,
and mean free paths of 0.01 AU and 0.1 AU).

7.4. In interplanetary space, propagation should be described by the diffusion-
convection equation instead of a simple diffusion equation. The flow speed
of the solar wind is about 400 km/s. Calculate profiles with the diffusion—-
convection equation with the numbers given in the parentheses for Problem
7.3. Compare with solutions of the simple diffusion model. Discuss the dif-
ferences: how do they change with particle speed and mean free paths and
why? (Note: Solving this problem you should get an idea about the influence
of convection. And this influence is quite similar when additional processes
in the transport equation are considered too.)

7.5. Explain the shape of x(u) in Fig. 7.11 for isotropic scattering. Why is it
not a straight line?

7.6. Shock acceleration is important for many of the particle populations dis-
cussed in this chapter. Describe them and find arguments for the differences,
in particular the maximum energy gained by the different populations.
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7.7. In Fig. 7.4 the composition slowly evolves from one characteristic of
flare acceleration to another one characteristic of shock acceleration. Can you
explain this slow evolution in terms of a §-like solar acceleration, a continuous
acceleration of particles at the shock, and interplanetary propagation?

7.8. An interplanetary shock propagates with a speed of 800 km/s in the
space craft frame into a solar wind with a speed of 400 km/s. The ratio
of upstream to downstream flow speed in the shock rest frame is 3, and
the upstream diffusion coefficient is 10%! cm?/s. Determine the characteristic
acceleration time. Determine the power-law spectral index for times longer
than the acceleration time.

7.9. A shock propagates with a speed of 1000 km/s through interplanetary
space. The solar wind speed is 400 km/s. The particle instrument on a space-
craft observes an exponential intensity increase by two orders of magnitude
starting 3 h prior to shock arrival. Determine the diffusion coefficient in the
upstream medium (losses from the shock can be ignored, the shock is assumed
to be quasi-parallel).

7.10. Perpendicular transport in modulation: compare the travel paths of a
particle at = 80 AU if the particle has to follow an Archimedian spiral
around the Sun for one turn of the spiral and if it travels the same distance
straight along a radius.



8 The Terrestrial Magnetosphere

The poet’s eye, in a fine frenzy rolling,

Doth glance from Heaven to Earth, from Earth to Heaven,
and, as imagination bodies forth

the forms of things unknown, the poet’s pen

turns them to shapes, and gives airy nothing

a local habitation and a name.

W. Shakespeare, Much Ado About Nothing

A magnetosphere is shaped by the interaction between a planetary magnetic
field and the solar wind. The magnetopause is a discontinuity separating both
fields, forming a cavity in the solar wind. Since the solar wind is a supersonic
flow, a standing shock wave, the bow shock, develops in front of the mag-
netopause. In the anti-sunward direction, the magnetosphere is stretched by
the solar wind, forming the magnetotail. Inside the magnetosphere, different
plasma regimes exist, dominated by ionospheric plasma in the plasmasphere,
a highly variable mixture of ionospheric and heliospheric plasma in the geo-
sphere, and by the solar wind plasma in the outer magnetosphere. These
different regimes are coupled by fields and currents. Inside the plasmasphere
energetic particles are trapped in the radiation belts. The inner magneto-
sphere can be approximated as a slightly distorted dipole field. It is coupled
to the ionospheric current system, with energy in the form of particles and
waves exchanged between both regimes. Both ionospheric currents and the
ring current associated with the radiation belts modify the dipole field.

Particles and energy are fed into the magnetosphere from different sources:
(a) the solar wind can penetrate into the magnetosphere due to reconnection
at the dayside (flux transfer events), convection above the polar cusps, and
and diffusion into the magnetotail, (b) solar energetic particles can penetrate
into the magnetosphere at the polar cusps, (c) galactic cosmic rays travel-
ling along Stgrmer orbits even can penetrate down to ground level, and (d)
plasmas are exchanged between the ionosphere and the magnetosphere.

The magnetosphere was recognized as a dynamic phenomenon as soon
as the first systematic magnetic field measurements at the ground became
available: aside from diurnal variations, strong transient disturbances can
be observed. These magnetic storms often are accompanied by aurorae and
M.-B. Kallenrode, Space Physics
© Springer-Verlag Berlin Heidelberg 2004
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might influence our technical environment, as evident in disruptions in radio
communication or power-line breakdowns. All these phenomena are caused
by strong fluctuations or discontinuities in the solar wind and can be related
to changes in magnetospheric structure, in particular in the magnetospheric
current system and in the plasma sheet inside the magnetotail. This chapter
provides an introduction to these phenomena and a supplementary section
about the aurora and the history of aurora research.

8.1 The Geomagnetic Field

Magnetic fields either originate in currents or from magnetized bodies. The
Earth is not a magnetized body, as can be seen from the variations in the
terrestrial field, in particular the pole reversals. Instead, the terrestrial field
originates in a dynamo process similar to the one working inside the Sun.
Close to the Earth’s surface the field can be approximated as a dipole; at
higher altitudes or under magnetically disturbed conditions it deviates from
the dipole due to currents, the solar wind pressure, and plasma and field
exchange with the interplanetary medium. A recent review about these geo-
magnetic fields and their variability is given in [82, 355].

8.1.1 Description of the Geomagnetic Field

To first order, the Earth can be described as a sphere magnetized uniformly
along its dipole axis. This axis intersects the surface in two points, the austral
(southern) pole at 78.3°S 111°E close to the Vostok station in Antarctica
and the boreal (northern) pole at 78.3°N 69°W close to Thule (Greenland).
Both positions are about 800 km from the geographic poles and the magnetic
dipole axis is inclined by 11.3° with respect to the axis of rotation. The dipole
moment Mg, of the Earth is 8 x 102° G c¢m?® or 8 x 1022 A m?.

Geomagnetic Coordinates. The geomagnetic coordinate system is ori-
ented along the magnetic dipole axis. A plane perpendicular to the dipole
axis intersecting the center of the Earth defines the equatorial plane. Its
intersection with the Earth’s surface marks the geomagnetic equator. The
geomagnetic longitude A and latitude & then are defined analogously to the
geographic longitude A and latitude . With g = 78.3°N and Ag = 291°E
as the latitude and longitude of the boreal magnetic pole, the magnetic and
geographic coordinates are related by the transformations

sin @ = sin ¢ sin g + cos Y cos Yg cos(A — Ag) (8.1)

and O
sin A — Cos@sin(A = o) (8.2)

cos®
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The magnetic potential at a position r from the Earth’s center is

_@_ME”I" __@MEsingo

4w 3 4w 2 (8:3)
From this, the magnetic field strength B = —VV can be derived:
ko Mg .
B = o (—2sin®e; +cosPeg) . (8.4)

The flux density

M
B=,/B2+B="2"E\/1 36’ (8.5)

AT r

falls off with distance as r3. At the Earth’s surface the magnetic field com-
ponents can be approximated as

Bs = Bgcos® and B, = 2Bgsin® (8.6)
where
molME -5
Bg = ——— =3.11 .
E (47TRE)3 x 10 T (8 7)

is the equatorial field at the Earth’s surface. At the pole B equals B, while
at the equator B equals Bg. Thus the magnetic field strength at the pole is
twice that at the equator. This ratio does not change with distance.

The geomagnetic field can be described in different systems. In a rectan-
gular Cartesian system, the triple (X,Y, Z) gives the northward, eastward,
and vertical components. In a cylindrical system, the triple (D, H, Z) is used
with Z as the vertical intensity (that is B,), H as the horizontal intensity
(that is Bg), and D as the declination of the field. In a spherical system with
Z and X as the axes of reference, the field can be described by the triple
(B, I, D) with total intensity B, inclination I, and declination D. Lines with
constant declination D are called isogones. Lines with constant inclination [
are isoclines. The line with I = 0° is the dip-equator or geomagnetic equator.
The magnetic inclination is tan = Z/H = B,/Bg = —2tan®. Thus, close
to the dip-equator the inclination increases twice as fast as the geomagnetic
latitude. Figure 8.1 shows the relation between the different systems.

The magnetic field components discussed so far have been intrinsic be-
cause their reference direction is the magnetic field itself. The other compo-
nents are relative ones, their reference direction is the geographic north. The
declination D is defined as the angle between the magnetic field direction and
the geographic north: D = Y/X. The northward and eastward components
of the field then are given as X = HcosD and Y = Hsin D.

The equation of a field line r = 7(®) can be inferred from (8.6). The
magnetic field vector is always tangential to the line of force. The angle «
between the radius vector and the magnetic field line is given as
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Fig. 8.1. Components of the geomagnetic field at the
Earth’s surface

By rd® 1

B, dr  Zwand (82)
Thus we get 1 peind 4 o
7’” = 2ddtand = cil:é dd = 2—53‘%5—) . (8.9)
Integration yields Inr = 21In(cos &) + const, which can be written as
T =Teqcos’ P, (8.10)

where 7¢q is the distance of the field line from the Earth’s center above the
equator. This is also the largest distance of a field line; it is used to define
the L-shell parameter Lo = 7eq/Rg (see Fig. 8.2). The magnetic field then is

Bg V1+ 3sin’®

B(Ly,?) = =%
(Lo, ) L3 cosb &

(8.11)
and the equation of the field line can be written as L = Lgcos?®. The
field line intersects the Earth’s surface at a latitude cos g = 1/+/Ly, where

L = 1. Physically, the L-shell is the surface traced out by the guiding center
of a trapped particle as it drifts around the Earth while oscillating between

Fig. 8.2. Shape of magnetic dipole field lines and the definition of the L-shell
parameter as the intersection between the field line and the equatorial plane
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its northern and southern mirror points. Note that on a given L-shell the
particle’s physical distance from the Earth’s surface might change while its
‘magnetic distance’ stays constant.

Multipole Expansion. A more correct expression for the geomagnetic field
not too high above the Earth’s surface is a multipole expansion. In spherical
coordinates r, # and ¢, the potential V' can be written as

o n
= Z r:il Z {g7 cos(mep) + hy sin(mep)} P (cos6) . (8.12)
n=1 m=0
The gy and h;' are normalization coefficients and the P are the Legendre
coefficients. For m > n, P* equals 0. The quantity n gives the order of
the multipole: with n = 1, (8.12) describes a dipole field, with n = 2 a
quadrupole. The magnetic monopole (n = 0) is not contained in (8.12). The
potential of a dipole field can be inferred from (8.12) as V = (rg/r?)g{ cos 6.
The coefficients in (8.12) are determined from fits to the measured mag-
netic field. Because the field changes with time, the coefficients have to be
adjusted too. The field determined with the multipole expansion is accurate
to 0.5% close to the Earth’s surface.

The Surface Field: Shift of the Dipole Axis. Fits on the field measured
close to the Earth’s surface reveal an offset of the magnetic dipole relative to
the center of the Earth by 436 km in the direction of the westerly Pacific. This
offset leads to a region of unusually small magnetic flux density in the south
Atlantic, just off the coast of Brazil, the South Atlantic Anomaly (SAA); see
Fig. 8.3. Since the radiation belts are roughly symmetric around the dipole
axis, they come closest to the Earth’s surface, too, making the SAA suitable
for the study of radiation belts by rockets, but also making it a radiation risk
for manned space-flight.

Deviations from the Multipole: The Outer Field. With increasing
height, the shifted multipole approximation becomes less efficient. The im-
portance of the higher moments of the multipole decrease, but the field does
not become dipole-like. Instead, it is distorted by the influence of electric
currents in the ionosphere and magnetosphere and by the direct action of
the solar wind. While the solar wind strongly modifies the structure of the
outer magnetic field, only the influence of the ring current can be observed
at the surface: the ring current results from the opposite drifts of electrons
and protons in the radiation belts and gives rise to a magnetic field opposite
to the Earth’s field, thereby reducing the magnetic flux density.

8.1.2 Variability of the Internal Field

With the beginning of systematic measurements of the terrestrial magnetic
field in the middle of the nineteenth century, its variability became evident:
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Fig. 8.3. International geomagnetic reference field. Contour intervals are 1000 nT.
In a pure centered dipole field the iso-intensity lines would be horizontal. For the
most recent list of coefficients see www.agu.org/eos_elec/000441e.html. Reprinted
from TIAGA [250], EOS 67, Copyright 1985, American Geophysical Union

a systematic daily variation (Sq variation) was occasionally superimposed by
much stronger variations, the geomagnetic disturbances. Later it was discov-
ered that the terrestrial magnetic field also varies with the solar cycle. On
geological time scales, variations become more pronounced, including the re-
versal of the field. The origins of these variations are quite different: daily
variations result from the asymmetric shape of the magnetosphere. Magnetic
storms and variations with the solar cycle reflect the variability of the solar
wind and solar activity; variations on even longer time scales are related to
the MHD dynamo inside the Earth.

Pole reversals give strong evidence for a variability of the internal field
and the dynamo process inside the Earth. Although we have not witnessed
such a reversal, the different sheath of lava at the deep-sea trenches have
preserved a record of magnetic field polarity (see Fig. 8.4). It appears that
the typical cycle for field reversal is about 500 000 years; however, shorter
polarity reversals, also called magnetic events, can be observed on time scales
between a few thousand years and about 200 000 years. The last polarity
reversal occurred about 30 000 years ago, a time when the early humans
already had spread across the Earth and the Neanderthals still where alive.
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At the time of polarity reversal, fossil records often indicate the extinc-
tion of different plant species [2563]. Today it is not clear whether this points
to a causal relationship. Four models are discussed. (a) The weak or absent
magnetic field at the time of polarity reversal allows the cosmic radiation
to penetrate down to the biosphere, causing increased radiation damage in
certain plant species and leading to the extinction of at least some of them.
Although tempting, this interpretation probably will not hold as most of the
cosmic rays are absorbed by the atmosphere well above the biosphere. The
field reversal can be seen as an increase in the records of cosmogenic nu-
clides produced by the interaction between cosmic rays and the atmosphere,
such as '*C or 1°Be; however, its amplitude is too small to be considered
a biological hazard. (b) Certain species in the micro fauna are sensitive to
the magnetic field. Thus field reversals might have changed the biochemical
processes within these micro-organisms, leading to their extinction, or might
have pushed them from their original habitat into a life-threatening one.
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Since they are the start of the food chain, the extinction of micro-organisms
also can lead to the extinction of other species. (¢) Within the framework of
catastrophe theory, there is discussion as to whether an external event might
have caused both the polarity reversal and the extinction of species. (d) Mag-
netic field polarity reversals are often associated with climate changes [567].
Although the mechanisms are not yet understood, it appears possible that
they invoke an interaction between galactic cosmic rays and the atmosphere,
in particular changes in the global circulation patterns in the stratosphere
or upper troposphere, in the ozone column, or in cloud cover. Another ex-
planation for a link between pole reversals and climate change might be a
modified circulation and heat transfer pattern inside the Earth’s core which
might lead to both changes in the heat flux through the Earth’s surface and
a modified dynamo process.

But even if the magnetic field has a certain polarity, it is not necessar-
ily constant. Instead, variations in the dipole moment can be found (see
Fig. 8.5). For instance, about 2000 years BP, the magnetic dipole was almost
50% stronger, as can be seen from the dotted curve, while about 25 000 years
ago, the magnetic field had only half of its present value.

Figure 8.6 shows the variation of the magnetic moment (top) and the
location of the geographic north since 1600. Measurements are sparse in the
early part of that period but frequent since the time of Gauss’s analysis in
1835. Since that time, the magnetic moment of the dipole has decreased by
about 5% per century, while the location of the north magnetic pole has been
roughly constant. Extending the time period back to 1600, the decrease in
magnetic moment, although slightly weaker, is again prominent, while the
drift of the magnetic north is more pronounced: about 0.08° per year to the
west and about 0.01° per year to the south.
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Fig. 8.5. Dipole moment of the terrestrial magnetic field for the last 27 000
years (dotted line) and the last 2600 million years (solid line). Reprinted from K.
Strohbach [507], Unser Planet Erde, Copyright 1991, with kind permission from
Gebriider Borntraeger Verlag
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Fig. 8.6. Variation of the magnetic dipole moment (top) and the position of the
geomagnetic north pole (bottom) since 1600. Figure from A.C. Fraser-Smith [170],
Rev. Geophys. 25, Copyright 1987, American Geophysical Union

Information about recent work on geomagnetic variations and its ter-
restrial consequences as well as useful links on this topic, can be found at
www.tu-bs.de/institute/geophysik/spp/index_en.html. The identifica-
tion of changes in the terrestrial magnetic field is only possible if accurate
measurements are available. While, historically, ground-based observatories
have been used, satellite measurements have the advantage of a global cov-
erage. CHAMP (op.gfz-potsdam.de/champ/index_CHAMP.html) is one ex-
ample of such a satellite.

Thus not only the times of polarity reversal but also the strength of the
geomagnetic dipole are distributed stochastically. For instance, in the pe-
riod between 118 million and 83 million years BP, no magnetic field reversal
occurred. For the last 5 million years, the statistical distribution of field re-
versals can be described by an asymmetric random walk distribution [354].
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Such distributions are found if the observed process, here the polarity rever-
sal, results from a large number of small individual events following a bell
shape distribution. In the case of the terrestrial magnetic field, these small
events probably are the patterns of the convection cells in the outer core
which play an important role in the dynamo process.

8.1.3 The Terrestrial Dynamo

The principle of a MHD dynamo has already been discussed in Sect. 3.6.
The special topology of the terrestrial dynamo is shown in Fig. 8.7. Both
panels show the Earth’s core only, the combined processes give a complete
description of the terrestrial dynamo.

The motion of matter is depicted in the left panel: the liquid inside the
outer core rotates but the angular speed decreases with increasing distance
from the Earth’s center. This differential rotation is the consequence of the
vertical transport of angular momentum: convection transports matter up-
wards from the deeper layers of the outer core, where the linear speed is
small, while matter from the higher layers, where linear speeds are high, is
transported downwards. As a result, the inner part of the outer core rotates
faster than its outer one. In Fig. 8.7, this difference is indicated as the speed
vy of the deeper layers relative to the outer layers. Let us now assume a mag-
netic seed field B; which is at rest relative to the outer layers and parallel to
the axis of rotation. In the inner layers, the relative motion of the fluid with
respect to the magnetic field causes an electric induction field E; directed
towards the axis of rotation. Since the matter inside the core is highly con-
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C|> outer core Taylor column ':F outer core
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/ — _I?
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Fig. 8.7. Origin of the terrestrial magnetic field in a dynamo process. Only the
core of the Earth is shown. The processes sketched in both panels have to be viewed
together. Reprinted from K. Strohbach [507], Unser Planet Erde, Copyright 1991,
with kind permission from Gebriider Borntraeger Verlag
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ductive, a ring current j; results which is directed counter-clockwise in the
northern hemisphere and gives rise to a toroidal magnetic field By. In the
southern hemisphere, the current j; and the magnetic field By have opposite
directions.

In addition, in the outer core convection takes place in the Taylor columns,
that are rotating vertical columns. The toroidal magnetic field B, is pushed
upward by the convective motion and simultaneously twisted by the Coriolis
force, as indicated in the small loop in the lower left of the right panel in
Fig. 8.7. The resulting magnetic field Bj is poloidal and adds to the initial
field: the small seed field is amplified.

This dynamo process can explain the basic features of the terrestrial mag-
netic field. Many details, in particular the details of the polarity reversal, are
not yet understood. One important ingredient for the terrestrial dynamo is
the core’s differential rotation, leading to the poloidal field; the other is the
helical twist of the field lines. Thus our description of the geomagnetic dy-
namo is, as in the case of the solar dynamo, in terms of an a2 process. If the
differential rotation were absent, no amplification of the seed field would be
possible. This appears to be the case in the extremely slowly rotating Venus
and the deep-frozen Mars.

8.2 Topology of the Magnetosphere

Now let us put the terrestrial dipole field into a magnetized plasma, the solar
wind. How will the dipole be distorted by this flow? Which topology of the
magnetosphere arises? How deep into the magnetic field does the influence
of the solar wind extend?

8.2.1 Overview

The structure of the magnetosphere is best described in a frame of reference
with a fixed Sun—Earth axis. The magnetosphere than stays fixed in space
while the Earth rotates inside it. This system divides the magnetosphere
into two parts, a dayside directed towards the Sun and a nightside facing
the magnetotail. The corresponding directions in the equatorial plane are
noon and night, and the direction perpendicular to it dusk and dawn, always
referring to local time.

The most important features of the magnetosphere are shown in the noon—
midnight cross-section in Fig. 8.8. Typical extensions are about 10 rg in
the solar direction and more than hundred rg tailwards. The bowshock, the
magnetosheath and magnetopause, the cusps and the tail are indicated. These
components are strongly determined by the interaction between the terrestrial
magnetic field and the solar wind plasma. However, Fig. 8.8 also indicates that
the magnetosphere is far from being homogeneous but is highly structured
by different plasma and particle components.
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Fig. 8.8. Noon-midnight cross-section through the magnetosphere. Reprinted from
G.K. Parks [397], Physics of Space Plasmas, Copyright 1991, with kind permission
from Addison-Wesley Publishing Company

Starting from the surface of the Earth, on the way to interplanetary space,
an astronaut will encounter different regimes of magnetospheric plasma. Rel-
atively low in the atmosphere, at a height of about 70 km, the ionosphere
begins. As a conductive layer, it forms the bottom of the magnetosphere.
Above it, the plasmasphere, dominated by ionospheric plasma, extends up
to a few Earth radii. The radiation belts are embedded in the plasmasphere.
The plasmasphere still is relatively symmetric, except for a small bulge on
the nightside. The overlying geosphere is more strongly influenced by the
interaction between the geomagnetic field and the solar wind: it is highly
asymmetric with a larger extension towards the tail. In addition, it is highly
variable, at times being dominated by solar wind plasma while at other times
ionospheric plasma is more abundant. The outer magnetosphere, the region
between the geosphere and the magnetopause, is filled by a plasma of solar
wind origin although the magnetic field still is the geomagnetic one.

8.2.2 The Magnetopause

Let us first have a look at a boundary between the solar wind regime and the
terrestrial one. This boundary is called the magnetopause and is defined as an
equilibrium between the solar wind kinetic pressure and the pressure of the
terrestrial magnetic field. The interplanetary magnetic field and the thermal
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pressure of the solar wind do not contribute significantly to this balance;
their combined pressure is less than 1% of the plasma kinetic pressure. For a
similar reason, the gas-dynamic pressure inside the magnetosphere does not
enter into the balance: it is too small compared with the magnetic pressure.
In the pressure balance we have to consider the geometry of the field
and the plasma flow. Since the magnetic pressure is anisotropic, only the
tangential magnetic field By contributes to the magnetic pressure:
_ B
Pmag = 2,LL() .

If we assume the magnetopause to be a perfect boundary between the solar
wind and the terrestrial field, B, equals zero at the magnetopause. If we de-
scribe the solar wind as an electron and ion plasma flowing at an angle ¢ with
respect to the normal direction on the magnetopause, within a second each
surface element of the magnetopause is hit by nsowilsowi COs % particles, with
Nsowi Deing the number density and usowi the bulk speed of the solar wind.
These particles transfer a momentum 2mngewit’,,; cos? ¢ = 2gu? ; cos® .
The pressure balance at the magnetopause therefore can be written as
2 2 B;
2pug,,,; cos” P S0

Note that this is a simplification because we have not considered a slow-down
of the solar wind as it passes through the bow shock and part of the flow
energy is converted into thermal energy; see Sect. 8.2.5. Nonetheless, (8.14)
is still valid as long as the factor 2 in the kinetic pressure is substituted by a
factor K < 2, which at the terrestrial bow shock is about 0.88.

Let us assume the magnetosphere to be axisymmetric. In cylinder coor-
dinates r is the radial distance from the axis of symmetry and s the distance
along the magnetopause, measured from the subsolar point. With dr/ds =
cos 1 we can determine the cosine in (8.14). If B; were known, the position of
the magnetopause could be determined. But By is known only as the solution
of a potential problem with the boundary conditions defined by (8.13). Thus
(8.14) has to be solved iteratively: we make an assumption for By which is
a solution of (8.13). Then we can determine the electric currents inside the
magnetopause, which in turn give a new By, which again can be used as input.

As a crude measure for the size of the magnetosphere, the position of
its subsolar point on the Sun—Earth line is used. Here the plasma flow is
perpendicular to the magnetopause and cost equals 1. By can be approx-
imated from By, the magnetic field at the Earth’s surface. If we assume a
mirror dipole at a distance 2d, the normal component of the magnetic field
would vanish if the tangential field were doubled in d: By = 2By/d®. Then
the distance of the subsolar point can be determined from (8.14):

(8.13)

(8.14)

[ 4B3
2u0K9u2

sowi

ey = . (8.15)
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For typical solar wind conditions, the subsolar point, or stand-off distance, is
at 10rg.

As can be seen from (8.15), the stand-off distance depends on the solar
wind speed, and to a lesser extent, also on its density. The variability of
the solar wind conditions thus leads to continuous changes in the size and
therefore also in the shape of the magnetopause. Depending on the solar
wind speed, the subsolar point is between 4.5 and 20 rg. Since solar wind
speed changes can be quite abrupt, e.g. across a travelling interplanetary
shock or when a fast stream is suddenly swept across Earth, the magne-
topause has to adjust to this changed environment rather fast. Satellite ob-
servations indicate speeds of the magnetopause between a few kilometers per
second in response to solar wind fluctuations and up to about 600 km/s in
response to discontinuities. The average speed of the magnetopause is about
40 km/s.

Although the magnetopause is defined as a three-dimensional boundary
at which an equilibrium between the solar wind and the planetary magnetic
field is established, it is not infinitely thin. Instead, it is an extended sheath
with a thickness between a few hundred up to thousand kilometers: the so-
lar wind is reflected at the magnetopause only after it has penetrated into
the magnetic field and has been turned around by the Lorentz force (see
Fig. 8.9). Since the Lorentz force depends on the charge, electrons and ions
are deflected in opposite directions, forming the Chapman-Ferraro current
inside the magnetopause. This charge separation leads to a pile-up of charges
at the flanks of the low-latitude magnetosphere (low-latitude boundary layer
(LLBL)) with an excess of positive charges on the dawn side and negative
charges on the dusk side. This can also be interpreted as a dawn-to-dusk elec-
tric field. Field lines intersecting the LLBL map back this potential pattern
towards the high-latitude ionosphere. Relevant aspects concerning the LLBL
are summarized in a series of articles in [377].

Fig. 8.9. The de-
flection of solar wind
electrons and protons
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the finite thickness of
the magnetopause and
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This deflection can also be described as an extreme case of the grad B
drift, with the magnetic field vanishing on one side of the boundary. The
drift speed, as given by (2.54), only depends on the particle’s Larmor ra-
dius which also defines the depth at which the particles penetrate into the
magnetopause. Since the Larmor radius depends on m/|q|, ions penetrate
deeper into the magnetopause than electrons, leading to an excess of nega-
tive charges in the outer magnetopause and an excess of ions in the inner one.
The resulting electrical polarization field accelerates (decelerates) an electron
(ion) on entering the magnetopause and decelerates (accelerates) the particle
on leaving it. Thus the particles do not travel along semicircles, but along
elliptical orbits as sketched in Fig. 8.9.

The physics of the magnetopause is discussed in details in a series of
articles in [497].

8.2.3 Polar Cusps

The polar cusps are two singularities in the dayside magnetosphere: here the
magnetic field vanishes and particles and plasma can penetrate freely into
the magnetosphere. The polar cusps separate closed field lines on the dayside
magnetosphere from open field lines swept to its nightside. The cusps are
not located at the dipole axis but at lower geomagnetic latitudes because
the higher latitude field, which in the dipole field still would close on the
dayside, are convected with the solar wind to the nightside magnetosphere.
The magnetic field lines connect the cusps back to geomagnetic latitudes of
about 78°; they are the only ones connecting the surface of the Earth to the
magnetopause. Thus all field lines of the magnetopause converge at the cusps.
The cusps themselves are filled with plasma from the magnetosheath but not
from the magnetosphere. Thus at the cusps, plasma of solar wind origin can
penetrate deep into the Earth’s atmosphere, as can energetic particles.

8.2.4 The Tail and the Polar Caps

Magnetic field lines extending from the cusps to the nightside form the bound-
ary of the magnetotail. Close to the Earth, in addition to these open field
lines also closed field lines can be found inside the tail, preserving, at least
partly, the dipole character of the inner magnetosphere. As on the dayside
magnetosphere, the closed field lines originate in geomagnetic latitudes below
78°. At higher latitudes, all field lines are open and swept into the night side.
This region is called the polar cap.

Figure 8.10 shows a sketch of the magnetosphere, drawn to scale to visu-
alize the extent of the magnetotail. The solid lines give the field lines, and the
dashed lines are the trajectories of plasma particles, which will be discussed
in Sect. 8.3. Two important features are obvious: first, plasma is convected
from the plasma mantle at the polar cusps towards the plasma sheet in the
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Fig. 8.10. Sketch of the magnetosphere and the magnetotail, drawn to scale. The
solid lines are magnetic field lines, and the dashed lines give the trajectories of
plasma parcels, filling the plasma sheet from the mantle. X-points inside the plasma
sheet are favorable positions for reconnection. Reprinted from W.G. Pilip and G.
Morfill [411], J. Geophys. Res. 83, Copyright 1978, American Geophysical Union

magnetotail. Thus a continuous flow of hot solar wind plasma fills part of the
magnetosphere. Second, in the equatorial plane there is a plasma sheet sep-
arating the oppositely directed magnetic fields of the north and south lobes
(fields directed toward and away from the Earth). Inside this plasma sheet,
neutral point configurations suitable for reconnection can form. One example
is indicated as the X-point. Thus the magnetotail obviously has dynamic as-
pects: it is filled with plasma from the outside and occasionally reconnection
in the neutral sheet leads to an ejection of plasma towards the Earth, where
it can create beautiful displays of aurora.

This magnetotail configuration requires currents: the Chapman-Ferraro
current in the magnetopause, and the tail current inside the plasma sheet
separating the north and south lobes. Both currents are perpendicular to the
magnetic field lines and form the closed current system sketched in Fig. 8.11.

The radius of the magnetotail can be estimated by a simple approxima-
tion. All field lines of the tail connect back to the polar caps of the corre-
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Fig. 8.11. Cross-section of the magnetotail
/ \ with the currents inside the magnetopause
T and in the neutral sheet forming a closed
loop
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sponding hemisphere. The magnetic flux leaving the polar caps is defined by
the vertical component of the magnetic field integrated over the polar caps:

@pc = 27T(7"E CcoSs 01)0)230 . (8.16)

Here 0p¢ is the latitude of the boundary of the polar cap and By is the
equatorial magnetic field strength, which is about half the flux density at the
polar cap. This flux is convected outwards into the magnetotail. If we assume
the lobe to be semicircular with radius r1,; and magnetic field strength Bra;,
the flux inside one lobe is $ray = 7 Tait Brair/2. With (8.16) we get

TTail [ 4Bo

- B cosfpc . (8.17)
With 0pc = 75° and By = 31 000 nT, the radius of the magnetotail is 20 rg
for Bty = 20 nT or 29 rg for Bt = 10 nT. The latter value is typical for
the outer magnetosphere.

The current density inside the magnetopause can be determined from the
momentum balance at the magnetopause: Vpsowi = j X B/c. Alternatively,
the cross-tail current density can also be determined from Ampére’s law to
be B = 2B, = 4mj/c, with 6B being the jump in magnetic field strength
across the current sheet. With B,y = 20 n'T we find j = 30 mA/m for the
cross-tail current and half this value for the magnetopause current.

How far does the tail extend? Do the tail field lines close far away from
the Earth or do they connect, at least partly, to the interplanetary mag-
netic field? Figure 8.12 sketches such an open magnetosphere: close to the
Earth, three types of magnetic field lines can be observed: (i) an interplane-
tary magnetic field line of solar origin passing by; (ii) closed dipole field lines
of planetary origin; and (iii) a merged planetary and interplanetary mag-
netic field line which connects the surface of the Earth magnetically to the
interplanetary medium. The dashed lines give neutral sheets where the inter-
planetary magnetic field vanishes. A careful discussion of the many aspects
of the magnetotail is given in [378].

For orientation, Fig. 8.13 gives the volumes of the magnetosphere predom-
inantly occupied by open (top) and closed (bottom) field lines. The volume
with the open field lines contains the tail lobes, including the mantle, the

Fig. 8.12. Sketch of possible
connections of the magneto-
spheric field to the interplan-
etary medium for two differ-
ent polarities. Based on K.A.
Anderson and R.B. Lin [6], J.
Geophys. Res. 74, Copyright
1969, American Geophysical
Union
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Fig. 8.13. Volumes of the magnetosphere
occupied by open (top) and closed (bottom)
field lines, adapted from N. Crooker [114], J.
Geophys. Res. 82, Copyright 1977, American
Geophysical Union

cusps, and the open portions of the low-latitude boundary layer on the day-
side magnetosphere. The volume containing the closed field lines includes the
plasma sheet, the quasi-dipolar inner magnetosphere, and the closed part of
the low-latitude boundary layer. The shaded area indicates the part of the
magnetosphere that abuts closed field lines. The figure is drawn as symmetric
with respect to the equatorial plane and to noon. In reality, these symmetries
are broken by the tilt of the geomagnetic dipole with respect to the plane of
the ecliptic and the direction of the interplanetary magnetic field.

8.2.5 Magnetosheath and Bow Shock

A prominent feature in front of the magnetopause is the bow shock where
the supersonic solar wind is slowed down to subsonic speed. The bow shock
is about 2 to 3 rg ahead of the magnetopause, and its upstream medium is
characterized by turbulence and energetic particles; see Sect. 7.6.4.

The solar wind flow passes through the bow shock but does not penetrate
the magnetopause. Thus the position of the bow shock must be adjusted so
as to allow the solar wind to flow around the obstacle magnetopause. At the
subsolar point, observational evidence suggests that the ratio between the
position of the bow shock and the stand-off distance of the magnetopause is
1.1n, with n being the density jump at the bow shock. If we assume a gas-
dynamic shock, the density jump depends on the Mach number M and on 7.q
as 1 = [(Yad — 1)M? + 2]/(Yaa + 1)M. With M = 8 and 7,4 = 5/3, the bow
shock is 29% farther out than the stand-off distance of the magnetopause.

In particular, close to the subsolar point the observations are in quite good
agreement with these theoretical predictions, as can be seen in Fig. 8.14. Here
the positions of the bow shock and magnetopause in the equatorial plane
are shown. The solid lines give the calculated magnetopause and bow shock
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Fig. 8.14. Observed and calculated positions of the bow shock and the magne-
topause in the equatorial plane; the scatter in the symbols indicates the variability
of the magnetopause and bow shock due to solar wind variations. Reprinted from
N.F. Ness et al. [376], J. Geophys. Res. 69, Copyright 1964, American Geophysical
Union

positions for average solar wind conditions, and the symbols give observed
distances. Their scatter reflects the variability of the solar wind.

In the magnetosheath, the region between the bow shock and the mag-
netopause, the solar wind plasma is deflected and slowed down. Kinetic flow
energy is converted into thermal energy, heating the plasma to about 5 to 10
times the solar wind temperature. Spreiter et al. [499] used a gas-dynamic
model to describe the plasma flow inside the magnetosheath. The magnetic
field is considered only in so far as it is convected by the solar wind; however,
it does not modify the dynamics of the process. Two sample solutions for the
geometry symmetric around the Sun—Earth line are shown in Fig. 8.15. In
the left panel, the stream lines give the deflection of the plasma flow around
the magnetopause and, as the magnetic field is convected with the plasma,

08
Bow Shockw%
%/ =69
1.5 Temperature
Magnetopause 0. = Ratios
0.2 22.1
Streamlines/Magnetic Field Lines Velocity/Temperature Ratios

Fig. 8.15. Plasma flow inside the magnetosheath. (Left) Streamlines, which are
also magnetic field lines, are shown. The dashed curve marks the transition from
supersonic to subsonic flow. (Right) Velocity and temperature ratios. Based on [499]
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also the magnetic field configuration in the magnetosheath. The dotted line
marks the transition from supersonic to subsonic flow. The right panel shows
the velocity and temperature ratios. Their contours are identical, as can be
seen from integration of the energy equation [499] which gives

lZH(_’@_‘%(l_“Q). (8.18)

To 2 uZ,

The increase in plasma temperature can be quite substantial: on the dayside,
the solar wind temperature can increase by up to a factor of 20. Since it is
the sum of both electron temperature and ion temperature, with the electron
temperature often about twice as high as the ion temperature, and since
the electron temperature does not change significantly, the increase in ion
temperature can be much larger than indicated in Fig. 8.15.

8.3 Plasmas and Currents in the Magnetosphere

We will now follow the path of our hypothetical astronaut from Sect. 8.2.1
in more detail. However, to get the broader scope, we shall start with some
basics of atmospheres.

8.3.1 The Atmosphere

The solar electromagnetic radiation determines the structure and dynamics
of the atmosphere. Depending on the radiation’s wavelength, it interacts with
the atmosphere at different altitudes. Since interaction always is associated
with heating, a characteristic temperature profile develops which can be used
to define atmospheric layers (see Fig. 8.16).

The bottom layer of the atmosphere, the troposphere, has a thickness be-
tween about 16 km at the equator and less than 10 km close to the poles. This
layer contains more than three-quarters of the atmospheric mass and there-
fore, energywise, is the most important layer. Its composition is basically 78%
Ns, 21% O3, and a number of trace gases, as well as up to 4% water vapor.
The presence of water vapor allows the formation of clouds and precipitation,
thus the troposphere is the weather layer of our planet. The combined effects
of radiation, convection, and the transport of latent heat cause a negative
temperature gradient of about 6.5 K/km. Out of the incident solar radiation,
only the visible and infrared penetrate down to the troposphere; the shorter
wavelengths are absorbed at higher altitudes. The top of the troposphere is
the tropopause, the local minimum in the temperature profile.

The next layer, the stratosphere, is characterized by a positive tempera-
ture gradient caused by the absorption of UV in the ozone layer. Its shape
stems from the same combination of effects that is responsible for the forma-
tion of the ionospheric Chapman layers (Sect. 8.3.2): the incoming electro-
magnetic radiation increases with height, while the density decreases. Thus
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Fig. 8.16. Horizontal structure of the terrestrial atmosphere with different lay-
ers defined by extrema in the temperature profile, mixing of the components, the
possibility of particle escape, and the ionization

at a certain height, a maximum in the ionization is established: below this
height, the intensity of the electromagnetic radiation is too small for efficient
ionization, and above this height there are not enough particles left to ion-
ize. The maximum of the ozone layer is at a height of about 25 km. The
stratosphere is dry; its water vapor content is almost negligible, although
water vapor plays an important role in the ozone chemistry (Sect. 10.4.2).
Since the tropopause is a temperature inversion, ideally there would be no
exchange of matter across it. Exchange, however, happens, as is evident, for
instance, from the influence of the anthropogenic CFCs on the ozone layer
and from the deposition of cosmogenic nuclides formed in the stratosphere.
Two effects allow such an exchange: violent processes, such as nuclear explo-
sions or erupting volcanoes, and a seasonal slow exchange at the jet streams,
where the tropopause is “leaky”. The consequences of this slow exchange are
twofold: luckily, it is rather difficult for man-made gases to reach the strato-
sphere, but unfortunately, once such substances have entered it, they will
be removed only slowly. The stratosphere extends up to altitudes of about
40-50 km.

In the mesosphere, the temperature gradient is negative again. The meso-
sphere extends up to a height of about 80 km; it is characterized by pho-
todissociation, ionization (the D-layer of the ionosphere is inside the meso-
sphere), and a variety of chemical processes. One prominent feature of the
mesosphere is noctilucent clouds [178,287]: for examples see www.meteo.
helsinki.fi/~tpnousia/nlcgal/nlcgal.html, www.nlcnet.co.uk/, www.
polarimage.fi, or www.iap-kborn.de/optik/nlc/nlc_kb_d.htm.

Above the mesosphere, the temperature increases again because the hard
electromagnetic radiation is absorbed, leading to the formation of the main
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ionospheric layers. Thus the lower thermosphere is characterized by a posi-
tive temperature gradient. Above an altitude of 150-200 km the thermosphere
is isothermal, with temperatures between about 1300 K (nightside at solar
minimum) and 2000 K (dayside at solar maximum). It is characterized by ex-
tended circulation systems which vary seasonally and with the solar cycle. It
also is the atmospheric layer that is connected directly to the magnetospheric
processes: the currents providing the ionosphere-magnetosphere coupling run
through the thermosphere, and the particles causing aurorae penetrate down
to its bottom.

8.3.2 The Ionosphere

The ionosphere starts in a height of about 70 km as a charged-particle com-
ponent inside the atmosphere. The ionosphere often is described as the base
of the magnetosphere. Because of its high density and the existence of a large
neutral component it does not obey the definition of a magnetosphere, namely
that particle motion is determined by the magnetic field only. Nonetheless,
it is vital for the understanding of the magnetosphere because it provides a
highly conducting bottom layer and ionosphere—magnetosphere coupling is
important for the energetics of the magnetosphere.

Chapman Layers. The ionosphere is formed due to the ionization of atmo-
spheric constituents by hard electromagnetic radiation in the UV and EUV
range. Conveniently it is described as consisting of different layers. To de-
rive the height profile of such a layer, the Chapman profile, we can use a
simplified model considering one atomic species and monochromatic electro-
magnetic radiation only. The variation of density n with height z is described
by the barometric height formula

n(z) =noexp{—2/H} , (8.19)

where H = kgT'/myg is the scale height. Thus the intensity decreases exponen-
tially with increasing height. The intensity I of the ionizing electromagnetic
radiation, on the other hand, increases with increasing height: it is maximal
at the top of the atmosphere and then is absorbed according to Bougert—
Lambert-Beer’s law

dI/dz = —I0an (8.20)
where o0, is the absorption cross-section for the particle species and frequency

range under study. The intensity at height z then is given by

1
cosf

I(z) =I.exp — por

70 —an(z)dz p = I exp {———7—-—} ,  (8.21)
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where # is the Sun’s altitude and
T = /Uan(z) dz (8.22)

the optical depth.
The electromagnetic radiation leads to a height-dependent ionization rate

q(z) = nol(2) (8.23)

where o; is the ionization cross-section. It is o, > o; because absorption not
necessarily leads to ionization.

The combination of the two profiles gives the Chapman profile (see
Fig. 8.17): at a certain height, the ionization, and therefore also the charge
density, is highest. Below, it decreases as the intensity of the ionizing radi-
ation decreases. At higher altitudes, although the intensity of the ionizing
radiation is higher, the charge density decreases, too, because the density of
particles available for ionization is lower. Formally, we can insert (8.21) and
(8.19) into (8.23) and get the charge density in the Chapman layer:

q(2) = oinol exp {—azjé - %} . (8.24)
If the Sun is in the zenith, the charge density is largest and the maximum of
the Chapman layer is at lower altitudes. With decreasing solar altitude, the
Chapman layer shrinks and its maximum shifts to higher altitudes.

Equation (8.24) gives the ionization rate. It is thus a good approximation
for the number of electrons created at a certain height. The dynamics of an
ionospheric layer, however, are not only determined by the ionization but
also by losses due to recombination and attachment to neutrals. These loss
processes modify the daily variation of the electron density.

Since the atmosphere consists of different particle species and the incom-
ing radiation covers a broad spectrum, for each particle species such a layer
forms in the ionosphere at its typical height. Figure 8.18 summarizes these
layers: on the right, the densities of the neutrals are shown, and on the left,
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Fig. 8.18. Height dependence of different constituents of the ionosphere and at-
mosphere for quiet solar conditions. Based on [255]

the ionospheric layers are depicted for the different ion species as well as
for the electrons. The electron distribution is the sum of the different ion
layers. Note that with increasing height the relative importance of the ion-
ized component increases: while at a height of about 100 km only 10~7 of
the atoms and molecules are ionized, above a height of about 800 km only
ionized particles exist.

Since these layers have a large extension in height and partly overlap,
they are not easily identified in observations. Instead, from the observations
a more simple scheme for layering in the ionosphere has emerged early in
ionospheric studies. The earliest detected layer was the E-layer, named so
due to the reflection of electric fields. It is the best studied layer and is
dominated by OF and NO*. Here we find about one electron for every 108
neutral particles. Below the E-region, between 60 and 90 km, is the D-region.
It is highly variable with a much smaller electron content. Above the E-region
is the F-region, which also contains the maximum in electron concentration.
This maximum is typically given at altitudes around 300 km, however, it can
shift with solar activity between 200 km and 800 km.

Sudden Ionospheric Disturbances SID. The profiles of the different
Chapman layers in Fig. 8.18 are shown for quiet solar conditions. Thus the
hard electromagnetic radiation is at a rather low level and no additional ra-
diation is emitted in flares. During solar maximum, the intensity of the hard
electromagnetic radiation is higher, leading to a stronger ionization. In addi-
tion, during solar flares the hard electromagnetic radiation can be enhanced
even further. Then the charge density in the ionosphere can become large
enough to absorb electromagnetic waves instead of reflecting them, leading
to a break-down in long-wave communication. Such an event is called a sud-
den ionospheric disturbance (SID).
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Ionospheric Conductivity. Currents and plasma flows couple the iono-
sphere and the magnetosphere. The ionosphere differs from the magneto-
sphere in so far as collisions of charged particles with the neutrals of the
atmosphere occur frequently; the ionosphere therefore is characterized by a
collision-dominated plasma. Thus the conductivity is finite and the frozen-in
approximation is no longer valid. The conductivity is not only finite but also
highly anisotropic. Three typical conductivities can be defined. The field-
aligned conductivity parallel to B depends on the masses m, and m; of the
electrons and ions and on their collision frequencies v, and v;:

a”——-( L )neQ. (8.25)

mivi Mele

This expression corresponds to the ordinary conductivity.
The Pederson conductivity is concerned with currents parallel to the elec-
tric field. With w; as the gyro-frequencies we have

Vi Ve 2
— . 2
OPed Lm%+wﬁWM@+¢J“ (8.26)

Pederson currents dissipate energy since E - 3 > 0. The Hall conductivity is
concerned with currents perpendicular to both the electric and the magnetic
fields. It is free of dissipation and can be written as

Wi We 2
_ , 8.27
“M‘[mw+@ﬁwu@+@J“ (8:27)

The total current in the ionosphere therefore can be written as

. Bx FE
j=0)E|+0opaE+opn—5— =0FE, (8.28)
where
op —0Ogan O
o= | oHan op 0 (8.29)
0 0 0'”

is the conductivity tensor.

Of these conductivities, the field-aligned one generally is the largest. To
maintain current continuity, the electric field component E| parallel to the
magnetic field has to be very small. In particular, at high latitudes the mag-
netic field is almost perpendicular to an ionospheric layer and therefore allows
for an efficient current (Birkeland current) between the lower ionosphere and
higher altitudes, the basis for magnetosphere-ionosphere coupling.

The Ionospheric Current System. Conductivities are highest in the E-
region, where also strong winds and tidal oscillations can be observed. Owing
to their different masses, ions and electrons are influenced differently by these
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motions of the neutral atmosphere: while the ions are forced to move across
the field lines, electrons tend to move perpendicular to both the magnetic
field and the neutral wind, albeit at a slower pace. This relative motion causes
a charge separation and thus an electric field which, in turn, can affect the
currents. Owing to the creation of an electric field by the atmospheric motion,
the E-layer also is called the dynamo layer.

The relation between the conductivity and the electric field is described
by Ohm’s law. However, here we have to add a term which considers the
motion imparted by the neutral wind

j=0(E+wv, x B) (8.30)

with v, being the velocity of the neutral wind. At low latitudes, the dynamo
current is mainly driven by the v, x B field arising from the ion motion
across the B-field while at higher latitudes the contribution from the neutral
wind is small and the main driving force is the electric field.

In mid-latitudes, the driving force mainly is provided by atmospheric tides
excited by solar heating of the atmosphere. The resulting current system is
called the solar quiet or sq-current system. These currents are responsible for
the daily sq-variations in magnetometer records. Figure 8.19 gives a sketch
of the basic features of the current system viewed from above the ionosphere.
Basic features are the two vortices, one in each hemisphere. These systems
touch at the equator where they form a strong, jet-like current, the equatorial
electrojet. This current is larger than just the sum of the two currents in the
vortices because the special geometry of the magnetic field (almost horizontal)
and the nearly perpendicular incidence of the solar electromagnetic radiation
increase the conductivity.

8.3.3 Magnetosphere-Ionosphere Coupling

The motion of particles, plasmas, and magnetic fields gives rise to currents.
Currents in the magnetosphere associated with its large-scale structure are
the Chapman-Ferraro current inside the magnetopause and the tail current
separating the southern and northern lobes. These currents do not affect
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the terrestrial magnetic field, and so their fluctuations are not recorded
by ground-based magnetometers. In addition, the drift of charged particles
trapped in the radiation belts gives rise to a ring current. These currents are
perpendicular to the magnetic field. Another kind of current flows parallel
to the magnetic field and therefore can provide coupling between the iono-
sphere and the magnetosphere. Since the magnetic field is perpendicular to
the ionospheric layer only at high latitudes, these field-parallel currents are
a phenomenon typical of the polar ionosphere and magnetosphere.

The entire configuration then can be interpreted as a circuit with the solar
wind-magnetosphere interaction working as a dynamo (E - j > 0) and the
ionosphere being a load with dissipative losses (E - j < 0). The circuit then
is closed by currents parallel to B; see Fig. 8.20. The driving force, and thus
also the source of energy, is the solar wind. Thus the dynamo has correctly
been called the solar wind dynamo.

Birkeland Currents. The field-parallel currents can be observed in the
polar ionosphere where the magnetic field lines are almost perpendicular.
The average patterns of these Birkeland currents are shown in Fig. 8.21.
The currents are plotted versus geomagnetic longitude with the dark areas
indicating currents into the ionosphere and the lighter shaded areas indicating
currents out of it. At high latitudes, currents are flowing out of the ionosphere
in the evening side and into it at the morning side. They are called region
1 currents. At somewhat lower latitudes, the region 2 currents show the
opposite pattern: they flow into the ionosphere in the evening side and out of
it in the morning side. At very high latitudes around noon, i.e. below the polar
cusps, the pattern of the field-parallel current is highly variable and strongly
depends on the northwards or southwards component of the interplanetary
magnetic field owing to the convection of magnetic field lines across the polar
caps (see Sect. 8.4). Around midnight, the currents in regions 1 and 2 overlap
without a clear separation.

Most of the field-parallel currents are carried by the electrons. Thus an
inward current implies an outward motion of electrons and vice versa. The



308 8 The Terrestrial Magnetosphere

Fig. 8.21. Distribu-
tion of the field-parallel
Birkeland currents in
the polar ionosphere.
Note that the numbers
refer to the geomagnetic
latitude. Reprinted from
T. lijima and T.A. Po-
temra [249], J. Geophys.
Res. 81, Copyright 1976,
American  Geophysical
Union

pattern of Birkeland currents also reflects the spatial distribution of aurorae
at geomagnetic quiet periods: aurorae are observed where electrons stream
down to the ionosphere, i.e. where the Birkeland current is directed upwards.

The upward and downward Birkeland currents are closed by ionospheric
currents. The auroral zone electric field E, in the ionosphere is directed
northwards in the dusk sector and southwards in the dawn sector, i.e. from
dusk to dawn. Since the conductivity of the ionosphere is finite, the Birkeland
currents will be closed in the ionosphere by field-parallel currents (Pederson
currents) northwards in the dusk sector and southwards in the dawn sector.
A possible closure of the circuit is sketched in Fig. 8.22. Here a dusk-to-dawn
cross-section of the magnetosphere is shown viewed from the tail towards

Fig. 8.22. Possible
scenario for the clo-
sure of the ionosphere—
magnetosphere—current

system in a cross-section
in the dusk-to-dawn plane
viewed from the tail

towards the Sun. Based
= Dusk to Dawn Electric Field Ejg———> [59]
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the Sun. The closure of the ionosphere—magnetosphere circuit in the equato-
rial plane is suggested to be radial in the dusk-to-dawn direction. Note that
the dusk-to-dawn auroral zone electric field is reversed if mapped outward,
in agreement with the dawn-to-dusk electric field driven by the solar wind
and also with the cross-tail electric field. Thus in the magnetosphere, the
electric field and currents are antiparallel, forming the generator proposed in
Fig. 8.20, while they are parallel in the ionospheric load.

Ring Current. Part of the ring current is also involved in the magnetosphere-
ionosphere coupling. It flows near dusk in the equatorial magnetosphere and
is closed through the ionosphere by field-parallel currents. Part of the tail
current is diverted into the ionosphere by field-aligned currents, forming the
substorm current. The substorm current, as its name suggests, plays an im-
portant role in geomagnetic and auroral activity. These currents, together
with the current systems discussed so far, are summarized in Fig. 8.23.

A summary of the entire magnetospheric current system and hints on
many open questions is given in the articles in [384].

8.3.4 The Plasmasphere

The plasmasphere is dominated by a dense and cold plasma of ionospheric
origin, as is evident from the high Ot /H™ ratio and the existence of other
ion species such as Het, 02T, N*, and N2* which cannot be found in the
completely ionized solar wind. Spatially, it coexists with the radiation belts,
extending up to heights of about 3 to 5 Earth radii. The particles have ener-
gies close to 1 €V, and the density varies between 10* cm ™2 at about 1000 km
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and 10-100 cm™2 at the outer boundary of the plasmasphere. The plasma-
sphere is filled from the ionosphere by the polar wind. A comprehensive review
of the properties of the plasmasphere can be found in [319].

The plasmapause as the relatively sharp outer boundary of the plasmas-
phere was first proposed from the properties of Whistler waves in the magne-
tosphere. Figure 8.24 shows the location of the plasmapause in the equatorial
plane for three different times corresponding to different levels of geomagnetic
activity. The bulge at the duskside is a persistent feature, although it can ro-
tate somewhat in local time, depending on magnetospheric conditions. The
plasmasphere — and with it the plasmapause — basically is a field-aligned
structure. It can be traced from the equatorial plane down to the ionosphere.

Figure 8.25 shows the plasma density plotted versus the L-shell parameter
for the nightside plasmasphere for different levels of geomagnetic activity.
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2 3 4 5 6 plasmapause with geomagnetic activity.
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With increasing geomagnetic activity, the plasmasphere shrinks and its outer
boundary becomes more pronounced.

The plasmasphere corotates with the Earth, leading to an electric induc-
tion field E oot = —(w x 7) x B(r). This field is smaller than the electric
field driving the current system in the magnetotail; the plasmapause as the
outer boundary of the plasmasphere separates these two current systems.

8.3.5 The Geosphere

The plasmasphere is embedded in the geosphere, a highly variable region
filled with a hot plasma of low density. The plasma inside the geosphere has
two sources, the ionosphere and the solar wind, as is evident from the com-
position. Figure 8.26 shows the size and location of the geosphere together
with the three main current systems. In the upper panel, the familiar merid-
ional cross-section is given. The middle panel corresponds to a view from high
above the North Pole towards the equatorial plane, and in the lower panel

Fig. 8.26. Plasma regimes in the mag-
netosphere with the darkness of the
shading indicating the plasma density.
Views from the duskside to the dawn
(upper panel), from pole to equator
(middle panel), and from the subsolar
point tailwards (lower panel). The ar-
rows give currents. Based on [363]
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two cross-sections with views from the subsolar point tailwards are shown.
The shading indicates the plasma density, the arrows indicate the Chapman—
Ferraro current in the magnetopause, the tail current across the tail in the
equatorial plane, and the ring current around the Earth associated with the
radiation belt particles.

The plasma density in the geosphere is much lower than in the plas-
masphere; it is also lower than in the outer magnetosphere. Evidence for a
contribution of the ionospheric plasma to the geosphere again comes from the
presence of O and other heavier ions. The dominant species, Ht and He?*,
in number are roughly independent of solar and geomagnetic activity, while
their energy as well as the relative amount of ionospheric ions dramatically
increases with increasing geomagnetic activity. Thus the solar wind ions H*
and He?* are fed into the geosphere at a roughly constant rate while geo-
magnetic activity strongly enhances the energy imparted to these particles as
well as the density of the ionospheric component. In addition, the ionospheric
outflow into the geosphere tends to be larger by up to a factor of 4 if the
interplanetary magnetic field has a northward component, that is for a closed
magnetosphere (see Sect. 8.4).

8.3.6 The Outer Magnetosphere

The outer magnetosphere is dominated by solar wind plasma. The basic
mechanism for feeding plasma into the magnetosphere is reconnection. The
magnetopause therefore is not an unpenetrable boundary separating two com-
pletely decoupled systems. Instead, plasma transfer takes place almost every-
where along the magnetopause. Since the field-lines of the magnetopause con-
verge at the polar cusps, the high-latitude ionosphere is directly influenced
by the solar wind plasma penetrating through the magnetopause.

Even the simplest models of the magnetosphere had predicted an direct
access of solar wind at the polar cusps. But the plasma in some proper-
ties, in particular in thermal energy, is different from the solar wind plasma:
since it comes from the magnetosheath, the temperature is higher than in
the solar wind because the latter had been slowed down at the bow shock.
This downward plasma flow can be detected at latitudes of about 78° for
about £3 h around local noon, i.e. exactly below the cusps, as an increase in
electron density and temperature. While the electrons form a narrow beam
penetrating downwards through the cusps, the ions are spread back towards
the tail. This is caused by an E x B drift in the dawn-to-dusk electric field.
Since the electrons have a very short travel time, their displacement by this
drift is negligible. The ions, on the other hand, are much slower and there-
fore are affected by the drift. Their displacement increases with increasing
travel time, i.e. with decreasing energy. However, to penetrate the magneto-
sphere efficiently, the particles must already gyrate around the magnetic field
lines bordering the cusp. Thus, the process is far more efficient if the field
lines are not closed but open: they do not connect the cusp regions of the
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two hemispheres but connect to the interplanetary magnetic field. Then the
magnetosphere is called an open magnetosphere.

8.4 The Open Magnetosphere: Reconnection Applied

In the early days of magnetospheric research two different explanations for
the entry of solar wind plasma into the magnetosphere were offered: the con-
cept of an open magnetosphere [139] where plasma and fields are exchanged
between the magnetosphere and the interplanetary medium by reconnection
and convection as opposed to the viscous interaction model [15] where par-
ticles diffuse across the magnetopause of a closed magnetosphere. Since the
entrance of solar wind plasma into the magnetosphere strongly depends on
the orientation of the interplanetary magnetic field, namely a southward com-
ponent, evidence is in favor of the open magnetosphere.

In an open magnetosphere plasma transfer across the magnetopause is
due to reconnection and thus requires an X-point configuration or neutral
line where fields of opposite polarity meet. This is most likely to occur at the
dayside magnetopause if the interplanetary magnetic field has a southward
component. Then the magnetopause is a rotational discontinuity while at
times of a northward interplanetary magnetic field it is a tangential discon-
tinuity completely separating the interplanetary and the planetary plasmas.
The corresponding configurations are an open and a closed magnetosphere.

Compared to other astrophysical objects, such as solar flares, the magne-
tosphere is the only plasma laboratory where reconnection can be studied di-
rectly: at the day side magnetosphere flux transfer events give direct evidence
for reconnection, in the tail reconnection can be observed in the formation
of substorms. The evidence for these reconnection processes is summarized
in [463].

8.4.1 Convection of Plasma Into the Magnetosphere

Figure 8.27 sketches the dynamics of an open magnetosphere: solar wind
convects the interplanetary magnetic field lines towards the magnetopause.
If the interplanetary magnetic field has a southward component (open mag-
netosphere), interplanetary magnetic field line 1’ eventually merges (or re-
connects) with the planetary field line 1 in a diffusion region in the dayside
magnetosphere. Thus two mixed planetary/interplanetary field lines result (2
and 2’) which are convected tailwards with the solar wind, eventually becom-
ing field lines of the geomagnetic tail (5 and 5’). The F-region ionospheric
plasma joins this anti-sunward flow since it is still magnetically connected
to the convected field lines (see also the small inset in Fig. 8.27). During
this anti-sunward motion of field lines, plasma from the magnetosheath is
convected into the tail, first filling the mantle and later also moving down to
lower latitudes, as indicated by the dashed lines in Fig. 8.10. If this process
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Fig. 8.27. The convection of plasma into the magnetosphere. The numbered field
lines show a succession of configurations of an interplanetary magnetic field line 1’ at
the front of the magnetosphere. Field lines 6 and 6’ reconnect in the tail and return
to the dayside at lower latitudes. The small figure shows the resulting convection
pattern of the plasma in the northern high-latitude ionosphere: an anti-sunward
flow in the polar cap and a return flow at lower latitudes. The shaded area is the
auroral oval. Reprinted from W.J. Hughes [240], in Introduction to Space Physics,
Copyright 1995, with kind permission from Cambridge University Press

were to continue indefinitely, the entire geomagnetic field would soon be con-
nected with the interplanetary field and magnetic flux would pile up in the
tail. Since this is not observed, the magnetic flux must be returned to the
closed magnetic field. This is achieved on the nightside magnetosphere: as the
mixed field lines are pushed further towards the equatorial plane, a X-point
results in the tail’s plasmasheet where lines 6 and 6’ meet. Here reconnection
sets in, forming a closed geomagnetic field line and a purely interplanetary
magnetic field line. Magnetic tension will relax the geomagnetic field lines (7,
8), which in time will return to the dayside magnetosphere at lower altitudes
leading to a sunward flow of magnetic flux in the ionosphere. Thus a return
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flow results. Magnetic tension also allows the interplanetary field line 7’ to
shorten and therefore to be pulled outwards through the geomagnetic tail.

This picture is grossly simplified since in reality the entire process will be
essentially non-steady. Thus although the time-averaged reconnection rates
at the dayside magnetopause and in the tail must be equal, at any given time
they can be quite different. Nonetheless, there is observational evidence for
such a process to occur. In the late 1950s, it was realized that the plasma
flow in the polar and auroral ionospheres must map outward and be related
to a magnetospheric flow pattern. Magnetometer measurements indicated a
plasma flow over the polar regions from noon to midnight (points 1-6 in the
inset in Fig. 8.27) and a flow back towards the dayside at lower latitudes
(points 7-9). This process also can be described as a solar wind dynamo and
is the driving process in the magnetosphere—ionosphere coupling and thus
the vertical exchange of matter and energy. The plasma carried with the
convected field lines leads to an electric convection field of the order of 50—
100 kV, the dawn-to-dusk field. Combined with the corotating field of the
plasmasphere, an asymmetric field results that also contributes to the partial
ring current.

The pattern described in Fig. 8.27 is roughly stationary in local time, i.e.
in a frame of reference with a fixed Sun—Earth line. An observer on Earth
rotates underneath this flow pattern, seeing it as a diurnal magnetic field
variation. Since the flow pattern resembles a thermally driven flow cell, it has
been termed a convection pattern, although it is not thermally driven. The
lower panel in Fig. 8.27 shows this flow pattern on the duskside. Since the
magnetic field is frozen into the plasma, we can map back the plasma flow to
a pattern of motion of a magnetospheric field line which is swept across the
polar cap and then returns to the dayside magnetosphere at lower latitudes,
which is exactly the motion of the field line shown in the upper panel of
Fig. 8.27.

Note that Fig. 8.27 is meant as a schematic only. The details of the recon-
nection process strongly depend on the local direction of the interplanetary
medium. Also, correspondingly, the results of this process, in particular the
amount of field lines convected into the tail and the resulting ionospheric
currents, are highly variable. Magnetospheric parameters influenced by the
properties of the interplanetary magnetic field, in particular its southward
component, include the cross-tail electric field, the ring current and the au-
rora, all of them smaller or weaker in the case of a non-southward interplan-
etary magnetic field. Some empirical relations between solar wind conditions
and geomagnetic parameters, such as the Dg; index have been suggested. The
most global relation is concerned with the total solar wind power input into
the magnetosphere [403,539],

2
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Fig. 8.28. The Earth with an idealized dipole field, in a northward (left) and a
southward (right) magnetic field. Reprinted from A. Brekke, Physics of the upper
polar atmosphere [59], Copyright 1997, with kind permission from Wiley

where Bij, is the strength of the interplanetary magnetic field, © its angle with
respect to the z-axis, and ryp the magnetopause distance. Equation (8.31)
gives the flux density of magnetic energy (usowi Bizp /2110) into the approximate
surface area of the magnetopause.

In (8.31) a northward-pointing interplanetary magnetic field corresponds
to @ = 0 and thus P, = 0: in the case of a northward field, no energy is
transferred into the magnetosphere and the magnetosphere is closed. At most
times, however, @ will be different from zero and thus some amount of energy
is transferred to the magnetopause.

Figure 8.28 illustrates this energy flow, which depends on the north-
south component of the interplanetary magnetic field. The terrestrial field
is drawn as an idealized dipole; the interplanetary field has a northward
component in the left panel and a southward component in the right panel.
For the northward field, the magnetosphere is closed and the energy flux
(Poynting vector) E x B = —(Ugowi X B) x B is parallel to the field lines: no
energy enters the magnetosphere. For a southward interplanetary magnetic
field (right panel), the Poynting vector points into the magnetosphere and
energy enters everywhere.

The magnetic energy is only a small portion of the total solar wind energy
because most energy is contained in the flow. The maximum ratio (for © =
180°) between the imparted magnetic energy and the bulk kinetic energy of
the solar wind can be approximated by

P 1

—_— &, 8.32
Psowi,kin M,?\ ( )

where Mp is the Alfvénic Mach number. For typical solar wind conditions,
M AR 7.
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The details of the reconnection process at the magnetopause are still
being debated; in fact, this problem is at the cutting edge of space physics.
For summaries see, for example, [210,241,399,463].

8.4.2 Flux Transfer Events

Direct evidence for reconnection between the planetary and interplanetary
magnetic fields is obtained from in situ observations at the dayside mag-
netopause. These observations are not related to the convection pattern
sketched above, but directly confirm the exchange of plasma and field between
the magnetosphere and the interplanetary medium. As a satellite passes
through the magnetopause, short events in the magnetic-field, plasma, and
particle data provide evidence for such flux exchange. These events therefore
are termed flux transfer events; for observational evidence see, for exam-
ple, [210,277]. The earliest observations were based on magnetic-field data
only. A flux transfer event can be identified as two consecutive short ex-
cursions of the magnetic field component normal to the magnetopause, first
to positive values, later to negative values, and afterwards returning to the
undisturbed value around zero, if the satellite is in the northern hemisphere.
The sequence is opposite for an observer in the southern hemisphere; see
Fig. 8.29. These signatures are interpreted as an isolated magnetic flux tube
connected through the magnetopause to the geomagnetic field and convected
northwards across the satellite by the solar wind; see Fig.-8.30. The composi-

Fig. 8.29. Magnetic field data during a magnetopause crossing, with evidence for
flux transfer events indicated by the dashed vertical lines. Reprinted from C.T.
Russell and R.C. Elphic [450], Geophys. Res. Lett. 6, Copyright 1979, American
Geophysical Union
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SN Magnetosphere
\ é \.

4N Fig. 8.30. Sketch of a magnetic flux tube
' \\ through the magnetopause. The motion of
such a flux tube leads to the signature of a
N flux transfer event in the magnetic field data.
NI Reprinted from C.T. Russell and R.C. El-
Magnetosheath LL N phic [450], Geophys. Res. Lett. 6, Copyright

>y 1979, American Geophysical Union

tion of the plasma and the energetic particles inside the flux tube were both
indicative of a magnetospheric origin in the example illustrated here. Since
flux transfer events require reconnection at the dayside magnetosphere, these
events are observed at times when the interplanetary magnetic field has a
southward component.

8.4.3 Release of Accumulated Matter: Substorms

The release of matter convected into the magnetotail’s plasmasheet causes
magnetic substorms which are seen in magnetic field variations, in particular
in the AE index, as well as the aurora. The primary location of energy storage
is the tail; the physical mechanism for the energy release is reconnection in
the plasma sheet. The basic process can be likened to a dripping fountain: a
drop at the outflow forms by the interplay between gravity pulling the water
down and surface tension keeping it up. If enough water has been collected
at the outflow, gravity takes over and the drop falls. In a magnetospheric
substorm, a plasmoid in the magnetotail takes over the role of the drop: solar
wind drag pulls on the magnetosphere, feeding plasma and energy into it.
As the plasmoid grows, a magnetic neutral point forms close to the Earth.
Here reconnection sets in, expelling the plasmoid tailwards and accelerating a
small amount of plasma towards the Earth, causing the aurora at the Earth’s
high-latitude nightside and the accompanying geomagnetic disturbance.
This scenario is sketched in more physical terms in the Hones substorm
model as shown in Fig. 8.31. Panel 1 gives the quiet-time configuration of
the magnetosphere, with an X-point at a radial distance of about 100rg. The
field line at this point is the last closed field line: in the direction of the Earth,
all field lines are closed; at larger distances, all field lines are open. As recon-
nection sets in at this X-point, the energetics of the plasma sheet are changed
so that a second X-point forms much closer to the Earth (panel 2). As more
energy is fed from the solar wind into the magnetosphere, reconnection at
this inner X-point continues and a plasmoid is formed between the inner and



8.4 The Open Magnetosphere: Reconnection Applied 319

Fig. 8.31. Sequence of events leading to a magnetospheric substorm (see text).
Based on E.W. Hones [228], in Magnetic reconnection (ed. E.W. Hones), Copyright
1984, American Geophysical Union

outer X-points (panels 3-6), until finally the plasmoid becomes detached at
the inner X-point (panel 7) and is accelerated, leaving the magnetotail (panel
8). The bulk of the energy fed from the solar wind into the magnetosphere is
contained inside the plasmoid and thus is fed back into the solar wind. Only
a small amount is converted to kinetic energy of plasma moving towards the
Earth. As this plasma interacts with the high-latitude ionosphere, it causes
an aurora and enhances the auroral electrojet. The tail slowly fills with new
solar wind plasma (panels 9 and 10), until the initial configuration (panel 1)
is restored and the cycle starts anew.

Observational evidence for this scenario, together with a shortened ver-
sion of the Hones substorm model, is presented in Fig. 8.32. The left panel
shows the model and the location of the spacecraft; the right panel shows a
superposed epoch analysis of the tailward plasma velocity, the total magnetic
field, the north—south excursion B, of the magnetic field, the flux of >30 keV
electrons in geosynchronous orbit, and the auroral-electrojet index AL. The
dashed line marks the first occurrence of the high-speed flow. With the ar-
rival of this flow, the spacecraft is engulfed by a region of lower magnetic field
strength and the north—south component of the field rotates as the plasmoid
travels across the spacecraft. The two lower panels indicate the characteristic
consequences of substorms: an increase in electron flux and a sudden depres-
sion of the auroral electrojet. The onset of the substorm is about 30 min
before the passage of the plasmoid in the tail — the delay is due to the fact
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Fig. 8.32. Model and observations during plasmoid formation in the magnetotail.
From M. Scholer [463], Copyright 2003, Springer-Verlag, based on [24]

that the spacecraft does not observe the plasmoid during formation but only
after it has propagated a considerable distance through the tail.

The plasma travelling towards the Earth during the discharge of the mag-
netotail leads to the substorm current, which has already been shown in
Fig. 8.23. It is associated with the tail current, which during a substorm,
is partly diverted as a field-parallel current towards the ionosphere in the
evening sector, continues through the ionosphere as an auroral electrojet,
and flows back towards the tail as a field-parallel current. The excursion of
the tail field happens when, during the onset of reconnection, the tail field
collapses. This current system is called a substorm current wedge because a
projection of the current system onto the equatorial plane takes the form of a
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Fig. 8.33. Energy flux from the
solar wind into the magnetosphere.
Reprinted from S.-1. Akasofu [4], EOS
70, Copyright 1989, American Geo-
physical Union

wedge. The opening angle of the wedge is typically 70°, the current is about
2 x 108 A, and the wedge extends from the Earth into the tail for about 5rg.

Figure 8.33 offers a simple illustration of this dependence of geomagnetic
activity on solar wind flow and the southward component of the interplan-
etary magnetic field in terms of the superimposition of two energy fluxes.
The solar wind feeds energy continuously into the magnetosphere. The en-
ergy partly is stored as magnetic field energy in the tail (small bucket to the
right) and partly is converted to geomagnetic activity (outflow to the left).
During weak geomagnetic activity as well as during large storms the solar
wind energy is fed directly into the magnetosphere and ionosphere. At times
of moderate geomagnetic activity, however, the energy is stored in the mag-
netosphere before it is released. Solar wind energy is fed more efficiently into
the magnetosphere if the latter is open, i.e. if the interplanetary magnetic
field has a southward component, indicated by the handle at the outflow.
Thus, more energy is available for release in the form of geomagnetic activ-
ity. This release, however, is not continuous, but energy is stored over a time
period of typically an hour and then liberated abruptly in a substorm.

During the sequence shown in Fig. 8.31, an observer on Earth sees charac-
teristic changes in the aurora. As the plasmoid in the tail grows, the auroral
oval slowly expands equatorwards with the aurora still being a quiet arc. As
reconnection sets in at the inner X-point, the initial auroral arc brightens,
exhibits more structures and fast changing features, and moves rapidly equa-
torwards. During the recovery, a rather quiet auroral arc or curtain contracts
to the size of the initial auroral oval.

More detailed discussions about the magnetosphere, its plasma sources
and losses and its variability are given in [234,242].
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8.4.4 Closed, but Only Almost Closed

From the above discussion, it may appear that all the interesting things
happen when the interplanetary magnetic field has a southward component
and that the magnetosphere is rather boring at times of a northward field.
Judged from the aurora as a visible indicator of geomagnetic activity, this
is simultaneously true and false: true in that the aurora is rather quiet and
limited in space when there is a northward field, and false in that a special
kind of aurora, the theta aurora, can be observed.

There is also evidence for reconnection between interplanetary magnetic
field lines and the geomagnetic field, and thus the magnetosphere is not en-
tirely closed. Obviously, this reconnection cannot happen at the nose of the
magnetosphere, because there the terrestrial and interplanetary magnetic
fields are parallel. However, as the interplanetary field lines are convected
over the magnetosphere, they encounter configurations suitable for recon-
nection at the cusps where the fields of the magnetosheath and the lobes
are antiparallel; see Fig. 8.34. After reconnection, the poleward portion of
the flux tube is convected tailwards by the solar wind. This is similar to
the dayside reconnection in a southward interplanetary magnetic field. In
the dayside portion of the field line, on the other hand, plasmas from the
magnetosphere and the magnetosheath mix and the field line sinks into the
magnetosphere. The observational signature of these reconnection events is
unidirectional electron streams and an outflow of ionospheric OF. These ob-
servations also suggest that reconnection does not occur simultaneously in
both hemispheres.

0@@0

Second reconnection (?)
agnetopause

Fig. 8.34. Reconnection in
the dayside magnetosphere
for a northward interplane-
tary magnetic field. Reprinted
from Fuselier et al. [177], J.
Geophys. Res. 106, Copyright
2001, American Geophysical
Union
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8.5 Geomagnetic Disturbances

8.5.1 Daily Variations

The magnetogram of a geomagnetically quiet day shows systematic varia-
tions in all three field components. The most pronounced variation can be
observed around local noon. These variations are regular excursions, which
are repeated each day. Their direction and magnitude depends on the geo-
magnetic latitude of the observer. These Sq, or solar quiet, variations are
related to the ionospheric sq current system (Fig. 8.19)

Occasionally, the Sq variations are enhanced by a solar flare: since its hard
electromagnetic radiation leads to a stronger ionization of the dayside iono-
sphere, the ionospheric current system is enhanced. In this case the change
in magnetic field is called the sfe variation (sfe: solar flare effect).

8.5.2 Geomagnetic Indices

For a quantitative description of the geomagnetic field the K and A indices
are used. The basis for these indices are the magnetograms. The K index is a
quasi-logarithmic number between 0 and 9 determined at the end of specified
3-h intervals as the maximum deviation of the observed magnetic field from
the expected quiet field. It is determined for each of the three magnetic
field components separately. The largest of the maxima is converted to a
standardized K index taking into account the geomagnetic properties of the
observation site. Thus K indices of different stations, in particular of stations
at high and low latitudes, can be compared and can be combined to give a
planetary K index.

At individual stations, the eight daily K indices are linearized to give an
a index and than averaged arithmetically to give the A index describing the
daily averaged magnetic activity. The construction of the K and A indices
and the global network of observatories is described in [353].

Geomagnetic disturbances generally are described by two indices. Mag-
netic storms can be quantified by the Dy index which gives the excursion of
the equatorial H component compared with quiet times. Physically, the Dg;
index is related to the ring current. At high latitudes, an AE index is used,
related to the auroral electrojet. It is also determined from the excursion of
the H component compared with quiet times. Both indices are determined
globally by combining different observatories at comparable geomagnetic lat-
itudes but different longitudes. The index with the longer time record is the
AA index which also uses the difference between observed and expected hor-
izontal components but now at mid-latitudes. Owing to its long record, it is
often used for correlative studies; however, physically more significant and
easier to understand are the AE and Dyg; indices.

On these periodic quiet time variations, irregular disturbances on differ-
ent time scales are superimposed. Fluctuations with time scales below about
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0.2 s are waves, fluctuations with time scales between 0.2 s and 600 s are pul-
sations of the magnetosphere, and variations with time scales above 10 min
are geomagnetic disturbances. These geomagnetic disturbances can be ob-
served worldwide; however, their amplitudes generally are largest at high
geomagnetic latitudes and smaller, or even vanishing, at low latitudes.

8.5.3 Geomagnetic Pulsations

Magnetospheric waves and pulsations are phenomena which affect the entire
magnetosphere. For instance, magnetic field fluctuations observed from the
ground are highly correlated to fluctuations in the electric field observed from
a satellite in geostationary orbit [186]. Nonetheless, amplitudes might vary
with position. Such fluctuations are called geomagnetic pulsations. Continu-
ous pulsations are grouped from Pcl to Pc5 according to their periods, with
Pcl starting at periods of 0.2 s and Pc5 ending at 600 s. These waves are
ultra-low frequency waves. Geomagnetic pulsations can be quite regular dur-
ing quiet geomagnetic periods and become quite irregular during geomagnetic
storms. Then they are termed Pil and Pi2.

Geomagnetic pulsations act as coupling devices between different parts
of the magnetosphere and ionosphere because they transport energy and
information. Physically, the quiet time pulsations (Pc1-Pc5) best can be
interpreted in terms of a cavity vibration of the entire magnetospheric cavity.
The irregular pulsations Pi, on the other hand, seem to be Alfvén waves.

Wave generation requires an energy input. The departure from the equi-
librium of the plasma and the field that drives the waves at least at quiet
times appears to be related to the large scale convective flux. Thus the energy
input is at the dayside magnetosphere. The irregular pulsations are driven by
sporadic events, for instance the compression of the frontside magnetosphere
at the beginning of a sudden commencement also causes an oscillation of the
magnetospheric cavity [289).

8.5.4 Geomagnetic Storms

Geomagnetic disturbances are also called magnetic storms or substorms, de-
pending on their temporal and spatial extent. Magnetospheric substorms are
the most frequent type of geomagnetic activity. Its most obvious manifesta-
tion is the sudden explosion of a quiet auroral arc to more brilliant colors and
moving structures. Over a period of an hour, they develop through an orderly
sequence that depends on time and location. Simultaneously, a magnetome-
ter on the ground below the aurora will record intense disturbances caused
by the electric currents accompanying the aurora. These auroral electrojets
are roughly parallel to a geomagnetic parallel circle, flowing at a height of
about 120 km in concentrated channels of high conductivity produced by the
same particles that generate the auroral emission. The disturbances in the
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Fig. 8.35. The variation of the Dy index for a large magnetic storm

magnetic field are in the range 200 nT-2000 nT, they typically last between
1 h and 3 h, and are most pronounced at high geomagnetic latitudes.

If the coupling of matter and energy from the solar wind into the magne-
tosphere is stronger and lasts longer, a magnetic storm develops. Its temporal
development can best be seen in the Dy index. Figure 8.35 shows the varia-
tion of the Dy index for a large geomagnetic storm. The storm often begins
with a sudden increase in the magnetic field. This sudden commencement
may last for many hours. This initial phase is followed by a rapid and some-
times highly disturbed decrease in Dy, which defines the storm’s main phase.
Subsequently, Ds; recovers, first rather quickly, later more slowly. A storm
lasts between 1 and 5 days with the initial phase anything up to 1 day, the
main phase normally about 1 day, and the recovery phase lasting for several
days. The distribution of storm magnitudes obeys a power law: storms with
Dg; between 50 nT and 150 nT occur about once in a month. Disturbances
with Dg; between 150 nT and 300 nT occur several times a year, while only a
few storms with D above 500 nT can be observed over an entire solar cycle.

The phases of a geomagnetic disturbance can be understood as follows: the
increase in the magnetic field strength at the beginning of the disturbance can
be attributed to the compression of the magnetosphere as the magnetopause
is pushed inward by the increased solar wind speed. The decrease in the field
strength during the main phase of the storm is due to an increase in the
ring current, which creates a magnetic field opposite to the terrestrial one. A
typical current density in the undisturbed ring current is about 1078 A m~2,
mainly carried by particles with energies between 10 keV and 100 keV at a
height between 3 rg and 6 rg. During a strong magnetic storm, particles are
injected from the plasma sheet in the magnetotail into the radiation belts,
enhancing its density by an order of magnitude on time scales as short as
10 min. This enhanced ring current then reduces the magnetic field measured
on the ground.
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Magnetic storms can be caused by fast solar wind streams or also by
transient disturbances, such as interplanetary shocks and magnetic clouds.
The same pattern as for recurrent solar wind disturbances emerges: the ge-
omagnetic activity increases with increasing change in solar wind flux and
is stronger if the interplanetary magnetic field or the field at the leading
edge of the magnetic cloud has a southward component [196, 521], that is
the magnetosphere has an open configuration. As a rule of thumb, an intense
geomagnetic storm requires a southward component of the interplanetary
magnetic field of more than 10 nT for at least 3 h.

8.5.5 Geomagnetic Activity on Longer Time Scales

Geomagnetic disturbances are not distributed uniformly in time. Instead,
characteristic dependences can be observed which directly point to the phys-
ical mechanisms responsible for them. In the late 1930s Chapman and Bar-
tels [94] showed that the number of geomagnetic disturbances is related di-
rectly to the number of sunspots and thus to solar activity. Figure 8.36 shows
this close relation for the last 100 years using yearly averages of the sunspot
number (lower curve) and the AA index (upper curve). Note that geomag-
netic activity does not vanish during solar minima: while it is strongest during
solar maximum due to the large number of transient disturbances, the ge-
omagnetic activity during solar minima mainly is caused by corotating fast
solar wind streams. This recurrent geomagnetic activity therefore shows a
periodicity of 27 days.

In addition, there is an annual variation with enhanced geomagnetic ac-
tivity during the equinoxes. Figure 8.37 shows the Dy index plotted versus
time for 16 solar rotations during the 1974 solar minimum. Strong deviations
of the Dg; index to lower values are indicative of geomagnetic activity. For
a better identification, these periods are blackened. Two systematic varia-
tions can be identified in this figure. Most obvious is the recurrence of the
geomagnetic disturbances during each solar rotation. These disturbances are
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Fig. 8.36. Variation of sunspots and geomagnetic activity with the solar cycle
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Fig. 8.37. Variation of the Dy index versus time for 16 solar rotations during
the 1974 solar minimum. Reprinted from N.U. Crooker and G.L. Siscoe [115], in
Physics of the Sun, vol. III (eds. P.A. Sturrock, T.E. Holzer, D.M. Mihalas, and K.
Ulrich), Copyright 1986, with kind permission from Kluwer Academic Publishers

related to fast solar winds, which can be observed best during the solar min-
imum. But this recurrence is not observed for all 16 rotations: in the spring,
the strongest geomagnetic disturbances are observed in the middle of each
rotation, while in the autumn they are at the beginning of the rotation. In ad-
dition, during summer and winter the disturbances are weak, while in spring
and autumn they are more pronounced.

To understand this change in pattern between the two equinoxes let us
first look at one of these disturbances, the one beginning in the middle of
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Fig. 8.38. Variation of solar wind density, speed, magnetic flux density, the north—
south component of the interplanetary magnetic field with negative values indi-
cating a southward interplanetary magnetic field, and geomagnetic activity over
solar rotation 1921. The dashed vertical lines link the times of a southward ex-
cursions by the interplanetary magnetic field and enhanced geomagnetic activity.
Reprinted from L. Burlaga and R.P. Lepping [71], Planet. Space Sci 25, Copyright
1977, American Geophysical Union

rotation 1921 in Fig. 8.37. Figure 8.38 shows the density and speed of the
solar wind, the flux density and north—south component of the interplanetary
magnetic field, and the AE (auroral electrojet) index as a measure of geomag-
netic activity related to aurorae and substorms. For solar rotation 1921 two
fast streams can be identified, one starting in the data gap on 15 January, the
other starting on 25 January. Immediately before the beginning of this stream
the increase in plasma and magnetic flux density indicates the compression
region in front of the fast stream. The envelope on the AE index traces the
solar wind speed, thus changes in the solar wind are related to geomagnetic
disturbances. But even at times of rather constant solar wind speed there
can be intense although short geomagnetic disturbances (for instance the one
on the evening of 18 January). These disturbances are strongest when the
interplanetary magnetic field has a southward component.

With this information we can go back to the interpretation of Fig. 8.37.
The fact that geomagnetic disturbances are recurrent is related to the ex-
istence of two recurrent fast solar wind streams, one at the beginning and
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the other in the middle of each solar rotation. The geomagnetic effectiveness,
on the other hand, depends on whether the interplanetary magnetic field
has a southward component or not, i.e. whether the magnetosphere is open
or closed. As discussed earlier, an open magnetosphere also means an eas-
ier exchange of energy and matter between the interplanetary medium and
the terrestrial environment, which is essential to drive geomagnetic activity.
But the annual variation of geomagnetic effectiveness does not indicate that
the fast streams change polarity during the course of the year. Since they
are related to the coronal structure and magnetic field, their polarity stays
constant. The change occurs in the position of the Earth and the terrestrial
magnetic field relative to the interplanetary magnetic field. The solar wind
and thus the interplanetary magnetic field is fixed with respect to the Sun’s
equatorial plane. The plane of ecliptic, which also defines the orbit of the
Earth, is inclined by 7.2° with respect to this plane, with both planes inter-
secting in the equinoxes while the Earth is above (below) the solar equator
at the summer (winter) solstice. In addition, the axis of the Earth’s rota-
tion is tipped at 23° to the ecliptic plane. The combined effects regulate the
southward component of the interplanetary magnetic field with respect to the
terrestrial field. If the magnetic field is directed away from the Sun, in spring
it has a strong southward component in geomagnetic coordinates while in
autumn it has a very weak southward or even a northward component. If
the interplanetary magnetic field is directed inwards, the pattern is just the
opposite. Thus a fast solar wind stream which has a high geomagnetic effec-
tiveness in spring is less efficient in autumn, while a stream with an opposite
direction of the interplanetary magnetic field shows the reverse pattern. At
the solstice, in both streams the southward component is diminished, leading
to a reduced geomagnetic effectiveness.

8.6 Aurorae

Aurorae, or polar lights, are a prime example of solar-terrestrial relation-
ships. They also provide an interesting example of the development in geo-
physical research. And they are simply beautiful and, depending on his habi-
tat, have fascinated or frightened mankind since historical times. Recent re-
views about the plasma physical aspects of aurora are given in [330, 400];
the more popular aspects of aurora together with numerous examples are
discussed in [54,60,142]. Internet resources on aurora are e.g. www.geo.mtu.
edu/weather/aurora/, www.northern-lights.no/, www.polarimage.fi or
www.pfrr.alaska.edu/aurora/INDEX.HTM, and on aurora prediction from
satellite data sec.noaa.gov/pmap/.

The aurora, also called the northern light, is a typical phenomenon of the
high latitudes, where under suitable conditions (clear sky, no full moon), it
can be observed almost constantly. Under normal conditions, the aurora is a
colored arc extending roughly from east to west, changing its appearance in a
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typical pattern during the night. Under geomagnetically disturbed conditions,
the aurora brightens, becomes highly structured, moves equatorwards across
the sky, and changes its appearance fast. Typical auroral structures are shown
in Fig. 8.39, with the arcs and bands more typical of geomagnetically quiet
conditions and the draperies, rays, and corona more often observed during
geomagnetic activity. The aurora is less bright than the full moon, and thus
although even in mid-Europe some aurorae occur each year, often they are
difficult to detect because of a city’s counterglow in the sky.

8.6.1 Historical Excursion

@) Records of the aurora can be traced back for at least 2500 years. The an-

cient Chinese described dragons winding in the sky, calling the aurora “flying
dragons”. More detailed records date back to the Romans. Although made at
low latitudes (Mediterranean), these observations describe the many shapes
and colors normally only observed in the auroral oval. But the most frequent
aurora in low latitudes is a reddish glow at the horizon, often misinterpreted
as a burning farmstead or village. For instance, Seneca writes that the em-
peror Tiberius sent troops to the village of Ostia because an aurora evoked
the impression of the village being in flames. Such misinterpretation can be
traced throughout history. Even in the twentieth century reddish glows have
caused false alarms of distant forest fires. The ancient Greeks, too, saw the
aurora and named it “chasmata”, which means frightening apparition.

At middle and low latitudes the reddish color, combined with the small
number of sightings, has led to interpretations of the aurora in terms of bad
omens of war, famine, fire, and pestilence, or clerics interpreted it as a battle
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Fig. 8.40. Fantastic illustration of an aurora observed from Bamberg, Germany,
in December 1560. The flashing lights in the northern sky are interpreted as sparks
from clashing swords in a heavenly battle

in the heavens between good and evil, with rays appearing as swords, spears,
or faculae. A typical example of such an interpretation is shown in Fig. 8.40
for an aurora observed in 1560 from the German town of Bamberg.

Since aurorae were observed only occasionally, such a superstitious inter-
pretation in an end-of-the world mood was typical of mid-Europe. Cultures,
which from the very same scholars were regarded as primitive (note that at
the time of the woodcut shown in Fig. 8.40 the discovery of America was al-
ready history), often had a healthier attitude towards these lights. One of the
reasons obviously is the higher frequency of occurrence for people living at
higher geomagnetic latitudes, taking away much of the horror and sometimes
even encouraging the search for natural explanations. In the King’s Mirror, a
Norse chronicle of 1259 as many as three alternative explanations are offered,
which in the framework of the then world picture are quite reasonable:

The men who have thought about and discussed these lights have guessed at
three sources, one of which, it seems, ought to be true. Some hold that fire circles
about the ocean and all the bodies of water that stream about on the outer side of
the globe; and since Greenland lies on the outermost edge of the Earth to the north,
they think it is possible that these fires shine forth from the fires that encircle the
outer ocean. Others have suggested that during the hours of night, when the Sun’s
course is beneath the Earth, an occasional gleam of light may shoot up into the sky,
for they insist that Greenland lies so far out on the Earth’s edge that the curved
surface which shuts out the sunlight must be less prominent there. But there are
still others who believe (and it seems to me not unlikely) that the frost and the
glaciers have become so powerful there that they are able to radiate forth these
flames.
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With the image of the Earth as a flat disk and the daily experience of glitter-
ing water and gleaming glaciers, all three explanations are quite reasonable.

Nonetheless, although aurorae were part of the daily experience, other
cultures close to the northern Arctic Circle have offered less scientific and
more mythological interpretations. Many Inuit tribes interpreted aurorae as
torches in the hand of Gods leading the souls of their deceased or as the souls
of the departed playing ball on the heavenly meadows. Other Eskimo tribes
interpreted them as the dances of their Gods. A similar interpretation was
offered by the Scotts about 2000 years ago (they called the aurorae ‘merry
dancers’) or by the Aboriginals. Their neighbors, the Maori, interpreted the
aurorae as fires set ablaze by their ancestors who, in their canoes, had drifted
too far to the south and now had lightened fires to keep themselves warm.

But even cultures that rather often saw aurorae were not immune against
superstition. The North American native Indians, for instance, also inter-
preted an aurora as a bad omen or fighting tribes. And even the Laps, who
should be acquainted with the aurora rather well, interpreted it as a sign of
violent death, as the souls of the victims.

8.6.2 Beginning of the Scientific Analysis

At the beginning of the scientific analysis, the aurora had been interpreted
as the counterglow or reflection of a natural light source, for instance the
reflection of the Sun, already below the horizon, from clouds or a flat surface
of water, ice, or snow. Alternative interpretations included natural terrestrial
sources such as volcanos, streams of lava, or bog fires. These explanations are
particularly attractive for an aurora observed as a reddish glow just above
the horizon, such as observed most often from mid-Europe.

This line of thought survived for rather a long time, although in the middle
of the eighteenth century Cavendish, using triangulation, found the heights
of the aurora to be at about 100 km. Thus the aurora cannot be explained
by reflection from clouds at much lower altitudes. A very systematic analysis
of the heights of the lower edges of the aurora was performed by Stgrmer.
Figure 8.41 shows his results: aurorae are observed in a wide band of altitudes
ranging from just above 80 km to more than 500 km. Nonetheless, most
aurorae had their lower edge at an altitude between 90 km and 150 km.

In the 1860s, a spectroscopic analysis of the aurora by Angstrém brought
an end to all reflection theories. Since pressure in the high atmosphere is
very low, the auroral emission consists of many forbidden lines, at that time
unknown from laboratory experiments. But although these lines were iden-
tified only in the 1920s, the limitation of auroral emissions to a few lines
gave evidence against the reflection of a continuous solar spectrum. Thus the
aurora had been identified as an independent phenomenon, originating in the
discharge of excited gases.

Hints at its origin had developed only slowly; in particular, the relation-
ship between solar and auroral activity had long been debated. In 1730,
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Lewis proposed that sunspots were responsible for auroral activity because
the number of aurorae and their southward extent, which also leads to higher
detectability and therefore higher frequency at lower latitudes, increases with
sunspot number. Since it was difficult to establish a causal chain between
these phenomena, Lewis’s hypothesis was disregarded. More than a century
later it was revived by two different observations. In May 1859, Carrington
observed a flare in white light, which not only gave rise to the first record of a
flare but two days later also to a violent geomagnetic storm and strong auroral
activity even at mid-latitudes. Carrington himself speculated on a relation-
ship between the flare and the aurora; however, he also cautioned against
hasty conclusions since one swallow does not make a summer. A more sys-
tematic analysis was published in 1873 by H. Fritz, see Fig. 8.42, confirming
the close correlation between sunspot number and aurora proposed about
150 years earlier by Lewis. Fritz described the results of his analysis, which
considered data from the past 100 years, as follows:

The aurora is a periodical phenomenon and closely related to the formation of
dark spots on the Sun. The times of the richest exhibition of spots on the central
body of our planetary system are characterized by rich and magnificent light phe-
nomena around the poles of our Earth, while times of sunspot minima correspond
to rareness, weak development, and small spatial extent of aurora. During these
times, in the mid-latitudes of our planet the aurora vanishes while during maxi-
mum times it extends downward from both poles, occasionally even close to the
equator.

Because of this close relationship between aurora and solar activity, the fre-
quency of aurorae at mid-latitudes can be used as a proxy for solar activity,
in particular when historical times are concerned where no or only scattered
records of sunspots are available.
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Fig. 8.42. Correlation between sunspot number and frequency of aurora. Reprinted
from A. Brekke and A. Egeland [60], Northern lights, Copyright 1983, Springer-
Verlag

Fritz not only studied the frequency of aurorae but also their spatial dis-
tribution, as did Muncke, Franklin, and Loomis before him. The distribution
of auroral activity can be described in a map of isochasms (see Fig. 8.43); an
isochasm is a line of equal frequency of an unusual or frightening apparition.
The isochasms were found to be ovals around the geomagnetic pole with the
maximum at geomagnetic latitudes around 70°. For the auroral oval around
the North Pole, the southernmost extension of about 60° latitude is at about
90° western longitude. Then the isochasm deviates northward from the par-
allel and goes through Baffin Bay, around the southern tip of Greenland,
crosses Iceland and the northern part of Spitzbergen, reaching the highest
northern latitude at about 40° eastern longitude. Then it deviates southward
from the parallel, turning back to its starting point on a route across the
Siberian Ice Sea and just north of the Bering Strait. Farther north or south
of this line, the aurora is less frequent. Nonetheless, the southernmost north-
ern light recorded so far was observed on 15 September 1909, from Singapore,
just a few degrees north of the equator.

Thus the spatial distribution of aurorae somehow is governed by the ter-
restrial magnetic field. A connection between aurora and magnetic field vari-
ations had been observed even earlier. For instance, in 1749, Celsius and
Hiorter published reports on the relationship between magnetic field distur-
bances and the aurora, wondering “who would have thought that there is a
relation between the aurora and the compass needle, and that the northern
light, if moving southwards across the zenith, can cause a deviation of the
magnetic needle by some degrees?”.

8.6.3 Modern Interpretation

A simple, though incomplete, analogy of our understanding of the aurora is
the cathode-ray tube in a television set: particles accelerated at the cathode
(during a substorm in the plasma sheet in the magnetotail) are deflected by a
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Fig. 8.43. Chart of isochasms, i.e. lines of constant aurora frequency. Reprinted
from H. Fritz [173], Das Polarlicht, Copyright 1881, with kind permission from
Spektrum Akademischer Verlag

field (the geomagnetic field) and emit light on hitting a fluorescent screen (the
upper atmosphere). Early last century, long before the development of the
TV, Birkeland [50] built the terrella, a model that allowed simulation of the
auroral distribution in the laboratory. It completely illustrates this analogy: a
cathode-ray tube in a vacuum chamber emits electrons towards a sphere, the
terrella, covered with a fluorescent material. If an electromagnet inside the
terrella is switched on, the terrella emits light only from two circles around
its poles, while with the electromagnet turned off, light is emitted from all
over the hemisphere viewing the cathode-ray tube.

8.6.4 Electron Acceleration

Although this analogy is vivid, it is incomplete. The basic difference between
the aurora and a TV set lies in the motion of the particles just before the
screen. As the particles are accelerated in the plasma sheet, they propagate
towards the Earth, are deflected by the magnetic field from equatorial regions
towards higher latitudes, and then have to penetrate into the atmosphere to
excite the atoms and molecules which in turn emit the light seen as aurora.
The fundamental problem in this chain of events is the propagation of the
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particles deep into the atmosphere. Moving closer towards the Earth, the
particles find themselves in a converging magnetic field. The constancy of the
magnetic moment then leads to a reflection back towards the magnetosphere.
This reflection occurs at heights of about 1000 km, where densities are too
small for recognizable light emission. Particles could penetrate deeper into the
atmosphere if they were accelerated during their motion. Although the details
of the acceleration are still under debate, the spectra of electrons measured by
rockets at heights of some hundreds of kilometers clearly give evidence for it:
outside of auroral arcs, the spectrum is roughly a power law up to energies
of at least 10 keV. Over an auroral arc, however, there is a pronounced
peak superimposed on this power law, exceeding the power law intensities by
up to two orders of magnitude at energies of a few kiloelectronvolts. Thus
the additional electron component is nearly monoenergetic which strongly
suggests acceleration in an electric field.

Today it is assumed that at heights of some thousands of kilometers a
potential structure develops along the field line with a higher positive poten-
tial at lower altitudes. Although such a structure would explain the observed
electron spectra, an explanation of the structure itself is difficult. Since the
plasma is collisionless, according to (8.25) the conductivity o) parallel to the
magnetic field is infinite and the magnetic field lines are equipotential lines.
Thus parallel electric fields E} are canceled immediately.

Different processes for the development of the potential structure are
discussed [52,190, 209]. All mechanisms agree that the fundamental driving
mechanism is an increase in the magnetospheric convection due to changes
in solar wind properties. One of the mechanisms under discussion is the de-
velopment of double layers. A double layer forms when currents are flowing
between plasmas with different properties. In geospace, these are the cold and
dense ionospheric plasma and the hot and rarefied magnetospheric plasma.
For a double layer to form and to be stable, a field-parallel current must
already flow. In the high-latitude ionosphere this would be the Birkeland
current, connecting the ionosphere with the magnetosphere. While it is diffi-
cult to describe the formation of a double layer, we can at least explain how
it can stay stable. If the double layer has formed, a potential drop exists.
The particle populations encountering this drop can be divided into elec-
trons and ions, ionospheric and magnetospheric plasma, and thermal and
suprathermal particles. Let us start with the ionospheric population. This is
a thermal population, consisting of ions and electrons. Ions moving upward
from the ionosphere towards the double layer see a decreasing potential and
thus are accelerated, leaving the ionosphere through the double layer. Tono-
spheric electrons, on the other hand, are reflected back into the ionosphere.
For the magnetospheric plasma, the situation is just the opposite: flowing
towards the Earth it encounters a positive potential drop, leading to an ac-
celeration of electrons towards the ionosphere while the ions are deflected.
In addition, electrons are created inside the double layer by the interaction
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between the accelerated magnetospheric ions and neutrals. These electrons
are accelerated downwards, too. The net effect is an acceleration of the elec-
trons without destroying the potential drop. Note that this works only if the
flow speed of the magnetospheric electrons is larger than their thermal speed,
that is a current already flows. This is the upward Birkeland current shown in
Fig. 8.23. This is in agreement with the observation of aurorae being limited
to regions where the Birkelands current flow upwards, i.e. where electrons
move from the magnetosphere to the ionosphere.

A modification of the double layer concept is the electrostatic shock. This
is a double layer which is not stationary like the one discussed above but
moves with the average ion speed along the magnetic field line.

Observations suggest that a different mechanism also is important in the
electron acceleration: the pitch angle distributions of electrons and ions above
auroral arcs are different. Thus both populations are reflected at different
positions in the converging magnetic field. Since the particles stay at the
reflection point for rather a long time (their velocity parallel to the field
vanishes), a charge separation and thus an electric field results which in turn
accelerates the lighter species, the electrons.

8.6.5 Excitation of the Atmosphere

On hitting the denser atmosphere, the electrons cause electromagnetic emis-
sions due to excitation (M +e~ — M* 4+ e™) or excitation and ionization
(M +e— M™* +2e7) of the neutrals. Here M denotes an atmospheric con-
stituent, such as N, Ny, O, and Os. Auroral lines are emitted in the entire
range from UV to IR. The most intense lines in the visible are the green
oxygen line at 557.7 nm and the red double line of oxygen at 630 nm and
636.4 nm. Both are forbidden lines, thus early observers were not able to
identify them. Another intense line is emitted by the nitrogen molecule at
427 nm, a weaker one at 470 nm. Both lines result from transitions between
different vibrational states and can be observed only at the lower edge of the
aurora since nitrogen molecules are rare above 120 km. Table 8.1 summarizes
the most important auroral lines and the heights where they are emitted.

Not only electrons but also protons can excite the neutral atmosphere.
Then the excitation is due to charge exchange: the proton is decelerated and
becomes an excited hydrogen atom. This, in turn, emits either the La line
in UV or the Ha line in the red. Thus proton aurorae are always red. In
addition, they are less structured than electron aurorae, cover larger areas,
and are observed only at quite high altitudes, i.e. between 300 km and 500 km.
Proton and electron aurorae can occur simultaneously. A special example of
a proton aurora is the polar glow that forms when solar protons penetrate
into the dayside magnetosphere along the cusps.
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Table 8.1. Frequent lines in the auroral emission. The Ha line is observed in proton

aurorae only

Wavelength Emitting Altitude  Visual
(nm) species  (km) color
391.4 Nt 1000 violet-purple
427.8 Nt 1000 violet-purple
557.7 O 90-150 green
630.0 O >150 red
636.4 0O >150 red
656.3 Ha  200-600 red
661.1 Ny 65-90 red
669.6 Ny 65-90 red
676.8 N2 65-90 red
686.1 N» 65-90 red

8.6.6 Shape and Local Time

But the aurora is not only limited to the cusps and the nightside. Satellite
observations indicate that often a closed auroral oval can be observed and
observations from the ground show that auroral activity is not only limited
to a few hours around local midnight but can be observed during the entire
night (and during the polar night even at day-time). In this case a variation
of the aurora with local time can be observed, as shown in Fig. 8.44. In
the shaded area between noon and midnight, diffuse aurora form or quiet
and stable arcs. After about 20 LT, these arcs become more wavy, forming

Fig. 8.44. Shape of the
aurora in dependence on
local time. Reprinted from
K. Schlegel [460], in Plas-
maphysik im  Sonnensy-
stem (eds. K.-H. Glass-
meier and M. Scholer),
Copyright 1992, with kind
permission from Spektrum
Akademischer Verlag
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complex patterns of bands which particularly during a substorm move across
the sky in a westward travelling surge. During the decay phase of a substorm,
these bands resolve into isolated patches travelling eastward. These patches
frequently are observed during the morning hours. The small arcs on the
dayside at latitudes of about 75° are formed when solar particles or the solar
wind penetrate into the polar cusps.

A special case is the theta aurora. It occasionally can be observed from
high-flying satellites as a closed auroral oval supplemented by an arc extend-
ing across the polar cap from the dayside to the nightside, giving the aurora
the shape of the greek letter ©. It is observed only at times of a northward
interplanetary magnetic field, i.e. at times of a closed magnetosphere. The ex-
istence of this arc is difficult to understand since the field lines from the polar
cap connect back to the lobes where the plasma density is very low. Current
interpretations involve boundaries along the Sun—Earth line with Pederson
currents converging over the caps at this boundary and then flowing upwards.

8.7 Energetic Particles in the Magnetosphere

Particle populations in the magnetosphere have different sources and prop-
erties. A simple distinction is based on rigidity. Particles with high rigidity
are able to traverse the magnetosphere, and thus no long-lived trapped par-
ticle components with high rigidities exists. High-rigidity particles coming
from the outside, such as galactic cosmic rays, depending on their direction
of incidence, penetrate deep into the magnetosphere and interact with the
upper atmosphere or are deflected back into space. For low-rigidity particles,
three cases can be distinguished, see the right-hand side in Fig. 8.45. Parti-
cles hitting the low-latitude magnetosphere from the outside perform half a
gyro-orbit inside the magnetosphere and then are reflected back into space.
Only at the polar cusps can these particles penetrate into the magnetosphere,
and on interaction with the atmosphere produce polar cap absorption (PCA)
events. The third low-rigidity particle component is different from all particle
populations discussed above in so far as it is not a transient but a long-lived

N

Low Rigidity

Rigidity

Fig. 8.45. Orbits of particles
with low (right) and high (left)
magnetic rigidity
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component: particles are trapped inside the radiation belts. Their motion is
regulated by the adiabatic invariants; nonetheless, radiation belts are not a
static phenomenon but a dynamic one with sources and losses depending on
the other particle populations and on geomagnetic activity.

8.7.1 The Radiation Belts

The discovery of the radiation belts was the first significant scientific result of
space research with satellites. The first observations were made with a Geiger
counter on board Explorer 1, launched on 31 January 1958. The discovery
of the radiation belt was accidental. The Geiger counter had been designed
by a group around J. van Allen from the University of Iowa to measure
cosmic rays in the high atmosphere and had been adjusted to accommodate
the expected fluxes. During short parts of the satellite orbit, the observations
met the expectations; for long times, however, the observed fluxes either were
much too large or way too small, raising doubts about the performance of the
instrument. But from the pattern of expected and unexpected counting rates,
it became evident that the unexpected signals always indicated particle fluxes
much higher than expected, with the low counting rates being a saturation
effect. Subsequent measurements with Explorer 3 and Sputnik 3, both in
1958, confirmed the existence of the radiation belts.

First Observations. The first measurements did not identify the particle
species or energy. Electrons with energies between 50 keV and 150 keV were
expected to be responsible for most of the counts. A strong dependence of
counting rate on height was observed. Observations with Pioneer 3 in a highly
elliptical orbit with an apogeum at 107 400 km suggested a double structure
with an inner radiation belt starting at about 400 km with a maximum at
about 1.5 rg. The counting rates then decreased, but a second radiation belt
was found between 3 rg and 4 rg with a maximum at about 3.5 rg. The
depleted region between these two radiation belts was called the slot.
Subsequent measurements changed this rather simple picture. First, it
was discovered that the trapped particles not only are electrons in the tens
and hundreds of kiloelectronvolt range but also protons with energies up to
more than 30 MeV. And second, the two distinct radiation belts are fictitious.

Properties and Orbits of Radiation Belt Particles. Figure 8.46 gives a
more detailed description of the radiation belts. The upper panel is concerned
with protons, the lower ones with electrons. In the upper panel, solid lines
give the distribution of protons with energies greater than 30 MeV, and the
dotted lines represent protons with energies between 0.1 MeV and 5 MeV.
The high energetic protons dominate the inner part of the radiation belt: its
lower edge is at about 1.15 rg. At lower altitudes the losses of particles due
to interaction with the atmosphere are too large to allow for a stable trapped
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Fig. 8.46. Distribution of particles inside the radiation belts. In the upper panel,
the solid lines give the distribution of protons with energies above 30 MeV, and the
dotted lines represent protons with energies between 0.1 MeV and 5 MeV. In the
lower panel, the solid lines give electrons with energies above 1.6 MeV, while the
dotted lines correspond to energies between 0.04 MeV and 1 MeV. Reprinted from
W. Kertz [284], Einfihrung in die Geophysik, Copyright 1971, with kind permission
from Spektrum Akademischer Verlag

population. The maximum of the high energetic protons is at about 1.5 rg;
with increasing height the density decreases. The picture is different for the
low energetic proton component. Here the fluxes are much higher and a broad
maximum can be found around 3.5 rg.

If we consider the electrons as shown in the lower panel in Fig. 8.46, the
pattern is slightly different. Low-energy electrons (dotted line, 0.04-1 MeV)
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and high-energy electrons (solid lines, energy above 1.6 MeV) have their
maxima at similar positions, i.e. about 3.5 rg. Nonetheless, the high-energy
component is confined to a smaller spatial region.

Note that in Fig. 8.46 the radiation belts are given in geomagnetic coordi-
nates under the assumption of axisymmetry around the dipole axis. Since the
dipole axis is offset with respect to the center of Earth, in spatial coordinates
the radiation belts are asymmetric. In particular at the SAA off the coast of
Brazil, the radiation belts can be found in rather low altitudes.

Although the upper panel of Fig. 8.46 still suggests a description in terms
of two separate radiation belts, consideration of the intermediate energies
not shown in the figure suggests a different picture. Today, we understand
the radiation belt as a zone of trapped particles with the properties of the
particles changing continuously with distance. The higher energies can be
found predominately close to the Earth, thus in the inner part of the radiation
belt the energy spectrum is rather hard while it steepens with increasing
distance.

More recent observations, in particular by SAMPEX (Solar, Anomalous,
and Magnetospheric Particle EXplorer, see e.g. sunland.gsfc.nasa.gov/
smex/sampex/ or surya.umd.edu/www/sampex.html), indicate the existence
of a distinct trapped particle component inside the inner radiation belt. The
particles of this new radiation belt differ from the other radiation belt parti-
cles insofar as their composition and charge states closely resemble those of
the anomalous component instead of the galactic cosmic rays. The flux den-
sities are about two orders of magnitude larger than those of the anomalous
component outside the magnetosphere. The dynamics of the new radiation
belt are similar to those of the van Allen belt.

Nonetheless, the radiation belt often is divided into two zones, an inner
one with L < 2 and an outer one with L > 2. This distinction is not so much
concerned with the properties of the particles as with stability: in the inner
zone, the particle populations are very stable and long-lived, while the particle
populations in the outer zone vary with solar and geomagnetic activity.

The basics of the motion of the radiation belt particles under undisturbed
conditions is described by the adiabatic invariants (see Sect. 2.4). Equation
(2.83) is the mirror condition: it gives the smallest pitch angle which will be
reflected in a certain mirror configuration. In the magnetosphere (or more
generally in a dipole field), the field is weakest at the magnetic equator and
increases towards the poles. Thus, we are interested in the smallest pitch
angle of a particle to keep it confined in the radiation belt and prevent it
from being lost due to interaction with the atmosphere. With (8.11) and
(2.83) we obtain

6
sin® agq = Beq = _ o5 Am (8.33)

Bn  \/1+ 3sin® A

where By, is the magnetic field at the mirror point and A, is the geomagnetic
latitude of the mirror point. The bounce period between the two mirror points
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then can be determined as the integral of the full motion

Am

=4 | = 34
Tb U“ (83)

This equation can be solved numerically after inserting v and yields for the

bounce period

~—LRe (3.7~ 1.6sin 0req) - (8.35)

Th =
vV Wiin/m

Note that the bounce period only weakly depends on the equatorial pitch
angle: the value in the parentheses is between 2.1 and 3.7, i.e. a variation
of less than a factor of 2 in bounce period for particles almost standing at
the equator (pitch angle close to 90°) and particles travelling almost field-
parallel. The time a particle stays in a stretch ds of the field line is longest for
large pitch angles while it is small for small pitch angles. Thus the particle
spends most of the bounce period close to the mirror points — and this time
is the same for particles with large and small equatorial pitch angles.

The angular drift velocity can be obtained similarly. Again, the integral
can be solved only numerically:

6L Wi

(op) ~ qBeRg

(0.35 + 0.15 5in 0req) - (8.36)

Equation (8.36) gives the drift velocity averaged over one bounce motion. For
Oeq = 0 we obtain for the equatorial ring current
. 3L2nWiin

= 8.37
Ja= "B R (8.37)
where n is the particle density. From (8.36) we obtain the drift period

2rLRg  mqBgR%
(p) = ~
<UD> 3LWkin

(0.35 + 0.15 5in req) - (8.38)

The solar-wind generated E-field (dawn-to-dusk field or equatorial traverse
field) causes an E x B drift with a drift speed

Fuy _ Beol?

P 8.39
Veq Beq Be ( )

This drift is in the sunward direction. The grad B-drift, on the other hand,
gives a westward drift for positive ions and an eastward drift for electrons,
thus both species drift into opposite directions in the dawn side. Close to the
Earth, the magnetic drift prevails and a symmetrical ring current arises. At
larger distances, the E x B drift dominates and only a partial ring current
forms.
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Fig. 8.47. Scales of particle motion in the Earth’s magnetosphere. Reprinted from
M. Schulz and L.J. Lanzerotti [468], Particle diffusion in radiation belts, Copyright
1974, Springer-Verlag

The typical time scales can be found in Fig. 8.47: the particles gyrate
around their guiding field line with periods of the order of 1075 s. They
bounce back and forth along their guiding center field line with periods of
about 1 s (north-south oscillation), and they drift around the Earth with a
period of about 500 s, forming a ring current. Detailed discussions of particles
in the radiation belts can be found in [320, 445,468, 544].

The particles trapped inside the magnetosphere show a typical pitch angle
distribution, the loss cone distribution: particles with small pitch angles are
absent because during the north—south oscillation these particles are not mir-
rored back at high altitudes but penetrate deep enough into the atmosphere
to be lost by interaction with atmospheric constituents.
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Gains and Losses. The radiation belts would be stable were it not for
two processes: first, magnetic field fluctuations scatter particles during their
north—south oscillation into the loss cone, and second, during geomagnetic
activity, the entire structure of the magnetosphere is distorted. Thus the adi-
abatic invariants can be violated and particles are fed into the loss cone. On
the other hand, the radiation belts do exist, and thus there are sources re-
plenishing them. Despite their structure and temporal variability, the average
properties of the radiation belts are remarkably constant, thus an equilibrium
between sources and sinks appears to exist.

The first indications for the lifetime of radiation belt particles came from
atmospheric A-bomb tests. In the Starfish experiment in 1962, an artificial
electron population had been injected into the radiation belt. After only
about 10 years, this population had vanished into the background. However,
the lifetime of trapped particles is not a universal constant, but depends on al-
titude and particle properties. The lifetime increases fast from the lower edge
of the radiation belts to some years at an altitude of about 8000 km (1.25 7g)
and decreases to minutes at the outer edge of the radiation belts [533]. The
exact variation depends on the external circumstances, in particular the in-
fluence of solar and geomagnetic activity: under undisturbed conditions, the
lifetime is larger than during strong solar or geomagnetic activity.

Particle losses are always due to the interaction of radiation belt particles
with the atmospheric gas. Significant losses occur only when the atmosphere
is sufficiently dense to support interactions, that is below an altitude of about
100 km. Thus, the losses happen at the mirror points where the particles
come closest to the atmosphere. The chance of getting lost therefore is largest
for particles with small pitch angles, and overall losses increase when pitch
angle scattering increases. Under the simplifying assumption that interaction
happens only at the surface, the equatorial loss cone can be described by
(8.33). Using the L-shell parameter, the loss cone also can be written as

sinoZ, = V/4L8 — 3L5 . (8.40)

Thus, the loss cone becomes rather small for r > 3Rg which validates the
above distinction into an inner and outer radiation belt. The physical mech-
anisms for losses are:

e Charge exchange with a particle from the neutral atmosphere: a fast ra-
diation belt proton captures an electron from the atmospheric hydrogen,
leaving behind a slow proton and continuing itself as a fast hydrogen atom
through the atmosphere. This mechanism is of particular importance in the
inner radiation belt for protons with energies below about 100 keV. With
increasing energy, the interaction time between radiation belt protons and
atmospheric hydrogen decreases, making the interaction less likely.

e Nuclear collisions between protons and atmospheric atoms and molecules:
these are important loss mechanism for protons with energies above 75 MeV
in the inner radiation belts.
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e Scattering into the loss cone is the main loss mechanism for electrons and
protons in the outer radiation belt. Scattering can occur either by viola-
tion of the second adiabatic invariant due to changes in the field at time
scales shorter than the north—south oscillation time, or due to pitch angle
scattering at electrostatic or electromagnetic waves; see Sect. 7.3.5.

Sources. The sources of radiation belt particles can be divided into the
“creation” of particles inside the radiation belts or the motion of particles
into the radiation belts under violation of the second adiabatic invariant.

The high energetic particles in the inner radiation belts in general are
created there. The main mechanism is CRAND (Cosmic Ray Albedo Neu-
tron Decay). Nuclei from the galactic cosmic radiation penetrate deep into
the atmosphere and interact with the atmospheric gas. A 5 GeV proton, for
instance, on average creates about seven neutrons during these interactions.
Some of the neutrons are slowed down, creating the cosmogenic nuclides
such as radiocarbon (capture of thermal neutrons by atmospheric nitrogen:
14N(n,p)**C) or °Be (spallation of nitrogen or oxygen due to the capture of
fast protons or neutrons). Other neutrons simply escape without interaction.
Since neutrons are neutrals, their motion is not influenced by the geomag-
netic field, thus some of them might propagate into the radiation belts. But
neutrons are not stable and decay into a proton, an electron, and an antineu-
trino. If this decay happens inside the radiation belt, electrons and protons
are trapped, thus replenishing the radiation belt population. This process is
called CRAND because the primaries are Cosmic Rays, creating secondaries
which are partly reflected (Albedo = reflectivity) into the radiation belts,
where the Neutrons Decay.

Another source, also based on in situ creation, is the influx of particles
from the outer magnetosphere. In the outer magnetosphere, particles with
low energies dominate. Occasionally, these particles can recombine, forming
neutrals. These neutrals are no longer guided by the magnetic field and even-
tually propagate into the radiation belts. On the dayside, the neutrals are not
stable but immediately become ionized by the Sun’s hard electromagnetic ra-
diation. If this process happens while the neutral is inside the radiation belt,
an additional electron and ion are fed into the belt population.

In the outer r